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ABSTRACT

Supernova 1987A has confirmed fundamental aspects of our theoretical view
of type-II supernovae: Type-II supernovae are a consequence of the collapse of the
iron core of a massive evolved star and lead to the formation of a neutron star or
black hole. This picture is most strongly supported by the detection of electron an-
tineutrinos in the 1MB and Kamiokande II experiments in connection with SN 1987A
(Bionta et al. 1987, Hirata et al. 1987). However, the mechanism causing the super-
nova explosion is not yet satisfactorily understood.
In this paper the properties of the neutrino emission from supernovae and protoneu-
tron stars will be reviewed; analytical estimates will be derived and results of numeri-
cal simulations will be shown. It will be demonstrated that the spectral distributions
of the emitted neutrinos show clear and systematic discrepancies compared with
thermal (black body-type) emission. This must be taken into account when neutrino
observations from supernovae are to be interpreted, or when implications of the neu-
trino emission on nucleosynthesis processes in mantle and envelope of the progenitor
star are to be investigated. Furthermore, the influence of neutrinos on the supernova
dynamics will be discussed, in particular their crucial role in causing the explosion
by Wilson's neutrino-driven delayed mechanism. Possible implications of convection
inside the newly born neutron star and between the neutron star surface and the
supernova shock will be addressed and results of multi-dimensional simulations will
be presented.

1. Introduction

Massive stars with SMQ & M & 25M© are expected to end their lives in
spectacular type-II supernova outbursts. The source of energy for these most powerful
cosmic events after the Big Bang is gravitational binding energy, set free, when the

1 reprint from: Conference Proceedings Vol. 40: "Frontier Objects in Astrophysics and
Particle Physics", eds. F. Giovannelli and G. Mannocchi, Workshop in Vulcano, Italy, 18-23
May 1992, Italian Physical Society, Bologna, Italy (1993), p. 345-374
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stars central regions collapse due to their own gravitational pull. After iron group
elements, the most tightly bound nuclei, have been formed in the center of the star
in successive nuclear burning phases, no more energy gain by nuclear fusion reactions
is possible, and contraction sets in. As the density grows, electron captures on nuclei
and on free protons as well as photodisintegration of heavy nuclei reduce the pressure
with increasing speed. The stellar iron core, its mass being close to the Chandrasekhar
mass

MCh « 5.8-Y*M® * 1.2... 1.5 M© (1)

(Yt is the electron concentration, i.e. the number of electrons per baryon), cannot
escape gravitational collapse on dynamical time scales. Persistent capture of electrons
on protons and nuclei produces neutrinos, which, at least initially, leave the star
nearly unhindered. The collapse does not stop until the equation of state becomes
stiff at the moment nuclear matter densities are reached.

This is the moment of 'core bounce', when a shock wave is formed at the
interface of the subsonically, 'homologously', collapsing inner part and the superson-
ically falling outer layers of the stellar iron core. The shock wave starts to propagate
outwards, as well in mass as in radius. If there were no energy losses, this shock
might well travel outwards into the mantle and envelope of the star and cause the
disruption of the star in the type-II supernova outburst. However, the shock experi-
ences strong energy losses, initially by photodisintegration of heavy nuclei in the hot
matter behind the shock front. Another source of energy loss is due to neutrinos,
which are amply produced in the electron rich, hot, shocked stellar gas. When the
shock front reaches neutrino transparent layers, there is a huge outburst of electron
neutrinos with peak luminosities close to 1054 erg/s. All current supernova calcula-
tions agree that this additional loss of energy means the death of the prompt shock
(see e.g. Hillebrandt 1987; Bruenn 1989a,b; Myra et al. 1987; Myra and Bludman
1989; Bruenn 1992): Only a few milliseconds after shock formation the velocities
behind the prompt shock become very small or even negative, and the shock trans-
forms into a standing accretion shock, nearly stationary in radius. Matter is falling
through the shock and is slowly settling onto the newly formed compact object inside
the collapsed star, the protoneutron star.

This hot remnant looses lepton number and energy by radiating neutrinos of
all kinds, thus getting more compact, and, on short time scales, even hotter. The
matter accreted onto the newly formed neutron star during a phase of several hun-
dred milliseconds after core bounce increases the final mass of the remnant and adds
neutrinos to the fluxes diffusing out from deeper layers. On a time scale of several
seconds up to some ten seconds the emission of neutrinos drives the evolution of the
hot, lepton rich, extended protoneutron star to the final cool and neutronized neutron
star (Burrows and Lattimer 1986; Hecht 1989; Suzuki 1989). This scenario of the
events occuring deep inside the supernova hours before the first light from the super-
nova outburst can be 'seen', was nicely confirmed by the 19 neutrino events recorded
in the 1MB and Kamiokande II detectors in connection with SN 1987A (Bionta et
al. 1987, Hirata et al. 1987). Total energy loss, time scales, neutrino energetics,
and radial extension of the neutrino source agree well with the core collapse/neutron
star picture (see e.g. Sato and Suzuki 1987a,b; Suzuki and Sato 1987; Bludman
and Schinder 1987; Lamb et al. 1987; Bahcall et al. 1987; etc., etc.). The same
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holds for the neutrino events possibly recorded in the Baksan laboratory (Alexeyev
et al. 1988). However, there is definite trouble with the events reported by the Mont
Blanc experiment (Aglietta et al. 1987). Time and spectral characteristics as well
as total energy necessary to explain these events by neutrinos from a supernova in
the Large Magellanic Cloud let a connection with SN 1987A appear very unlikely
(for a detailed discussion see e.g. Sato 1989, Schramm and Brown 1990, Hillebrandt
and Hoflich 1989). One would have to construct an extreme non-standard scenario
to explain both the Mont Blanc observations on the one hand and the 1MB and
Kamiokande II observations on the other.

Neutrinos certainly may open an important and useful window to observe the
physics happening deep inside the supernova core and to learn about the mechanism
which leads to the explosion of the star. Unfortunately, the few neutrino events
did not allow for any conclusion on this point. Still the detailed sequence of events
causing the supernova outburst is not satisfactorily understood. Currently the most
promising scenario is the 'delayed explosion mechanism', originally discovered by
Wilson (1985; also: Bethe and Wilson 1985, Wilson et al. 1986). Here neutrino
energy deposition plays a crucial role to restart the shock front and to power the
final explosion of the star in the type-II supernova event. On time scales of several
hundred milliseconds up to about one second, much longer than the propagation
time scale of the prompt hydrodynamical shock, which is of the order of milliseconds,
net cooling of the post-shock matter is superseded by net heating: The neutrinos
streaming up from deeper regions are supposed to deposit a small fraction of their
energy in the matter between the increasingly compact protoneutron star and the
shock, 'sitting' at typical radii of 100 to several hundred kilometers.

Wilson's delayed mechanism has the desirable property that it might yield su-
pernova explosions much less sensitive to small changes of the core collapse physics.
The hydrodynamical prompt shock mechanism, if it works at all, turns out to lead
to successful explosions only in case of very special, not to say extreme, assumptions
about the structure and size of the stellar core prior to collapse and about the char-
acteristics of the equation of state around and beyond nuclear matter densities. Both
crucially determine the energetics of the prompt shock and its chance to travel out
into the stellar mantle (see e.g. Bruenn 1989a,b). On the other hand the neutrino
heating mechanism, by its nature, depends on the properties of the neutrino emission
during the first several hundred milliseconds after core bounce, and, at least in the
initial phase of shock revival, seems to be rather sensitive to changes of the neutrino
fluxes and spectra. Therefore, it is still controversial, whether the neutrino luminosi-
ties and neutrino energies are sufficient for strong enough heating to revive the stalled
shock wave (see in particular Bruenn 1992). Convective processes in the collapsed
stellar core and in the region between protoneutron star and shock seem to play an
important role to get the desired high neutrino luminosities and to transport energy
from the neutrino heated region into the shock front (see Mayle 1985, Burrows 1987,
Burrows and Lattimer 1988, Bethe 1990, Herant et al. 1992). This is supported by
the contradictory results of the calculations by Mayle and Wilson (e.g. Wilson et
al. 1986), who include a parameterized description of effects due to neutron finger
instabilities in their one-dimensional simulations, and by Bruenn (e.g. 1992), who
does not mimic any convective processes in his computations.
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In the following Section 2 generic features of the neutrino emission from su-
pernovae and newly born neutron stars will be discussed in detail by deriving simple
analytical estimates and refering to results from numerical simulations. In the first
part of Section 3 one-dimensional computations will be presented, which follow the
neutrino energy deposition between protoneutron star and shock over a time scale of
more than 10 seconds and allow for conclusions on the energetics of type-II supernova
explosions by Wikon's delayed mechanism. The second part of Section 3 will address
fundamental changes of the idealized spherically symmetric picture when convective
processes are taken into account. First results of simulations in two and three di-
mensions will be shown. A summary and conclusions will close the paper in Section
4.

collapse burst accretion

log t [sec]

Kelvin - Helmholtz cooling of PNS

Figure 1. Schematic picture of stellar core collapse, formation of the neu-
tron star remnant and start of the supernova explosion. The figure shows
particular radial positions in the star's central region as they evolve in time.
The shaded region indicates those layers where most of the neutrino emission
comes from. The evolution can be divided into the collapse phase, the phase
of prompt shock propagation, the matter accretion phase, and the protoneu-
tron star cooling phase. R?e is the radius of the stellar iron core, Rv means
the position of the 'neutrino sphere', which separates the regions of neutrino
diffusion and neutrino transparency. For iolog(*) < — 1 the line R{C marks
the size of the subsonically collapsing inner part of the stellar core, at later
times it encompasses the settled, compact inner region of the nascent neu-
tron star. The supernova shock (i2sh) is formed at core bounce, stagnates for
several hundred milliseconds, and is revived by neutrino heating to propagate
outwards into the stellar mantle with some time delay.
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2. Neutrino emission from supernovae and protoneutron stars

2.1 Emission phases and neutrino luminosities

Refering to the scenario of stellar core collapse and post bounce evolution
as described in Section 1 the neutrino emission from a type-II supernova will be
discussed now. As "usual" in the supernova context neutrinos will be assumed to be
massless (or nearly so). Possible implications of non-standard effects like neutrino
vacuum or matter mixing will be mentioned at some places, or references will be
given, where more information can be found.

Figure 1 shows a graphical summary and overview of physical events occuring
in the center of a massive star between the onset of core collapse and the formation
of the young neutron star on the one side, and the start of the explosion and later
ejection of the mantle and envelope of the star on the other side. The graph shows
the radial positions of special mass shells as functions of time, the time is plotted
logarithmically and measured in seconds from the beginning of core collapse. Figure 2
displays the corresponding variation of the neutrino luminosities during the different
phases of the evolution as discriminated in Figure 1. The thick solid line (RFe) in
Fig. 1 marks the surface of the stellar iron core, the thin solid line (RIC) indicates an
inner part, which falls coherently ('homologously'). Initially this part grows as well in
mass as in radius, containing the region where sound waves are able to communicate
that the center has started to undergo collapse. The maximum mass of this region
is always close to the present Chandrasekhar mass according to Eq. (1), determined
by the average value of the electron concentration Ye in the core. Since emission of
electron neutrinos continuously reduces Ye, there is a point when this inner part of
the core will begin to shrink in mass. Ric also separates the subsonically infalling
inner layers from the supersonically collapsing outer region. Therefore, it gives the
approximate position where the shock wave is formed at core bounce.

During collapse the neutrino emission is by far dominated by electron neutri-
nos, copiously produced in electron captures on free protons and nuclei

e~ +p —• ue + n , c" + (A,Z) —+ vt + (A,Z - 1) . (2a,b)

The region where most neutrinos stem from is roughly indicated by the shaded area
in Fig. 1. It is bounded at the lower side by an inner zone where the high densities let
the matter be opaque to neutrinos on collapse (in general: on the relevant) time scales.
The transition region between neutrino opaque core or neutrino diffusion region and
the neutrino transparent layers above is called 'neutrino sphere' and marked by Rv.
In the outer region of the stellar iron core the neutrino emission becomes negligible,
because at low densities the capture time scale for electrons is very long.

The shock position as a function of time is indicated by R,h in Fig. 1. Right
after formation the shock front propagates quickly outward, however transforms into
a standing accretion shock at about 100—200 km soon after it passes the neutrino
sphere and an outburst of electron neutrinos (see Fig. 2) from the hot matter be-
hind the shock yields a significant energy sink and causes a pressure reduction in
the shocked matter. Over time scales of several 10 to several 100 milliseconds neu-
trino emission from post shock layers dominates and the burst phase is followed by
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a plateau phase in the neutrino luminosities (Fig. 2). Neutrinos of all kinds are now
produced by thermal neutrino processes in the high-temperature material and their
luminosities get close to the electron neutrino flux. Additional considerable neutrino
losses from the matter accreted onto the newly formed neutron star during the phase
of shock stagnation may impose temporal variations onto the neutrino luminosities,
and Fig. 2 displays just a simplification of the true situation. This intermediate
period of high neutrino luminosities must also be the time of shock revival. If the
neutrino energy deposition below the shock is sufficiently high, the post shock ma-
terial starts to expand and develops positive velocities. This causes the end of the
matter accretion onto the newly formed neutron star, naturally shut down when the
supernova explosion goes off. The protoneutron star deleptonizes, cools, and shrinks
in the quasistatic Kelvin-Helmholtz phase, accompanied by roughly exponentially
decaying neutrino luminosities, which are dominated by neutrinos diffusing out from
successively deeper layers of the young remnant (Fig. 1).
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Figure 2. Schematic representation of neutrino 'light' curves during stellar
core collapse, shock propagation and shock breakout, accretion phase, and
protoneutron star cooling, the different phases separated by vertical short-
dashed lines. The solid curve corresponds to ue, the long dashed line marks
i>e-emission, the dashed-dotted curve indicates the luminosity in each of the
neutrino kinds v^, j / M , vT, and ur. Time is measured in milliseconds with
io log(t) = 0 positioned at the moment of core bounce.

Let us derive orders of magnitude estimates for the energy being emitted
from the supernova in the different evolution phases described above. Basically one
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can distinguish between 'neutronization neutrinos', ue, carrying lepton number and
energy out of the star, and 'cooling neutrinos', neutrinos of all flavours and kinds, i/,-
and Pi with i = e,/i,r, radiating away energy from the stellar gas. i/e-luminosities
dominate by far during collapse and burst phases. Considering a star of mass M and
an average change of its lepton content AYt one can write for the energy emitted in
these neutrinos

A F ~ 2 i n " M AY< f*'S-
Ai© 0.1

when (cj,)esc is the mean energy of the neutrinos when they leave the star .

(1) Collapse phase: During the collapse phase numerical simulations give an av-
erage deleptonization of the inner pa r t of the stellar iron core with M ^ 1M©
of roughly AYe ra 0.06-0.08. In the still transparent material the average
neutrino energy equals the average energy of a captured electron, (€v)eac «
| p e « 10-12 MeV; (/xe is the chemical potential of the degenerate electrons).
One gets with the collapse t ime scale being a multiple of the free fall time
scale At = a-iff fa 10-100ms:

AE,e * 105 1 erg , £„ , £ 1052 e rg / s . (4)

(2) Shock breakout phase: At shock breakout the shock heated material of M w
0.5 MQ looses a lepton fraction AYt. « 0.2 within quite a short t ime scale of
At ss Ar /O . l c PS 10 ms, where Ar is the radial extension of the region, and
the effective propagation speed of neutrinos is around ~Q of the speed of light.
In the shock heated region neutrinos are present according to local chemical
equilibrium, thus (^)esc « T - Jrz{"qv)jT2{iqy) « 12-15MeV. !Fk(y) denotes
the Fermi integrals for extremely relativistic particles,

0 0 xk

dx 1 + exp(x - y) '

T\V = fi^/ksT is the degeneracy parameter of neutrinos in local chemical equi-
librium. One ends up with

AEVt » 2...3 • 1051 erg , Lv, £ 1054 erg/s . (6)

During accretion phase and Kelvin-Helmholtz cooling of the protoneutron star
neutrinos of ail kinds are emitted with similar luminosities. For an order of magnitude
estimate the luminosity can be described by black body radiation from the surface
of the emitting object:

T and R being temperature and radius at the radiating surface. (Here as in the
following T always denotes the product of the temperature and Boltzmann's constant
and is measured in MeV.)
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(3) Accretion and hot mantle cooling phase: The total energy lost during this
phase can be estimated from the average temperature T « 5-8 MeV and the
mass of the cooling matter M « 0.5 M© to be about

& £ * & « 2 x 1.5.10" i i - ? _ erg, (8a)

when equal total energies in relativistic electrons and the nonrelativistic bary-
onic gas component are assumed. For typical radii around 50 km one finds

Lv « 5...10 • 1052 erg/s , A* £ 100 ms . (8 b)

(4) Kelvin-Hdmholtz cooling phase: During this phase the newly born neutron
star with a radius of 10-15 km looses most of its gravitational binding energy

ZGM2

, ,

which is initially stored as internal energy in the degenerate lepton gases.
With a diffusion time scale of typically

R2 M ( R V 1 (el)
" c(A) ^ 2 ' M 0 VlOkmy (20MeV)2 8 )

where the averages mean average values over the whole star, and e denotes
the neutrino energy, one can derive numbers for the lepton loss time scale
*L,loss — (YL/YV) tdiff « (3...5) • idiff and for the energy loss time scale tE,ioss —
(E/Ev) tdiff & (5...10) • tdiff- In the latter two expressions the ratios account
for the difference of the lepton content in the neutrino gas and in the stellar
gas and for the energy stored in the stellar matter, respectively. Finally, one
ends up with typical neutrino luminosities of the protoneutron star of about

Lv » 2...30-1051 erg/s. (9b)

One-dimensional numerical simulations of stellar core collapse and protoneu-
tron star cooling with neutrino transport (e.g. Mayle 1985, Bruenn 1987, Mayle 1990,
Myra and Bludman 1989, Burrows and Lattimer 1986, Suzuki 1989) yield detailed
neutrino luminosity curves, the generic structure of which can well be interpreted
within the framework developed above. Note, however, that the individual computa-
tions strongly differ from each other with respect to details of the employed physics.
Variations due to differences in the core structure of the used progenitor star models
are unavoidable. Also, the equation of state describing matter around and beyond
nuclear matter density determines the supernova dynamics and the structure of the
newly formed neutron star, both of which must have influences on details of the
neutrino emission. Some of the listed computations include effects due to connective
processes (mimiced in a parameterized description in course of the one-dimensional
simulations), some disregard the accretion process onto the newly formed neutron
star, etc. Moreover, the numerical description of the neutrino transport (in some
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cases 'neutrino heat conduction' schemes or 'flux-limited diffusion' methods) causes
discrepancies between results from different groups. Finally, non-standard neutrino
properties might change the picture described above. Burrows et al. (1992) has con-
sidered effects on the neutrino signal from the supernova and the young neutron star
by neutrino matter or vacuum oscillations.

How will the neutrino emission be distributed among the different neutrino
kinds ue, Pe> and ux (x = /i, Ji, T, f)? Again one can quite easily derive limits for
the possible range of variation. All neutrino transport simulations agree in the point
that electron neutrinos leave the star with smaller average energies than electron
antineutrinos, while the latter are less energetic than heavy lepton neutrinos. This
can easily be understood in the following way: A large part of the opacity of the
stellar gas for vt results from absorption processes onto free neutrons; in case of P«
absorption onto free protons plays the dominant role in most of the collapsed stellar
core. Now, since the neutron concentration in the matter is larger than the proton
concentration — this difference increasing in time as the neutronization of the gas
continues — vt are more strongly interacting with the stellar gas than vt and decouple
farther out at lower temperature, while vt leave the star from deeper, thus hotter,
layers. This effect is even stronger for ux (i/M, PM, uT, and vT interact with the stellar
gas in nearly the same way): They are not absorbed by baryonic matter particles.
Thus they come from even deeper regions. As time goes on and an increasing fraction
of protons combines with electrons to form neutrons, the energetics of ut and ux

should become more similar. Numerical simulations of neutrino transport (Mayle
1985; Mayle et al. 1987; Janka 1987; Jaaka and Hillebrandt 1989a,b; Janka 1990;
Bruenn 1987; Myra and Bludman 1989; Myra and Burrows 1990; compare also the
overview graph in Burrows 1988) give typically:

( O « 10...12MeV,

(«,.)• » U...17MeV * 1.5 •(«„.), (10)
< O « 24...27MeV « (2...2.5) •<£„.) .

Considering a total lepton loss AYt of the collapsed stellar core with baryon number
JVB = A-M (Ais Avogadro's constant) and a total energy loss of AJE?, one can write
down three equations for the energies EVt, Epe, and EUt transported away by the
different neutrino kinds:

AE = EVt + £Pe +4-E¥m, (lib)

4-i?,,, « ( M M i ? , (He)

where the last equation gives the approximate possible range of variation found in
numerical simulations, and Eq. (lib) assumes thermal equipartition of the energy
reservoir. Combining all three equations one derives

E = - (-

E,t = ± (!...§).AE-l(eVc)NB.AYe. (12b)



88

With M - 1.5M©, AYe ~ 0.4, and <€„,) = lOMeV this gives E»JEVe a 1...1.25,
and one finds that the energy transported away in the different neutrino types is
roughly within the following bounds:

Ev, : 17% 22% ; E-Vt : 17% 28% ; EVm : 66% 50% . (13)

Once again, if neutrino oscillations occur, this simple picture might change, and
observations of supernova neutrinos would have to be interpreted in a different way
(Burrows et al. 1992).

2.2 Neutrino spectra

The energetic distributions of neutrinos emitted from supernovae and pro-
toneutron stars are important for an interpretation of supernova neutrino detections
as well as for the investigation of neutrino induced nucleosynthesis processes in the
mantle and envelope layers of the exploding star. Moreover, as we shall see below, a
determination of the neutron star radius, which is better than an order of magnitude
estimate, requires knowledge about the spectral character of the neutrino emission.

10.0 20.0 10.0 40.0
energy(MeV)

10.0 20.0 *0.0 40.0 10.0

energy(McV)
°0.0 10.0 20.0 30.0 «.O

energy<MsV)

Figure 3. Spectra of neutrinos from a supernova (from Janka and Hillebrandt
1989b). The left two figures give results for vt at 12 milliseconds and 315
milliseconds after core bounce, respectively, Fig. 3c shows the ue -spectrum,
Fig. 3d corresponds to vx (x = /x, ju, r, f) at the later stage of the supernova
evolution. The spectra plotted as solid lines were obtained by Monte Carlo
simulations of neutrino radiative transfer, the dashed lines show the 'thermal'
or 'black body' spectra (i.e. rjv = 0) with the same average energy, the
dotted lines represent fits with non-vanishing neutrino degeneracy parameter
rfj1 7̂  0. Note that the Monte Carlo spectra show significant depletion at
low and high energies compared with the thermal spectra. The average
spectral energies are 9.5 MeV, 8.2 MeV, 14.4 MeV, and 17.2 MeV in Figs.
3a-d, respectively.

Before we turn to results of elaborate numerical simulations of neutrino trans-
port in supernovae and protoneutron stars, let us first develop a qualitative feeling of
the effects we expect to see. Very roughly, neutrino opacities vary like the square of
the neutrino energy e: K <X <T OC e2. This quite strong energy dependence immediately
implies that in general neutrinos will not be emitted from a well defined surface, but
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will decouple from the stellar gas within a radially extended region, where gradients
of the state variables T, fxe, p, etc. are present. High energy neutrinos, having larger
reaction cross sections, will interact with the stellar gas until far out in the star, while
low energy neutrinos should decouple from the stellar surroundings deeper inside the
star. Therefore the emitted neutrino spectra will in general not be thermal.

If we assume that neutrinos of energy e stay in thennodynamical equilibrium
with the stellar gas until they decouple at their decoupling radius r(e), we can write
for the neutrino luminosity at the energy e

where T[r(e)] is the matter temperature at radius r(e), and the neutrino chemi-
cal potential \iv was neglected in the Fermi-Dirac distribution function for reasons
of simplicity, but could in principle be carried through the now following consid-
erations. One already sees that at the low energy end of the spectrum, e/T & 1,
one gets /(ei) < /(e2) for e\ < 62, because in this case we expect r(ei) < rfa).
Therefore, the emitted neutrino spectra will be depleted on the low energy side
compared with thermal spectra. (Of course, here we neglect that farther out neu-
trinos might be downscattered from higher energies and fill this depletion at low
energies; downscattering can be disregarded as long as absorption and emission pro-
cesses or pair production/annihilation reactions dominate over non-isoenergetic scat-
terings.) High energetic neutrinos, e/T ^> 1, decouple from the stellar gas farther
out, where the gas temperatures are smaller. With the exponential term in Eq. (14)
now determining the variations we deduce /(e2)//(«i) oc exp [—€2/̂ (62) + ei/T(ei)] <
exp[—(C2 — ei)/T(ei)] for t-i > €%, since T(e2) < T(ei). That means that we also
expect a suppression of the high energy tails of the spectra.

Considering a model atmosphere with power law profiles of density and tem-
perature, p oc r~a and T oc r"^, respectively, we can determine the neutrino decou-
pling radius r(e) as a function of the neutrino energy e from the optical depth r(e)
by inverting the expression

1 = r(e) = / dr/c(r,e) oc e2 r1"01 . (15)

One gets r(e) oc e2^Q~lK Introducing this into the expression for T(r) leads to
T[r(e)] cc e-W/(<*-i>. With r(e) and T[r(e)] Eq. (14) yields

e 4 18
L(e) oc —- jr- with T = T + 3 and 6=—~- + l , (16)

l+exp(a-e*) a -1 a - 1
and a being a constant. Inserting typical numbers a « 3 and 8ml we find L(e) oc
€5/ [l +exp(a • e2)]. This demonstrates the effect we discussed qualitatively above.

Detailed Monte Carlo simulations of neutrino transport with all relevant neut-
rino-matter reactions carefully included (Janka 1987; Janka and Hillebrandt 1989a,b;
Janka 1990) confirm these considerations. Due to 'inelastic' (actually: not isoener-
getic) scatterings of neutrinos off electrons the depletion of the spectra at low energies
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and high energies is not as dramatic as suggested by Eq. (16). However, the pinching
of the spectra is clearly present for all types of neutrinos, and has consequences when
the interactions of neutrinos with target nuclei in the star and in laboratory experi-
ments are investigated, since the corresponding reaction rates sensitively depend on
the high energy parts of the spectra (see below).

Figures 3a,b,c show spectra of ve,vt, and vx for the neutrino emission from a
supernova at times between ten and several hundred milliseconds after core bounce
(Janka and Hillebrandt 1989b). The spectra computed with the Monte Carlo trans-
port (solid lines) are compared with 'thermal' spectra, i.e. neutrino distributions
according to Fermi-Dirac functions with chemical potential \iv = 0 and temperatures
such that the average energy of the true spectrum is reproduced. The pinched shape
of the real spectra relative to the thermal distributions (dashed lines) is clearly vis-
ible. Figures 4a,b,c give spectra for all types of neutrinos at three different times
during the protoneutron star cooling phase (about 3.3, 5.8, and 7.8 seconds after
core bounce) (Janka 1990). They also show the suppression in the high energy tails.
Note that for an observer at infinity these spectra have to be redshifted by 10-20%,
the exact number depending on the size of the neutron star and the stage of the
evolution.

An approach based on Eq. (16) does in general not allow to fit the computed
spectra with physically meaningful temperatures (see Janka and Hillebrandt 1989b).
Instead, good fits with 'reasonable' fit parameters are possible with a Fermi-Dirac
ansatz:

dL Lv e3

de Tt Ti(r\?) 1 + exp (e/T, - vl«) '
The product T* • Fztnf) with f3(r)f) being the integral denned in Eq. (5) appears
in the denominator for reasons of normalization. The two fit parameters, 'neutrino
temperature' Tu and 'effective neutrino degeneracy' 7/*ff, are chosen such that two
energy moments of the true non-thermal spectrum, the averge neutrino energy (e)
and the average squared energy (e2), are correctly reproduced by the fit spectrum,
i.e. the mean value and the width y/{e2) — (e)2 of the computed spectrum and the
fit spectrum are equal (for details see Janka and Hillebrandt 1989b). Note that a
third parameter, which appears as a scaling factor in Eq. (17), is used to ensure the
correct absolute size of the neutrino luminosity. In Figs. 3a-c the corresponding fits
axe shown by the dotted lines. The neutrino temperature, of course, varies with time
as the energies of the emitted neutrinos do and depends on the particular structure
of the supernova model (density, temperature, etc.) and on the phase of the super-
nova evolution. The degeneracy parameter 77*ff, however, turns out to be much less
sensitive and can be chosen quite generally. Typical values for ue, vt, and vx found
in our transport simulations are

i £ f » 5 . . . 3 , 7?|f « 2.5...2, TI** 2...Q, (18)

where the change with time during the supernova event and the protoneutron star
history (see also Myra and Burrows 1990, Suzuki 1989) is indicated by ordering the
bounds of the range of possible variation in the chosen way.

One can easily convince oneself that an ansatz according to Eq. (17) with
T)V > 0 yields the desired reduction of the low and high energy parts and thus the
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Figure 4. Neutrino spectra during protoneutron star cooling (Janka 1990).
The graphs give spectral distributions of the energy radiated in vt (Fig.
4a), vt (Fig. 4b), vx (Fig. 4c) per energy interval and per unit area at
the neutron star surface, integrated over the time periods during which the
neutrino transport was followed by Monte Carlo simulations (approx. 1 ms).
Solid lines correspond to a model at about 3.3 s after core bounce (radius of
the neutron star J?NS = 16 km), the dashed lines to a model at 5.8 s after
bounce (.RNS = 12.8 km), the dotted lines represent the emission at 7.8 s post
bounce (.RNS = 11.8 km). The average spectral energies are 12-13 MeV for
ue, about 16MeV for i?e, and 24-27MeV for ux. For an observer at infinity
these energies have to be redshifted by roughly 10-20%.

pinched shape of the neutrino spectrum. (Here and in the following we shall write
r)v instead of r/*ff and mean the fit parameter in Eq. (17).) We have to compare the
two cases with the choices Tv = 7\, r\v = 0 and Tv = Ti, r\v = 772 > 0, respectively.
For fixed 7/̂  = 0 the spectrum of Eq. (17) only guarantees correct representation of
the neutrino luminosity and the average neutrino energy. Requiring (c) to be equal
in both cases relates the temperatures T\ and T2. Using

(e) = Tv

one gets

> 1 for r;2 > 0

(19)

(20)
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In the limit of small energies, e £> 772 • Ti and e ̂  2\, we derive

dXi/de ^ 2 \F2) K^M) = 2 V ^3(0) y

where the second transformation uses Eq. (20). For typical values 772 k, 3 we arrive
at

£ 0.39 < 1 .

At high energies, e >> 2\ and C/T2 — 772 > 1, we find

H ' (22)

which is smaller than unity for sufficiently high energies.

2.3 Implications for neutrino observations

As mentioned above the suppression of the high energy tail of the spectra has
consequences for the interpretation of supernova neutrino observations as well as for
neutrino induced nucleosynthesis processes in the outer layers of the progenitor star.
We shall estimate the size of these effects in this section.

Given the spectral density of the neutrino particle flux in terms of the spectral
luminosity dL/de,

^ = _ i _ . d £ [cm-V'MeV-l , (23)
de 4nr2 e de L J

the number of neutrino interactions Nv occuring in a volume V at distance r from
the neutrino source and the energy Ev absorbed in the volume V during time At can
be calculated as the moments

M (m) - / de / dt / dV ^e m n T <r(e)x(e)
Jo Jo Jv de ^24)

It is Nu = M^°\ Ev s M^l\ if each neutrino deposits its whole energy e in the
matter. Here iVr is the number of target particles in volume V, <r the reaction cross
section, and x the energy dependent detector efficiency. The notation ($uAt) is
introduced as an abbreviation of the time integral of $„. Setting x — 1 leaves us
with integrals which describe the interaction of the neutrino fluxes in the ambient
stellar material far away from the neutron star.

Now, supposed the neutrino luminosity L from the star and the average energy
(e) of the emitted neutrinos are given, how does the neutrino-matter interaction differ,
when the spectra have an effective degeneracy instead of being black body spectra?
Equation (24) allows us to estimate the consequences. Let us consider a reaction with
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cross section proportional to the n-th power of neutrino energy: <r(e) <x en. We set
X = 1 for simplicity in Eq. (24), which is correct when we investigate the interactions
of neutrinos in the stellar gas and ensures an underestimation of effects due to the
spectral shape in case of the response in a neutrino experiment. Equation (24) has
to be evaluated with the spectrum Eq. (17) with r\v = 0 and Tv = Ti. on the one
hand and r\v = r\i > 0 and Tv — T% on the other. Our basic assumption implies that
L\ = Li and (e)i = (e)2. The latter relation allows us to use Eq. (20). Putting all
together we derive

(25)

Inserting representative numbers, m = 1, n = 2, T72 = 3, we find this ratio being
roughly 0.8. This means, not too astonishing, that due to the suppression of the high
energy tail in case '2' the interaction of neutrino flow and stellar matter is reduced.
The effect is drastical for very strong energy dependence of the cross sections, e.g.
in case of inelastic neutrino-nucleus interactions (see e.g. Bruenn and Haxton 1991,
Kolbe et al. 1992).

Let us state the question the other way round: Which consequences does the
non-thermal spectral shape have for the conclusions drawn from a neutrino detection
on the properties of the neutrino emitting source? Putting the question this way
means that we now take a certain number of neutrino events iVdet and a measured
average energy (c)det = -Edet/Wdet of these recorded neutrinos as given. With a
neutrino reaction cross section according to <r(e) = <7oen and the total energy emitted
by the source in time At written as Eem = L • At, Eqs. (23), (24) yield

(26 a)

(26 b)

The integral Tk{y) is defined in analogy to Eq. (5):

(27)
o l + e x p ( z - y )

Deviding Eq. (26b) by Eq. (26a) one gets

Using Eq. (19) we can conclude from the average energy of the detected neutrino
events (e)det on the average energy of neutrinos coming from the stellar source:
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Expressing Tv in Eq. (26b) in terms of (e)det via Eq. (28), we can determine the
energy emitted by the star in neutrinos, £emi from the measured quantities JEket and
(e)det as

F _
e m "

If we consider absorption of electron antineutrinos by protons and evaluate the ex-
pression of Eq. (29) with the 1MB and Kamiokande detector efficiencies, we find
that spectra with effective degeneracy parameters around r\v w 3-3.5 lead to 20-30%
higher values for (e)em compared with the case r\v = 0 (see Janka and Hillebrandt
1989b). A downward correction of the same size is necessary in case of the estimated
energy emission Eem of the neutron star according to Eq. (30). These corrections
increase for high detector threshold energies and strong energy dependence of the
neutrino-target interaction.

Finally one can try to obtain an approximate numerical value for the radius
R of the neutrino emitting object. As we explained above, the neutrino emission and
spectra are non-thermal, since neutrinos are in general not radiated close to thermal
equilibrium from a well defined surface. Thus the spectral temperature Tv introduced
in Eq. (17) can deviate considerably from an 'effective temperature' to be used in
the Stefan-Boltzmann radiation law for a black body. This means that when the
neutrino energy emitted by the neutron star in a time interval At is written as

Eem = LAt = 4irR2 At \gtt\ • I - JT-TT • 0 • 7? Tz(r)v) , (31 a)

the parameter 0 has to be determined from detailed calculations of neutrino radiative
transfer in neutron star atmospheres. 0 is found to be typically of the order 0 «
0.08... 0.12 for ue (Janka and Hillebrandt 1989b, Janka 1990). This holds in supernova
models early after core bounce as well as during protoneutron star cooling. (The
coefficient gu in Eq. (31a) accounts for general relativistic redshift and time dilatation
effects from the neutron star surface to an observer at infinity) Replacing Tv in Eq.
(31a) by (e)det via Eq. (28) we arrive at

Combining Eqs. (31b) and (30) one ends up with an expression for R. Note, however,
that an evaluation better than just an order of magnitude estimate requires knowledge
of the parameter 0.

3. Neutrino-driven supernova explosions

3.1 Neutrino heating and explosion energetics

In the context of Wilson's delayed mechanism neutrinos play the crucial role
to drive and to power the type-II supernova explosion. During the phase of matter
accretion, lasting for several hundred milliseconds after core bounce, material is falling
through the standing accretion shock. Initially cooling processes dominate in this
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material, which radiates away its gravitational binding energy by neutrinos, and
settles onto the protoneutron star. As the neutron star becomes more and more
compact and the accretion rate shrinks with the decreasing density of the infaUing
layers of the progenitor star, there is a moment, when net heating by neutrino energy
deposition must win against neutrino cooling.

To see this, let us compare the most important neutrino processes in the
hot, dissociated post shock material during the accretion phase, electron/positron
absorption on protons/neutrons and the inverse reactions:

e~ + p «—+ ue + n , e+ + n <—• ue + p . (32 a, b)

The cooling rate per baryon due to the emission of ve and vt, respectively, in these
capture reactions can approximately be written as

<r~ •«•(!&)-endMeV
nucleonj '

the corresponding heating rates by the inverse processes are

Of , « no • ̂  <*> 2 • { M U * 2 _ l . (34)
""** A (15MeV)2 \YP) Ls-nucleonJ

Here T denotes the gas temperature, Yn and Yp mean concentrations (i.e. numbers
per baryon) of free neutrons and protons, respectively, L$2 is the ue- or ve-luminosity
in 1052 erg/s, rj gives the distance from the compact neutrino source in 107 cm, and
(e2) defines the average squared energy of the neutrinos. Assuming neutrino spectra
according to Eq. (17) one gets

^ 1 (35)

where the numerical value is obtained by taking r\v — 0. These handy forms of the
formulae are derived with a number of simplifications: Electrons are assumed to be
non-degenerate (electron chemical potential fie RS 0), and Pauli blocking effects due to
lepton degeneracy are completely ignored; moreover, electron rest masses are assumed
to be small compared with typical neutrino energies, mec

2 C (e), and with the gas
temperature, mec

2 ^ T. Recoil of nucleons is disregarded, nucleons are assumed to
be non-relativistic, non-degenerate ideal gases, and the rest mass difference between
neutron and proton is neglected. These approximations will be used in all given rate
expressions below, too, yielding accuracies of order 10% for typical situations in the
discussed context here. (We use a. = 1.254 for the axial vector correction factor
(Boehm and Vogel 1987), sin2 0w = 0.23 for the Weinberg angle (Langacker 1988),
and the standard weak interaction cross section o$ — 1.761 • 10~44 cm2).

In a thin, hydrostatic, isothermal atmosphere of a neutron star of radius R
and mass M with the pressure being dominated by a Boltzmann gas of baryons,
P = ApT, the density declines exponentially with height h = r — R:

( GM f R]\ ( GM ,\ ,_-.
p =po-exp——-• 1 - - « po-exp(-——.h) . (36)
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For the typical temperatures T £ 1 MeV this immediately implies that at sufficiently
small densities relativistic electrons, positrons, and photons will start to yield the
main contribution to the pressure, i.e. P ex T4. Here our basic assumption breaks
down: The matter in the gravity field of the neutron star must be stabilized by a
temperature gradient instead of a density gradient. In case of an adiabatic atmo-
sphere one has p oc T3, which requires a temperature decline T oc r""1. However, for
neutrino heating being balanced by neutrino cooling, Q+ = Q~, Eqs. (33) and (34)
imply T oc r~1^. This means that net energy deposition in a region close to the
newly formed neutron star is unavoidable in the described situation.

In addition to the processes of Eqs. (32a,b), which yield the main part to the
neutrino heating with a rate given by Eq. (34), there are contributions on the 10%
level by energy transfers in scattering events between neutrinos and free nucleons:

Although the energy exchange per individual reaction is small due to the large rest
mass of the nucleon, Ae oc (e — 6T) • e/(m^c2) (see Tubbs 1979), these reactions have
cross sections comparable to those of reactions Eqs. (32a,b), and all neutrinos kinds
participate. For low temperatures T < (e) the energy transfer rates per baryon axe
estimated to

Qvn+p ~ 1.0• (Fn + Y,).2«- (f3) 3 [ ^ 1 (38)
' * P A (20 MeV)3 Ls-^cleonJ v '

with
/ - 3 \ — rpZ •'^K'lv) -inn rp3 fiQ\

(the numerical value again assumes r\v = 0). The total heating via reactions Eq. (37)
is given as the sum of the rates according to Eq. (38) for neutrinos and antineutrinos
of all three flavours.

Another source of energy transfer to the stellar gas around the protoneutron
star is neutrino-electron/positron scattering

(40)

For nondegenerate, relativistic leptons the rate per nucleon is calculated as (Tubbs
and Schramm 1975; see also Janka 1990):

Q + - 3 4 • I ! • - & - 1 ( Y [ 1
Vv>e-+e+ - ^ | Q 6 7 j ^ 15MeV p6 U 5 M e W U-nucleon] '

Here p$ means the matter density in 106 g/cm3, and the average neutrino energy is
denned as

^ f (42)
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the numerical value again computed with r\v — 0. The two cases in Eq. (41), distin-
guished by the factors 3.12 and 0.67, respectively, correspond to the different weak
interactions of ve and Pe with electrons and positrons via charged and neutral currents
on the one side, and of vz via neutral currents only on the other. Energy deposition
by the processes of Eq. (40) becomes important when the density gets low, the gas
temperature, however, stays around or above 0.5 MeV. As in the case of neutrino-
nucleon scattering the total rate is obtained by summing up the contributions of i/e,
Vf, V?, *V, "T, and Pr.

Goodman et al. (1987) claimed the importance of neutrino pair annihilation,

„ + v —* e~ + e+ , (43)

in the close vicinity of the young neutron star, just outside of the neutrino 'sphere'.
The rate drops steeply with increasing distance from the protoneutron star, because
the phase space for the reaction depends on the relative velocity of the colliding
neutrinos. Assuming equal luminosities and spectra for neutrinos and antineutrinos,
one finds for the heating rate

f 2.341
\0.50j

2 . f 2.341 2 (e) # £ . 1 [ MeV 1
\ j X 5 r? p* [s-nucleonj

(For a derivation of the reaction rate see Cooperstein et al. (1987) and for a careful
evaluation of the phase space effects see Janka (1990,1991)). The neutrino energy
average (e) is given by Eq. (42), the two cases in Eq. (44) again account for the
different interaction of electron neutrinos and heavy lepton neutrinos via charged
and neutral currents on the one hand and neutral currents only on the other. The
total energy transfer to the stellar gas is given as sum of the contributions for all
flavours of neutrinos. A careful analysis of the heating using Monte Carlo results
of neutrino transport in protoneutron stars (Janka 1991) could not confirm the very
optimistic estimates by Goodman et al. (1987), so it is controversial whether reaction
Eq. (43) really is relevant. The inverse reaction, electron-positron annihilation into
neutrino/antineutrino pairs, however, certainly takes part in the cooling of the hot
material near the neutron star surface. The rate due to production of neutrino pairs
of all flavours is given by

P6 \ lMeVy [s-nucleonj

Supposed the neutrino luminosities LUt, Lpe and average neutrino energies
are sufficiently high, absorption of electron neutrinos and antineutrinos can deposit
enough energy in the matter between protoneutron star and stalled shock (compare
Eq. (34)) to slow down the infall of the post shock material and to drive the shock
outwards. A 'hot bubble', a region of low density, but temperatures above and around
0.5 MeV, starts to form and expand (Bethe and Wilson 1985). The energy transferred
to the stellar material in that bubble region during the subsequent evolution will
decide about the final energy of the supernova explosion. One can obtain an order of
magnitude estimate by integrating Eq. (34) for characteristic density profiles in the
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Figure 5a. Radial positions of selected mass shells as functions of time for
a simulation run where neutrinos were completely ignored. Time is mea-
sured from the start of the computation. In the lower part of the figure the
hydrostatic protoneutron star is sitting. The matter above is essentially in
hydrostatic equilibrium, too.

region of net heating between an inner radius R% ('gain radius', denned as the location
where heating and cooling are equal) and an outer radius R&, which is determined by
the requirement that the matter must be completely dissociated into free nucleons
inside this radius. Taking Yn + Yp = 1 and p ~ ps (i2g/r)n with n = 3 and using
iZd > i2g, one finds

1050

(15MeV)2 15 km
[erg]
l~TJ (46)

Equation (46) tells us that a fraction of about 1% of the energy emitted in vt and
ut will be deposited in the stellar gas. Integrating over the cooling time of the pro-
toneutron star (several seconds) this result, together with contributions by the other
heating reactions, in particular by neutrino-electron/positron scattering, suggests
explosion energies of the order of several 1050 erg, quite close to typical energies of
type-II supernova events of 1-2-1051 erg as concluded from analyses of the early light
curves (see e.g. Mair et al. 1992). Of course, our crude estimation neglects that
the energy deposition might occur dynamically and that the neutrino spectra and
luminosities change in time. Moreover, it does not tell anything about how much of
the deposited energy will finally end up as kinetic energy of the explosion.
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Figure 5b. Radial positions of selected mass shells as functions of time for the
first three seconds of a simulation run where neutrino effects were included.
Time is measured from the start of the computation. The matter external to
the neutron star is heated by the neutrino flows from the neutron star and a
huge expansion sets in.

In order to clearify this point and to work out the detailed requirements for
powerful type-II supernova explosions via Wilson's delayed mechanism, we performed
numerical studies (in one dimension) of the neutrino heating phase after core bounce
(Jaaka and Muller 1992, Janka 1993). In particular, we followed the heating in the
hot bubble region around a nascent neutron star for a period of more than 10 seconds,
starting at about half a second after bounce. The computations were done for a model
of a 25 M©-star, evolved through core collapse and bounce by Wilson (1989). Figure
5a displays the result of a simulation run when neutrinos are completely ignored;
Figure 5b gives a typical result of a computation with neutrinos included. The
pictures show the radial positions of selected mass shells in the star as functions of
time during the first second and the first three seconds, respectively, of the evolution.
In the lower parts of the figures the protoneutron star is located. In case of Fig. 5b it
is loosing its gravitational binding energy of 2.7-1053 erg by radiating neutrinos with
an exponentially decaying luminosity on a time scale of about 4.5 seconds. A part
of this energy is deposited in the surrounding gas by the processes discussed above,
driving a rapid expansion, which leads to a clear separation of the neutron star from
the stellar mantle far out. In Table 1 results for a sample of model simulations with
varied spectra and decay time scales of the neutrino emission from the neutron star
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Table 1. Model data. LVto is the neutrino luminosity of the neutron star
at the start of the computation, Tu$ and TVt0O are initial and final spectral
temperatures of neutrinos, respectively. Both LVJQ and the neutrino tem-
peratures are given for an observer at infinity. r\v is the effective neutrino
degeneracy parameter, ifos.o and .RNS.OO mean initial and final neutron star
radii, tc denotes the cooling time scale of the neutron star, and 2?>o,oo the
explosion energy of the model. In model BS an early burst of high-energetic
neutrinos was added to the neutrino luminosity from the neutron star (see
text).

M.

ST

LF

HT

NS

BS

u

ve

vt

VX

vt

Vt

Vx

vt

vt

Vx

Vt

Vt

Vx

Vt

vt

Vx

T.,0 T
-*-l>,0O

[lO"erg/s] [MeV] [MeV]

10.0

11.6
10.0

7.5
8.7
7.5

10.0
12.2
10.0

20.0
24.5
20.0

10.0
11.6
10.0

2.75

3.75
6.00

2.75
3.75
6.00

2.75
3.75

6.00

2.75
4.15
6.75

2.75
3.75
6.00

2.75
3.75
6.00

2.75
3.75
6.00

2.50
4.50
5.00

2.50
5.00
5.25

2.75
3.75
6.00

3.0
3.0
3.0
3.0
3.0
3.0

3.0
3.0
3.0

3.0
2.0
2.0

3.0
3.0
3.0

M
4.36

5.81

4.31

2.15

4.36

•RNS.O

[km]

17.3

17.3

17.3

17.3

17.3

[km]

17.3

17.3

9.0

9.0

17.3

E>0,oo

[10" erg]

0.40

0.40

0.48

0.55

1.33

are collected (for more information see Janka and Muller 1992). Except for the last
case the explosion energies — in agreement with our considerations above — stay
fairly low. A closer look on the results reveals the reason: Although neutrinos deposit
more than a factor of three more energy in the hot bubble region, most of this energy
drives mass loss, i.e. is consumed to lift material in the gravity field of the neutron
star.

The last case listed in Table 1 shows the result of a calculation, where in
addition to the exponentially decaying neutrino fluxes from the protoneutron star a
short 'burst' of high energetic neutrinos was included. On a time scale of about 100-
200 ms (at a time 150 ms after the start of the computation) an energy of 1.5-1052 erg
is radiated away by neutrinos with typical energies of 20-30 MeV. This outburst of
energy is small compared with the roughly 3 • 1053 erg lost by the protoneutron star
and cannot be discovered in the neutrino observations in connection with SN 1987A.
The efficient heating due to these additional neutrinos leads to a significantly higher
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explosion energy (Table 1): 1.33-1051 erg agree well with expectations from theoretical
models of SN 1987A (Mair et al. 1992). The main reason for the increase of the
explosion energy is the short time scale of energy transfer to the matter. Different
from the slow and quasistationary energy deposition by the exponentially decaying
neutrino flows from the neutron star, the outburst heats the matter on dynamical
time scales *dyn ft Ar/cs = O (100 ms) (cs is the sound speed) and powers a very
fast expansion instead of driving mass loss. We therefore conclude that supernova
explosions via the neutrino heating mechanism with explosion energies of the size
expected for typical type-II supernova events require efficient neutrino heating on
dynamical time scales. In the next section we shall address the question, which
physical processes might lead to the production of sufficiently high luminosities of
energetic neutrinos.

Let us add a remark on non-standard neutrino physics here. Matter-enhanced
oscillations of light neutrinos according to the MSW-effect could lead to a considerable
increase of the neutrino energy deposition outside the protoneutron star. Assume
there would be resonant flavour conversion between the electron neutrino vt with a
very small mass mUe and a heavy lepton neutrino ux, most likely the tau neutrino
uT, with mass mVt. Electron neutrinos of energy e would transform into vs and vice
versa at a density related to the squared mass difference and the lepton concentration
in the star by the resonance condition (Fuller et al. 1987):

m2 — m2 m2

with p\Q being the gas density in 1010 g/cm . The consequence of resonant neutrino
oscillations on the supernova physics and on neutrino observations differs drastically
with the considered mass mVx. For typical neutrino energies £ ^ lOMeV masses
m2

s ^ 105 eV2 lead to neutrino mixing at densities higher than about 10 u g/cm3.
This definitely has influence on the whole core collapse dynamics and, most likely,
destructive consequences for the formation of the prompt shock (Fuller et al. 1987).
For neutrino masses m2^ ^ 10 eV2 neutrino transformations would occur in the man-
tle of the progenitor star far away from the central core region. Therefore they
would affect the observations and, possibly, the neutrino nucleosynthesis in the star,
however would be unimportant for the explosion mechanism and the explosion dy-
namics. Remarkably, neutrinos with masses in the cosmologically interesting range
10 eV2 & m2

x ^ 104 eV2 would undergo flavour mixing outside the neutrino sphere
between the protoneutron star and the shock position (see Fuller et al. 1992). This
would exchange 'cool' electron neutrinos with one species of 'hot' vx. While core
collapse dynamics, formation of the prompt shock, and cooling of the protoneutron
star would remain unaffected, this would help the delayed shock revival. One can
easily obtain an estimate by using Eq. (46) together with the numbers given in Eqs.
(10) and (13). Assuming symmetric matter, Yn ~ Yp, and distinguishing between
contributions by vt and vt in Eq. (46) we find for the ratio between heating with
and without MSW flavour conversion:

~ --•11.0],,. +[1.2.1.5-1,.
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In a more careful evaluation, which takes into account the composition of the stellar
gas and temporal changes of neutrino fluxes and spectra, Fuller et al. (1992) find a
60% increase of the neutrino heating. However, having in mind the discussion of our
numerical results above, the final effect on the explosion can definitely be revealed
only when neutrino flavour conversion is included in course of a hydrodynamical
simulation.

3.2 Convective processes in supernovae

So far elaborate calculations of delayed type-II supernova explosions have been
performed only in one dimension, i.e. with the assumption of spherical symmetry.
However, it is well known (e.g. Burrows 1987, Burrows and Lattimer 1988, Bethe
1990) that convection may play an important role in the supernova and the newly
formed neutron star. On the one hand the deleptonization after the supernova shock
breaks through the neutrino sphere produces a negative lepton gradient in the col-
lapsed stellar core. On the other hand regions of negative entropy gradients behind
the weakened, finally stalling, prompt shock are a common feature of most supernova
calculations (compare the collection of results in Burrows and Lattimer 1988: see also
Bruenn 1992). Such situations are unstable against convection and large scale mixing
seems unavoidable.

In fact, recent calculations (Burrows and Fryxell 1992, Janka and Muller 1992)
confirm these considerations. The hot, neutronized material left behind by the propa-
gating shock in a collapsed stellar iron core after bounce starts to develop a Rayleigh-
Taylor-type instability on growth time scales of roughly 10 ms. After another 5-10
milliseconds the whole unstable region in the outer layer of the nascent neutron star
is involved in the convective overturn. Figure 6 shows the entropy in a region between
20 km and roughly 220 km at four different times: 16, 21, 26 and 31 milliseconds after
the start of the 2-d simulation. One can clearly see how first the inner layers become
unstable and develop Rayleigh-Taylor fingers penetrating inward. A little later zones
with negative entropy gradients farther out begin to break up, too, while the struc-
tures deeper inside merge to successively larger blobs. After another 10 milliseconds
the inner region is completely mixed and homogenized. The convective velocities are
near and even beyond the local speed of sound, therefore significant overshooting at
the outer and inner boundaries of the initially unstable regions occurs.

These convective processes behind the supernova shock cannot prevent the
failure of the prompt explosion xnechansim, although the shock gets an additional
boost, which helps to bring it out to larger radii (see Fig. 6). However, convection
will have drastical consequences for the neutrino emission. Since the convective zone
in the outer part of the nascent neutron star encompasses the neutrino sphere and
the convective overturn transports leptons from opaque inner regions to neutrino
transparent layers close to and above the neutrino sphere, the neutrino emission dur-
ing this phase of the supernova evolution will be significantly enhanced. Comparing
convective mixing time scales tmix from our simulations with the neutrino diffusion
time scale tag and the lepton loss time scale <L,1OSS (see point (4) in Section 2.1) we
can estimate the increase of the neutrino emission:

2 * r1 * Tsar & T^ * 6 - 1 0 • (49)
*mix *->v *mix
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Figure 6. Convection in a protoneutron star some ten milliseconds after core
bounce. The plot shows the time evolution of the entropy (in ks per nucleon)
in a region between 20 km and 218 km. The panels are arranged in counter-
clockwise order, starting from the right upper side, and show snapshots at
16 ms, 21ms, 26 ms, and 31ms after the start of the 2-d computation. The
grey levels correspond to entropy values between 2 and 9 with a linear vari-
ation from bright to dark. The supernova shock is located at the interface
between the grey inner region and the white zone outside. (The figure is
taken from Janka and Miiller (1992).)

So far our simulations are purely hydrodynamical, thus the neutrino emission must
be further investigated by including neutrino transport in subsequent simulations. It
will be interesting to see how this enhancement of the neutrino losses will influence
the shock propagation on the one side and the neutron star formation on the other.
Hopefully, it will help to settle the controversy on the question whether the neutrino
luminosities are sufficiently high to revive the stalled shock or not.

At later stages, more than hundred milliseconds after core bounce, during the
matter accretion phase, neutrino heating below the standing accretion shock may
lead to thermally driven convection between protoneutron star and shock front. This
is suggested by recent calculations by Herant et al. (1992), who, however, start from
a completely artificial initial model and use a very crude description of the heating
due to neutrinos. Nevertheless, their results are inspiring and destroy completely the
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Figure 7. Imagined convective overturn in the region between protoneu-
tron star and supernova shock during the matter accretion phase after core
bounce. The matter is accreted onto the nascent neutron star in narrow flow
tubes and emits high energetic neutrinos, which help to power the supernova
explosion.

picture of a spherically symmetric, laminar spherical accretion flow onto the nascent
neutron star. According to their results matter is falling down in long, narrow tubes,
separated by expanding bubble regions (see Fig. 8). Since the calculations do not
include neutrino radiative transfer, one can also in this case only imagine what might
happen: The lepton rich matter flowing down must heat up and may be the source
of high energetic neutrinos, which are emitted on a time scale of about the free fall
time scale. We know from the one-dimensional simulations described above that this
may well power an energetic type-II supernova explosion. The matter accretion, and
thus further heating, will be shut down when the layers below the shock begin a
rapid expansion and push the supernova shock outwards. Future investigations will
have to show whether this scenario takes place and whether it leads to robust and
powerful type-II supernova explosions.

4. Summary and conclusions

In this paper we described generic properties of the neutrino emission during
stellar core collapse and the formation of a neutron star by reviewing results from
numerous numerical simulations. Deriving simple analytical estimates we demon-
strated that there are several phases with clearly distinct neutrino emission: The
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core collapse, the phase of prompt shock propagation and shock breakout, the phase
of matter accretion onto the nascent neutron star, and the Kelvin-Helmholtz-cooling
of the protoneutron star. Most of the energy emitted in neutrinos is radiated away
during the last phase, which is certainly responsible for the majority of the neutrino
events detected in connection with SN 1987A. Details of the neutrino signal during
the different emission phases may give evidence about the physics at high densities
and temperatures in the supernova core and might also contain information about
the sequence of events which finally lead to the explosive disruption of a massive star
in a type-II supernova.

The neutrino spectra exhibit systematic and noticeable discrepancies from
thermal distributions. These deviations are of minor importance for an interpretation
of the few captured neutrinos from SN 1987A. However, they will have to be taken
into account for an analyis of hopefully hundreds to thousands of neutrino events
caused by a galactic supernova. We demonstated that a Fermi-Dirac function with
non-vanishing degeneracy parameter is suitable to yield significantly improved fits
to results of elaborate neutrino transport simulations and to account for most of
the characteristics of the neutrino emission. The non-thermal spectral shape causes
a reduced interaction of the neutrino flows in the stellar mantle and envelope and
in experiments on earth. This reduction is of the order 20-40% for reactions with
cross sections varying with the square of the neutrino energy, and becomes even
more pronounced for stronger energy dependence and in the case of a small detector
efficiency at low energies.

Despite of more than 25 years of theoretical and numerical work the mech-
anism driving the explosion of a massive star in a type-II supernova is not yet sat-
isfactorily understood. However, currently there is 'convergence' on the point that
neutrinos could play a crucial role. In Section 3 we gave arguments why there exists a
region external to the newly formed neutron star where net energy deposition by the
neutrino flows from the neutron star must occur. Numerical computations, which fol-
low the neutrino heating over time scales of more than 10 seconds, indicate that this
energy input is able to cause a delayed explosion. In agreement with crude analytical
estimates the numerical results show, however, that the energy of the explosion stays
low, of the order of several 1O50 erg rather than more than 1051 erg as expected for
a typical type-II supernova event. High explosion energies via the neutrino-driven
mechanism require very efficient neutrino heating on dynamical time scales during
the early phase of the explosion.

From these results one can conclude that essential physics is still missing in the
described scenario. Since on the one hand all simulations so far have been performed
in spherical symmetry, on the other hand the existence of convectively unstable re-
gions in the collapsed stellar core is a generic feature of these computations, it may
very well be that convection provides the way to robust and powerful type-II su-
pernova explosions via the neutrino heating mechanism. Recent multi-dimensional
hydrodynamical simulations support this expectation. They reveal large scale turbu-
lent motions in the collapsed stellar core behind the supernova shock, and, at a later
stage of the evolution, in the neutrino heated region outside the protoneutron star.
The step that must be taken, and will be done now, is to couple neutrino transport
into the multi-dimensional hydro-codes and to test our optimistic expectations.
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