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ATMOSPHERIC ACTIVITY IN RED DWARF STARS 

SUMMARY AND CONCLUSIONS 

Active and inactive stars of similar mass and luminosity have similar physical 
conditions in their photospheres/ outside of magnetically disturbed regions. 
Such field structures give rise to stellar activity, which manifests itself at 
all heights of the atmosphere. Observations of uneven distributions of flux 
across the stellar disk have led to the discovery of photospheric starspots, 
chromospheric plage areas, and coronal holes. Localized transient behavior 
has been identified in both thermal and non-thermal sources, such as flares, 
shock waves and particle acceleration. The common element to all active regions 
is the presence of strong magnetic field structures connecting the violently 
turbulent deep layers in the convection zones of stars with the tenuous outer 
atmospheres. Transport and dissipation of energy into the chromospheric and 
coronal regions are still much debated topics. 

PROPERTIES OF STELLAR FLARES 

A stellar flare is observed as an increase in radiation from all levels of the 
stellar atmosphere. In addition to a very strong optical and ultraviolet 
continuum, one detects X-rays and radio waves from the corona and emission 
lines from the transition region and the chromosphere. Continuum dominates 
over radiation losses in emission lines during the phase of maximum radiation. 
In contrast, the "white light" continuum is rarely seen in solar flares. 

The optical flare event is characterized by a rapid increase in brightness, 
often followed by an almost equally rapid decay, but the main part of the 
duration of a flare is taken up by a slow decay in brightness till the pre-
flare level is again reached. Many parameters of the flare light curve vary 
by two orders of magnitude on the same star, such as timescales of rise and 
decay, and the flare amplitude. The total energy emitted in optical light 
during a flare varies by much more. On some stars we detect flares as small 
as IO*7 ergs. The largest events have emitted in excess of 10 3 5 ergs. The 
flux at maximum spans more than four orders of magnitude. 

The frequency distributions of flare energy ,^jrshberg 1972) and flux at flare 
maximum (Kunkel 1973) demonstrate that large flares, both in terms of energy 
and amplitude, are much less common than small flares. As the technical ability 
to detect smaller flares has improved over the years, it has been demonstrated 
that the distributions continue to hold. There is no indication yet of "a 
smallest possible flare", below which no flare event is recorded. 

Numerical values for the slope of the cumulative frequency distribution of flare 
energy vary from star to star. It is not clear if this is a property of the 
star, or if it is due to observational effects. In Fig. 1, which compiles 
distributions for a number of stars, it appears a collective property that all 
stars have similar slope values. For solar neighbourhood stars the values range 
from 0.4 to 1.0, and show some tendency of correlation with stellar luminosity. 
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Fig. 1. - Cumulative frequency distributions 
of flare energy for a number of stars. 

Photometric observations of flares have revealed a number of statistical 
properties of flare activity on stars. Some are due to observational selection 
effects connected to the contrast between flare light and the photospheric 
brightness. Energetic flares are seen mostly on intrinsically bright stars, 
while low energy flares are seen on faint stars. Since small flares occur more 
frequently than large flares we observe that intrinsically faint stars flare 
more often than bright stars. The relative contribution of flare light to the 
total flux from a star is larger in faint stars than in bright ones. 

The low energy cut-off as a function of stellar luminosity is apparent in Fig. 1. 
Whether low luminosity stars are capable of producing very energetic flares 
cannot be decided from existing observations. Such stars must be observed with 
large telescopes where observing time is precious, so only a few hours of monitoring 
have been accumulated on most of these objects. The bright stars can be observed 
with small telescopes and require vast amounts of observing time for each detected 
flare. Since the sampling times are so different, the conditions favour detection 
of very energetic flares in bright stars. It may be indicative, however, that 
95 hours of U-filter monitoring on YY Gem (Mv°9) revealed flares as large as 
10 3 4 ergs, while 93 hours on W Cet (^=15) resulted in none larger than 5 1 0 3 1 

ergs. 

The opposite question, whether all stars produce low energy flares, cannot be 
investigated with optical methods due to contrast effects. Extended X-ray 
monitoring (and possibly in UV) would provide us with data for addressing this 
problem. 
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When the observations are calibrated to scales of absolute physical units, the 
stellar luminosity in the U-filter, Ly, and the time averaged flare energy, Lj(U)( 

are both in ergs s"1. Total absence of low energy flares in bright stars leads 
to undesestiroates of their Lf(V)-values. Weaker flares can be detected in faint 
stars so there the sampling is more complete over the range of produced energies. 
Fig. 2 shows that the time averaged flare energy emitted by a star increases 
with increasing ste.llar luminosity. Discarding stars of unusually low activity, 
often with no emission lines in their spectra, we find that 
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Fig. 2. " Time averaged flare energy 
for a number of stars. 

The observed flare frequencies are also affected by various selection effects. 
We have attempted to avoid these by utilizing the observed distributions of 
flare energy to determine the flare frequency (in flares per hour) for flares 
larger than a fixed value, i.e. N/T(E>EQ ergs). Since a rare large flare in a 
low luminosity star may be barely detectable in a bright star, we have obo£?n 
E o-10 2 9 and 10 3 0 ergs. This choice minimizes the range of extrapolation. 
Discarding stars of unusually low activity, we find that 

1/2 (2) 

This relationship, which holds for five orders of magnitude in stellar luminosity, 
is shown in Pig. 3. Flares larger than a given energy are more frequent on 
bright stars than on low luminosity stars. Since this holds for several choices 
of energy, we suggest that in general the frequency of flares of a given energy 
is larger on bright stars than on faint stars. 
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Fig. 3. - Flare frequencies for stars of different luminosity. 

In summary, the results of Figs. 2 and 3 suggest that bright stars are more 
flare active than low luminosity stars. Theie are also indications of 
different activity levels for stars of similar luminosity, which may indicate 
that other parameters also play a role (e.g. age, rotation). 

Studies of flare light curves have revealed the existence of a relationship 
between the average flare decay rate and the luminosity of the star. An 
updated version of this relationship is shown in Fig. 4. It has a break near 
MyslO, which coincides with a similar break in the mass-luminosity relation 
(Pettersen 1983). For the entire luminosity range 7<MV<17 (magnitudes) one 
thus obtains 

. i 0 
t. . « — a <r °-5

 g 2 
(3) 

where tg.5 is the flare decay timescale, g is the surface gravity of the star, 
and h is the pressure (gravitational) scale height in its photosphere. 

For low luminosity stars (My=15) we detect flares as weak as 10 2 7 ergs. Only 
rarely do we see sinole maximum flares with energies larger than 1 0 3 1 ergs. 
The average flare decay timescale is therefore determined mainly by weak flares. 

Brighter stars like EV Lac and AD Leo (My»ll) have more intense photospheric 
radiation so the flare contrast is lower. We detect flares between 10^9 and 
1Q33 e r g B f o r these stars. The average timescale is influenced by more 
energetic flares than in the case of low luminosity stars. 
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Fig. 4. - The average flare decay rate t Q 5 for 
stars of different luminosity. 

In order tc investigate possible observational selection effects on the 
determination of the flare decay rate, we have plotted log tg. 5 versus 
log E(j for flares on various stars, spanning five orders of magnitude in 
flare energy (Fig. 5). A remarkably homogeneous distribution fills up the 
rectangulai area between the instrument time resolution value and an upper 
limit near 100 seconds. There appears to be no general relationship between 
flare decay timescale and flare energy. 
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Fig. S. - The flare decay rate for flares of different 
energy, observed on six stars. 



Since flares on small stars are faster than flares on large stars, it follows 
that the flare volume is smaller on small stars. If stellar flares are physically 
associated with loop structures as in the case of the Sun, then such loops must 
have smaller dimensions on small stars than on large stars. 

PROPERTIES OF CORONAL RADIATION AND MAGNETIC LOOPS 

On the Sun the X-ray emission originates in loops which cover only a small fraction 
of the surface area ( about 5 % ) . The coronal X-ray luminosity of a star is 
determined first of all by the presence of X-ray emitting loops, and then by 
their surface filling factor. An important requirement for a star to produce 
X-rays is that the matter contained in its coronal loops reaches high enough 
temperatures. The total area of X-ray emitting gas then determines the level 
of X-ray luminosity. It follows that a star with a number of cool loops will 
at best be a very weak X-ray emitter. 

Fig. 6 shows the ratio of coronal flux to chromospheric/transition region fluxes 
for a number of stars, based on our own data and literature sources. Many stars 
are not yet well observed in all spectral regions, and we have therefore prepared 
two diagrams. In the lower one we have taken as the lower atmosphere flux the 
sum of radiation losses observed in ultraviolet and optical emission lines. In 
the upper diagram we have included the radiation in Ha only since it is a major 
component in the radiative energy budget for red dwarfs. Both diagrams show 
the same trends: 
(i) The ratio of coronal to chroisospheric/transition region fluxes may increase 

from absolute magnitude 7 to 12. 
(ii) The ratio of coronal to chramospheric/transition region fluxes drops 

sharply near absolute magnitude 12. 

According to current interior models for red dwarfs all stars brighter than 
My=12 have radiative cores underneath convection zones which become deeper 
with decreasing stellar luminosity. Common to all stars of this type is an 
interface between the convection zone and the radiative interior where a 
"shell" dynamo may produce magnetic fields through the u>-effect. The increasing 
depth of the convection zone may be related to the increasing ratio in Fig. 6 
between My=7 and 11̂ =12. For fainter stars the convection zone penetrates to 
the center of the star and no radiative core exists. Consequently there is 
no longer an interface region and magnetic fields may be produced throughout 
the convection zone by both a and ui effects in a "distributed" dynamo. On 
this background the abrupt change in the ratio of coronal to lower atmosphere 
fluxes that occurs when the stars become fully convective, may be related to 
a change of dynamo types. 

All the stars in Fig. 6 show strong C IV emission, so loop temperatures are at 
least 10 s K. The faint stars have less C IV and X-ray fluxes than bright stars, 
and the faint stars also have coronal X-ray fluxes that are smaller than the 
chroanospheric/transicion region fluxes. All the stars must have loops at 10 s K, 
but it is possible that the faint stars have very few or none that reach very 
high temperatures. In summary it appears that bright stars with radiative cores 
have both hot and cool loops, and the hot loops are large and abundant since 
their X-ray luminosities are large. Faint stars that are fully convective have 
mostly cool loops, and they are small. Alternatively, faint stars may have 
more open magnetic field structures and their coronae would be more affected 
than their chromospheres. 

Theoretical support for a temperature dichotomy is found in a recent work by 
Antiochos and Noci(1966). They investigated the effect of gravity on static 



log — 
L 

1.0 -

0.5 -

log 

1 1 

• 

1 -—r 

• 

- i — i i —r~ 

• «""» 

* * ' 
*"» • \ 

• 
• 

11 

0.5 

chr+tr 
0.0 

-0.5 -

13 15 
~T 

17 

. / 

/ 

J 1 I 1 L _l U 
11 13 15 17 

Fig. 6. - The ratio of coronal flux to chromospheric/transition 
region fluxes in stars of different luminosity. 

models of coronal loops. A new class of solutions is identified which gives 
low-lying cool loops (height less than 5000 km) with a maximum plasma temperature 
T<105 K. The hot coronal loop solution (T>106 K) is maintained when gravity is 
introduced. For small loops (heights less than the pressure scale height at 
loop apex; H >30.000 km for T>106 K) gravity has negligible effects and a near 
isobaric solution appears. For large loops (heights comparable to or larger 
thar the pressure scale height) one still obtains a hot (T>106 K) isothermal 
loop with an isobaric transition region at the base. In summary, a high-lying 
loop is always hot while a low-lying loop may be either hot or cool. The latter 
is stable, but the hot low-lying loop solution has been found to be unstable 
to thermal perturbations. There is a certain expectation, therefore, that 



most low-lying loops are of the cool type. This result would corroborate the 
obseivational conclusion that intrinsically faint stars have small loops. 
Coneei uently they are cool and produce less X-rays than the large hot loops 
en brighter stars. 

FLARE HEVTING OF OUTER ATMOSPHERES 

Flare observations show that vast amounts of energy are released in the 
atmospheres of flare stars. Large flares occur infrequently, but small flares 
are set off all the time. Thermal as well as non-thermal processes heat the 
gas surrourding the instability region. Flares therefore contribute to the 
heating of stellar coronae. This is demonstrated empirically in Fig. 7a, which 
shows that v.he coronal radiation loss in X-rays correlates with the flare 
luminosity cf the stars. The relationship is described by 

L xaL f(U) 5/4 (4) 

The less active stars of Fig. 2 also appear to obey this relationship. This 
suggests that flare heating has a "universal" nature since it plays the same 
role in both active and inactive stars. 

The X-ray luminosity is about 10 times the t'-filter flate luminosity. This 
holds for three orders of magnitude, which is the present range of measurement. 
Multicolour photometry of flares shows that the U-filter detects about 40 % of 
the total optical energy emitted during an outburst, thus L x = 4 Lf(optical), 
Contributions from other spectral regions and from non-thermal processes are 
hard to estimate from available data, but one -annot exclude that flares play 
a direct role in the heating of stellar coronae. At the very least, the 
relationships discussed here indicate the existence of a common underlying 
mechanism for flares and corcnal heating. 
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Fig. 7b shows that the X-ray luminosity is also correlated with the flare rate. 
The observed relationship is described by 

L a X (N/T) 5/3 (5) 

It follows from eqs. (1) and (4), or eqs. (2) and (5), that 

L a L 5 / 6 

X 0 (6) 

Since Ly characterizes the star and the physical conditions in it (size, mass, 
depth of convection zone, internal source of energy), it appears that coronal 
conditions are determined by processes and conditions in stellar interiors. 

Equ. (6) suggests that the influence of the corona and flare activity penetrates 
all the way to the photosphere of active flare stars, or that some common cause 
affects all levels of the atmosphere. This would also apply in the chromosphere. 
Flares heat deeper regions of the atmosphere by intense high energy radiation 
and by energetic particles that travel along magnetic field lines untill they 
are decelerated at high densities in the chromosphere. Outside of flares the 
chromosphere will be continuously illuminated by intense XUV radiation from the 
above-lying corona. This flux photoionizes atoms in the lower atmosphere. The 
free electrons thermalize and convert the coronal X-iray flux into thermal energy, 
which is then emitted as chromospheric radiation. Fig. 8 shows that the Ha 
luminosity correlates with the X-ray luminosity and the flare luminosity, in 
faint stars the Bo luminosity equals the coronal X-ray luminosity and the flare 
luminosity. In the brightest stars the X-ray luminosity is 10 times larger 
than the other two. 
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Fig. 8. - The luminosity in Ha correlates with coronal X-ray 
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CHROMOSPHERIC LINES IN BED DWARF STARS 

The most prominent indicators of a chromospheric temperature rise in late type 
stars are resonance lines such as Ca II H and K, Hg II h and k, and H I Lyman-a. 
Important subordinate lines include the Ca II infrared triplet lines, He I 5876 A, 
and the H I Balmer lines. The latter are particularly prominent in M dwarfs. 
He I 10830 A and He II 1640 A may also indicate chromospheric conditions in 
late type stars, but the formation of these lines may be influenced by radiation 
from the above-lying corona. 

A common characteristic of the chromospheric lines observed in this study is 
their emission core, sometimes completely filling in the underlying photospheric 
absorption feature (e.g. H I Balmer emission lines. He I 5876 A ) . In other 
cases the broad absorption feature may still be distinguished with a prominent 
emission core exposing the chrunospheric temperature rise (e.g. Ca II infrared 
triplet lines, Na I D-lines). Jeffries and Thomas (1959) realized almost 30 
years ago that the shape of such lines was a consequence of the depth variation 
of the line source function in a stellar atmosphere with a chromospheric 
temperature rise» Some qualitative insight may be gained by considering an 
atom with two bound states and a continuum. Each level is populated by both 
radiative and collisional processes. In the case of complete frequency re
distribution the source function for the line can be written as (Cram and 
Mullan 1979) 

J* J dv + 6B (T) + 0B* 
S x — 2 (7) 

1 + e + n 

where * v is the normalized line profile, J y is the mean intensity of the 
radiation field at frequency v, B V(T) is the Planck function at the local gas 
temperature T, e and n are sink terms, and B describes the continuum radiation 
field. 

The relative magnitude of the various source and sink terms was used by Thomas 
(1957) to distinguish between different types of chromospheric spectral lines. 
When eB v(T)>nB + and e>n the line is collision dominated and the source function 
is coupled to the local gas temperature. When eBv(T)<nB* and e<n the line is 
photo-ionization dominated, and does not reflect the atmospheric temperature 
structure in the line formation region. Intermediate cases, say e>n but nB*>EBv.(T), 
or vice versa, are called mixed domination lines. 

Atomic structure also affects the line formation through the relevant ionization 
and excitation energies. Singly ionized metals (e.g. Ca II, Hg II) have ionization 
potentials larger iihan 10 eV, where the continuum radiation field is weak in 
late type stars. Their resonance lines, with excitation energies of a few eV, 
are therefore collisionally controlled. Neutral metal atoms and hydrogen (in 
the n=2 level) have low ionization potentials and are easily photoionized by 
a stellar continuum radiation field. In the Sun, resonance lines of neutral 
metals and the hydrogen Balmer series lines are usually photoionization dominated. 

In red dwarfs the radiation field is much weaker than in the Sun. Collisions 
may therefore be more important to the formation of Ha, for instance, than is 
the case on the Sun. Using expressions for the source and sink terms from 
Jeffries and Thomas (1959), Fosbury (1974), and Gebbie and Steinitz (1974), one 
has 

N e = 4.17 IO 9 T £ exp(-17500/T e f f) for e=n (8) 

and 

N e = 3.33 IO 9 T exp(-39400/T e f f) exp(21900/T e) (9) 

for eB v(T)=nB* 



where T e £ f is the effective temperature of the star, T e and N e is the electron 
temperature and density, respectively, in the chromosphere. Fig. 9 identifies 
the categories from this discussion. Our observations of Ha imply electron 
densities so large that the line is collisionally controlled in all stars 
observed by us. Such a line, with sufficient optical thickness to thermalize 
at heights above the temperature minimum, contain information about the density 
and temperature distributions in the chromosphere. This information may be 
retrieved by comparing observed results to those of model calculations. 
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CONCLUSIONS 
Photometric evidence for flare activity is found in main sequence stars with 
masses from 1 H, to less than 0.1 M,. Magnetic fields are present in the 
atmospheres of these stars, irrespective of their interior structure. Stars 
larger than 0.3 M, have radiative cores beneath a convection zone, while smaller 
stars are fully convective throughout their interior. He are also beginning 
to discover flare stars below the 0.1 M„ limit, where stars are too small to 
support nuclear reactions but are contracting gravitationally to densities 
where matter in the interior becomes partially degenerate. 

The flare luminosity correlates with coronal X-ray luminosity, and with radiation 
loss parameters for deeper layers of the atmosphere. At small energies the 
stars are in a state of continual flaring. This is readily observed in low 
luminosity stars. Flaring and atmospheric heating may therefore have a common 
cause. 
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All active stars show chromospheric and transition region lines up to formation 
temperatures of 100.000 K (C IV). This radiation comes from small, cool loops 
and/or from the legs of large loops. Stars with strong X-ray emission have 
loop temperatures well in excess of IO6 K. Very low luminosity stars show weak 
X-ray emission and may be almost void of large hot loops, but they maintain a 
high level of activity in cooler regions of the atmosphere. The drop in X-ray 
flux occurs for fully convective stars and may signal a different origin and 
structure of the magnetic field. 

At chroniospheric level the Ha luminosity correlates with flare luminosity and 
the coronal X-ray luminosity. It is possible that the chromosphere is heated 
by the corona above it, since it is constantly bathed in XDV radiation. 
Chromospheric radiation losses do remain high for stars with reduced X-ray 
luminosity, however, so it cannot be excluded that active atmospheres are also 
heated from below. 

Neutral hydrogen is the most abundant constituent in stars and it is responsible 
for a large fraction of the radiation loss from stellar chromospheres. We have 
used the observed emission line profiles of Ha to determine chromospheric 
electron densities. Ha is found to be collisionally dominated in all active 
stars from dK5e to dM5e. ionized calcium is also found to be important for the 
energy budget in flare stars when the infrared triplet lines are considered in 
addition to the H and K resonance lines. The radiation losses in other optical 
emission lines (He I, Na D) are negligible, often an order of magnitude below 
that of hydrogen. Most UV lines fall in the same category, except the Mg II 
h and k lines which may compete with Ca II in some stars. 

When it comes to individual objects, we have confirmed that the components of 
YY Gem rotate in synchronism with the orbital revolution. For BY Dra we argue 
that rotation is synchronized with the orbital velocity near periastron of the 
elliptical orbit. Consequently the rotation period is shorter than the orbital 
period, and the pre-main sequence nature of this binary is refuted. A unique 
case among H dwarfs, V1005 Ori is confirmed to have significant amounts of 
lithium. Activity levels in otherwise similar stars have been found to be quite 
different. This may be due to an age effect through spin-down of stellar 
rotation which then affects the dynamo, but details are not well understood. 
Alternatively, activity levels may vary with time in the same fashion as on the 
Sun. Prolonged intervals of low activity (Maunder minima) and semi-cyclic 
behavior at other times are possible explanations of the observed results. 
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ABSTRACT 

Line profiles with a spectral resolution of 0.45 Å have been obtained for Ha(A6563), the Na D 
lines (XX5890, 5896), He I lines (XA5876, 6678), and the Ca II infrared triplet lines (XX8498, 8542, 
8662) in the flare stars AD Leonis and GX Andromedae. The spectroscopic Reticon diode array 
observations of AD Leo were obtained simultaneously with high speed photometry, and major 
influences in the spectra due to flares are avoided by this technique. GX And has photospheric 
parameters very similar to AD Leo but shows a flare activity level more than one order of magnitude 
smaller. Simultaneous photometry was not done during spectroscopic observations of GX And 
because of the small probability that a flare should contaminate the data. 

Despite apparently equal physical parameters at the photospheric level, the chromospheric lines 
observed in this program appear very different in AD Leo and GX And. Ha is a prominent emission 
line in AD Leo with a central absorption, for which the two peaks are separated by 0.6 Å. The 
FWHM of the line itself is 1.35 Å in AD Leo. In contrast, the Ha Une in GX And is an absorption 
feature with FWHM=0.75 A. The strength of this line is too large to be formed purely in the 
photosphere because temperatures are so low in this region that it is transparent to Ha and 
consequently forms only a very weak Ha absorption line. A collisionally dominated line may 
strengthen its absorption feature in a chromosphere before turning into emission (Cram and Mullan), 
and this is probably what is seen in GX And. 

An emission feature in the blue wing of Ha in AD Leo, 20% above the continuum, is found to be 
present also in two nonflaring M dwarfs with Ha in absorption, and is associated with less TiO 
blanketing at that wavelength. 

The Na D lines are broad absorption features in both stars with equal intensity distributions in the 
outer wings, reflecting the similarity of photospheric conditions in these stars. In AD Leo, however, 
the cores of the lines are seen in emission, the D 2 feature being stronger than D,. These emission 
cores are unresolved at our resolution, but have a stellar origin. Also, in AD Leo the He i Å 5876 line 
is detected clearly in emission, but the X6678 line is much weaker. The filling-in of a Fe i absorption 
line by emission in this He i line is discussed, and the flux ratio of the X5876 to X6678 lines is not 
believed to give a correct triplet-to-singlet ratio for He I unless correction for the filling-in of the Fe i 
line is performed. In GX And none of the He i lines are detected, neither in emission nor absorption. 

The Ca n infrared triplet lines are resolved for the first time in flare stars. In GX And, all three 
lines are seen in absorption. In the flare active AD Leo, however, the lines are found to be heavily 
filled in by emission, and only weak remnants of the absorption features remain. A central emission 
is present in the cores of the lines, but these features are unresolved at our spectral resolution. The 
central intensity is largest at the X8498 line, which is the least opaque of the triplet lines. This sharply 
contradicts an optically thin formation of the lines and leaves an intriguing modeling problem. 
Subject headings: stars: chromospheres — stars: flare —stars: individual — stars: late-type 
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I. INTRODUCTION 

Flare stars comprise a subset of the solar neighbor
hood sample of red dwarfs. They cover the spectral 
types dK2e-dM6e (Pettersen 1976). All flare stars show 
Ca ii H and K lines in emission. Most flare stars also 
show the hydrogen Balmer lines in emission and the 

most flare active are the ones with the strongest emis
sion lines (Pettersen 1975). Only a few stars with excep
tionally low flare activity levels (e.g. SZ UMa, GX And) 
show Ha in absorption. 

Pettersen (1980a) studied three dozen flare stars 
(single stars and individual components in multiple sys
tems) with respect to their physical parameters in the 

571 



572 PETTERSEN AND COLEMAN Vol. 251 

quiescent state. He determined the effective tempera
ture, bolometric luminosity, and radius of each of these 
stars and concluded from a comparison with theoretical 
models that solar neighborhood flare stars are main 
sequence stars. Models of low mass dwarfs show that 
flare stars have deep convection zones. Although mass 
determinations are few, the lowest luminosity flare stars 
( l o g £ / £ 0 < - 2 . 5 ) may never develop a radiative core 
and may thus be fully convective during their main 
sequence state. 

Photoelectric photometry of several flare stars in their 
quiescent phase has revealed cyclic variations at the 10% 
intensity level. The generally accepted interpretation is 
that the flare star photosphere has a starspot or a 
dominating starspot group and that the appearance and 
disappearance of this spot due to the star's rotation 
modulates the magnitude in accordance with the rota
tion period. Slightly more than a dozen of the 70-odd 
known flare stars have been observed to be variable 
outside of flares, and even fewer are well enough ob
served for a period determination to be made. From 
existing data on single flare stars the equatorial rotation 
velocity is found to be 5-20 km s~'. The most rapid 
rotator is a member of a spectroscopic binary where the 
rotation is synchronous to the orbital motion, and a 
rotational velocity of 40 km s"' is found (YY Gem). An 
example of a slow flare star rotator is the single dM 4.Se 
star EV Lac, for which Pettersen (1980ft) determined an 
equatorial rotation velocity of 4.2±0.5 km s _ l . 

It appears that solar neighborhood flare stars are 
strongly or fully convective dwarfs that rotate faster, up 
to an order of magnitude faster, than the Sun. Even 
though the source of chromospheric heating in the Sun 
has not yet been identified with certainty, one may 
assume that convection is important to the process. The 
existence of active chromospheres in flare stars is im
plied, and one may even ask if the convection and rapid 

- rotation themselves are the ultimate cause of flare activ
ity and of the higher flare incidence in red dwarfs than 
in other stars through generation of local magnetic fields 
on the stars. 

We believe thai the study of flare star chromospheres, 
where the physical conditions may be significantly dif
ferent from those in the solar chromosphere, may help 
our understanding of the physics of this interesting part 
of a stellar atmosphere. It will also prove extremely 
important to know the conditions in a flare star chromo
sphere once a detailed modeling of the different aspects 
of the complex flare phenomenon itself is undertaken. 

Using equipment available to us at McDonald 
Observatory, we have observed several spectral features 
believed to reflect the existence of a stellar chromo
sphere. Among the flare stars we have observed both 
active stars with a high flare incidence and stars which 
flare only rarely. Some stars are single field stars, and 
some are members of binary systems. The present paper 
is devoted to a presentation of our observational results 

for the active flare star AD Leo and the low activity 
flare star GX And. 

The features observed by us in AD Leo with the 
exception of the Ca n infrared triplet lines were ob
served with a different instrument by Giampapa elal. 
(1978). This paper may serve as a comparison with 
regard to detectability, measurement precision, and 
chromospheric diagnostics. 

II. THE STARS 

AD Leo=Gliese 388 is an active flare star with 
apparent visual magnitude 9.43. There is no sign of 
variability in its radial velocity, and the suspected un
seen companion (Reuyl 1943) was not confirmed in a 
detailed astrometric study by Lippincott (1969). The 
star is apparently single, and Pettersen (1980a) de
termined its physical parameters as 7"c„=3450 K, 
log L/L0 =-\.62\ ±0.004, and R/R0 = 0.44 ± 0.05. 
Using the mass-luminosity relation of Grossman, Hays, 
and Graboske (1974) we may estimate a mass of 
0.44 M0 for AD Leo, which leads to a surface gravita
tion £=6.23 10 4 cm s ~ 2 ( logs=4.79 cgs). 

A photometric study of the flare activity of AD Leo 
by Coleman and Pettersen (1981) concluded that the 
observed flare incidence and energy released matched 
the expected rate as estimated from a statistical relation 
for active flare stars (Lacy, Moffett, and Evans 1976). 
This relation probably represents an upper limit to flare 
activity as a function of stellar luminosity. 

GX And=Gli ese 15 A is a low activity flare star with 
an apparent visual magnitude 8.09. Joy (1947) suggested 
that it was a spectroscopic binary, but precise measure
ments show no radial velocity variations (Pettersen 
and Griffin 1980). The companion star is GQ And= 
Gliese 15 B, and the two apparently form a physical 
system with an orbital period of several thousand years. 
Pettersen (1980c) determined the physical parameters 
o fGXAndasr« f f =3550K, log£ . /^o = -l-618±0.004, 
and R/R0=0.41 ±0.05. The dimensions and photo-
spheric properties of AD Leo and GX And are therefore 
equal within the errors given. 

Extensive photometric monitoring of GX And re
vealed that its flare activity is a factor of 26 lower than 
expected from the statistical relation (Pettersen and 
Griffin 1980). 

The spectroscopic line profiles presented in this paper 
therefore refer to two stars with apparently equal photo-
spheric conditions, but with highly different flare 
activity levels. There are striking differences in the chro
mospheric lines in these two stars. 

III. INSTRUMENTATION AND OBSERVING 
PROCEDURE 

Because AD Leo is known to flare about every 1^ 
hours on the average in the ultraviolet (3600 Å), we 
considered it a necessity to collect the spectroscopic 
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data together with information on the star's activity 
before and during the exposure. For this purpose we 
observed AD Leo simultaneously with two telescopes, 
one collecting photometric data and the other spectro
scopic. The photometric flare monitoring of AD Leo 
was do-,e by L.A.C., except during the one hour ex
posure on 1980 January S UT, when Gary Kern 
provided photometric coverage. AU spectroscopic ob
servations were done by B.R.P. 

GX And flares so rarely and with such small ampli
tudes that we considered it unnecessary to have simulta
neous photometry during the spectroscopic observations 
of this star. No flare activity was noted visually by the 
spectroscopic observer. 

a) Photometry 

The photoelectric observations were made with the 
0.91 m reflector at McDonald Observatory and with a 
two channel high speed photometer controlled by a 
NOVA computer (Nather 1973). The main channel was 
used to monitor AD Leo through a U filter with a time 
resolution of one second. The second channel monitored 
a nearby comparison star at the same time resolution. 
One could therefore tell in real time whether a flare 
occurred on AD Leo, and the spectroscopic observer 
would be notified within seconds. 

The photometric data were stored on magnetic tape 
and were later reduced on the CDC 6600 computer of 
the University of Texas at Austin. 

b) Spectroscopy 

The spectroscopic observations were made with the 
2.1 m and 2.7 m reflectors at McDonald Observatory 
and their coude spectrographs. The detectors were 
Reticon diode arrays cooled by liquid nitrogen (Vogt, 
Tull, and Kelton 1978). 

The 2.1 m detector has 1728 elements. The part used 
for recording the stellar spectrum covers about 240 Å. 
We selected an entrance slit width of 90 pm which 
projects to three diodes on the detector. The spectral 
resolution on the 2.1 m scans is 0.4S Å, which is con
firmed from the half-widths of lines in comparison 
spectra. 

The 2.7 m detector has 1024 elements. The pail used 
for recording the stellar spectrum covers about 90 Å. An 
entrance slit width of 440 /im projects to four diodes on 
the detector. The spectral resolution on the 2.7 m scans 
is 0.40 Å. 

Typical integration times were 2-3 hours on AD Leo 
and about 1 hour on CX And (see observing log in 
Table 1). After the stellar spectrum had been recorded 
and the sky background was subtracted, a spectrum of a 
flat spectral lamp was obtained. The stellar spectrum 
was divided by this flat field spectrum to minimize 
pixel-to-pixel variations in the instrument. These data 
were considered our raw data and were stored on 
punched cards for further reduction at the CDC 6600 
computer in Austin. 

c) The Observing Procedure 

Our aim was to obtain spectra of the quiescent flare 
stars. Since our spectral features are between A 5800 and 
X8700 the influence of a small or medium flare on the 
continuum would be infinitesimal due to the low flux of 
the flare continuum at these wavelengths and the short 
lifetime of the continuum emission in a stellar flare. 
Besides, the U filter monitors mostly the behavior of the 
flare continuum, and this part of a flare could be 
avoided in our spectra by communication between the 
two observers. 

More troublesome is the unknown influence on the 
chromospheric lines after the photometric flare is over. 

TABLE I 
OBSERVING LOG: SPECTROSCOPY 

Effective Integration 
Star Date (UT) Start (UT) Time (minutes) Feature Remarks Telescope 

AD Leo 1979 Apr 7 06 17 08 172 Na I D , He I No flares 2.1m 
AD Leo 1979 Apr 8 03 30 SO 100 CanIR No flares 2.1 m 

1979 Apr 9 04 12 29 120 Ho No flares 2.1m 
AD Leo 1979 Apr 10 03 59 35 103 Na I D, He I 3 flares 2.1m 
AD Leo 1979 Apr 12 03 56 00 149 Ha, He 1 3 flares 2.1m 
AD Leo 1979 May 9 02 28 33 116 Ca 111R 3 flares 2.1 m 
AD Leo 1979" May 11 02 20 37 104 Ca H IR 4 flares 2.1m 
AD Leo 1980 Jan 5 10 41 56 53 Ha 1 flare 2.7 m 
Gliese4ll ... 1980 Jan 5 09 58 29 30 Ha 2.7 m 
Gliese526 ... 1980 Jan 5 11 52 34 33 Ha 2.7 m 
GXAnd ... . 1979 Sep 8 08 28 00 80 Ca n IR No flares 2.1 m 
GXAnd ... . 1979 Sep 8 10 28 55 60 Ha No flares 2.1 m 
GXAnd ... . 1979 Sep 9 08 32 12 45 N a l D No flares 2.1 m 

'This spectrum was obtained with twice the usual slit width. The spectral resolution is 0.9 Å. 
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We had no way of monitoring that effect. There is 
surprisingly uttle difference, however, between spectra 
of the same feature that were obtained with no flare 
influence and those obtained with several flares inter
rupting the observations. The explanation may be that a 
long integration of several hours masks out the influence 
of short time flares. 

The standard observing procedure was as follows. 
The photometric telescope would begin monitoring 

the flare star and continue to do so for about one hour. 
If the observer was certain that the star was at its 
quiescent level, the spectroscopic telescope would be 
pointed at the flare star and the integration would begin. 

Both observers would be connected by open line 
telephone from then on, and they could communicate 
readily. 

If the photometric observer noticed an increase in the 
signal from the flare star exceeding the standard devia
tion of the noise or more, he would immediately notify 
the spectroscopic observer who would close the shutter 
of the spectrograph and record dark current Results 
from several incidents of this kind show that the shutter 
was closed 15 seconds {or earlier) after the flare signal 
increased above the agreed level. By this time the photo
metric observer would have had time to inspect the 
signals from both the flare star and the comparison star. 
In the case of false alarm (due to transparency varia
tions, etc.) which would show in both channels, the 
spectroscopic observations would commence. If a flare 
really did occur, the spectrograph would sit idle until the 
photometric observer considered the flare star intensity 
to be back to normal. Then tne spectroscopic observa
tions would resume. 

When the spectroscopic observer considered the effec
tive integration time sufficient, the signal was read out 
and temporarily stored in the computer. 

IV. OBSERVATIONAL RESULTS 

The spectral region available to us was governed by 
the response of the Reticon and the spectral types of the 

stars on the program. Flare stars are cool stars with the 
maximum of their energy distributions near 1 pm. The 
Reticon detector loses sensitivity rapidly towards the 
blue part of the spectrum. Thus the commonly used 
chromospheric indicators, the Ca n H and K lines, were 
not accessible with our instrument. We have selected 
spectral features between A 5800 and \8700 to optimize 
detector sensitivity and the flux from these red dwarfs. 
In this section we will present the results for each of the 
spectral features selected for this program. Table 1 gives 
a detailed observing log for the data presented. 

Because of the low photospberic temperature of the 
stars, all spectral regions observed are influenced by 
molecular absorption bands. It is not clear where the 
continuum level is. The best we can do is to define as 
thoroughly as possible the position of the local con
tinuum, using the whole 240 Å range of the 2.1 m 
spectra. To do this we compare the star in question 
with a very high signal-to-noise spectrum of e Eri or 
61 Cyg A. These stars have spectral type K2 and do not 
show the molecular features. The continuum is therefore 
easier to define, and a direct comparison between these 
stars and the flare star defines the local continuum over 
the 240 Å region. The low signal-to-noise ratio for some 
of the spectra introduces its own uncertainty in the 
definition of the continuum. 

The wavelength scale was established by using ab
sorption lines over the whole 240 Å region. Hence 
wavelengths are in the stars' rest frames. 

Data on emission features seen in AS Leo are given 
in Table 2, and the measured quantities for absorption 
features in the stars observed are given in Table 3. 

a) The Ho Emission Line 

We have obtained spectra of the Ha emission feature 
in AD Leo at three different dates (see Table 1). The 
two recordings obtained during 1979 April were taken at 
two different grating angles with the same instrument so 
that a different set of diodes on the linear Reticon 
detector was employed to record the emission line pro-

TABLE2 

SPECTROSCOPIC QUANTITIES FOX EMISSION FEATURES IN AD LEO 

Wavelength Equivalent FWHM Central 
Feature (Å) Width (Å) (Å) Intensity" Remarks 

Ha 6S63 3.03 1.38 3.02 1979Apr 
Ha 6563 3.15 1.36 3.24 1980Jan 
He l 5876 0.22 0.66 1.01 
N a D , . . . . 5896 0.08 0.46 0.44 
N a D 2 . . . 5890 0.12 0.43 0.53 
Can 8498 0.10 0.52 1.0S 
Call 8542 0.10 0.52 1.01 
Can 8662 0.10 0.73 0.84 

NOTE—The footpoints of the emission cores in the Ca if infrared lines in AD Leo are 
0.85 <*8498), 0.78 (A8542), and 0.70 (\8662). 

* Relative to the local continuum. 

file:///8700
file:///8662
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TABLE 3 
SPECTROSCOPIC QUANTITIES FOR ABSORPTION FEATURES 

Wavelength Equivalent FWHM Central 
Feature (A) Star Width (A) (A) Intensity' Remarks 

Ho 6563 GXAnd 0.32 0.72 0.40 
Ha 6S63 G1.411 0.40 0.74 0.44 
Cal 6572 AD Leo 0.33 0.63 0.50 1979 Apr 
Cai 6572 AD Leo 0.36 0.70 0.47 1980 Jan 
Cat 6572 GXAnd 0.30 0.61 0.42 
Cat 6572 Gl. 411 0.29 0.55 0.48 
Call . . . . 8498 AD Leo 0.42 ... 0.85" 
Can . . . . 8498 GX And 0.66 0.88 0.57 
Call . . . . 8542 AD Leo 0.95 ... 0.76 b 

Can . . . . 8542 GXAnd 1.85 1.69 0.38 
Call . . . . 8662 AD Leo 0.79 ... 0.65 b 

Call . . . . 8662 GXAild 1.40 1.41 0.40 

'Relative to the local continuum. 
bThe central intensities for the Ca it infrared triplet lines in AD Leo are given as the point of deepest 

absorption recorded. This point is not at the central wavelength of the line, due to the presence of core 
emission. 
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file during these two exposures. The spectrum of 1979 
April 9 UT was obtained without any interruptions of 
flares and thus clearly represents the Ha emission pro
file of the quiescent star at that date. The Ho profile 
obtained three nights later is remarkably equal to the 
first profile, although the exposure was interrupted three 
times by flares. The two profiles are shown in Figure 1. 
We can only suggest that the Ha emis '-n contribution 
of the flares decayed relatively rapidly, as we resumed 
spectroscopic integration a few minutes after each of the 
flares returned to preflare intensity levels as measured 
through the V filter. Also, the time spent on an ap
parently quiescent star is longer than the time over 
which it is believed to have shown persistent Hare emis
sion in the lines, and so this integration effect may have 

masked out any influence from the later part of the 
flares. 

Since the two Ha emission profiles are so nearly 
identical, we have averaged the two spectra of 1979 
April to obtain a better signal-to-noise ratio for more 
certain line identifications. In Figure 2 we show a 25 Å 
portion around Ha, with atomic lines identified. Also, 
along the two horizontal axes, there are positions of 
telluric water vapor lines and • ' stellar TiO lines that 
may contribute to the appearance of the spectrum of 
AD Leo. In fact, there are weak lines and blends associ
ated with all the positions for TiO lines. 

Two features are distirctly noticeable in the Hc< emis
sion profile. The first is the central absorption evident in 
all spectra obtained of AD Leo. Many other flare stars 

^yyfrJV *H^ y^ 
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FiO. I.— The Ha emission line profiles of AD Leo obtained on two different nights. The spectrum to the left was taken without any 
interruption from flare activity, while the one to the right was interrupted by three flares. The two spectra arc identical within measurement 
errors. 
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Vv^ffi 

FIG. 2.—The averaged Ha profile of AD Leo. Atomic lines are 
identified. The positions of telluric water vapor lines and stellar 
TiO Unes are shown along the two horizontal scales. The centra] 
absorption feature and the blue asymmetry of the H a profile near 
continuum is discussed in the text. 

also show this feature. It was first observed in several 
active flare stars other than AD Leo by Worden and 
Peterson (1976), who concluded that the Ha emitting 
region must be optically thick. They also argued that the 
width of the Ha emission profile implies an electron 
density less than 10'3 c m - 3 . From our spectra we de
termine FWHM=I.35 A, which is consistent with 
Giampapa eta!. (1978) who found a value of 1.4 Å in 
AD Leo. The profiles in Worden and Peterson (1976) 
have FWHM=1.2 Å for three other flare stars. 

In a red dwarf flare star the temperature minimum of 
the atmosphere is so cold (2200-3200 K) that it is 
transparent to Ha. The photosphere itself emits a very 
weak Ha absorption line. For electron density larger 
than 10" c m - 3 the line source function is collisionally 
dominated (Fosbury 1974; Cram and Mullan 1979). The 
Ha line is therefore a sensitive chromospheric diagnostic 
in flare stars, and it appears in emission if the chromo
sphere has sufficient optical depth. The strength of the 
emission is proportional to the cube of the electron 
density, but it also depends on the effective temperature 
of the star and the temperature in the chromosphere 
(Cram and Mullan 1979). The line source function in
creases inwards as the square root of the line center 
optical depth to a maximum value and then decreases 
symmetrically. Therefore the emission line shows a 
central absorption. The separation of the two peaks 
depends only slowly on the chromospheric optical depth 
(Cram and Mullan 1979), and differences from star to 
'star would still lead to about the same separation. For 
AD Leo we determine a separation of the two peaks of 
0.6 A. 

The second noticeable feature of the Ha emission 
profile is the asymmetry of the line close to continuum. 
To the blue there is an emission component visible in 
both spectra obtained in 1979 April (Figs. I and 2) with 
different grating settings, so the feature is not instru
mental in origin. The emission reaches a maximum 
about 20% above the continuum level and stretches out 
about 1.3 Å to the blue of Ha itself. The feature is 
visible in some other flare stars if their spectra are 
recorded with a sufficient signal-to-noise ratio. A first 
guess is that we are detecting a velocity field in the lower 
chromosphere of AD Leo with consistently outward 
motion of velocities up to 60 km s _ l . The feature 
appears at a position where there are no TiO absorption 
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FIG. 3.—Comparison of the Ha feature in AD Leo with non-
flaring M-dwarfs. The upper and lower panels show the Ha 
profiles of AD Leo and Gliese 411, respectively, obtained on 1980 
January 5 UT. The second panel from the top shows the result of a 
division of the spectrum of AD Leo with that of Gliesc 526, a 
nonflaring M-dwarf. The next two panels show the results when 
divided with the spectrum of another nonflaring M-dwarf, Gliese 
411. Below this is a panel showing the spectrum of Gliese 526 
divided with the spectrum of Gliese 411. The dip at Ha results 
because Gliese S26 has a slightly deeper absorption than Gliese 
411. The asymmetry ot the Ha profile near the continuum is seen 
in both AD Leo and Gliese 411 and disappears when the spectrum 
of one star is divided with that of another of similar spectral type. 
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FIG. 4.—The Ha absorption line in GX And. Atomic lines are 
identified. The positions of telluric water vapor lines and stellar 
TiO lines are shown along the two horizontal scales. 

lines, however, and this suggests that the emission actu
ally represents a level closer to the real continuum and 
that the surrounding local continuum is suppressed by 
numerous TiO absorption lines. 

We have reobserved AD Leo in 1980 January with the 
2.7 m telescope, and with the same instrumental setup 
we have also recorded the Ha spectra of two absorption 
line nonflaring M dwarfs of about the same spectral 
type as AD Leo, Gliese 411 and Gliese 526. These 
spectra have better signal-to-noise ratios than the previ
ous ones. 

The Ha emission in AD Leo was only a few percent 
stronger than in 1979 April. The central absorption is 
clearly visible with a separation of the two peaks of 0.6 
Å. The FWHM (Ha) is 1.35 Å. The blueshifted emis
sion is present with an intensity of 20% above the 
continuum and stretching out to about 1.1 Å. 

A close inspection of the spectra of Gliese 411 and 
526 shows that the blue wing of Ha has I gher intensity 
than the red close to continuum. The : d wing is in
fluenced by TiO lines. Figure 3 shows irtions of the 
spectra of AD Leo and Gliese 411. 

The AD Leo spectrum was divided, diode per diode, 
with the absorption line spectra of Gliese 411 and 526, 
respectively. Figure 3 shows the ratios of the divisions 
Gliese 526/Gliese 411, AD Leo/Gliese 526, and 
AD Leo/Gliese 411. It is evident that the asymmetry 
disappears in the divided spectra, which suggests that 
molecular features are responsible for it, and that the 
presence of these features in stars of approximately the 
same temperature will disappear when the spectrum of 
one star is divided by that of another. 

Figure 4 shows a 25 Å portion of the spectrum of 
GX And and reveals Ha in absorption. The line is 
narrow, with FWHM=0.75 Å. There is no emission 
component visible blueward of Ha, but the TiO lines in 

the red wing of Ha can be identified with blends of 
atomic lines. 

b) The Na i D lines 

The Na D lines are believed to furnish information 
about the physical conditions in the lower chromosphere 
and upper photosphere. These lines are therefore poten
tially important for the study of the temperature mini
mum in a flare star chromosphere. 

Two spectra are available of the Na i D lines (Å A5890, 
5896) in AD Leo, both obtained with the 2.1 m tele
scope. The first spectrum was obtained without in
terruptions due to flaring, whereas the second recording 
was interrupted by three flares. A direct comparison of 
the two spectrograms again shows no measurable dif
ference between them to the noise level we have ob
tained, and both recordings are averaged to improve the 
signal-to-noise ratio. The result is shown in Figure 5. 
The Na D lines are characterized by broad wings and 
deep absorption. The core of the lines show reversals 
and go into emission. The D 2 line appears to be the 
stronger of the two. The emission cores are unresolved 
at our resolution of 0.45 Å. This is consistent with the 
observations of other flare stars by Worden and 
Peterson (1976) that the emission cores are unresolved 
at 0.2 Å in their spectra. We consider the origin of the 
emission to be stellar since McDonald Observatory is 
not influenced by artificial light sources and is consid
ered to be a dark site. Giampapa etal. (1978) also 
concluded that the emission was stellar. The presence of 
several molecular band heads and numerous molecular 
lines over the 240 A of spectral data makes it very 
difficult to determine the position of the continuum. A 
local continuum has been fixed from a comparison with 
the spectrum of hotter K2 dwarfs, where the molecular 
features are not dominant. 

Figure 5 also presents the Na D region in GX And. 
The outer wings approach the continuum level in the 
same manner as in AD Leo, and this confirms that the 
two stars have close similarities in physical parameters 
near their photosphere regions. In GX And, there is no 
sign of emission cores in either of the two D lines, and 
the upper panel of Figure 5 shows the result of a 
division pixel-by-pixel by the AD Leo spectrum with 
that of GX And. This flux ratio plot shows excess 
emission in AD Leo relative to GX And even several Å 
from the line center, especially in the more opaque D 2 

line. 

c) The He i Lines 

Also included in Figure S is the symmetric profile of 
the He I triplet line XS876, in emission in AD Leo. It is 
evident on both spectrograms of this spectral region of 
AD Leo, and there is no detectable difference in strength 
between the nonflare spectrum and the recording that 
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FIG. 5.—The Na D line region in AD Leo and GX And. The spectrum of GX And was obtained on 1979 September 9 UT, whereas the 
AD Leo spectrum is the average of two exposures, on 1979 April 7 UT and 1979 April 10 UT. The cores of both D lines show a narrow, 
unresolved emission to AD Leo, bul noi in GX And. The outer wings in both stars have equivalent distributions. In AD Leo the A 5876 triplet 
line of He I is prominently in emission. In GX And, no lins is visible at this wavelength. The upper panel shows the flux ratio of AD Leo to 
GX And, normalized to continuum. 

was interrupted by three flares. The averaged spectrum 
of AD Leo in Figure 5 therefore gives a representative 
profile tor the He I D 3 line. We determine a FWHM of 
0.6 Å. 

Measured relative to the "continuum" value in the Na 
D 2 wing near X5876, we find E.W.=0.38 Å. Compared 
to the results of Giampapa era/. (1978), who found 
E.W.=0.31 Å, this argues in favor of little or no vari
ability in the A5876 He i flux. The equivalent width of 
the H i emission changed from 4.4 to 3.0 A over the 
same interval of time. 

GX And shows no sign of either emission or absorp
tion at the X5876 position. The He I D 3 line is not 
detected in this flare star. 

The subordinate He i X5876 line may be excited by a 
coronal XUV radiation field and, as such, may monitor 
the corona, rather than the chromosphere. It may also 
be formed by collisions, so it is not clear what the 
message from this line is. 

One spectrum of AD Leo obtained on 1979 April 7 
UT with no flares interrupting the integration includes a 
spectral region red enough to include the He • singlet 
line X6678.1. In Figure 6 a weak emission feature is 
visible at the X6678 position, and Giampapa el at. (1978) 
identified this as the He I line. Inserted also in Figure 6 
is a portion of a spectrum of 61 Cyg B (dMO) at that 
wavelength, which shows a Fe l absorption Vine at 
A6678.0. The feature al X6678 Å may very well be the 

He i singlet in emission, but the emission flux measured 
will have to be corrected for the filling-in of the Ft I 
line, an absorption feature seen in all nonflaring M 
dwarfs we have observed. To obtain tfcdr fluxes and 
study the triplet-to-singlet ratio for He I, Giampapa 
etal. (1978) did not correct for the presence of the 
photospheric Fe t line. Besides, the X6678 line is close to 
TiO band head?, and it is difficult to establish the 
correct position of the continuum. Again we have de
termined the local continuum from comparison with K2 
dwarfs. We therefore offer a word of caution about the 
X6678 singlet line and suggest that the He I triplet-to-
singlet ratio may not be as easily accessible as first 
thought The use of a Planck function to estimate con
tinuum fluxes in regions where heavy molecular blanket
ing is evident, as done by Giampapa etal. (1978), is also 
highly questionable. 

Figure 6 also shows the same portion of the spectrum 
for GX And. At the X6678 position a weak absorption 
line is visible. It is impossible to decide if this is the Fe 
line partly filled in by the He I emission, but the 
absorption feature is clearly weaker in GX And than in 
61 Cyg d. We can safely state that no He i emission 
above local continuum is seen in GX And. 

d) The Ca II Infrared Triplet lines 

The results presented for the Ca n infrared triplet 
region in AD Leo will be based on a spectrum obtained 
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FIG. 6.—The spectral region around the He i X6678 line in AD Leo (1979 April 12 UT) and GX And (1979 September 8 UT). Major 
molecular features are identified. The A6678 line is seen weakly in emission in AD Leo. In GX And, a shallow absorption feature is found at 
this wavelength. Also inserted is the Fe I absorption line in 61 Cyg B, a dMO nonflaring dwarf. The profile of the He I line is evidently 
blended by the Fe I line. The use of the He I A6678 line for determination of the He I singlet-to-triplet ratio is discussed in the text. 

with the 2.1 m telescope on 1979 April 8 UT, a record
ing with no interruptions due to flares. Two spectra 
were also obtained in May 1979, but they were of low 
signal-to-noise ratio or had low spectral resolution, so 
they will not be discussed here. 

The 2.1 m Reticon detector proved excellent for an 
observational study of the Ca u infrared triplet lines. It 
has enough c/odes to cover a spectral range of about 240 
Å, which is enough to include all three lines (XX8498, 
8542, 8662) in the same exposure. In our program all 
three lines are observed simultaneously. 

The Ca n infrared triplet lines are collisionally 
dominated subordinate lines and respond to a change in 
chromosoheric density or siiicture by a change in core 
intensity. These lines couple the 4 2P states, the upper 
states of the Ca n H and K lines, with the 3 2D 
metastable states. They are less opaque than the H and 
K lines. The A8542 lin- is the most opaque of the triplet 
lines and is nine times as opaque as A8498, the least 
opaque member, with which it shares the upper state. 
The ionization of Ca i occurs deep in the atmosphere 
and a steep chromospheric temperature gradient would 
contribute to a bright core in the triplet lines. 

Figure 7 shows the spectral region around the A8498 
line. The deep and broad absorption line seen in non-
flaring M dwarfs is also seen in GX And. The FWHM is 

0.9 Å in this star. In AD Leo, hovever, the line is 
strongly filled in by emission, and a weak emission core 
is present. The FWHM of the visible part of this emis
sion is 0.5 A. The flux at the line center of A8498 Å in 
AD Leo is comparable to the nearby continuum flux 
and is 1.8 times as strong in AD Leo as in GX And, 
measured relative to their respective continua. 

Figure 8 shows the \8542 line. Considerably more of 
the outer wings is detected in this line in AD Leo, but 
there is still heavy fUling-in by emission relative to what 
is seen in GX And. A distinct emission core appears at 
line center with FWHM=0.45 A. The line center flux in 
AD Leo is very close to the continuum level. Measured 
relative to their respective continua, the line center flux 
in AD Leo is 2.4 times that of GX And for the X8542 
line. 

Figure 9 shows the X8662 line. The outer wings in AD 
Leo are well defined, but the inner wings are again filled 
in by emission as compared to the profile of GX And. A 
somewhat noisy signal makes the appearance of the 
emission core less clear, but we consider the profile 
strongly indicative of an emission core. The FWHM is 
close to the instrumental resolution. 

The flux ratio plot shows a line center flux in AD Leo 
which is 2.1 times that of GX And, measured relative to 
their respective continua. 
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FJG. 7.—The Ca II X8498 Une in AD' Leo (1979 April 8 UT) 
and GX And (1979 September 8 UT). None of the stars flared 
during the exposures. The distinct absoiption lealure seen in CX 
And is partially filled in by emission in AD Leo, and a central 
emission core is visible. The upper panel shows the flux ratio of 
AD Leo to GX And, normalized to continuum. 

We therefore reach the rather surprising observational 
result that the center intensity as measured relative to 
the local continuum is strongest for the A8498 line, a 
little weaker for the X8542 line, and distinctly weakest 
for the A8662 line in AD Leo. In GX And, A8498 also 
has the brightest core, but the two other lines have equal 
central intensities. In both stars the absorption feature 
of A8542 has the largest equivalent width among the 
Ca H triplet lines, and the smallest equivalent width is 
found in the A8498 line. This relates to the fact that the 
FWHM of the absorption features are largest in the 
A8542 line and about twice as small in A8498. The least 
opaque among these lines is the A8498 line, whereas the 
most opaque is the broad one, A8542. 

In an optically thin gas, the ratios of the fluxes 
emitted in the three Ca u infrared triplet lines scale 
according to their opacities, i.e., 8498:8542:8662= 1:9:5. 
This is not observed in any red dwarf star, whether a 
flare star or not. The conclusion must therefore be that 
the Ca II infrared triplet lines are formed in an optically 
thick medium. 

By studying the behavior of the triplet lines in the 
quiet solar chromosphere, in plage regions of different 
brightness, and in solar flares, Shine and Linsky (1974) 
and Machado and Linsky (1975) found that a steepen
ing temperature gradient in the line formation region 
would explain the behavior of the lines. This is because 
ionization of Ca i occurs at large depths in the atmo
sphere, and the temperature, electron density and Ca u 
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FIG. 8— TheCa 11X8542 line in AD Leo (1979 April C UT) and GX And (1979 September 8 UT). None of the stars flared during the 
exposures. The broad absorption feature seen in GX And is partially filled in by emission in AD Leo, and a central emission core is visible. 
The upper panel shows the flux ratio of AD Leo to GX And, normalized to continuum. 
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FIG. 9.—Tic Ca il A8662 line in AD Leo (1979 April 8 UT) and GX And (1979 September 8 UT). None of the stars flared during the 
exposures. The broad and deep absorption feature seen in GX And is partially filled in by emission in AD Leo, and we believe a central 
emission core is visible. The upper panel shows the flux ratio of AD Leo to GX And, normalized to continuum. 

density would increase at each line center optical depth, 
and thus produce brighter cores in the Ca u infrared 
triplet lines. The models constructed for the solar con
siderations do not explain directly the line ratios ob
served in the flare stars AD Leo and GX And, however. 
We notice that the considerations by Cram (1979) in a 
study of T Tauri star chromospheres will not lead to the 
ratio observed in flare stars, either. It is possible that a 
model would have to account for the inhomogeneity of 
the source in order to arrive at a satisfactory agreement 
with observations. In particular, theorists win face a 
difficult problem in explaining why the least opaque line 
has the strongest line center flux. Cram (1979) suggested 
that a selective excitation mechanism may be operating 
in an optically thick chromosphere, but the identity of 
this mechanism still remains unknown. 

v. DISCUSSION 

The lines selected for observation in Hare stars were 
chosen with the intention of being useful diagnostics for 
the chromospberic structure of these stars. The spectro
scopic finding for Ha, Na, and He I in AD Leo are 
consistent with observational results on the same star by 
Giampapa etaL (1978) and with results on other active 
flare stars obtained by Worden. and Peterson (1976). 
The Ca n infrared triplet lines have not been observed 
previously in flare stars with resolution high enough to 
resolve the line profiles. 

The comparison of AD Leo to GX And has dem
onstrated that two stars with equal dimensions and 

physical parameters in their photospheres may have 
distinctly different chromospheric properties as mani
fested through lines formed at these levels of the atmo
sphere. In particular, the observations have shown that 
GX And shows all the spectral features discussed in 
absorption, whereas AD Leo shows strong emission in 
Ha and He i A5876 and narrow emission cores in the 
Na D and Ca n infrared lines. These differences are 
probably linked to the fact that AD Leo is a much more 
active flare star than GX And. Relative to the empirical 
relationship between the flare activity level of a star and 
its luminosity, established in a study of eight active flare 
stars by Lacy, Moffett, and Evans (1976), AD Leo is in 
its expected position (Coleman and Pettersen 1981), 
whereas GX And is less active by a factor of 26 
(Pettersen and Griffin 1980). 

Strong flare activity apparently goes along with an 
"active" chromosphere. The emission cores in the Ca II 
infrared lines and the strong emission in Ha in AD Leo 
indicate a steeper temperature gradient in this star than 
in GX And. This may be supported by the emission in 
the He I \5876 line, but it is not clear to what extent 
emission in this line is influenced by extreme ultraviolet 
emission from a corona. A corona around the dM4.5e 
flare star YZ CMi was detected recently in X-rays 
(Pettersen et al. 1980). The narrow emission cores in the 
Na D lines in AD Leo indicate that the chromospheric 
temperature gradient extends quite deep towards the 
photosphere. If GX And has a chromosphere, it proba
bly does not start as deep as in AD Leo, and the 
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temperature gradient is smaller. The theoretical results 
by Cram and Mullan (1979) on the behavior of the Ha 
line in a chromosphere support the conclusion that both 
stars possess a chromosphere. 

As these two stars have equal photospheric properties, 
the reason for the differences in flare activity and chro-
mospheric structure must be a parameter not yet dis
cussed here. From solar analogies we suggest that the 
availability of local magnetic field structures determines 
the result. This suggestion is of course speculative, but a 
reasonable working hypothesis is that the local magnetic 
fields on these stars are the results of an interplay 
between convection, which is very strong in red dwarfs, 
and the stellar rotation. If the depth of the convection 
zone depends only on the mass of the stars, as advo
cated in models of red dwarfs, then AD Leo should 
prove to be a more rapid rotator than GX And. 

We have observed AD Leo and GX And photoelectri-
cally on several occasions with the equipment and tech
nique described in Pettersen (1980fc). The measurements 
were made relative to nearby comparison stars. The 
purpose was to look for variations in the magnitudes of 
the stars due to the presence of photospheric starspots. 

If these could be detected, the equatorial rotational 
velocity of the stars can be determined (Pettersen 19806). 
However, we could not detect any variations in either 
star with a measurement precision of typically 0.02 mag 
or better. Spots on flare stars change their sizes on a 
time scale of months, and very often no variation can be 
detected photometrically. Another try may therefore 
prove successful, although the possibility exists that one 
or both of the flare stars studied here are seen nearly 
pole-on. 
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acknowledges the support of the National Science 
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ABSTRACT 
Line profile observations with a spectral resolution of 0.45 Å are presented for three similar solar neighborhood 

dM4e stars with luminosity 1/60 of the Sun. EV Lac is a spotted flare star, EQ Peg A is the brighter member 
of a flaring visual binary, and VI0S4 Oph consists of two flare stars in a sextuple. The lines observed were 
selected because they are useful diagnostics of the chromospheric structure of these stars. Because the stars are 
cool ( £ r r ~ 3400 K) and the Reticon diode array gives best results in the red part of the spectrum, all features 
observed are redward of 5800 Å. Results are presented for Ha (A6563), the Na D lines (.U5890, 5896), He I 
(/5876), and the Ca n infrartd triplet lines (.M8498, 8542, 8662). Unsuccessful searches were made for He l 
(7.6678J and Li I (/16707). To avoid contamination from flares the spectroscopic observations were obtained 
simultaneously with high-speed photometry whenever possible, as described in the first paper of this series. 

Ha is found in emission in all three stars. The Ha lines in EV Lac and EQ Peg A have similar strength and 
width, but only EV Lac shows sign of a central absorption dip. Two emission components are identified in the 
spectrum of V1054 Oph. of different strength but with the same width as in EV Lac and EQ Peg A. The central 
absorption dip is 10%-15 % of the emission strength in V1054 Oph. 

The Na D lines are broad absorption features, but core emission is evident at both D, and D a in EV Lac and 
EQ Peg A. The two emission features have equal strength. In V1054 Oph the core features are very weak, and 
their interpretation is complicated by the multiple nature of the system. Superposition effects cannot be ruled 
out. 

The He i A5876 line is seen in emission in all three stars. The profiles of EV Lac and EQ Peg A have similar 
strength and width. The observed profile of V1054 Oph has two components in emission. 

The Ca n infrared triplet lines are seen as weak absorption features in all three stars. There appears to be strong 
filling in by emission, but emission cores are not strong in our spectra. The line strengths are far from the ratios 
expected for an optically thin formation. 

The observed profiles of the Ha emission line are compared with recent theoretical results. The width of the 
line implies formation in an optically thick medium. It is argued that the central absorption dip of the Ha 
profile is not of magnetic origin, but rather is an optical depth effect in a collision-dominated line. Observed 
profiles of flare stars imply a line center optical depth between 1 and 10, and the central reversal strengthens with 
increasing optical depth. Near a line center optical depth of 1, the central reversal should disappear altogether, 
as observed for EQ Peg A. Electron densities are between 10 1 2 and 1 0 1 3 c m - 3 as determined from the line 
strengths of EV Lac and EQ Peg A. We suggest that the unequal strengths of the emission peaks near Ha line 
center are a consequence of small differential vertical velocities in the chromosphere. 

Observations of the He I .̂5876 and Ca it infrared triplet lines indicate an optically thick formation. The 
strong filling in of Ca H infrared lines leads to line surface fluxes that make them important contributors to the 
chromospheric radiation loss. 

The photospheric and chromospheric properties of EV Lac and EQ Peg A are very similar, as deduced from 
the present observations. Flare photometry indicates similar flare activity levels for these two stars. The 
components of V1054 Oph are quite different from EV Lac and EQ Peg A, however, both in their flare activity 
and chromospheric spectroscopy. This may signify an age effect, but further study of the system components 
and their orbits should be made to establish the validity of this suggestion. 
Subject headings: stars: chromospheres — stars: flare — stars: late-type 

I. INTRODUCTION 

The solar neighbc rhood red dwarf flare stars have 
bolometric luminosities between 1/10 and 1/1000 that of the 
Sun. On the main sequence the stars are fully corrective if 
they are fainter than about 1/150 of the luminosity of the 
Sun (Grossman, Hays, and Graboske 1974). Such stars are 

1 Visiting Scientist, University of Texas. 
2 Visiting Scientist. University of Tromso. 

often frequent flarers, e.g., UV Cet (Lacy, Moffett, and Evans 
1976), G51-15 (Pettersen 1981), and V780 Tau (Pettersen 
1983a). In Pettersen and Coleman (1981, hereafter Paper I) 
chromospheric lines were studied in the active flare star AD Leo 
and in the low-frequency, non-emission-line flare star GX And, 
both of which have luminosities about 1/40 that of the Sun. 
We now present observations of somewhat fainter stars, having 
luminosities 1/60-1/70 that of the Sun. They belong to the set 
of red dwarfs that have masses in the range 0.3-0.4 MQ 
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TABLE 1 
STAR PARAMETERS 

Name V B-V V-R My Sp.Type Remarks 

EVLac 10.2 1.60 1.73 11.65 dM4.5e Single? also subsidiar component? 
EQPegA 10.4 1.62 1.72 11.33 dM4e Component or wide binary, 

P = 178 yr 
V10S4Oph (9.0) 1.60 1.63 (10.0) dM3.5e Combined data for triple star 

system; see discussion 

(Pettersen 19836) and develop a radiative core at ages of 
1 0 M 0 8 yr. 

The stars have similar observational parameters, which are 
shown in Table 1, and are all quite active flarers. Bearing 
in mind that two of the systems each contain two flaring 
stars, each system produces a flare every 2-3 hr in the 
photometric V band. Two to five percent of the V band flux 
measured during high-speed photometry is due to flares. In the 
B band the flare contribution is an order of magnitude smaller. 

One of the stars, EV Lac, is a spotted star (Pettersen 1980b), 
showing rotational modulation in broad-band photometry 
with a period of 4.375 days (Pettersen, Kern, and Evans 1983). 
Similar behavior is shown by EQ Peg A, the brighter 
component of the visual binary Gliese 896 AB. Table 2 gives 
the results of photometric observations kindly made available 
to us by Robert McMillan of the EQ Peg AB system and 
comparison stars. The data, while demonstrating variation, 
are insufficient for the determination of the rotational period. 
V1054 Oph = Gliese 644 AB = Wolf 630 AB, as discussed 
below, .j a triple system of which two components are likely 
to flare, so that interpretation of photometric data designed 
to detect spots would be difficult. In practice, it has turned out 
to be very difficult even to detect rotational modulation of the 
brightness of Gliese 644 AB, because of starspots. Several 
searches have been made (Anderson 1979; Torres, Busko, and 
Quast 1983; Pettersen 1984), but all have been unsuccessful. 
The measurements failed to show any amplitude larger than 
0.02 mag in B or V. 

Although the stars are all rather similar, they occur in very 
different dynamical contexts: EV Lac is a single spotted star; 
EQ Peg A is the brighter component of a long-peri rid visual 
binary; the complexities of V1054 Oph are discussed below. 

TABLE 2 
PHOTOMETRY OF EQ PEG AB AND COMPARISON 

STARS (by Robert McMillan) 

Date UT V AV (comp.) 

(74: 
... 0603 

iii
iii
iii
 

0.567 
Nov 14 ... 0442 

iii
iii
iii
 

0.567 
Nov 15 ... 0412 

iii
iii
iii
 

0.557 
... 0337 

iii
iii
iii
 

0.554 
Nov 17 ... 0412 

iii
iii
iii
 

0.562 
Nov 19 ... 0349 

iii
iii
iii
 

0.552 
Nov 20 ... 0318 iii

iii
iii
 

0.552 iii
iii
iii
 

0.554 
Nov 22 ... 0318 iii

iii
iii
 

0.561 

NOTE.-AC (comp.) - SAO IO8605 - SAO 
108610. EQ Peg AB range in V «0.06 mag. 
EQ Peg AB, B- V - 1.617 ± 0.009 mag. constant. 

n. THE STARS 

EV Lac = Gliese 873 is a single spotted flare star of spectral 
type dM4.5e. Using broad-band photometry between 0.36 /an 
and 11.5 jrni, Pettersen (1980a) determined Tc„ = 3300 K, 
log L/L0 = -1.855 ± 0.003, and R/R0 = 0.37 ± 0.05. The 
mass-luminosity relation of Grossman, Hays, and Graboske 
(1974) yields a mass of 0.37 M ? leading to a value of surface 
gravity g = 7.41 x 10* cm s~* (log g = 4.87). Photometric 
observations outside flares (Pettersen 19806; Pettersen, Kern, 
and Evans 1983) showed a sinusoidal variation with time. 
The period of 4.375 days implies an equatorial rotation velocity 
of 4.2 ± 0.5 km s~', where the radius and its error estimate 
given above have been used. In Pettersen, Kern, and Evans 
(1983) the ephemeris gives the time of maximum luminosity 
rather than the time of meridian passag.' of the slarspot. Adding 
new observations, the best ephemeris for the time of maximum 
visibility of the starspot between 1979 June and 1981 
November, is JD 2,444,037.8 + 4.373E. Very recent photom
etry shows a starspot at a different phase, and the 1979-1981 
starspot apparently disappeared some time before 1983 
September. The spectroscopy of EV Lac presented in this paper 
was obtained in 1979 September and 1980 January. The 
ephemeris above shows that the Na D + He I spectrum was 
obtained close to the meridian passage of the starspot (phase 
0.06), while the Ca n infrared triplet (phase 0.34) and Hot 
(phase 0.78) spectra were taken with the spot close to the limb. 
The photometric tight curve shows that the starspot position 
and the inclination of the rotation axis are such that the 
starspot is partly visible at all phases. 

Emission-line coudé radial velocities by Bopp (1974a) range 
over 9.6 km s~' with almost perfect phasing against the 
rotation period. The astrometric analysis by van de Kamp and 
Worth (1972) showed a perturbation with a period of 29 yr, 
due to a substellar unseen companion of mass variously 
estimated as 0.023-0.009 AfQ. The larger estimate would 
correspond to a degenerate black dwarf. A somewhat larger 
set of data was analyzed by Lippincott (1983), who determined 
a period of about 45 yr and arrived at mass estimates of only 
0.002-0.004 M e . This is hardly more than a planet-like object. 

EQ Peg A = Gliese 896 A = BD +19°5116 is the brighter 
component of a binary of period 179 yr (Hopmann 1958) with 
components of types dM4e and dM5e separated by 4". The 
magnitude difference from area scans by Owen el al. (1972) 
and Rodono (1978) is AB = 2.15. The spectrum observations 
discussed below are thus not likely to be contaminated by the 
fainter component, the slit width used being 074. Radial velocity 
measures of the system by Bopp (1974a) show an emission-line 
range over 8.2 km s~', but unfortunately they are all close to 
the same fraction of a day and too spread to attempt a period 
analysis. Using the empirical relationships between 
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photometric quantities and physical parameters or flare stars 
(Pettersen I9836), we have arrived at the following estimates 
for EQ Peg A: T„, = 3300 K, log I / £ 0 « - 1 . 8 , and 
R/Ro = 0.38. 

V10S4 Oph = Gliese 644 AB - Wolf 630 AB has been 
studied by several workers. The orbital parameters of the visual 
pair are from Vofite (1946), namely, P = 1.71504 yr, e * 0.05, 
i » 166°, a * 07218, an orbit seen almost pole-on, with an 
almost invariable separation. Joy (1947) obtained 24 spectra 
for determination of radial velocity at low dispersion (mostly 
80 A mm' 1 ) , which demonstrated that one component is a 
spectroscopic binary (see Abt 1973 for individual measures). 
These show a range of 42 km s~', whereas the maximum 
radial velocity difference between the visual components based 
on an absolute parallax of 07152 + 07012 (Breakiron, Upgren, 
and Weis 1982jean only be about 5 km s"'. The total mass 
of the system is about 0.84 Af 0. An astrometric study by 
Weis (1982) suggests that component B is twice as massive as 
component A. 

If component B is the spectroscopic binary with a total 
mass of 0.56 MB, then for a circular orbit coplanar with the 
orbit AB we can have a velocity split of 40 km s" 1 in the 
radial velocity of the spectroscopic binary if it has a period close 
to 1 day. A velocity split of this order is indicated both by 
the range found by Joy and by the Ha emission split found 
in the spectrum described below. The semiaxis of the spectro
scopic pair on this assumption must be of the order of 3 milli-
arcsec. Efforts to derive a period from Joy's observations have 
been unsuccessful, though there are indications of a period near 
1.1219 days in his 1936 series. Unfortunately his observations 
were always separated by several days and are extremely badly 
distributed for the determination of so short a period. Although 
absorption-line multiplicity is fairly obvious on the McDonald 
spectrum, Joy would have had severe difficulties of interpreta
tion and might often have measured blends when higher 
resolution would have shown split lines. 

Wolf 630 has as companions Wolf 629, also a little-observed 
spectroscopic binary, at 72" distance, and VB 8 a 17th 
magnitude dwarf at 220" (see Eggen 1978). The mobile diagram 
for this sextuple system is shown in Figure 1. Ambiguity 
remains concerning the identity of '.tie components observed 
in various circumstances. Joy's racial velocity measures which 
differ from the general mean value of about 22 km s"' 
evidently refer to component Ba, and a possible explanation 
for his failure to detect a second component at such phases 
is that then the spectra of Bb and A would tend to wash 
each other out. As remarked above, at other phases he probably 
often hit a mean of the blends of all three spectra. 

The duplicity indications in our absorption spectrum are 
probably produced by Ba and A, while the emission duplicity 
in Ha is probably due to Ba and Bb. In this system there 
would be high angular velocities in the individual stars 

VB» r-Ci ~P 1 
Wolt 629 r ^ A 

B„ e„ 
Woll «30 

Fio. I.—Mobile <jii|nm Tor the ««tuple system Gliese 643 (Wolf 629) 
+ Cliese 6W AB (Wolf 630) + Gliese 644C (VB 8̂  The B components of 
Wolf 630 ire Hire sun in a short-period orbit. VB I rniy be • very low 
luminosify flare sur. 

presumed to have rotational locking, with the usual association 
of high rotational velocities and propensity for flaring. This 
scenario is consistent with the views of Johnson (1981) and 
Swank and Johnson (1982). 

If t) is the maximum orbital velocity split in the spectroscopic 
pair (i.e., K, + K2), the maximum observable radial velocity 
split in the emission lines is » sin i, which may be greater than 
the observed 42 km s" 1 . Since v3p is a constant for a given 
total mass in circular orbits, the true value of P might be less 
than 1 day, making it even more difficult to determine a value 
for P from data spaced as Joy's were. In short. Wolf 630 Ba, 
Bb may resemble rather closely the YY Gem system, but 
without eclipses and with less massive components. 

Bopp's (1974a) measures of emission lines are only four in 
number arid cover 11 days, and all are at the same fraction of a 
day and are thus not inconsistent with the sjggestion of a 
period near I day. 

The fact that Gliese 644 AB is a triple star system does not 
change the effective temperature estimate in Pettersen (1980a), 
provided that the three components have similar masses. In 
Pettersen (1980a) it was assumed that Gliese 644 AB was a 
binary, and the physical parameters reflect this. In the triple 
star configuration we obtain for the average component in 
Gliese 644 AB: 7;„ = 3400 K, log L/L0 = -1.800 ± 0.029. 
and R/R 0 = 0.37 ± 0.06. 

HI. INSTRUMENTATION A N D OBSERVATIONAL PROCEDURES 

The observing log is reproduced in Table 3 and shows that 
the integration times necessary for the production of quiescent 
star spectra were of the order from 1 to 2 hr, thus incurring 
a risk of several flares occurring during a spectroscopic 
observation. To avoid this, the procedure of Paper I was 
adopted, in which the star was simultaneously monitored on 
another telescope, and the spectroscopic observations were 
interrupted when there was any suspicion of flaring. For the 
photometric monitoring observations shown in Table 3, D. S. 
E. used a single-channel photometer on the 0.76 m telescope, 
and L. A. C. and Gary Kern (G. K.) used a two-star photometer 
on the 0.91 m telescope at McDonald Observatory. One 
second integrations through a V filter provided the on-line 
data string necessary for the real-time inspection and detection 
of flares. 

The spectroscopic observations were made by B. R. P. with 
the 2.1 m and 2.7 m reflectors of McDonald Observatory at 
thecoudé focus, using liquid-nitrogen-cooled Reticon detector 
arrays (Vogt, Tull, and Kelton 1978). The entrance slits of the 
spectrographs were chosen to give a spectral resolution of 
0.4Å (four diodes)on the 2.7 m scans, and 0.45 Å (three diodes) 
on the 2.1 m scans. These covered 90 Å on the 2.7 m and 
240 Å on the 2.1 m systems. The procures described in 
Paper I were followed. 

Our flare detection system responds, primarily to the 
continuum radiation of stellar flares. Although we usually 
waited well beyond the point where no photometric flire signal 
could be discerned before we commenced the spectroscopic 
observations, we are still facing a certain risk that our line 
profiles are affected by flare contributions. Pettersen (1983c) 
demonstrated that the flare decay time scales of hydrogen 
emission lines are much longer than those of continuum. We 
have no mear. af assessing to what degree our observational 
results are affected by this risk, but we do want to emphasize 
that our observational procedure removes the effects of flare 
continuum and the part containing strong line.flux during 
emission-line variability, for those spectroscopic observations 
that were taken when flares occurred on the star. 
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TABLE! 
Sucnotcorr Oacnvno Loo 

Sur Dttc UTSdfl 

EVLac 197» Sep 10 0541 
1979 Sep 11 0956 
1979 Sep 12 0M1 
19SO Jan 5 0159 

EQPcaA 1979 Sep 13 0243 
1979 Sep 13 0617 
1980 Jin « 0126 

VIOMOph 1979 May 8 0749 
1979 May 9 0115 
1979 May 11- OSOC 
1979 Sep 9 0222 
1979 Sep I I 0147 
1979 Sep 12 025S 

Duration Flare 
(minutes) Monitor Feature Flares Teksoope 

109 D.S.E. C a l * none 2.1m 
31 H-atpha 2.1m 
90 D.S.E. H-alpha none 2.1m 
73 G.K. Na D. He 1 2.7 m 

99 D.S.E. H-alphi none Z l m 
120 CaIR 2.1m 
104 0 1 . NaD.He 1 2.7 m 

93 L A C . C a l * 3 2.1m 
119 L.A.C. CaIR ] 21m 
39 L.A.C. CaIR 2 2.1m 
90 O.S.E. CeIR none 2.1m 

120 D.S.E. Na D. He none 2.1m 
90 D.S.E H-alpha none 2.1m 

' Resolution 0.9 A, twice usual slit width. 

IV. OBSERVATIONAL RESULTS 

The choice of spectral regions was dictated by the need for 
useful diagnostics of the chromospheric structure of flare stars. 
The stars radiate maximum energy near 1 pm, and cooled 
Reticon detectors are especially red sensitive. The shortest 
wavelength observed was that of the He 15876 Å line, and the 
longest one that of the 8662 A line of the Ca n infrared triplet. 
The stars are faint for the available equipment, and resulting 
signal-to-noise ratios leave much to be desired, making 
accurate specification of continuum levels difficult. The spectral 
regions observed are also affected by molecular absorption 
features formed at these low photospheric temperatures. On 
each spectrum a local continuum level was defined as 
accurately as possible using the whole spectral range, and 
taking as a guide very high signal-to-noise spectra of the same 
regions in the dK2 stars c Eri and 61 Cyg A, whose 
photospheres are too hot to show the molecular features. 

Wavelength scales have been established using Fe absorption 
lines and are therefore in the stars' rest frames. 

Table 4 gives measurements of emission features found in 
the spectra; they are not reduced to values for individual 
component stars, as will be required in the case of V10S4 Oph. 
Tables S and 6 give data for the absorption-hoe features. 

Uncertainties of line intensity measurements come from 
difDraltiesmeitabliihirig the correct position of the continuum 
and from measurement noise. The first source is discussed 
above. The measurement noise at continuum level if typically 
I0%-15% of the signal At a spectral resolution of 0.45 A, 
this translates into an equivalent width error of 45-70 mA 
for unresolved features. Emission lines with half-widths about 
0.9 Å (He l -15876 and Na D,) have equivalent width errors of 
100 mA, whereas the broader lines (Ha) measured have errors 
of typically 150 mA. 

a) The Ha Emission Unt ' 
The Ha emission feature was observed in all three stars in 

1979 September. Figures 2 and 3 show the profiles n observed 
in EV Lac and EQ Peg A. They are of similar strength and 
width. For both stars FWHM - 1J5 A. The profile of EV Lac 
u asymmetrical near the continuum, »ilh the blue wing 

extending farther *han the red. This phenomenon was also 
observed in AD Lee and was discussed in Paper 1, where it was 
shown to be due to an absence of TiO lines to the blue and a 
depression of the continuum by TiO lines elsewhere. The 
feature is not prominent in the EQ Peg A spectrum because of 
the higher noise level. 

The EV Lac profile shows the central reversal which is 
present in many flare sure. The profile of EQ Peg A has the 
same peak width, but no absorption reversal. As is often the 
case, the shorter wavelength peak in EV Lac is slightly higher 
than the red peak (by a few percent); and their separation is 
0.45 A. 

Worden, Schneeberger, and Giampapa (1981) published 
three Ha profiles of EV Lac obtained in 1975 with a spectral 
resolution much higher than ours. All three show the central 
reversal, with the blue peak higher in two cases. The depth is 
always just a few percent of the peak intensity, and the peak 
separation is 0.45 A in all cases. From 1975 November 20 to 

TABLE 4 

MUSLIMS or Sncntoaconc Etasnos F I A T U I B 

EW 
(AJ 

FWHM 
(A) 

rk «563 

He l 5176 

NaD, 5190 

N»D, 506 

Caa f4M 

Ca« 1542 

Ca« M«2 

EVLac 
EQPtfA 
VIOMOph 
EVLac 
EQPegA 
VIOMOph 
EVLac 
EQPeiA 
VlOMOph 
EVLac 
EQPtfA 
VIOMOph 
EVLac 
EVLac 
EQKeiA 
EQFetA 

406 
315 
149 
0J4 
0J2 
019 

.0.19 
0.11 
003 
0.12 
007 
003 
003 
003 
001 
004 

3.76 
346 
IJ5 
I JO 
1.13 
OJS 
0.46 
OJ* 
0,23 
0.45 
OJi 
02* 
0.93 
0J2 
077 
0J3 

1J4 
U5 
2JH 
0J4 
0.19 
1.37 
0.7S 
0.73 
0.45 
0.4* 
0.45 
0.20 
as 
OJ 
0.4 
0.6 

* l>acliii«ti«i»yo(e«M«skMipliuccwiau«»LUki«tLii»li««i»mas unity. 
Vaktes bekr* «oHy indicate f i s i i oa superr/ossd oa absorption k m . 



TABLE 5 

MEASURES OF N» I ABSORPTION FEATURES 

WAVELENGTH 
(A) iTAR 

MINIMUM INTENSITY* 
SEPARATION 
OF MINIMA 

(A) FEATURE 
WAVELENGTH 

(A) iTAR 
Blue 

Component 
Red 

Component 

SEPARATION 
OF MINIMA 

(A) 

NaD 2 
5890 

5896 

EVUc 
EQPctA 
VI054Oph 
EVUc 
EQPctA 
V1054Oph 

0.19 
0.27 
0.16 
0.24 
0.26 
0.17 

0.28 
0.23 
0.17 
0.23 
0.20 
0.18 

1.55 

NaD, 

5890 

5896 

EVUc 
EQPctA 
VI054Oph 
EVUc 
EQPctA 
V1054Oph 

0.19 
0.27 
0.16 
0.24 
0.26 
0.17 

0.28 
0.23 
0.17 
0.23 
0.20 
0.18 

1.55 
0.60 
1.11 

5890 

5896 

EVUc 
EQPctA 
VI054Oph 
EVUc 
EQPctA 
V1054Oph 

0.19 
0.27 
0.16 
0.24 
0.26 
0.17 

0.28 
0.23 
0.17 
0.23 
0.20 
0.18 

1.11 
0.45 

1 Relative to continuum « 1. 

TABLE 6 

MEASURES OF Ca i AND Ca u ABSORPTION FEATURES 

FEATURE 

MINIMUM INTENSITY* 
SEPARATION 
OF MINIMA FWHM 

(A) (A» 
WAVELENCT i Blue Red 

(A) STAR Component Component 

6572 E V U c 
EQPejA 
V1054Oph 

0.49 
0.52 
0.63 

8498 EVLac 

V1054Oph 

0.87 
0.73 
0.68 

0.86 

8542 E V U c 0.74 0.77 
EQPefjA 
VI054Opb 

0.73 
0.58 

0.69 

8662 E V U c 0.68 
EQPegA 
V1054Oph 

0.66 
0.58 

0.76 

Cal . 

Can. 

Can.. 

Call.. 

0.72 
0.60 
0.85 

U 5 3.33 
2.70 
1.59 

1.25 3.12 
0» 355 

2.25 
2.08 

1.25 2.90 
1.71 

* Relative to continuum » 1. For absorption lines without an emission core we give the minimum intensity of the line 
center. For VI054 Oph we give values for the deepest profiles observed. 

ft EVLac 

6560 6565 6570 
WAVELENGTH (*) 

FK>. 2.—The Hi emission-line profile of EV U c obuined without 
interruption by flares. 
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Flø. 3.—The Ha emission-line profile of EQ Peg A, obtained without 
interruption by Hares. 
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Fia. 4.—The Hz emission-line profile of V10S4 Opn («Gliese 644 AB » Wolf 630), obtained without interruption by Dares 
Ftc. 5.—(a) Scaled Ha emission-line profiles of EV Lac are combined to «plain the observed profile of VI054 Oph as that of a spectroscopic binary 

where both components have Htr in emission. The separation or the line centers is 44 km s"'. (6) An improved correspondence is obtained when central 
absorption dips are included. 

The equivalent widths are 2.37 A and 2.81 A, when choosing 
FWHM = 1.4 A. 

6) The Na r D Lines 
In cool stars these lines are broad and deep with wings 

extending some 40 A from the line centers. Specification of the 
appropriate continuum levels is difficult because of the TiO 
band heads nearby. To establish the continuum level for the 
90 A spectral range covered by the 2.7 m telescope scans a 
10 A interval shortward of 5850 Å has been used. The deepest 
absorption has a residual intensity of less than 20% of this 
continuum level. The observations of V1054 Oph with the 2.1 m 
telescope covered a spectral range of 240 A, and the continuum 
level was specified as described earlier in this section. 

The cores of the Na i D , and D 3 lines in EV Lac (Fig. 6) 

23 the equivalent width of the Hot emission line changed from 
6.8 ±0 .8 A to 3.7 + 0.3 A, though the FWHM remained 
constant at 1.35 A. The variation was therefore simply a flux 
change. The profile obtained on 1975 November 18 in the atlas 
of Worden, Schneeberger, and Giampsr. i (1981) has an equiva
lent width of 5.5 ± 0.8 A and was obtained only 5 days earlier 
than the 3.7 A value of November 23. Because the rotation 
period of EV Lac is 4.375 days (Pettersen, Kern, and Evans 
1983), the same part of the star surface must have been visible 
on these two dates. This demonstrates the type of rapid change 
in chromospheric structure which can occur in these red dwarfs, 
and indicates that the emission is produced by a number of 
localized areas, probably associated with numerous magnetic 
loops which can form or disappear in a matter of days. 

The Ha emission profile of V1054 Oph is shown in Figure 4. 
It was obtained without interruption by flares and is 
asymmetrical and broad. Wedeteimine FWHM « 2.01 A. Two 
scaled emission-line profiles based on the observed profile of 
EV Lac in Figure 2 were combined in attempts to reproduce 
the observed profile of V1054 Oph. We did not succeed with 
two equally strong components but came quite close by trial 
and error when the line strengths were allowed to vary (Fig. 5a). 
A detailed correspondence was obtained when both emission-
line components were given an additional central absorption 
dip of 10%-15% of the total line strength, as shown in 
Figure 56. 

The separation between the line centers of the two 
components is 0.97 A, implying a radial velocity difference 
of 44 km s~'. An error of one diode on the detector would 
correspond to a radial velocity uncertainty of 7 km s"'. Spectra 
with better signal-to-noise ratios are required to identify with 
certainty the three separate spectra of the system from the 
absorption lines. The implications of the triple star nature 
have been discussed above. 

Assuming three equally bright stars in the system Gliese 644 
AB, one star mutt have Ha in absorption while the other two 
have emission strengths of 1.60 -nd 1.96 relative to continuum. 

12 1 EVLoc 
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Fio. 6—The Na D line region in EV Lac The cores of both D lines 
show narrow unresolved enusskm. The prominent emission Ik:, in the Na blue 
wing b He t ««76. 
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5f J 5880 5890 5900 5910 
WAVELENGTH i M 

FIG. 7.—The Na D line region in EQ Peg A. The cores of bolh D lines 
show narrow unresolved emission. The prominent emission line in the Na blue 
wing is He i AS876. 

and EQ Peg A (Fig. 7) show prominent narrow emission of 
equal strength. In AO Leo (Paper I) the D 2 line was slightly 
stronger than the D, emission. Table 4 shows that D 2 is the 
wider. The observed width of the D , emission is close to the 
value or the instrumental resolution. 

The Na I D lines in EV Lac were observed by Worden, 
Schneeberger,andGi?mpapa(1981)on 1975 November 18 and 
23. These observations are separated in time by a bit more than 
one full revolution of the star. The emission components are 
weak and difficult to measure from their published figures. 
Using the same conventions as adopted in the present paper, 
we determine the equivalent width of D 2 on the first date to 
about 0.24 A (compare Table 4). By the second date it had 
decreased to less than half of this value. The values for D , 
are very small, barely large enough to be taken seriously, and 
much less than those given in Table 4, but they also show a 
decrease. The corresponding changes in Ha have been 
discussed above. 

The case of V1054 Oph, where the relevant section of the 
spectrum is shown in Figure 8, is much more complex since 
all three stars contribute in a way which tends to wash out 
the narrow emission cores. The radial velocity difference 

applicable to any emission feature will be the same as for He • 
A5876. The Na i D emission-line features in V10S4 Oph are 
faint and narrow, barely above the noise level, and are not 
resolved (Table 4). 

The emission cores of Na i D, and D 2 are of stellar origin 
and are not night-sky emission lines. This is shown by obser
vations of non-dMe stars with the same equipment used to 
observe the flare stars. High signal-to-noise observations of 
61 Cyg B, used to specify the position of the continuum, show 
no trace of Na i emission cores, as they should have if such 
emission was present in the nighl sky. The same result is 
obtained from the spectral atlas of the dMO star Gliese 380 
(Tull and Vogt 1977)andthedM2.SsiarGXAnd = Giiese 15 A 
(Paper I). 

c) The He I Lines 
Figures 6 and 7 show the emission-tine profiles of the He I 

,15876 triplet line in EV Lac and EQ Peg A. That in EV Lac 
is somewhat stronger, though the FWHM in both cases is 
0.85 A. There is no sign of asymmetry or central reversal. 

The He i ,15876 line in EV Lac was observed by Worden, 
Schnceberger, and Giampapa (1981) and by Worden and 
Peterson (1976) in 1975 November. From November 18 to 23, 
when both the Ha emission and the Na i D line emission 
cores were found to decrease, the equivalent width of tne He i 
,15876 emission line increased from 0.08 A to 0.37 A with no 
obvious change in line width. This line is formed in the hotter 
part of the atmosphere and may even be a coronal indicator, 
possibly anticorrelated with Ha since they changed in opposite 
senses. Cram (1982) has argued that red dwarf upper chromo
spheres are heated by coronal X-rays, and Giampapa el al. 
(1982) find empirical support for this view. 

The equivalent width of 0.54 A for the He i line in our 
1980 spectrum of EV Lac is the largest recorded so far. 
Apparently the width of the line remains constant, though 
the total flux is variable. 

In V1054 Oph the He t ,15876 emission line is broad and 
weak (Fig. 8) and is interpretable as the superposition of two 
components. The maxima are separated by 0.8 A, and on the 
date of this exposure the red component is stronger. We thus 
presume that both components, Ba and Bb, of the spectroscopic 
binary show both Ha and He t ,15876 in emission. 

The position of the He t X661i singlet line has been examined 
for emission in all three stars. The records are noisy, with total 
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Flo, g.—The Na D line region in VI0S4 Oph. obtained without interruption by flares. The He i A5876 profile consists of two emission componenlf of 
unequal strength, with the red one being strongest. 
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scattering of 20% of the continuum signal for EV Lac and 
IS % for EQ Peg A and V1054 Oph. The TiO band at 6680.6 A 
can be identified, and there may be weak emission masked in 
the noise at the position of the He I line. If the line had a strength 
of 10% and a FWHM of 0.8 Å. its equivalent width would be 
about 80 mA. No definitive detection of the line can be claimed 
from our data. 

The referee has asked us to consider the He i triplet-to-
singlet ratio. This requires a determination of the continuum 
surface fluxes near the lines. We begin by estimating the stellar 
angular diameters of EV Lac and EQ Peg A from the Barnes-
Evans-Moffett relation (1978), and from a radius determination 
by Pettersen (1980a). Both methods give consistent results. 
V1054 Oph is not included in this discussion because of the 
uncertainty related to its multiple nature. The stellar angular 
diameters determine the ratio of surface flux to observed flux. 
We next calculate observed blackbody flux densities at the two 
wavelengths in question and apply blanketing correction 
factors of 0.56 and 0.67 at 5876 A and 6678 A, respectively. 
The blanketing was determined from the flux distribution of 
EV Lac in Pettersen (1980a). The continuum surface fluxes 
thus obtained were multiplied by the equivalent widths of the 
lines, using measured values for 5876 A and an estimated upper 
limit of 80 mA for 6678 A. The triplet-to-singlet flux ratio 
is 4.5 for EV Lac and 4.2 for EQ Peg A. The same procedure 
applied to AD Leo gives a ratio of 3.6. This is consistent with 
the result of Giampapa et ai (1978). 

If these lines were formed in LTE, the triplet-to-singlet flux 
ratio would equal the ratio of their statistical weights, namely, 
3.0. We do not consider the results above as strong evidence 
for non-LTE formation. First, we have based our estimates on 
upper limits of the singlet line fluxes, using quite noisy spectra. 
Second, and more important, we have estimated the flux ratio 
from data obtained 4 months apart. This paper demonstrates 
that the triplet line flux is variable on time scales from days 
to months. 

Definite decisions on the presence or absence of the singlet 
line in emission in EV Lac, EQ Peg A, and V1054 Oph must 
await better observations. Preferably, the triplet-to-singlet line 
ratio should be determined from data obtained simultaneously. 

d) The Li I Lines 

The presence of Li lines in the spectra of solar-like stars 
is generally taken as an indication of youth. In flare stars 
the convective mixing is probably so extensive that no Li is 
present in their atmospheres. Bopp (1974*) and de la Reza, 
Torres, and Busko (1981) searched spectra of several flare stars, 
but found the Li 146707 line in only one of them, namely, as 
an absorption feature in V1005 Ori =•= Gliese 182. This spotted 
flare star is typical with respect lo flaring and rotation 
(H. - 6km s ' ' ) according to Byrne, Doyle, and Butler (1983), 
and thus represents a puzzle among the red dwarf flare stars. 

A search for the Li I /6707 line in EV Lac, EQ Peg A, and 
V1054 Oph has been unsuccessful, any such feature being lost 
in the noise. A spectrum wun better than usual signal-to-noise 
ratio, but with the reduced spectral resolution of 0.9 A, was 
obtained on 1979 September 11 of EV Lac, but even here there 
is no trace of the Li line. 

t) Tite Ca It Infrared Triple! Lines 
The Ca n infrared triplet lines in EV Lac, EQ Peg A, ami 

V1054 Oph were observed with the 2.1 m telescope and in 

coudé spectrograph. The Reiicon detector on this observing 
system covers a spectral range of about 240 A, and all three 
Ca II infrared triplet lines (8498 A, 8542 A, 8662 A) are 
thus included in the same exposure. 

The Ca n observations in this program appear to be the first 
high-dispersion recordings of these lines in flare stars. Photo
graphic observations at low resolution were made by 
Shcherbakov (1979), but they were not transformed from 
density to intensity. We therefore have no previous results 
for comparison and cannot address the question of long-term 
variability in these lines. 

The Ca n infrared triplet lines have the 4 2P state in common 
with the Ca n H and K lines, but they are less opaque than 
the resonance lines. Among the infrared triplet lines the most 
opaque one is the 8542 A line. It is 9 times as opaque as the 
8498 A line, which is the least opaque member of the triplet. 
Ca i is ionized deep in the flare star atmosphere, and a steep 
chromospheric temperature gradient would contribute to a 
bright core in the triplet lines. This is observed in AD Leo 
(Paper 1). 

The spectra of EV Lac and EQ Peg A were obtained in 1979 
September. There were no interruptions due to flares from 
EV Lac. The 2 hr exposure on EQ Peg A was obtained with
out simultaneous photometric flare monitoring, but no flare 
activity was seen visually by the spectroscopic observer. 

The 8498 A line in EV Lac and EQ Peg A is shown in 
Figure 9. The absorption profiles are strongly filled in, but 
there is no convincing evidence for central emission 
components. EQ Peg A appears to have somewhat deeper 
absorption than EV Lac, which is filled in to such an extent 
that the absorption aepth barely exceeds the noise level. 

The 8542 A line in EV Lac and EQ Peg A is shown in 
Figure 10. The profiles of this line are more prominent than 
those for the 8498 A line, and they are equally strong and 
wide in both stars. There are weak indications of central 
emission peaks in this line. 
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FIG. 10.—The Ca n A8542 line in EV Lac and EQ Peg A. There are weak indications of core emission. The upper panel shows the flux ratio or EV Lac 

to EQ Peg A. normalized to continuum. 
FIG. 11—The Ca n «662 line in EV Lac and EQ Peg A. The upper panel shows the flux ratio of EV Lac to EQ Peg A, normalized to continuum. 

The 8662 Å line profiles in Figure 11 are equally strong in 
EV Lac and EQ Peg A. The absorption depth is almost 30% 
below the continuum. In EV Lac this line is a pure absorption 
line, but there is some indication of an emission core in the 
EC Peg A spectrum. 

The Ca n infrared triplet lines in V1054 Oph were observed 
on two successive nights in 1979 May and one night in 1979 
September. The two spectra in May were each interrupted by 
three flares, whereas the September spectrum was recorded 
without interruptions. The profiles recorded reflect the multiple 
nature of this system The width of the lines varies from night 
to night, with some changes also in the line strengths. The 

profiles are shown in Figures 12 (8498 A), 13 (8S42 A), and 
14 (8662 A). The core emission seen in some cases is probably 
due to multiple line shifts and superposition effects. 

v. DISCUSSION 

Kelch, Linsky, and Worden (1979) were the first to compute 
theoretical Ha line profiles for M dwarfs; they were able to 
produce Hot emission by a steep chromospheric temperature 
gradient. They correctly predicted emission in the flare star 
EQ Vir and absorption in 61 Cyg A, but there was no 
detailed correspondence between their profiles and observa
tions. Cram and Multan (1979) computed Balmer-lin< profiles 
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FIG. M.—The Ca n ^8662 line in V1054 Oph. on three different dates. 
The changes of the line profile reflect the multiple nature of V1054 Oph. 

for a model with Tac = 3500 K, appropriate to the stars 
observed in this paper and in Paper I. The general features 
of their results correspond to the present observations of Ha, 
but their computed line widths are much too large. Giampapa, 
Worden, and Linsky (1982) computed a theoretical Ha profile 
in much better agreement with observations, for the hotter 
flare star EQ Vir. The theoretical basis therefore exists to 
understand the formation of Ha emission lines in flare stars. 
Worden and Peterson (1976) pointed out that the Ha emission 
line is too wide to be formed in an optically thin medium. 
Assuming exclusively Doppler broadening, the temperature of 
the line-forming region in the optically thin case is, according 
to Aller (1963), 

T ( K ) = 1 . 9 5 x i 0 ' v ( y ) , (1) 

where p is the mean molecular weight (jt = 1 for hydrogen), 
and the half-wdth is AA = 1.4 Å from observations. We find 
T = 89,000 K. At this temperature hydrogen is completely 
ionized, and no Ha emission line should be seen. Thus the 
Ha-emitting region must be optically thick. 

Worden and Peterson (1976) also considered several inter
pretations of the central absorption feature in Ha. This dip is 
flanked by two emission peaks, and if they represent Zeeman 
components of Ha split by a magnetic field, the field strength 
must be 10 4 gauss within the Ha-emitting region of EV Lac. 
This magnetic field must have been present both in 197S and 
1979 since the peak separation was the same despite variable 
line strength. The rotation axis of EV Lac is oriented such 
that its starspots partly disappear during a full rotation 
(Pettersen, Kem, and Evans 1983), but this apparently does not 
produce changes in the peak separation. This feature must 
therefore be produced by a magnetic field of global nature since 
the emission peaks are essentially present at all times, but the 
observations of Vogt (1980) imply that there can be no general 
field of the required strength. There may well be intense fields 
in very small regions, but the observations require a physical 
cause which is not restricted to very small areas on the surface 
of a flare star. We must therefore conclude that Zeeman 
splitting is an improbable explanation. 

Another possibility is that the line center of the Ha emission 

is formed in an optically thick medium, thereby creating a 
self-reversal (Worden and Peterson 1976). If the electron 
density is higher than 10'' cm" 3 , the H» line will be formed by 
collisions (Fosbury 1974). Cram and Mullan (1979) showed 
that at sufficient optical thicknesses, with Ha collisionally 
dominated, a central reversal appears. They give the separation 
of the peaks 

AA« p *2A;. D ( lnt c )" J , (2) 

where % is the line center optical depth to the center of an 
isothermal chromosphere, and AXV is the chromospheric 
Doppler width (Mihalas 1970), 

AAD = 
12.85 (i)'V). (3) 

i.e., AAn = 280 mÅ for Ha at 10* K. For a peak separation 
of 0.45 A, as observed in EV Lac, and 5000 K s T <; 50,000 K, 
the optical depth is in the range U s t . s 3.6. For a separa
tion of 0.6 Å, as observed in AD Leo (Paper IX the optical 
depth is l j £ r f s 9 . 7 , for the same temperature range. A 
reasonable conclusion is that Ha line center optical depths 
in flare star chromospheres may range from t = 1 to r = 10. 
From actual model calculations of EQ Vir at T,„ = 4250 K, 
Giampapa, Worden, and Linsky (1982) determined t„, % I in 
the temperature regime 9000-10,000 K. 

According to Cram and Mullan (1979) the ratio of central to 
peak flux in the Ha profile is given by 

: * e (4) 

For 1 £ t c < 10 this ratio is between 1 and 0.3. The central 
absorption is very deep for large optical depths. To compare 
with observations, the resolution profile of the instrument 
needs to be taken into account. The finite resolution will fill 
in the central reversal and make it appear less deep. Although 
very deep depressions are rarely observed, we see no contradic
tion between the observations and the result of equation (4). 
On the other hand, the central reversal should disappear 
altogether near T, = 1. This may be appropriate to the profile 
of EQ Peg A, where no central reversal is seen in the Ha 
emission line. 

Stellar rotation wouW also affect the observed depth of the 
Ha central reversal, in that it would reduce its depth and smear 
it out. In the presence of rotational broadening, a failure to 
recognize its effect leads to an underestimate of the optical 
depth of the line center. 

Almost invariably the blue peak is stronger than the red in 
the Ha profiles of flare stars. We take this to mean that the 
absorption feature is slightly redshifted relative to the center of 
the emission line, causing the latter to be slightly depressed. 
If the central core is formed higher in the atmosphere than the 
two peaks, the implication is that differential vertical velocities 
are such that the upper levels approach the observer more 
slowly than the lower ones. A velocity difference of less than 
5 km s"' would be well able to produce this. 

Following Cram and Mullan (1979) the peak flux of the Ha 
line relative to the continuum is 

5=*6xio-»yY-,|£U, 
f COM "I'fffJ 

(5) 

where B is the Planck function, T„, = 3500 K, and S. is the 
electron density. For 7", = 10* K and values of the optical depth 
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CHROMOSPHERIC LINES IN RED DWARF FLARE STARS 

III. AU MICROSCOPII AND VV GEMINORUM 

Bjørn R. Pettersen 
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and 
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ABSTRACT 

Spectroscopic observations outside of flares have been made for three dMle 

stars in the solar neighborhood, namely the single, spotted, flare star AU 

Mic and the two (almost) identical components of the spotted, flaring, 

eclipsing spectroscopic binary YY Gem. The binary components rotate five 

times faster than the single star. Otherwise all three stars appear to be 

very similar. Prominent emission is seen in Ha (6563 A ) . A central 

reversal is detected in AU Mic, but this feature is smeared out by rapid 

rotation in YY Gem. Very strong emission cores in both stars are reported 

for the first time in the Ca II infrared triplet lines (6498, 65*2, 8662 

A). The emission in AU Mic is sharp (FUHM = D.6 A) and reaches well above 

the continuum. In YY Gem the emission flux is smaller and the profiles are 

strongly broadened by rotation. No emission cores were detected with 

certainty in the Na D lines (5890, 5B9E Å). Such lines are present in 

later dMe flare stars. Unsuccessful searches were made for He I triplet 

(5876 A) and singlet (6878 A) lines, and for Li I (6707 A ) . The absence of 

the He I triplet line may be due to stronger continuum radiation in dMle 

stars than in later types, where this line is prominently in emission. The 

role of coronal X-rays is discussed. The emission lins of Ha and Ca II are 

formed by collisions in an optically thick chromosphere. Measurements of 

Ha are used to estimate the chromospheric electron density to = 10 1 2 cm" 3. 
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the Association of Universities for Research in Astronomy, 
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Considering radiative losses in ultraviolet and optical emission lines 
formed in the chromosphere and transition region of AU Hie, we find that 
60Z of the radiation loss is due to neutral hydrogen and 30Z is due to 
ionized calcium. Evidence for non-radiative heating in deep layers of the 
atmosphere of AU Hie is seen in the wings of the Ca II infrared triplet 
lines. 

Key words: Stars: chromospheres - stars: flare - stars: latetype. 



1. INTRODUCTION 

Chromospheric activity in solar neighborhood red dwarfs has been detected 
on some of the intrinsically faintest stars known. Herbig (195S) observed 
a spectroscopic flare on V129S Aql = van Biesbroeck 10, Haro and Chavira 
(19661 recorded a photographic event on AZ Cnc = Gliese 316.1 and Pettersen 
(1981) obtained photoelectric light curves for several flares on G51-15. 
Starpots and active flaring are found also on early dMe stars, and extend 
to dKe stars (e.g. CC Eri, EQ Vir), as well as dK stars (e.g. PZ Mon, OH 
Car). In two earlier papers of this series we have presented and discussed 
spectroscopic observations of chromospheric lines obtained outside of 
flares in stars of mid-M spectral types (Pettersen and Coleman 1981 (paper 
I), Pettersen, Evans and Coleman 1984 (paper I D ) . In terms of bolometric 
luminosity the stars are 1/65 and 1/tO of the Sun, respectively. The 
present contribution presents results for intrinsically brighter stars with 
early M spectral type. Their luminosities are about 1/13 that of the Sun. 

The two components of the eclipsing binary YY Gem are almost identical in 
brightness. Their absolute visual magnitudes are very close to that of AU 
Mic (Table 1). The large starpots on AU Mic (Torres and Ferraz Hello 1973) 
have suppressed the visual brightness considerably from time to time. 
Cousins (1980), Harding (1970), and The, Karman and Alcaino (1981) all give 
V-magnitudes fainter then 8.8. The value adopted in Table 1 (V = 8.60) 
seems to represent the immaculate star, and is the brightest confirmed 
value in the literature (Eggen 1968, Torres and Ferraz Mello 1973). 

Table 1 shows that the components of YY Gem rotate five times faster than 
AU Mic. This is due, no doubt, to tidal locking of the rotation and 
orbital periods in YY Gem. 



Star V U-B B-V V-R 

AU Mic 8.60 1.07 1.47 1.45 
YYGemA 9.82 J ^ ^ g ^ 
YY Gem B 9.82 > 

Table 1: Properties of the Stars. 

R-I M Ppsc. Parallax 

1.15 8.87 dMle 0".113+0".006 

1.02 J 9 ' 0 1 d M l e \ 0".069+0".004 
I 9.01 dMle J 

Duplicity P , P Equ.vel. 
orb rot 

single - 4 .854 7 km/s 

SB 2 0d.814 0d.814 40 km/s 

Note - Magnitudes for YY Gem assume equal brightness of the two components. 
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II. THE STARS 

AU Mic=Gliese 803 is a single spotted flare star. Spectroscopic duplicity 
is excluded on the basis of radial velocity measurements by Eopp and Fekel 
(1977), spanning an interval of more than 300 days. They found an average 
radial velocity of -2.8*3.1 km s" , which compares perfectly with an early 
value by Evans si. !l- (1961). Linsky sl il- (19B2) give the effective 
tenverature of AU Mic as 3730 K. Pettersen's (19E3) relationship between 
M and bolometric correction implies log L/L =-1.14. It follows that V e 
R/R =0.65. e 

AU Mic has shown various degrees of spottedness over the years. Photo
metric observations by Torres, Busko and Quast (1983) show a starspot 
region at constant phase between 1971 and 1975, with a rotational period of 
4.845 days. The spot apparently decayed towards the end of their observing 
series, but must have lasted nore than 300 stellar rotations. Long-lived 
spots were seen on EV Lac by Pettersen, Kern and Evans (1983). It follows 
from the radius and period that the equatorial rotation velocity is 7 km 
s" . Vogt, Soderblom and Penrod (1983) estimated v ^ sin i=8 km s from 

rot 
high-resolution spectra, so the inclination of the rotation axis is about 
60°. 

YY Gem=Glies« 278 C is an eclipsing, double lined spectroscopic binary with 
two flarino components (Hoffett and Bopp 1971). Kron (1953) detected star-
spots on one of the components in an early study of this system. A modern 
orbit analysis was done by Bopp (1971). who determined a circular orhit 
with period 0.8K days and almost equal masses for the two components. The 
orbital solution based on absorption lines gave 0.62 M and 0.57 M 

e o 
(1.0.03), using in inclination value of 86°. 54+.0.05 from Leung and Schneider 
(1978). These authors also determined T =3800 K, log L/L =-1.08*0.06. 

eff e ~ 
R/R =0.661.0.02 for the brightest component, and T =3750 K, log L/L = • eff Q 
-1.22.t0.O7, R/R =0.571,0.02 for the faintest. The temperatures may be 
uncertain by 1.200 K. These values compare well with the resultss of 
Pettersen (1980) for the "average" component. It follows that the surface 
gravity is log g = 4.6 cgs. Synchronous rotation implies equatorial rotation 
velocities of about 40 km s" . 

AU Mic and YY Gem are both X-ray source! . Coronal X-ray fluxes were given 
by Caillault (1982). 

http://-1.22.t0.O7
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III. OBSERVATIONS AND INSTRUMENTATION 

From literature data we estimate that AU Mic flares about once every 2.8 

hours and YY Gem once every 5.3 hours (Busko and Torres 1978, Pettersen 

1S78) when observations are made in the U-filter. It was therefore 

considered necessary to arrange simultaneous monitoring with the 0.76 m 

photometric telescope when spectroscopic observations of AU Hic were done 

with the 2.1 m telescope at McDonald Observatory. The procedures described 

in paper I were followed. No flares were seen on AU Hic. When 

observations were made of YY Gem, no flare monitoring was done. However, 

no flare activity was detected visually by the spectroscopic observer. 

Spectroscopic observations were made with the coude spectrographs of the 

McDonald Observatory 2.7 m and 2.1 m telescopes. All observations of AU 

Hic were done with a linear 1728 element Reticon array on the 2.1 m 
o 

telescope. The detector was cooled to -120 C (Vogt, Tull and Kelton 

1978). The 1872 element Reticon at the 2.7 m telescope was used to observe 

the Ca II infrared triplet lines in YY Gem. This detector was cooled to 

-150 C. Other spectral features were observed with the 2.7 m Digicon 

(Tull, Choisser and Snow 1975), a linear 1024 element array which records 

the spectrum off an image tube. The spectral resolution in all cases was 

determined by the width of the spectrograph entrance slit. Me selected a 

resolution of 0.45 Å as the working setting. However, one spectrum of Ha 

in YY Gem was taken with the improved resolution of 0.25 k, using a narrow 

slit. Two other spectra of YY Gem had a resolution of 0.20 A, and were 

obtained with a linear 1872 element Reticon array at the new stellar 

spectrograph of the McMath main solar telescope at Kitt Peak National 

Observatory. 

The spectroscopic observing log is given in Table 2. 
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Table 2: Observing Log. 

Star Date UT Start 
(UT) 

Duration 
(minutes) 

Feature Resolution 
(A) 

Telescope 

AU Hie 1979 Sep OB 03 24 120* Ca IR 0.45 McD 2.1m 
1979 Sep 09 04 19 60 Ha 0.45 HcD 2.1m 
1979 Sep 10 02 53 60 a Na D 0.45 McD 2.1m 
1979 Sep 10 04 06 76 3 Ha 0.45 HcD 2.1m 

YY Gem 1964 Jan 15 06 13 17 Ha 0.46 HcD 2.7m 
1964 Jan 15 07 14 27 Na D 0.48 McO 2.7m 
1964 Jan 16 08 54 17 Ha 0.46 HcD 2.7m 
1984 Jan 16 09 14 24 Li 0.46 HcD 2.7m 
1964 Jan 17 07 24 31 Ca IR 0.36 HcD 2.7m 
1984 Jan 17 08 OO 31 Ca IR 0.36 HcD 2.7m 
1984 Jan 17 12 05 30 Ha 0.32 HcD 2.7m 
1984 Jan 18 04 45 45 Ha 0.25 HcD 2.7m 
1984 Jan 18 05 34 63 Na D 0.40 HcD 2.7m 
1984 Feb 16 04 27 ir o Ha 0.20 KPNO 
1984 Feb 18 03 39 120 Ha 0.20 KPNO 

" Flare monitoring by Da vid S. E vans on 0. .76 m telescope. No flares 
detected. 

IV. OBSERVATIONAL RESULTS 

The observed spectral regions are in the yellow and red where cool dwarf 
flare stars radiate strongly. The features chosen for study were selected 
with the aim of being useful diagnostics for the chromospheric conditions 
in flare stars. Heasures were taken to avoid contamination from flare 
light. Some lines were found in emission, even reaching above the 
continuum level. The photospheric temperatures of the early dHe stars in 
this paper are near the value where TiO bandheads become visible. Relative 
to the cooler stars of papers I and II, These bandheads are so weak that 
they do not cause the same problems with the establishment of local 
continuum levels. 
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Table 3: Measures of Emission Line Features. 

Feature Wavelength Star* Date UT EW Maximum FWHM° 

<M (X) b Intensity <A> 
Na D 
Na D* 

5690 AU Mic 1979 Sep 10 0.10 0.42 0.40 Na D 
Na D* 5896 AU Mic 1979 Sep 10 0.05 0.39 0.22 

Ha 6563 AU Mic 1979 Sep 09 2.01 2.45 1.36 
AU Mic 1979 Sep 10 2.06 2.29 1.45 
YY Gem p 198; Jan 15 0.72 1.43 1.85 
YY Gem s 1984 Jan 15 0.78 1.47 1.85 
YY Gem p 1984 Jan 16 1 54 1.5$ -
YY Gem s 1964 Jan 16 1 54 1.60 -
YY Gem p 1984 Jan 17 1 63 1.54 -
YY Gem s 1964 Jan 17 1 63 1.41 -
YY Gem p 19B4 Jan 16 0.72 1.43 1.65 
YY Gem s 1984 Jan 16 0.86 1.52 1.85 
YY Gem p 1984 Feb 16 1 50 1.38 -
YY Gem s 1984 Feb 16 1 50 1.45 -
YY Gem p 1984 Feb 16 0.79 1.44 1.8 
YY Gem s 1984 Feb 18 0.81 1.46 1 .8 

Ca II 8498 AU Mic 1979 Sep 06 0.46 1.49 0.60 
YY Gem p 1984 Jan 17 0.15 1.00 1.9 
YY Gem s 1984 Jan 17 0.13 1 .00 1.8 

65(2 AU Mic 1979 Sep 08 0.52 1 .39 0.68 
YY Gem p 1984 Jan 17 0.17 0.98 1.8 
YY Gem s 1984 Jan 17 0.16 0.99 1.7: 

8662 AU Mic 1979 Sep 06 0.37 1.23 0.69 
YY Gem p 1984 Jan 17 0.05 0.93 1.4: 
YY Gem s 1984 Jan 17 0.07 0.92 1.4: 

Notes to Table 3: a For YY Gem: p=primary, s=secondary. 
Oenotes intensity of emission plus continuum taking the continuum as 
unity. Values below unity indicate emission superposed on an absorption 
line profile. 
Uncertain measurements are marked by a colon. 
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Wavelength scales for AU Hie were established from iron lines in the 
stellar absorption spectrum, and are therefore in the star's rest frame. 
The double lined nature of YY Gem complicates the choice of zero point, and 
we give only a relative wavelength scale based on observations of a NeAr 
comparison source. Table 3 lists measurements of the emission features. 

a) The Ha Emission Line 

AU Hie was observed on two successive nights with a spectral resolution of 
0.45 X, and Ha was found strongly in emission. The profiles are reproduced 
in Figs. 1 and 2. The line width is the same in both spectra, FWHM=1.4 A, 
but the line strength is 77 larger on the first night. An extension of the 
profile to shorter wavelengths is detected 12Z above the continuum and can 
be traced 2.4 A from the line center (Fig. 2). This kind of feature was 
detected also in AD leo, and we showed in paper I that it is associated 
with the absence of TiO molecular lines in this region as compared with the 
region immediately longward of Ha. 

On the first night (9 September 1979) the line center has a peaked shape 
with no structure. The next night it shows a central absorption feature. 
This is a common phenomenon in many flare stars. The blue maximum is 4Z 
higher than the red. The central absorption dips to 94Z of the blue peak. 
The separation between the two peaks is measured to 0.58 JL 

Linsky e_t a_l. (1982) published a line profile of Ha that was obtained one 
night before our first observation, i.e. 8 September 1979. An echelle 
spectrograph gave an unsurpassed resolution of 45 m&. The line strength 
was 4Z higher than on our spectrum, suggesting a decaying emission line for 
at least three nights. The blue peak was 14Z stronger than the red. 



10 

2.4 

2.2 

2.0 

1.8 

1.61-

AU Mic 
9 SEPT 1979 UT 

>-

1 . U 

1.4 
t 
to > 
z 1.2 - •/ -
1 -

z 
1.0 

m 
— »3 • — 

* • 
.8 

.6 

.4 

• • • • 
• 

Fe I V 

• 
Co I 

• — .8 

.6 

.4 Positions of aim. H 2 0 Lines 

.2 

0 

U 1 i i t i i i I I i i i i i I I 1 

.2 

0 

Positions of TiO 
" l _ . .1 1 _ . 

Lints 
• i i i i t i i i • i i i i 1 " .2 

0 i I I 1 i i 

6550 6555 6560 6565 
WAVELENGTH (Å) 

6570 6575 

FIG. 1. Th e Ha emission line profile of AU Mic on 9 September 1979. 

The Ha emission line was also observed in 1976 by Worden e_£ si- (1981) at a 

resolution of 0.24 A. Their two spectra were obtained two months apart, 

and the equivalent width decreased a factor of five, from 8.7 A to 1.6 A. 

The line width remained constant at 1.4 A. The central reversal is visible 

in both cases with separation of the peaks of 0.6 A and 0.6 A, as measured 

from their published profiles. In both spectra the blue peak is higher 

than the red by 5-7Z. The central absorption dips to 94-87Z of the maximum 

line strength, probably a testimony to their superior spectral resolution. 



11 

2.4 

AU Mic 
IO SEPT I979 UT 

Ca I 

Positions of atm. H20 Lines 
U I I I ' ' i l i i i l 

p _ Positions of TiO Linis 
• c i t t i i i t i l 

-1_ 

6550 6555 6560 6565 

WAVELENGTH (Å) 

6570 6575 

FIG. 2. - The Ha emission line profile of AU Mic on 10 September 1979, 

obtained without interruption by flares. 

YY Gem was observed on six nights in January and February 1984 with a 

resolution better than 0.46 A. Three spectra show the emission line 

profiles of the two stars completely separated, the radial velocity 

difference being larger than ZOO km s . Visual inspection (Fig. 3) shows 

immediately that both stars in the YY Gem system are rapid rotators. The 

Ha profiles are noticeably broadened to FWHM-1.85 A. This is 0.45 A wider 

than for AU Hie, which rotates comparatively slower. 
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FIG. 3. - The Ha emission line profiles of the two stars in the YY Gem 

binary. The spectral resolution is 0.46 Å. 

Rapid rotation smears out the central absorption reversal. There is no 

sign of line center depressions in Fig. 3. Another spectrum at the 

improved spectral resolution of 0.25 A, shown in Fig. 4, also shows no sign 

of absorption dips. We use these well separated profiles to quantitatively 

confirm the rotation velocity of Table t, which is based on the photo

metrically determined radius and the assumption of synchronized rotation 

and orbital motion. The line profile of the Ha emission in V1005 Ori was 

observed with the same instrument as used for YY Gem. The profile has 

typical shape and width for slowly rotating dwarfs, and clearly shows a 

central absorption feature. This spectrum was synthetically broadened for 

several values of rotation velocities. The central absorption feature 

disappears already at v sin i = 20 km s'1 . We selected the profile for v sin 

i=40 km s"1 and scaled the emission line strength to match those of the YY 

Gem components. 
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{- -J [ 3 I 's ™ J°"""X " » ' 
Wavelength scale (A) 

FIG. 4. - The Ha emission line profiles of the two stars in the YY Gem 
binary (lower panel). The spectral resolution is 0.25 A. Rapid 
rotation smears out any central absorption reversal and causes 
wide profiles. Synthetically broadened profiles of V1005 Ori, 
scaled to match YY Gem. suggest that both stars in the YY Gem 
system rotate at about 40 km s" (upper panel). See text. 

Then we shifted the spectra of the two stars to match the radial velocity 
difference of YY Gem on 1B January 1984. This procedure is illustrated in 
the upper panel of Fig. 4. The full line in the lower panel represents the 
result of the superposition, and the datapoints are the actual measurements 
of YY Gem. The agreement is excellent and confirms that both stars in the 
YY Gem system rotate near 40 km s 

Fig. 5 shows the result of a two-hour exposure with the Reticon on the 
newly installed stellar spectrograph of the McMath main solar telescope at 
Kitt Peak. The spectral resolution is 0.20 k. A flat topped feature is 
prominent in the primary, and is only slightly less conspicuous in the 
secondary sta.'s profile. The strength of the lines were the same in 



January and February 1981, averaging EW(Ha)=0.7*±0.0* A for the primary and 
EW(Ha) = 0.82.10.0* k for the secondary. The line intensities (Table 3) show 
no variation in strength that could be associated with rotational 
modulation. 

I.J 

u 

1.2 
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IS) 
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0.* 
Wavelength scale (A) 

0,2 L J 
FIG. 5. - The Ha emission line profiles of the two stars in the YY Gem 

binary. The spectral resolution of 0.20 k reveals flat topped 
features in both components. 

YY Gem was observed by Worden si ll- (1981) in 1975. They found the 
emission in the secondary star to be stronger than in the primary. Both 
stars had considerably stronger lines than in 198*. The line widths in 
Worden et, aj.. (1981) are the same as in this paper, so the larger 
equivalent widths are solely due to larger Ha fluxes. The secondary 
decreased most from 197S to 198*. since the flux was three times stronger 
in 1975. The primary was twice as strong in 1975 as in 198*. This 
demonstrates that long term changes do take place in the chromospheres of 
the YY Gem system, and that these changes are not necessarily correlated 
between the stars. We hve not been able to demonstrate line variability in 
YY Gem on a time scale of days. 
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b) The Ma I 0 Lines 

The Na D lines are very broad absorption features in M dwarfs. In AU Hie 

the wings extend about 15 A from the line centers. At the core of the D 

line (5890 A) there is indication of a central emission, but the D line 

(589E X) shows no such feature (Fig. 6). 
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• * v.-- . - ! • • • • • * • • • • •• •» 
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- VV AU Mic 

. VV 10 September 1979 " 

• i i i 1 l 1 1 i i i 

5810 5860 58S0 5900 
WAVELENGTH (Å) 

5920 5940 

FIG. 6. - The Na D line region in AU Hie. There is indication of emission 

in the 0 line (5890 A ) . He I 5876 A is not visible. 
2 

Linsky e_£ Al- ('982} presented a spectrum obtained two nights before our, 

at the superior resolution of 60 mA. Both D and D show emission cores, 

with 0 being the strongest one. This is often the case for other flare 

stars also (see paper II). A spectrum by Uorden et a_l. (1981) with a lower 

resolution of 0.6 A obtained in 1976 shows sign of emission cores, but the 

noise is considerable. 

The Na D line region in YY Gem was observed on January 15 and 18, 1984 when 

the radial velocity difference was 239 and 213 km s" . respectively. The 

mid panel of Fig. 7 contains the expected profile (full line) for a binary 

with two equally bright components, each rotating at 40 km s"1 . The 

agreement is quite satisfactory. We arrived at this result by syntheti

cally broadening the observed profile of V1005 Ori to v sin i = 40 km s"1 . 

We then added two such spectra after having shifted them 239 km s"' 

relative to each other. This is illustrated in the upper panel of Fig. 7. 

The synthetic profile roust be a close approximation to the individual 
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profiles of the stars in the YY Gem system since the observed profiles are 
well reproduced. There is no sign of emission at the cores of th« Na D 
lines in the observed spectra of YY Gem. Rotational broadening would tend 
to wash out such features. Numerical experiments show that emission would 
have been detected if it had a strength of 5-107 of the continuum flux. 
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FIG. 7. - The Na D line region in YY Gem on two different dates (mid and 
lower panels). There is no sign of emission in the cores of the 
Na 0 lines or in the He I 5676 A line. The uppei panel shows 
profiles of V1005 Ori that have been synthetically broadened by a 
rotation of 40 km s and shifted tc match the radial velocity 
difference of 239 km s" of the two stars in YY Gem. The 
resulting profiles of the combined spectrum is shown as a full 
line in the mid panel. 
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c) The He I Lines 

In AU Hie (Fig. 6) we see no sign of a spectral line at the 5675.7 A 

position of the He I triplet line. At the 6678 A position of the He I 

singlet line (Fig. 8) there is an absorption line with a central residual 

intensity of 80Z. This is certainly the Fe I line, 0.1 A away from the 

He I line position. Whether a He I feature is blending this profile is 

impossible to decide, as in the case of GX And (paper I). Linsky et al. 

(1962) claim to have detected the He I triplet in absorption in AU Mic, but 

do not specify the strength of the line. 

The spectra of YY Gem shew reither the triplet (Fig. 7) nor the singlet 

helium line (Fig. 9). Rapid rotation lowers the contrast of any weak 

emission line. The triplet line does not show in the spectrum by Uorden 

£t al. (1981) either. 

16651 I A 
TiO 

r ( l , 0 ) Rs heod 

oL. 

Fel(«HeI?) 
X 6660.6 A 
TiO 

r(I.O) R; head 

AU Mic 

6665 6670 6675 
WAVELENGTH (Å) 

66 BO 6685 6690 

FIG. 8. - The spectral region near the He I 6678 A singlet line in AU Mic. 

An absorption line of Fe I blends any feature due to He I. 
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FTG. 9. - The spectral legion near the He I 6678 Å singlet lines of the YY 

Gem binary. Rapid rotation smears out any features, and further 

complications are due to blends by Fe I. 

d) The Li I Line 

The Li I 6707 Å line position was searched in both stars, but we find no 

trace of a line there. A ten percent deviation from the continuum level 

would be detected in AU Hie. Ir YY Gem there is no sign of Li at the 

predicted positions of either stellar component. The separation between 

the components at the time of observations was !.73 A. Upper limits for 

the equivalent widths of Li in YY Gem is about 50 mA (Fig. 10). 
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FIG. 10. - The spectral region near Li I 6707 Å in YY Gem. No features are 

detected. 

e) The Ca II Infrared Triplet Lines 

These three lines were observed simultaneously in AU Hic since the 2.1 m 

telescope Reticon system at McDonald Observatory covers a spectral range of 

240 A. The observations of YY Gem were done with the 2.7m telescope. The 

spectral coverage ?s smaller on its Reticon system. Two successive spectra 

were necessary for YY Gem. The first exposure included the 6498 k and 6542 

Å lines. The second spectrum was centered on the 6662 I line. 

The 8498 K line in AU Mic is shown in Fig. 11. The absorption profile is 

strongly filled in and only weak remnants of the line wings can be seen. A 

prominent emission peak reaches 492 above the continuum and has FWHM=0.6 Å. 
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FIG. 11. - The "a II 8498 A line in AU Mic. A strong central emission core 

is evident. 
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FIG. 12. - The Ca II 8498 A lines in the YY Gem binary. Rotationally 

broadened emission cores are present in both stars. 
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The 8*98 k lines or the two stars in YY Gem are shown in Fig. 12. Rapid 
rotation has washed out the profiles. The spectrum was obtained when the 
radial velocity difference was large, so both emission peaks are seen 
against a background of the superposed absorption profiles from the two 
stars. The emission peaks are equally strong in both stars and reach the 
continuum level. The width of the peaks are difficult to measure 
accurately due to considerable rotational broadening. 

The 85*2 * line in AU Mic is shown in Fig. 13. The wings of the absorption 
profile can be distinguished. The core of the line is filled in by a 
prominent emission feature which reaches 39Z above the continuum and has 
FWHM=0.7 A. 

* 

AU Mic 

8530 8535 8540 8545 
WAVELENGTH (X) 

8550 8555 

FIG. 13. - The Ca II 85*2 * line in AU Hie. A strong central emission core 
is evident. 

The 85*2 I lines of the two YY Gem components are shown in Fig. 1*. The 
two peaks have similar strength and width. Again they are noisy and 
difficult to measure. The absorption wings are clearly visible, and both 
these and the emission peaks indicate rapid rotation. The full line in 
Fig. 1* it the resulting profile from combining the two profiles in the 
upper panel, shifted relative to each other in accordance with the orbital 
phase during the observation of YY Gem. Each profile is a numerically 
widened version of an observed profile of V1005 Ori. A rotation velocity 
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o f v s i n i = 4 0 km 5 was a s s u m e d . 
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FIG. H . - The Ca II 8542 Å lines in the YY Gem binary. The full line 

through the observed data points is the result of combining the 

two profiles in the upper panel. These are synthetically 

broadened profiles of V1005 Ori to match a rotation of 40 km 

s" 1, that are shifted to match the radial velocity difference of 

the YY Gem components. 

The 866? A line in AU Hie is shown in Fig. 15. The absorp'.ion wings are 

better defined than for the other two lines. The core of the line is 

filled in by a prominent emission peak reaching ?3Z above the continuum 

with FWHM=0.7 A. 

The 8662 A lines of the two stars in YY Gem are shown in cig. 16. The 

lines are very shallow with only indications of core emission. 
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FIG. 16. - The Ca II 6662 Å lines in the YY Gem binary. Rotationally 

broadened emission cores are weakly present in both stars. 
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Observations of considerable emission in the Ca II infrared triplet lines 
in AU Mic and YY Gem have not been reported earlier. Studies of 
variabi'xty in these lines must therefore await further observations. It 
will be interesting to investigate if they vary in unison with Ha. In both 
stars Hot was 4-5 times stronger than the equivalent widths of the largest 
C emission. The emission strength in AU Mic is larger than for any other 
star on our program. It may be a significant observation that the emission 
in both Ha and the Ca II infrared triplet lines is stronger in AU Mic than 
in YY Gem, despite the latter being the rapid rotator. The relative line 
strengths of the Ca II infrared emissions deviate strongly from those 
expected for an optically thin gas, as was also the case for later type 
flare stars (e.g. paper I). The emission features must be formed in an 
optically thick medium. 

V. DISCUSSION 

a) 'The rotation of YY Gem 

The bellshaped, broad emission in Ha and Ca II infrared lines originate in 
the chromospheres of the stars in the YY Gem system. We must therefore 
provide evidence that the broadening is due to rotation and not just an 
artifact of an active atmosphere. We do this by showing that the 
rotational broadening is equally large in the photosphere and the 
chromosphere. 

The Ca I 5857.5 A absorption line is a suitable photospheric feature, which 
should not respond to chromospheric changes. In YY Gem it has FWHM=1.5 A 
in both stars. The same line has been measured in the spectrum of VI005 
Ori at various degrees of synthetic rotational broadening. For velocities 
larger than 30 km s we find that 

v sin i Ikm s"1) = 33.5t.FWHM(A) - 10.B3 (1) 

which implies a rotation velocity of 39.5 km s"' for YY Gem. The 
uncertainty introduced by the unknown limb darkening amounts to about «.2 km 
s" for limb darkening coefficients 0.0 < t £. 0.6. Consistent results for 
photospheric and chromospheric lines therefore support the interpretation 
that line broadening in YY Gem is dominated by stellar rotation. 
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b) The electron density in the chromosphere 

According to Cram and Mullan (1979) the two peaks of the Ha emission 
profile are separated by 

AX * 2AX„ (In T ) 1 / 2 (2) 
Sep D c 

where i is the line center optical depth to the center of an isothermal 
c 

chromosphere, and the chromospheric Doppler width of Ha is AX =280 mA for a 
temperature of 10* K (Mihalas 1970). Due to rapid rotation in YY Gem the 
central reversal has been washed out. An estimate of chromospheric 
density can therefore only be made for AU Mic. Ha profiles by various 
observers suggest O.E A as a reasonable estimate for the separation of the 
peaks in AU Hie. It follows from equ. (2) that the optical depth is about 
3. For an effective temperature of 3600 K for AU Mic, we can solve for the 
electron density N in Cram and Mullan's (19791 expression for the peak 

e 
flux of Ha relative to continuum 

F < e BIT ) max „ .„-15 „ c ,_. = 6.10 N T (3) 
F 6 8 ' T rr> C 

cont eff 

where B is the Planck function and the chromosoheric temperature T is 
taken to be 10 K. For an emission line reaching twice as high as the 

12 -3 continuum we get N * 2.10 cm . We expect the densities of the YY Gem 
stars to be similar since the line strengths relative to continuum of the 
individual stars are only slightly smaller than in AU Mic. It follows from 
the density value that Ha is formed by collisions in the chromospheres of 
dMIe stars (Fosbury 1974). 

In AU Mic the strength of Ha varies on a time scale of days. This is 
presumably caused by localized emission regions (plage areas). A stronger 
emission' line may reflect a higher density in an emission region compared 
to the surrounding chromosphere. Changes in line strength on a time scale 
ot years, as demonstrated for both stars in the YY Gem system, may be due 
to the presence of various numbers of active regions with different areas. 

The consistently stronger blue peak in the Ha profile of AU Mic suggest 
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that the absorption dip is slightly redshifted relative to the line center 
of the Ha emission. This may be caused by a weak chromosphere velocity 
field directed towards the star. 

c) The absence of He I 5B76A emission in AU Mic and YY Gem 

The He I 0 line was detected in emission in the dM3-4e stars of papers I 3 
and II, the only exception being GX And. EINSTEIN X-ray luminosities 

S - 2 - 1 compiled by Johnson (1963) imply surface fluxes of 7-8.10 ergs cm s 
assuming EO Peg A to be the main X-ray contributor in Gliese BS6 AB. and 
that the two Ha emission line stars in the triple system Gliese 644 AB have 

S - 2 - 1 active coronae. GX And has only 1.10 ergs cm s , and one wonders 
whether the absence of the D line is due to a significantly reduced X-ray 
flux into the ch/omosphere from the corona. Perhaps the reduced strength 
of He I 0 and X-rays have some common cause without one being the 
consequence of the other. 

Bearing in mind the prominent He I 0 emission in the stars of papers I and 
II, it came as a surprise that this feature could not be detectsd in AU Mic 
and YY Gem. Especially since the X-ray surface fluxes are comparable or 
larger than those of the later type H dwarfs of papers I and II. 

We believe this to be an observational effect. dMIe stars have larger 
continuum fluxes than dMte stars. If the line fluxes were the same for two 
such stars, the emission line would be less apparent in the dMIe star. 
Neglecting TiO blanketing, which is significant at dM4, a zero order 
approximation implies that the continuum flux near 587B A scales as the 
absolute visual magnitudes of the stars. Thus AU Hie and YY Gem are 7 
times stronger than AO Leo and 10-H times stronger than EV Lac and EQ Peg 
A. The equivalent width of the He I D line is thus reduced accordingly in 
brighter stars by the stronger absolute flux of the continuum. Assuming 
the He I D line fluxes of the stars in papers I and II to be valid also 
for AU Mic and YY Gem, we would expect to see emission lines with 
equivalent widths of about 0.0*0 A. This is actually an u,per limit, since 
the continuum fluxes of dM4 stars are further reduced by TiO blanketing. 
For both AU Mic and YY Gem we would face difficulties in detecting so small 
emission lines. In particular the rapid rotation in YY Gem would smear 
out the line and reduce the contrast greatly. Both AU Mic and YY Gem may 
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thus have He I SS7E A emission at the same absolute line flux as active 
flare stars of later spectral classes, but the detection threshold in our 
observations prevent us from seeing the line. 

d) Radiative losses in chromosoheric and transition region emission lines 

The flux distributions of dMI stars are quite flat near the Ca II infrared 
triplet lines. The continuum flux received at Earth can therefore be found 
by interpolating among absolute calibrated photometric measurements in the 
UBVRI passbands. Using the calibrations adopted by Pettersen (I960) we 
interpolate between the R and I filter values to obtain continuum fluxes at 
Earth of 3.1.10" ergs cm" s A" for AU Mic and 8.T.10 ergs cm s" 
A" for the YY Gem stars near the Ca II infrared triplet lines. The 
observed fluxes in the lines are found by multiplication with the 
equivalent widths of the emission features (Table 3). We find f(Ca II IR t = 

-12 - 2 - 1 -13 - 2 - 1 
4.2.10 ergs cm s for AU Mic and f(Ca II IR)=6.4.10 ergs cm s 
for each of the stars in YY Gem. These numbers may be converted to 
surface fluxes, using the radii and distances of the stars. We find 

6 - 2 - 1 5 - 2 - 1 
1.2.10 ergs cm s for AU Mic and 6.0.10 ergs cm s for the YY Gem 
stars. 

Interpolation betweon other calibration values give continuum fluxes near 
the positions of hydrogen Balmer lines and Ca II H and K. ''sing equivalent 
widths from Table 3, from unpublished low resolution specti if YY Gem, and 
from Linsky si. JLl- (1982 >, we find the following surface flu. s: 

F (H I Balmer lines) = *.0.10 ergs cm s 

F ICa II H&K * IR) =2.7.10B ergs cm" 2 s'1 

S - 2 - 1 F (H I Balmer lines)=2.3.10 ergs cm s 

F (Ca II H1K • IR) =1.8.10G ergs cm'2 s"1 

High resolution ultraviolet spectra by Ayres £t aj,. (1983) and low 
resolution IUE spectra by Linsky e£ .aj,. (1982) give line fluxes for other 
chromospheric and transition region lines in AU Mic. We are not aware of 
similar observations for YY Gem. Summarizing existing information on 

for AU Mic 

for each star in YY Gem 



radiation losses in emission lines for AU Hie, we have in addition to the 

optical results above 

6 - 2 - 1 
F(H I Lya) =1.5.10 ergs cm s 

G -2 -1 
F (Mg hik) =0.6.10 ergs cm s 

6 -2 -1 
F (other UV-lines)=0.4.10 ergs cm s 

6 - 2 - 1 
The total radiative loss in emission lines is 9.2.10 ergs cm s for AU 

Mic. This is less than the observed X-ray surface flux of 1.6.10 ergs 

cm"2 s" 1. The role of variability is unknown, but may turn out to be 

important since the various data were not collected simultaneously. If the 

coronal X-ray sources direct equal amounts of flux towards the chromosphere 

and interstellar space, it follows from the larger X-ray flux that other 

chromospheric and transition region emission line and continuum 

contributors remain to be identified. The numbers also imply that hydrogen 

is the most important cooling agent, being responsible for 60Z of the 

radiation loss. The second important agent is Ca II at 302. 

e) Non-radiative heating in the lower atmosphere of AU Mic 

The Ha line in M dwarf flare stars is dominated by the chromospheric 

component. The photospheric temperature is so low that it produces an 

absorption line only a few mA in equivalent width. Non-radiative heating 

effects on the photospheric component would therefore be exceedingly 

difficult to detect. 

The Ca II infrared triplet lines are prominent absorption features in M 

dwarfs. In flare stars they often have chromospheric emission cores. When 

the emission is strong, as in AU Mic, the wings of the absorption line 

appear to be filled in, too. Although these observations have considerable 

noise levels, it is possible to compare the profiles of AU Mic to those of 

Gliese 380 and 61 Cyg B. No effects are visible in the wings of the 8498 A 

line, but in the 8542 Å line of AU Mic the flux at each wavelength is 

slightly larger than corresponding values for the two non-emission line 

stars. The effect is present also in the 8662 A line. We are able to 

trace the excess flux about 2.5 A out from the line centers. Ue suggest 
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that this observed effect is due to non-radiative heating in very deep 
layers of the flare star atmosphere. 

ACKNOWLEDGEMENTS 

It is a pleasure to thank Professor David S. Evans for encouragement and 
advice, and for doing the flare monitoring of AU Mic between his lunar 
occultation measurements. I am grateful to Dr. Harlan J. Smith for 
allocation of observing time at McDonald Observatory, and to Dr. James U. 
Brault for allocation of observing time at Kitt Peak National Observatory. 
The observation? of YY Gem were obtained as part of the first guest 
investigator program with the new stellar spectrograph on the HcMath main 
solar telescope. The assistance and advice of Dr. Myron Smith and Dave 
Jaksha at Kitt Peak is acknowledged. Part of this work was done in 1984 
when the author was a Senior Visiting Fulbright Scholar at the University 
of Texas at Austin. 



30 

REFERENCES 

Ayres, T.R., Eriksson, K., Linsky, J.L., Stencel, R.E., 1983, Ap. J. £7JL, 
L17. 

Bopp. B.W., 1974, Ap. J. Jll, 389. 
Bopp, B.W.. Fekel, F.C., 1977, A. J. fil. 490. 
Busko, I.C., Torres, C.A.O., 1976, Astron. Ap. ££. 153. 
Caillault, J.P., 1982. A. J. fil, 558. 
Cousins, A.W.J., 1980, SAAO Circ. Vol. 1, p. 166. 
Cram, L.E., Mullan. D.J.. 1979, Ap. J. H i , 579. 
Eggen, O.J., 1968, Ap. J. suppl. il, 49. 
Evans, D.S., 1961, Royal Obs. Bull. No. 48. 
Fosbury. R.A.E., 1974, MNRAS lii, »*?. 
Harding, 6.A.. 1970, MNASSA, li, 130. 
Haro, G., Chavira, E., 1966, Vistas in Astr. B,, 89. 
Herbig, G.M., 1956, Publ. astr. soc. Pacific 18. 531. 
Johnson, H.M., 1983, Ap. J. 2T3. 702. 
Kron. G.E.. 1950, Publ. astr. foe. Pacific H , 141. 
Leung, K.-C, Schneider, O.P., 1978, A. J. 13, 618. 
Linsky, J.L., Bornmann, P.L., Carpenter. K.G., Wing, R.F., Giampapa, H.S., 

Worden, S.P., Hege. E.K., 198.;, Ap. J. lii. 670. 
Mihalas, D., 1970, Stellar Atmospheres (San Francisco:Freeman), p. 250. 
Moffett, T.J., Bopp, B.W., 1971, Ap. J. 168, L117. 
Pettersen, B.R., 1978, thesis (unpublished). 
Pettersen, B.R., 1980, Astr. Ap. fil, 53. 
Pettersen, B.R., 1981, Astr. Ap. j>5, 135. 
Pettersen, B.R., 1983, in Activity in Red Dwarf Stars, eds. P.B. Byrne and 

M. Rodono (D. Reidel: Holland), p. 17. 
Pettersen, B.R., Coleman, L.A., 1981, Ap. J. 251• 571 (paper I). 
Pettersen, B.R., Evans, D.S., Coleman, L.A., 1984, Ap. J. 282. 214 (paper 

II). 
Pettersen, B.R., Kern, G.A., Evans, D.S., 1983, Astr. Ap. 123. 184. 
The, P.S., Karman, C , Alcaino, G., 1981, Astr. Ap. suppl. ±S. 105. 
Torres, C.A.O., Ferraz Mello, S., 1973, Astr. Ap. £7, 231. 
Torres, C.A.O., Busko, I.e., Ouast, G.R., 1983, in Activity in .Red Dwarf 

Stars, eds. P.B. Byrne and M. Rodono. (0. Reidel: Holland). 
p. 175. 

Tull, R.G., Choisser, J.P., Snow, E.H.. 1975, Appl. Optics it, 1182. 



31 

Vogt, S.S.. Tull, R.G., Kelton, P.W., 1978, Appl. Optics JJ. 574. 
Vogt. S.S., Soderblom, D.R., Penrod, G.D., 1983, Ap. J.269, 250. 
Uorden, S.P., Schneeberger, T.J., Giampapa, M.S., 1981, Ap. J. suppl. 46 

159. 



PAPER IV 



CHROMOSPHERIC LINES IN RED DWARF FLARE STARS. 
IV. V1005 ORIONIS AND DK LEONIS 

Bjern R. Pettersen 
Institute of Mathematical and Physical Sciences 

University of Tromsa, Norway 
and 

McDonald Observatory, University of Texas 

ABSTRACT 

Spectroscopic observations outside of flares have been made for the dMOe 
stars V1005 Ori (single) and DK Leo (spectroscopic binary). The single 
star rotates twice as fast as the components of the binary. Prominent 
emission is seen in Ha (6563 A) and Ca II infrared triplet lines (8498, 
85*2, 8662 A). The Ha profile of V1005 Ori implies an electron density of 

12 -3 2.10 cm in the chromosphere, which suggests formation by collisions. 
The Ca II infrared triplet lines represent a chromospheric radiation loss 
through their emission cores at a rate which is at least comparable to that 
of the Ca II H and K lines. The loss in Ca II lines match that of all the 
hydrogen Balmer lines put together. Evidence is presented for non-
radiative heating of the lower chromosphere as well, based on detection of 
excess flux in the inner wings of the Ca II 85(2 A absorption line. No 
emission was detected with certainty in the Na D line (5896 A), but a weak 
feature may be present at the core of the D line (5890 A) in V1005 Ori. 
Only weak signatures of the He I 5876 A triplet line were seen also. The 
surface fluxes of dMOe stars in these lines are within a factor of two of 
the fluxes in dM4e stars, however, where these lines are prominently in 
emission. This suggests that the higher continuum fluxes in early M dwarfs 
overshine the weak emission features in the present noisy observations. Li 
I (6707 A) is present in absorption in V1005 Ori, but not in DK Leo. Th<s 
makes V1005 Ori unique among M dwarfs. We consider several possibilities 
for the origin of this spectrum feature. One is that V1005 Ori is younger 
than other flare stars. 

Key words: Stars- chromospheres - Stars: flare - Stars: late t 
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I. INTRODUCTION 

* chromospheric temperature rise in the atmospheres of M dwarfs manifests 
itself in several observable features. Common to all active flare stars 
are strong emission lines of Ho and Ca II H and K. Stars of spectral type 
mid M show strong filling-in effects of the Ca II infrared triplet lines 
and prominent emission in the He I 5876 A triplet line and in the cores of 
the Na I 0-lines (Pettersen and Coleman 1982 (paper I), Pettersen, Evans 
and Coleman 1984 (paper I D ) . Early H spectral classes show no emission in 
He I or Na I 0, but very distinct emission features in the Ca II infrared 
triplet lines (Pettersen 1985 (paper III)). In some stars the strengths of 
the chromospheric features vary with time. Stars of comparable luminosity 
may show quite different line strengths. Both effects may be brought about 
by the presence of localized active areas of differing importance on 
various stars. Their coverage may vary with time, and with the age of the 
star, or with the speed of axial rotation. It is therefore of some 
interest to accumulate data for rather similar stars (at the photospheric 
level) to look for differences in chromospheric signatures. 

In paper III we presented observations of a single star and a binary, where 
the luminosities of the dMIe stellar components are 1/13 that of the Sun. 
The stars in the binary (YY Gem) rotate five times faster than the single 
star (AU Hie), due to synchronization of the rotational and orbital 
periods. In this paper we also consider a binary and a single star, with 
spectral types dHOe (bolometric luminosities 1/9 that of the Sun), but now 
the single star rotates twice as fast as the components of the binary. The 
single star also shows sign of youth. 

II. THE STARS 

V1005 Ori=Gliese 182 is a dHOe star on the main sequence (Pettersen 19B0). 
Eight radial velocity measurements by Bopp and Fekel (1977) show no 
evidence of variability, so the star is single. Early determinations of 
the period of brightness modulation by starspots (Bopp and Espenak 1977, 
Bopp £i il. 1976) gave P « 1.9 days. Byrne e_& U. (1984) have questioned 
this result and suggest P * 4.5 days. Differential photometry by BRP in 
October and Oecember 1963 suggests P=4.40 days (see Fig. 1). The ephemeris 
for the time of meridian passage of the star.spot region (photometric 
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FIG. 1. - Brightness modulation by starspots on V1005 Ori in October and 
December 1983. 

UBVR-photometry referred to the immaculate star is given in Table 1. The 
overall accuracy is better than 0.02. The results are based on four nights 
of observations and compare well with other results by Upgren (1974) , Bopp 
and Espenak (1977), and Byrne, Doyle and Butler (1984). The parallax used 
is from Gliese and Jahreiss (1979), i=0.047+.0.015 arcsec. 

The empirical relationships between broad band photometric quantities and 
physical parameters of solar neighborhood flare stare (Pettersen 1983) lead 
to the following estimates from the data in Table 1: T ,,=3600 K, 

ef f 
log L/La«-0.97, and R/R#=0.85. Vogt £i il. (1983) measured the rotational 
broadning in V1005 Ori from the absorption profile of the 6a II 6K1 A 

km s . The photometric result implies line, and found v sin i=6.7 
-1 v»2iR/P=g.8 km s so the inclination is 62 

OK Lto»Vyssotsky 124 is a spotted dMOe star (Busko it j_i. 1980) wi'.h 



a period of 8.05 days. It is also a flare star (Sandmann, unpublished). 
UBVR-measurements on three nights compare well with previous results by 
Eggen (1968) and are given in Table 1. We have taken the parallax from 
Jenkins (1963). ¥=0.032.10.012 arcsec. Me shall argue from spectra 
presented in this paper that DK Leo is a spectroscopic binary consisting of 
two Ha emission line stars. If these components have e^jal luminosities. 
each must be very similar to V1005 Ori at M =8.4. In support of this we 
note that the strengths of TiO bandheads are almost identical in V1005 Ori 
and DK Leo. 

Using the relationships between photometric and physical parameters of 
flare stars (Pettersen 1983), we arrive at the following estimates for each 
of the two (assumed) equal components in OK Leo: T =3600 K, log 1-''L

e
= 

-0.97, and R/R =0.85. Independent observational support for the 
a 

temperature estimate comes from Eggen's (196B) photometry. He measured a 
continuum index between 6500 A and 10200 A, and the strength of the TiO 
features at 6200 A. Empirical relations between these quantities and T 
from Pettersen (1980) show scatter less than ^.100 K. Eggen's measurements 
imply T =3650 K for DK Leo. The period of 8.05 days for the rotational 

eff 
modulation due to starspots, combined with the above radius estimate, 
implies an equatorial rotation velocity of 5.4 km s 

The physical parameters for V1005 Ori and DK Leo are less accurately known 
than for other stars in this program. The temperature may be in error by 
•.250 K. Uncertainties in the bolometric correction produce errors of £0.1 
in log L/L and R/R , while parallax errors dominate by contributing e • 
•0.3-0.4 in log L/L and R/R . 

Table 1: Star parameters. 

Star U U-B B-V V-R R-I \ Spectrum Duplicity 

V1005 Ori 
OK Leo 

10.04 
10. 14 

1.06 
1.07 

1.38 
1.44 

1 .43 
1.43 

1.00 
1.01 

8.40i.0.7 
7.6710.9 

dM0.5e single 
dHOe SB 
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III. OBSERVATIONS AND INSTRUMENTATION 

V1005 Ori and DK Leo are both flare stars. While de la Reza si &!• 11961) 

recorded four flare events on V1005 Ori in only 4.66 hours, Shakhovskaya 

(1974) found only one flare in 34.8 hours and Byrne e_£ ai. 11984) found 

only four flares in 62.1 hours of monitoring in the U-filter. OK Leo was 

discovered as a flare star during 19B4, so at the time of the spectroscopic 

observations presented in this paper nothing was known about its 'lare 

frequency. It was therefore considered necessary to arrange simultaneous 

photometric monitoring with a computer controlled high-speed photometer 

attached to the 0.91 m telescope. The spectroscopic observations were done 

with the 2.7 m telescope and its coude spectrograph, using Digicon and 

Reticon detectors cooled by. liquid nitrogen (Tull, Choisser and Snow 1975, 

Vogt, Tull and Kelton 1978). The procedures outlined in Paper I were 

followed (Pettersen and Coleman 1981). Influence of flare activity was 

certainly avoided in the spectra presented here, which thus represent the 

quiet stars. The observing log is given in Table 2. 

The resolution in our spectra is determined by the width of the entrance 

slit of the spectrograph, and corresponds to 0.46 Å in most cases. Spectra 

of the Ca II infrared triplet lines with the Reticon detector were obtained 

with a slightly narrower slit, corresponding to 0.36 Å resolution. 
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Table 2: Observing log. 

33 min 0.4E A Li 
33 0.46 Ha 
33 0.46 Na 0, He 
18 0.46 Ha 
25 0.46 Li 
35 0.36 Ca IR(8662 A) 

34 0.36 Ca •„,8498 I R 1 8 5 4 2 
A) 

20 0.46 Ha 
90 0.36 Ca IR18662 A) 

Star Date (UT) Start (UT) Exposure Resolution Feature 

V1005 Ori 1964 Jan 15 04:06 
1984 Jan 15 04:55 
1984 Jan 15 05:33 
1984 Jan 16 02:50 
1984 Jan 16 03:12 
19B4 Jan IE 05:45 

1964 Jan 16 06:27 

1984 Jan 17 02:26 
1984 Jan 17 03:55 

1984 Jan 17 05:31 101 0.36 Ca I R I ^ ' *) 

DK Leo 1984 Jan 16 09:50 
1984 Jan 16 10:14 
1984 Jan 16 10:36 
1984 Jan 17 08:43 

1984 Jan 17 09:48 

1984 Jan 17 11:40 20 0.46 Ha 

NOTE - No flares were detected photometrically during the spectroscopic 
observations. 

IV. OBSERVATIONAL RESULTS 

Guided by the previous results in this series we have continued to observe 
chromospheric lines between 5800 A and 8700 A. The spectra are generally 
of good quality. The entire spectral range of each recording was used in 
specifying the continuum level. This could be done with more certainty 
than for later type stars (see Paper I and III since the TiO bandheads do 
not influence the spectra so strongly for early M dwarfs. 

20 0.46 Ha 
20 0.46 Na D. He(?) 
17 0.46 Li 
60 0.36 Ca 1RI8662 A) 

60 0.3E C a I R<8542 *» 
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The wavelength scale was established from positions of absorption lines in 
the stellar spectra. Hence wavelengths are in the stars' rest frame. 

Table 3 contains measurements of emission features. They are not reduced 
to values for individual component stars, as will be required in the1 case 
of OK Leo. Table 4 gives c - for the absorption line features. 

Table 3: Measures of Spectroscopic Emission Features. 
• * — — - ^ — ~ • ^ — — — ^ — -

Feature Wavelength Star JO Starspot EW Max. FWHM 
(A) phase (A) Intensity (X) 

He I 5B76 V10Q5 Ori 2445714.73 0.23 0.04 1.10 0.3 
OK Leo 2U5715.93 - <0.02 1.00 <0.6 

Na D 5890 V1005 Ori 2445714.73 0.23 0.02 0.31 0.52 

Ha 6563 V1005 Ori 2445714.70 
V1005 Ori 2445715.62 
V1005 Ori 2445716.60 
OK Leo 2445715.91 
OK Leo 2445716.99 

Ca II 8496 V1005 Ori 2445715.74 
V1005 Ori 2445716.66 
OK Leo 2445716.86 

Ca II 6542 V1005 Ori 2445715.74 
V1005 Ori 2445716.66 
DK Lero 2445716.86 

Ca II 6662 V1005 Ori 2445715.77 
V1005 Ori 2445716.73 
OK Leo 2445716.91 

0.23 1.27 1.87 1.50 

0.43 1.25 1.83 1.52 

0.66 1.54 1.95 1.52 

- 0.89 1.67 1.40 

- 1.12 1.65 1.57 

0.47 0.25 1.18 0.65 

0.68 0.28 1.25 0.64 

- 0.16 1.00 0.55 

0.47 0 .32 1.16 0.67 

0.68 0.40 1.21 0.70 

- 0.21 0.99 0.62 

0.47 0.34 1.12 0.62 

0.66 0.29 1.03 0.6B 

- 0.19 1.04 0.41 

Denotes intensity of emission plus contjnuum, taking continuum as unity. 
Values below unity indicate emission superposed on absorption lines. 
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Table 4: Measures of Speet, oscopic Absorption Features. 

Feature Wavelength Stai Minimum 1 Intensity Separation 

(A) Blue comp. Red comp. of minima (Å) 

Na 0 5890 V1005 Ori 0.28 0.28 1 .1 

DK Leo 0 .22 -
Na D 5896 V1005 Ori 0 .26 -

DK Leo 0 .19 -
Ca I 6572 V1005 Ori 0 .63 -

V1005 Ori 0. .60 -
V1005 Ori 0. .61 -
DK Leo 0. 65 -
DK Leo 0. 64 -

Li I 6707 V1005 Ori 0. 63 -
Ca I 6717 V1005 Ori 0. 56 -

DK Leo 0. 57 -
Ca II 6496 V1005 Ori 0.75 0.77 1 .2 

V1005 Ori 0.75 0.81 1.4 

OK Leo 0.71 0.69 1 .0 

Ca II 8542 V10D5 0.-1 0.69 0.67 1.2 

V1005 Ori 0.64 0.64 1 .5 

DK Leo 0.77 0.77 1.3 

Ca II 8662 V1005 Ori 0.67 0.67 1 .7 

V1005 Ori 0.61 0.66 1.5 

DK Leo 0.62 0.62 1 .0 

Relative to continuum = 1. Minimum intensity of the line center is given 

for pure absorption lines. For absorption lines with core emission we 

give data for the two minima on each side of the emission feature. 

a) The Ha Emission Line 

Emission profiles of Ha in V1005 Ori were obtained on three successive 

nights in January 1964 without interruptions of flares. The strength of 

the line varies, but the width remains constant (see Table 3). The flux 

change may be related to the variability of the star due to rotational 
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modulation by starspots. The first spectrum was obtained at starspot phase 

0.23 when the spot region is visible and moving towards the receeding limb. 

The second spectrum of Ha was taken just before most of < he spot region was 

hidden on the remote side of the star. Ha reaches its smallest value. On 

the third spectrum the spot is again visible, now near the approaching limb 

at phase 0.66. Ha is stronger than ever. The three spectra were summed to 

produce the average Ha spectrum in Fig. 2. The symmetric profile has an 

equivalent width of 1.30 A and a FWHM=1.50 A. The line reaches B8Z above 

the continuum, and has a central absorption dip which is 13Z of the line 

strength. The two peaks on each side of the dip are not equally strong. 

The flux in the red peak reaches 91Z of the flux in the blue peak. The 

peaks are separated by 0.55 A. 

2.0 

18 

1.6 

14 

i 1.2 

:i.O 

OB 

0 6 

0 4 

0 2 

0 

Vy^ .*v- v .<•"•.< -•- --•v.-""-.' 

Fr Ti Ti 

V1005 Ori 

v̂̂  
I i w 11 

Fe Fe * FeFe 

6550 6555 6560 6565 
WAVELENGTH IÅ) 

6570 6575 

FIG. 2. - The Ha region in V1005 Ori. Spectra were obtained without 

interruptions of flares on three successive nights in January 

1984, and were summed to produce this result. The spectral 

resolution is 0.(6 A. 

The Ha region of DK Leo was observed on two successive nights in January 

1984 without interruption of flares (Fig, 31. The Ha line appears equally 

strong in emission on both nights, but is slightly wider on the second 

night. The increase in FWHH is 12Z or 0.17 A. It is likely that DK Leo is 

a spectroscopic binary where both stars have Ha in emission. The central 

reversals of the observed profiles are probably superposition effects and 
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not due to s e l f - a b s o r p t i o n as i s the case for V1005 O r i . 

1.8 

1.6 

I t 

17 

1.0 

oe 

06 

0 4 

o; 

o 

"T r-
DK Leo 

^
16 January 198^ 

Ca 

mff^^ég^K 

1.8 

1.6 

u t 

1.2 I 
1.0 ^ 

0.6 

0.6 

DK Leo 
17 January 1984 

_i i i i_ 
6550 6SS5 6560 6565 6570 6575 

WAVELENGTH i l l 

FIG. 3. - The Ha region in DK Leo on 16 and 17 January 1984. Both spectra 
were obtained without interruptions of flares. The spectral 
resolution is D.46 A. The Ha profile is slightly wider in the 
lower panel, indicating two emission components from stars in a 
spectroscopic binary. 

b) The Na I D Lines 

The wings of the Na I D lines in V1005 Ori and DK Leo extend some 15 A from 
the line centers. Less influence of TiO compared to cooler stars makes it 
possible to specify the continuum level with better certainty. 

The cores of the Na I 0 lines in V1005 Ori and DK Leo lack the spectacular 
emission seen in later type M dwarfs (see e.g. Paper II). The D line in 
V1005 Ori (Fig. 4) has indications of a weak emission feature, but its 
equivalent width is not larger than 20 mA. OK Leo is completely void of 
emission in the 0 lines (Fig. 5). 



1.0 

0.8 

£ 0.6 

O.t 

0.2 

"5B70 5660 5 8 » 5900 5910 
WAVELENGTH (A) 

FIG. 4. - The Na 0 line region in V1005 Ori, obtained without interruption 
of flares. The Na D line shows indication of a weak emission 
core. No such feature can be seen in the Na D line. A narrow 
emission peak is present at 5875.8 K. Although slightly redward 
of its nominal position, we suggest that this is the He I 0 
line. 

c) The He I Lines 

Fig. 4 shows a weak emission feature at 5875.8 A in V1005 Ori, reaching 107 
above the continuum level. This is slightly redwards of the nominal 
position (5875.66 A) of the He I D triplet line. The feature is quite 
narrow, FWHM=0.3 A, but is possibly due to He. Its equivalent width is 36 
mA. 

DK Leo shows no emission above the continuum level at the position of the 
He I D line (Fig. 5 ) . A slightly elevated feature has an equivalent width 
less than 20 mA. 

Hf ID, 
"i 1 

V1005 Ori 

P^m 

Na 0, Na 0, 

f 
_J L-
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FIG. 5. - The Na 0 line region in DK Leo, obtained without interruption of 

flares. No emission cores are visible in the Na D lines. A 

slightly elevated feature can be seen at the position of the He I 

D line (5876 k). 
3 

A search for the He I 6678.1 A singlet line is severely hampered by the 

presence of a strong absorption line due to Fe I at 6678.0 A and nearby 

blends of Ti I and Fe I. The profiles for V1005 Ori and DK Leo in Fig. 6 

show no sign of emission features due to He I at 6678.1 Å. 

dl The Li I Lines 

A search for the Li I 6707 Å line in the later type M dwarfs has been 

unsuccessful (see papers II and III), any such feature being lost in the 

measurement noise. One generally assumes that the convective mixing in 

late type flare stars is so extensive that no Li is expected to be present 

in their atmospheres. When Li is detected in the spectra of earlier type 

solar-like stars it is taken as an indication of youth. 
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FIG. 6 - The spectral region near the 6S78 A singlet line of He I in V1005 
Ori and DK Leo. The spectrum of V1005 Ori is the sum of spectra 
obtained on two successive nights. No flares occurred during 
the observations. The prominent absorption line is Fe I 6678.0 
A. There are no signs of emission features at 6678.1 A due to 
He I. 

Bopp (1974) and de la Reza. Torres and Busko (19811 searched spectra of 
several flare stars, but found the Li I 6707 A line in only one of them, 
namely in V1005 Ori. This is confirmed by our observations, i'oectra from 
two successive nights show the Li I 6707 A line as a prominent, 
non-variable absorption line in V1005 Ori. No flare activity was recorded 
(luring the exposures. The sum of the two spectra is shown in the lower 
panel of Fig. 7. The residual intensity at the line center is 0.63 and the 
FWHM=0.T9 A. The equivalent width is 0.301 A. This compares well with the 
result of de la Reia e_£ H . (19«1>, who determined EWILi 6707 A) = 
0.330*_0.030 A. A misplacement of the continuum level of about 1Z in our 
spectrum (which has a signal-to-noise ratio of 70 in continuum) leads to a 
change in equivalent width of 0.015 A. 
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FIG. 7. - The spectral region near the Li I 6707 A line in V1005 Ori and 
DK Leo. The spectrum of V1005 Ori is the sum of two exposures on 
successive nights. No flares occurred during the observations. 
A prominent absorption line of Li I is visible in V1005 Ori, but 
not in DK Leo. 

The non-flare spectrum of DK Leo shows no indication of the Li I line at 
6707 A. The equivalent width of any absorption line at the position of the 
Li feature is lers than 60 mA. The signal-to-noise ratio of 35 implies an 
uncertainty of about 40 mA for a M misplacement of the continuum. 

As to the Li identification of the 6707.7 A absorption line in V1005 Ori, 
we note that many other lines also belong in this region. Both Fe I (at 
6707.44 A) and V I (at 6706.10 A) blend the Li I doublet at 6707.78 A and 
6707.93 A, as well as Fe I and Sm II at 6707.5 A. There are also nine 
densely packed CN lines within 0.35 A of 6707.64 A, six TiO lines within 
0.33 A of 6707.29 A, and seven TiO lines within 0.47 A of 6706.16 A [Luck 
1977). At our spectral resolution we cannot separate individual features, 
only record the collective result. The TiO lines are obvious candidates 
for blending effects in M dwarfs. The relative contributions of the 
molecules and atoms must be determined before the correct value of the Li 
equivalent width is found. Observations at much higher spectral resolution 
will prove useful. There it little doubt that the 6707.7 A feature is due 
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to Li, however. The effects of the weak lines are expected to be small, 
and molecular effects should show up in other stars of the same temperature 
(e.g. DK Leo). We therefore conclude that V1005 Ori has more Li I than any 
other flare star or M dwarf observed to date. 

e) The Ca II Infrared Triplet Lines 

These three lines were observed on 17 January 1964 in both stars with the 
2.7 m Reticon system. Two exposures were needed on each star, the first 
including the SOB X and 8542 X lines and the second being centered on BEE2 
X. Low signal-to-noise spectra of V1005 Ori were also obtained on 16 
Jtnuary 1984, close to brightness maximum (no spot I. The next night the 
spot had rotated into view. 

The 849B X lines in DK Leo and V1005 Ori are shown in Fig. 8. Prominent 
emission is evident in both stars. In DK Leo it reaches continuum level 
and in V1005 Ori it is 25Z above, and may show variation from one night to 
the next. The line width in V1005 Ori is FWHM=0.64 X, compared to 0.55 X 
in DK Leo. 
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FIG. 8. - The Ca II 8(98 A lines in DK Leo and V1005 Ori, obtained without 

interruptions of flares. Strong emission cores are evident. 

The 85*2 A lines are shown in Fig. 9. The absorption wings are more 

prominent than for 8*98 A, and emission cores are clearly present. In DK 

Leo the emission reaches continuum level and in V1005 Ori it is 202 above. 

The line width is slightly larger in V1005 Ori (FWHM=0.70 A) than in DK Leo 

(FWHM'0.62 A). 
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FIG. 9. - The Ca II 8542 Å lines in OK Leo and V100S Ori, obtained without 

interruption of flares. Strong emission cores are evident. 

The 1662 Å lines are shown in Fig. 10. The absorption wings are well 

defined, and the emission cores are prominent. They reach the continuum 

level in both stars. The line width is FWHM=0.68 A in V1005 Ori, but the 

•mi •ion core it unresolved in DK Leo. 

This it the firtt report of emission in the Ca II infrared triplet lines in 

OK Leo and V1005 Ori. Ai in other flare start (papers I-IIII the relative 

line «trengtha deviate from the ratio of line opacities, and the emission 

coret mutt therefore be formed in an optically thick medium. 
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FIG. 10. - The Ca II 6662 A lines in DK Leo and V1005 Ori, obtained without 

interruption of flares. Strong emission cores are evident. 
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V. DISCUSSION 

a) The Chromosoheric Electron Density 

The two peaks in the Ha emission line of VI005 Ori are separated by LK -
4 sep 

0.55 A. For an isothermal chromosphere at 10 K, the chromospheric Doppler 
width of Ha is A\ =0.28 A (Mihalas 1970). Cram and Mullan (1979) have 0 
shown that the chromospheric optical depth T is approximately 

c 
rAX -|2 

c U AX J 
,-AX___l2 

In T, 
'•2.AA„ 

It follows that T (V1005 Ori) e 2.6. The peak flux of the Ha line c 
relative to continuum is given by Cram and Mullan (1979) as 

F BIT ) 
J?21_x 6. 1 0-'5 N £_ T 

Fcont 6 B l T e f f > C 

where B is the Planck function. Observations give us numerical values for 
T -.-. T-. »•><• t n e line flux. Assuming T =10 K, we can solve for the 

e f f C 12 C -3 
electron density to find N * 2.10 cm We expect the density to be 
comparable in OK Leo. since the line strength is similar. The same 
numerical value was found for AU Hie in paper III. It follows from this 
value that Ha is formed by collisions in the chromospheres of dHOe stars 
(Fosbury 1974) . 

b) The Radiation Loss in Emission Lines 

The flux radiated by an emisiion line is given by the product of line 
equivalent width and continuum flux. The latter must be calibrated in 
absolute physical units. Me choose to do this for the red spectral region 
for two reaiont: (II for wavelengths longer than 8000 A the relative flux 
contribution is large in a dHO star and can therefore be measured 
accurately, and lii) the flux distribution of a dHO star is almost flat in 
the region near the Ca II infrared triplet lines (this is illustrated in 
Fig. II for OK Leo). The continuum flux at Earth can be found by 
interpolating between absolute calibrated photometric measurement! in the R 
and I paitbandi. Using the calibrations adopted by Pettersen (1980) we 
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find .7.30 10 ergs s" cm" A" for V1005 Ori and 3.36 10 ergs s 
cm A for DK Leo, for continuum near the Ca II infrared triplet lines 
(6580 A). Using the radii and distances of the stars, we convert these 

5 - 2 - 1 numbers into continuum surface fluxes. Me find 6.91 10 ergs cm s for 
5 - 2 - 1 V1005 Ori and 6.87 10 ergs cm s for OK Leo. The observed continuum 

distribution in Fig. 11 (which has been corrected for instrumental and 
atmospheric distortions) is then used to determine the continuum surface 
fluxes near other emission lines. Using Ha equivalent widths from the 
present paper and values for other Balmer lines from Fig. 11, we find that 
the surface fluxes in lines from Ha to H11 are 

F (H I Balmer lines) = 1.7 10 6 ergs cm"2 s"' for V1D05 Ori 

6 - 2 -1 
F (H I Balmer lines) = 1.6 10 ergs cm s for DK Leo. 

The Ca II infrared triplet lines in Figs. 8-10 show filling-in effects near 
the line center of each profile. Comparison with the profile of Gliese 380 
in Fig. 12 demonstrates the effect in detail. The residual intensities at 
the line centers of Gliese 380 are 0.56, 0.44, and 0.40 for the three Ca II 
infrared triplet lines, respectively. The observed profiles of V1005 Ori 
and DK Leo are not so deep. Sixty per cent of the total emission is in the 
observable emission peak while the remaining 407. has filled in the core of 
the absorption line. The equivalent widths in Table 2 therefore must be 
increased by 67Z. Using equivalent widths for Ca II H and K from Fig. 11, 
we find that the surface fluxes in the Ca II lines are 

F (Ca II H&K«IR) = 2.3 10 S ergs cm"2 s"1 for V1005 Ori 

F (Ca II HfcKtIR) = 1.7 10 6 ergs cm"2 s"1 for OK Leo. 

The weak emission in the He I S676 A line represents only a small amount of 
radiation lost. We find 

F (He I 5676 A) * 1.8 10* ergs cm"2 s"' for V1005 Ori 

F (He I 5876 A) < 1.0 10* ergs cm"2 s"1 for DK Leo. 
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FIG. 11 - A composite of eight cassegrain spectra of DK Leo, showing molecular and 
atomic features, as well as the overall energy distribution with wavelength. 
We use this spectrum in the calibration of continuum and emission line 
fluxes. See text. 



Any chromospheric component present in the Na D lines represents a 
* - 2 - 1 radiation loss smaller than 1 10 ergs cm s 

V1D05 Ori was observed in the ultraviolet by Byrne e_t a_l. (1984) with IUE. 
Calibrating as above, we find 

6 - Z -1 F (Mg II hik) = 1.3 10 ergs cm s for V1005 Ori 

All other emission lines, originating in the upper chromosphere and the 
transition region, make up a total of 

F (other UV-lines) =5.1 10 ergs cm" s" for V1005 Ori. 

It follows from the above that radiation losses in emission lines are 
dominated by Ca II and H I, each representing 1/3 of the total. Mg II make 
up for 1/5, and all other optical and ultraviolet lines the remaining 1/10. 

In V1005 Ori the Ca II infared triplet lines are more important than H and 
K. In DK Leo they are comparable. Ha dominates the Balmer series by 
accounting for about SOI. Lya data are not yet available. 

E The total radiation loss in emission lines for V1005 Ori is RL=5.9 10 ergs 
cm" s" . The X-ray luminosity as measured by EINSTEIN !cf. Byrne ejt aJL. 

29 -1 1984) is 3 10 ergs s , corresponding to a surface flux from the corona 
6 - 2 - 1 

of V1005 Ori of B.7 10 ergs cm s . It is thus quite possible that the 
chromosphere is heated by the corona. 

c) The Absence of Na D Emission in early M Dwarfs 

Me demonstrated in paper I and II that the cores of the Na D lines show 
prominant emission features in dM3-le stars. It is evident from data in 
this paper and paper III that such features are absent or extremely weak in 
dM0-1e stars. It follows from the intrinsically higher brightnesses of 
early M dwarfs that line fluxes must also be scaled up in order to present 
the same relative emission strength as in the later stars. The strongly 
reduced or totally absent features in early M dwarfs suggest that line 
fluxes in Na 0 are not increased from dM3-te to dM0-1e. Various methods of 
flux calibration leads to consistent impressions that radiation losses in 
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the Na 0 lines due to core emission of chromospheric origin, are (within a 
factor 2) 1 10 ergs cm" s" in each line for the stars considered in this 
program. 

d) Evidence for Non-radiative Heating in the lower Chromosphere 

The line profiles of the Ca II infrared triplet lines of V1005 Ori and DK 
Leo have been compared to the profiles of the non-active dMO star Gliese 
380 (M =8.3). For the 8*98 A and 8662 A lines the absorption wings of all 
three stars are in perfect correspondence. The most opaque line, at 8542 
A, shows excess flux in the inner wings of both V1005 Ori and DK Leo, 
compared to Gliese 3B0. This is illustrated in Fig. 12, where the data for 
OK Leo have been coadded to reduce the noise. The excess flux can be 
traced 2.5 A from the line center in both stars. We suggest that it is due 
to non-radiative heating in the very deepest layers of the chromosphere. 
Detailed calculations of the height of formation of the various points on 
the line profile are necessary to determine quantitatively the depth of 
non-radiative heating. 
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Comparison of line profiles in DK Leo and Gliese 380, showing 
excess flux in the inner wings of OK Leo. See text for details. 
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e> The Li Problem in V1005 Ori 

Several observers have detected Li E707 A in V1005 Ori. The measurements 
presented here agree with those of de la Reza e£ ai. (1981), who deduced an 
abundance comparable to that in the interstellar medium, i.e. n(Li)/n(H) 

-10 -9 between 10 and 10 . This is a unique case among H dwarfs. 

There are three possibilities for explaining the high Li content in V1005 
Ori. 

(i) Accretion. Li may have been added to its atmosphere very recently, 
perhaps at a regular rate. V100S Ori appears among the Li-stars despite it 
being an ordinary main sequence H star with strong convection. In similar 
stars the convective motions bring Li to high temperatures beneath the 
photospheres where it is destroyed. The obvious source of Li would be the 
interstellar medium near the star. Another possibility is that high 
temperature flares could generate Li by atmospheric spallation reactions. 
(Some) flares on V1005 Ori are then different from flares on other M dwarfs 
since they show no Li. 

(ii) Depletion halted. V1005 Ori may have been formed with its present Li 
abundance and is now a main sequence object. It follows that some 
mechanism has been at work continuously to prevent the destruction of Li. 
One possibility is reduced convection on a large (even global) scale. If 
magnetic fields cover larger areas on V1005 Ori than on other flare stars, 
and if the field strengths are higher than usual, convection may be 
strongly reduced. It follows that this situation has been maintained 
throughout the life of the star. 

A less dramatic possibility is that the polar magnetic field of V1005 Ori 
is stronger than on other flare stars. Reduced convection in this region 
could perhaps maintain a permanent Li-rich polar cap. The equatorial 
regions could still be like those on other flare stars, with an assortment 
of active regions, starspots and flares. In any case, none of these 
speculations predict that the strength of the Li line should be 
rotationally modulated. 

( i i i l Y-LPJL5—fili—is Vpupq- It may not have had time yet to deplete its 
atmospheric Li. Its position in the HR-diagram is close to the main 
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sequence, but since the parallax is not accurately known there is 
considerable uncertainty as to its precise location. In this part of the 
HR-diagram the isochrones are also close together, and it is impossible to 
determine the ages of stars, even to the nearest order of magnitude. Thus 
there is nothing in the above that contradicts the suggestion that V1005 
Ori is significantly younger than other flare stars. 

Can we find additional support for youth in other observations? VI005 Ori 
has large starspots. They change with time, as is the case for other 
spotted stars. Very large flares have been seen, but a thorough 
statistical study of its flare activity cannot be made because of scarcety 
of flare data. The radiation losses from chromospheric and transition 
region lines are large, but not excessive compared to other stars (e.g. All 
Hie, YY Gem, OK Leo). The same situation applies to the coronal level. 
None of the activity parameters therefore distinguish V1005 Ori from other 
flare stars. The only supporting argument for youth that we can point to 
is the rapid rotation of V1005 Ori. The equatorial rotation velocity of 10 
km/s, admittedly based on an uncertain radius estimate, must be considered 
large for a single star. Braking mechanisms may not have had time to slow 
down the star if it is young. 

Taking Li and rapid rotation as evidence for youth, V1005 Ori emerges as an 
extremely important object for future studies. Other stars of comparable 
luminosity have been studied in the present series of papers and by other 
authors, so the stage is set for comparative studies with satellite and 
ground based instruments. An intriguing challenge is the opportunity to 
investigate if differences in stellar activity can be measured as a 
function of age near the main sequence. 
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CHROMOSPHERIC LINES IN RED DWARF FLARE STARS. 

V. EQ VIRGINIS AND BY DRACONIS 

1 
Bjørn R. Pettersen 

Institute of Hathematical and Physical Sciences 

University of Troms», Norway 

and 

McDonald Observatory, University of Texas at Austin 

ABSTRACT 

Spectroscopic observations outside of flares have been made of the single, 

spotted dK5e flare star EO Vir and the dK5e*dK7e spotted, flaring binary BY 

Dra. The rotation periods are almost identical at 3.9 days. For 

comparison we also present observations of the non-flaring visual binary 6) 

Cyg A and B. This dK5»dK7 pair, which does not have starspots, is an 

almost perfect photometric match to the BY Ora system. Modulations of the 

Ca II H and K lines suggest rotation periods ten times longer than the 

flare stars. All spectral features discussed here are seen in absorption 

in 61 Cyg A and B. Ha (6563 A) is in emission in the flare stars. The 

line profiles imply electron densities between «.10 cm and 6.10 

cm in the chromospheres cf EO Vir and BY Dra A and B. The formation of 

the chromospheric Ha is collision dominated. The Ca II infrared lines 

(8198, 8542, 8662 X) show core emission superposed on broad absorption 

lines. The chromospheric radiation loss through the Ca II lines is larger 

than the loss contribution from the hydrogen Balmer series. A third 

important contributor is Mg II. We find that the total chromospheric 

losses in optical and ultraviolet emission lines are larger than the X-ray 

surface fluxes from EO Vir and BY Dra. The reverse situation is the case 

for the dMe flare stars considered in earlier papers of this series. No 

emission was detected in the Na D lines (5890, 5896 A) or the He I triplet 

Visiting astronomer, Kitt Peak National Observatory, which is operated by 

the Association of Universities for Research in Astronomy. Inc. under 

contract to the National Science Foundation. 
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(587E Å) and singlet (66?8 A) lines. If the line surface fluxes are less 
4 - 2 - 1 

than 5 10 ergs cm s the lines would not be detected in emission in our 

observations due to the strong continuum. A search for Li I .(6707 A) was 

unsuccessful. A re-examination of the BY Ora system leads us to the 

conclusion that both components have main sequence dimensions, and cannot 

be considered bona fide pre-main sequence stars. The eccentricity of the 

orbit and the non-synchronized rotation is shown to be a case of 

semi-equilibrium, where rotation and orbital revolution is synchronized 

near periastron. 

Key words: Stars: chromospheres - stars: flare - stars: latetype. 
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I. INTRODUCTION 

Solar type atmospheric activity is known to take place in red dwarf stars 
of the solar neighborhood. Stellar flare activity"is particularly 
spectacular in the stars of lowest luminosity. Accrrding to current models 
such stars are fully connective. The brighter red dwarfs with thinner 
convsction zones do not show flares very frequently, but events are often 
long lasting a.̂ d represent l«rge amounts of energy. Such objects very 
often show variable brightness outside of flares. Precise broad band 
photometry has revealed the existence of photospheric starspot regions. As 
the stars rotate these regions modulate the brighti.jss in a cyclic manner. 
Growth and decay of spots lead to \ari.Tble amplitudes and phase shifts. A 
typical observational characteristic of spotted and flarirg red dwarfs is 
the presence of emissic.rt lines at optical wavelengths. Many -ed dwarfs 
show hydrogen lines in absorption, however, and such stars are in general 
not spotted or flaring objects. I.' they flare, it is very infreq-jent and 
usually very small amounts of energy is released. 

The Ca II H and K line emission in red dwarfs indicate the presence of a 
chromospheric temperature riss. Theoretical results by Cram and Hullan 
(19791 support th<; existence of chromospheres for stars with Ha in 
absorption. Some stars show va-iability in the strength of their Ca II H 
and K linns, and cyclic behavior has been interpreted as due to rotational 
modulation by chromospheric plage areas. There is evidence in favour of 
axial rotation being the discriminating parameter leading to various levels 
of activity. 

This paper presents profiles of chromospheric spectral lines for two bright 
spotted flare stars. One st?r, EQ Vir, is single while the other is a 
spectroscopic binary with two active components. This system, BY Dra, is 
the prototype spotted star of the solar neighborhood. Me compare the 
properties of this systsm to that of the slowly rotating plage star system 
61 Cyg A8, and conclude that BY Dra consists of two main sequence stars, 
rather than being slightly oversized and possibly of a pre-main sequence 
nature „s suggested by Vogt and Fekel (1979). Comparison with theoretical 
results on tidal evolution of binary systems leads to age estimation for BY 
lira in compliance with the main sequence nature of its components. 

file:///ari.Tble
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II. THE STARS 

EQ Vir=Gliese 517 is a single dKSe spotted flare star. The radial velocity 
is constent (Bopp and Fekel 19771 and no reports exist of astrometric 
companions. Considerable differences between various parallax estimates 
prevent an accurate determination of the luminosity of the star. here we 
use tne value of Gliese and Jahreiss (1979); 0.040*.0.012 arcsec. It is 
based on determinations at McCormick and Van Vleck observatories. 

The absolute visual magnitude is M =7.26*.0.7. Together with the color 
indices this value of the absolute visual magnitude, used as input into the 
empirical relationships between bread band photometric quantities and the 
physical parameters of flare st-ars (Pettersen 1983), yield T =3850 K, 

ef f 
log L/L =-0.78*0.3, and R/R =0.92*0.3. The large errors are dominated by 

a - e ~ 
the very uncertain parallax. The temperature estimate finds support in 
Eggen's (1968) photometric measurements of the continuum slope between 6500 
H and 10200 k, and of the strength of TiO features near 6200 A. These 
measurements correlate closely with T from Pettersen (1980) and with 

ef f R-I. We find T . =3800 K. eff 
The rotational modulation of the brightness of EO Vir due to starspots 
takes place with a period close to 3.9 days (Torres e_t a_l. 1983). This is 
close to the value for 8Y Ora. It implies an equatorial rotation velocity 
of v =12*4 km s Combined with the measured value of v sin i=10.8 km 
. r o t ~~ 

s~ ' (Vogt sl al. 1983) it follows that the inclination of the rotation axis o o is between 40 and 90 . 

BY Dra= Gliese 719 is a spectroscopic binary where one component is twice 
as bright as the other at visual wavelengths. The parallax is well 
determined at O.OS4*.0.002 arcsec (Lippincott and Hershey 1983). Both stars 
have active chromospheres with Ha in emission, and the system gave name to 
the class of red dwarfs that show starspots. Rotational modulation due to 
spot regions has been observed photometrically for the last two decades, 
with various estimates for the period. A reasonable average appears to be 
P = 3.84 days, i.e. comparable to EO Vir. This is far shorter that the 
orbital period of the system, determined spectroscopically to be close to 
six days. The orbit his an eccentricity of 0.3 (Lucke and mayer 1980), so 
the system is neither synchronized nor circularized. This has lead to 
considerable concern over the nature and age of BY Dra. We discuss the 
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available data in section V. Here we only summarize that the primary star 
BY Dra has T =3900 K, log L/L =-0.88, and R/R =0.80. The physical 

eff • • • 
parameters of the secondary is estimated to be T .,=3700 K, log L/L =-1.06, 

eff e 
and R/R =0.71. It follows that the equatorial rotation velocity of the 
primary is 10.6 s The value of v sin i determined by Lucke and Mayor 

o 
(1380) then implies that the inclination is less than SO . 

61 Cyg AB is a visual binary where both components are accessible for 
individual measurements. They are not flare stars. Broad band photometry 
(Blanco et. al. 1979) revealed no variability over a time span of seven 
yea.s. Rotational modulation due to starspots have never been observed. 
The stirs are very slow rotators, with periods of 37 and 48 days, 
.espectively (Vaughan si. Al- 1981). These results are based on 
measurements of the Ca "1 H and K lines, and the interpretation that a 
plage area modulates the emission strength of the lines as the star rotate. 

The relationships between photometric quantities and physical parameters 
(Pettersen 19831 yield the following estimates for 61 Cyg A: T =3900 K, 

eff 
log L/L =-0.88, and R/R =0.80. For 61 Cyg B we find T ,=3700 K, log L/L -

» © eff a 
.-1.06, and R/R =0.72. 61 Cyg AB therefore matches the BY Ora system very 
closely apart from the dynamical properties. In what follows we shall use 
61 Cyg as a comparison star to BY Dra. 

The temperature estimates above find independent observational support in 
Eggen's (1968) continuum and TiO indices, which he measured separately for 
61 Cyg A and B. The relations between these indices and T from 

eff 
Pettersen (1980) show a scatter of less than .±100 K, and lead to estimates 
of T ,,=3830 K and T ,,=3730 K for 61 Cyg A and B, respectively, eff eff 



Table la: Photometric properties of the stars. 

Star V B-V V-R R-I rt Spectrum Parallax 

BY Ora AB B.07 1.19 1.09 0.78 7.10 dK7 0".064 
BY Dra A 8.48 7.51 
BY Ora B 9.28 8.31 

51 Cyg A6 4.80 1.23 1.08 0.70 7.08 0.286 
61 Cyg A 5.22 1.17 1.03 0.64 7.50 dK5 
61 Cyg B 6.02 1.37 1.16 0.80 8.30 dX7 

EO Vir 9.25 1.18 (1.13) 0.73 7.3*0.7 dK5e 0.040 

Table lb: Dynamical properties of the stars. 

Star Ouplicity p P Equatorial velocity tkm/s) 
orb rot 

B A B 

BY Dra SB 
61 Cyg V8 
EO Vir Single 

5 d . 9 7 5 3 .836 ? 11 ? 

Long 37 48 0.9 0.7 

- 3.90 - 12*4 -

III. OBSERVATIONS AN0 INSTRUMENTATION 

The intrinsically bright flare stars are not very frequent flarers. When 
observed in the U-filter, BY Dra statistically produces one flare every 
17.4 hours (Helkonian ej. a_l. 1980). EO Vir is not well observed photo
metrically, but indications are that it flares vary rarely. None of the 
components of 61 Cyg has ever been seen to flare. It was therefore not 
considered necessary to arrange simultaneous photometric monitoring during 
the spectroscopic observations. No flare activity was observed visually 
when guiding or the star during exposures. 

Observations of BY Ora were made with a .728 element Retico.n detector array 
(Vogt el il. 197E) coolel by liquid nitrogen, at the coude spectrograph of 



7 

the 2.1 m telescope at McDonald Observatory. EO Vir was observed with the 

coude spectrograph of the 2.7 m telescope at McDonald Observatory. The 

Ca II infrared triplet lines were recorded by a 1728 element Reticon 

detector. The 8498 i. and 8542 K lines were observed simultaneously on one 

exposure, while the 8662 A line was observed on the the next. For 8Y Ora 

we could cover all three lines simultaneously in the same exposure. All 

spectral features other than the Ca II infrared triplet lines in EO Vir 

were observed with a 1024 element Digicon detector (Tull e£ at. 1975I. The 

spectral resolution was always determined by the width of the spectrograph 

entrance slit, and was always better than 0.46 A". 

Additional observations of the Ha emission line profile of EO Vir were made 

at Kitt Peak National Observatory, using the HcMath main solar telescope to 

feed the newly installed stellar spectrograph with its liquid nitrogen 

cooled 1728 element Reticon detector. The spectral resolution of this 

system was 0.25 Å. 

The detailed observing log is given in Table 2. 

The brightness of BY Dra was measured photoelectrically relative to nearby 

comparison stars on 21 nights in April, June, October, and November 1979. 

A linear ephemeris was found to describe the behavior for the entire time 

interval 

• = JD 2444038.47 • 3.852.E 
spot 

Maximum spot visibility, i.e. spot in meridian, occurs at *=0. This 

ephemeris is used to compute the spot phase for each spectrum obtained. 

The amplitude of the starspot modulation doubled between June and October 

1979, mainly by developing deeper minima. The maximum brightness changed 

very little. The spotted area must have increased significantly prior to 

October 1979. This may relate to the significant strengthening of Ha from 

September till October, as discussed in §1V a). 

Starspots were observed on EQ Vir between 1971 and 1977 by Ferraz Mello and 

Torres (1971), Hartmann (1976), Anderson (1979), and Hoffmann (1980). 

Recent observations were not available to this author, and in particular 

not for January and February 1984 when EO Vir was observed spectro-

scopically. Starspot phases for the spectra of EO Vir are not given. 
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Table 2: Spectroscopic observing log. 

Star Date (UT) Exposure Feature Resolution Telescope 
Start 
(UT) 

Duration 
(minutes) 

(X) 

BY Dra 1979 Sep 08 05:59 120 Ca IR 0.45 2.1 m 
1979 Sep 10 01:54 45 Na 0 0.45 2.1 m 

1979 Sep 13 02:13 15 Ha 0.45 2.1 m 
1979 Sep 14 01:39 30 Ha 0.45 2.1m 
1979 Oct 13 02:27 77 Ha 0.45 2. 1 m 

EQ Vir 1984 Jan 14 10:52 60 Ca IR 0.36 2.7 m 
1984 Jan 14 11:57 53 Ca IR 0.36 2.7 m 
1984 Jan 15 10:16 33 Ha 0.46 2.7 m 

198; Jan 15 11:43 27 Na 0 0.46 2.7 m 
1984 Jan 15 12:12 23 Li 0.46 2.7 m 
1964 Jan 16 11:07 17 Na 0 0.46 2.7 m 
1984 Jan 16 11 :22 17 Li 0.46 2.7 m 
1984 Feb 15 10:42 90 Ha 0.20 KPN0 
1984 Feb IE 11:32 60 Ha 0.20 KPNO 
1984 Feb 18 10:59 60 Ha 0.20 KPNO 

61 Cyg A 1979 May 08 10:14 30 Ca IR 0.45 2.1m 
1979 Sep 09 07:35 15 Na D 0.45 2.1m 
197S Sep 14 02:29 10 Ha 0.45 2.1m 
1979 Sep 14 02:59 10 Ca IR 0.45 2. 1 m 
1979 Oct 13 05:45 30 Ca IR 0.45 2.1m 

61 Cyg 6 1979 May 08 10:49 30 Ca IR 0.45 2. 1 m 
1979 Sep 09 08:00 15 Na D 0.45 2. 1 m 
1979 Sep 14 02:43 10 Ha 0.45 2. 1 m 
1979 Sep 14 03:17 15 Ca IR 0.45 2.1m 
1979 Oct 13 06:23 30 Ca IR 0.45 2.1 m 
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TV. OBSERVATIONAL RESULTS 

Red dwarfs of spectral type late K show very weak or absent TiO bandheads 
at wavelengths where such features are quite conspicuous in late dM stars. 
The continuum can therefore be specified with much higher confidence for EO 
Vir and BY Ora than was the case for the cooler stars. Wavelength scales 
were established from photospheric lines in the stellar absorption spectrum 
and are therefore in the stars' rest frame. 

Table 3 lists measurements of the emission features and Table I measure
ments for the absorption lines. 

a ) V_ ••• Ha Emission Line 

A profile of the Ha emission line in EQ Vir was obtained with the HcDonald 
Observatory 2.7 m telescope at a spectral resolution of O.IS A. The result 
is presented in Fig. 1. The symmetric profile has an equivalent width of 
0.318 A and FWHM=1.50 A. A distinct central absorption dip is 53? of the 
strength of the line, which reaches 235! above the continuum. The two 
equally strong peaks on etch side of the central reversal are separated by 
0.9 A. 

A month later EQ Vir was observed on three nights with the newly installed 
stellar spectrograph at the HcHath main solar telescope of Kitt Peak 
National Observatory. Table 3 shows that the Ha emission line had not 
changed much from the previous observation at HcOonald Observatory, and it 
did not change on a time scale of days either. The improved spectral 
resolution of 0.25 A did not significantly change the measured parameters 
of the line profile. In Fig. 2 we show the averaged profile of the KPNO 
observations. The symmetric profile, obtained at the improved spectral 
resolution of 0.25 A, is characterized by EW(Ha)-0.286 A and FWHM=1.t2 A. 
The emission reaches ZKt above the continuum, and the central reversal is 
50Z of the line strength. The peak separation is 0.86 A. 
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FIG. 1. - The Ha region of EQ Vir on 15 January 1984, as observed with a 

spectral resolution of 0.46 Å. 

6561 6563 6565 
WAVELENGTH (Å) 

FIG. 2. - Average Ha profile for EO Vir. Spectra from three nights in 

February 1984 were summed to produce this profile, with a 

spectral resolution of 0.25 A. 
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Table 3: Measures of Spectroscopic Emission Features. 

Feature Star JD spot EW (X) Max 
Intensity 

FWHM (X) 

Ha EO Vir 2*45714.93 _ 0.32 1.23 1.50 
(6563 A) 24*5745.95 - 1.24 1.42 

2445746.98 - 0.29 1.24 1.42 
2**57*8.96 - 1.24 1.44 

Ha BY Dra 2***129.59 0.66 0.50 1.32 1.54 
(6563 X) 2***130.57 0.91 0.66 1.42 1.63 

2**4159.60 0.45 1.44 1.78 1.77 

Ca IR EQ Vir 2**5713.95 - 0.18 1 .06 0.53 
(8498 X) BY Ora P 2444124.75 0.40 0.20 1.01 0.58 

8Y Dra s 2444124.75 0.40 0.11 0.99 0.3 
Ca IR EQ Vir 2**5713.95 - 0.26 1.01 0.63 
(85(2 A) BY Dra P 2***12*.75 0.40 0.31 0.99 0.64 

BY Dra s 2444124.75 0.40 0.10 0.75 0.64 
Ca IR EO Vir 2**5713.99 - 0.15 0.84 0.67 
(8E62 X) BY Dra p 2***12*.75 0.40 0.25 0.95 0.50 

BY Ora s 2444124.75 0.40 0.14 0.87 0.4 

Denotes intensity of emission plus continuum, taking continuum as unity. 
Values below unity indicate emission superposed on absorption lines. 

The non-variability of Ha during January and February 1984 stands in sharp 
contrast to the significant variability seen by Har'nann and Anderson 
(1977) during a six day interval in 1975. apparently associated with a 
particularly active episode. The line doubled its equivalent width and 
maximum intensity, but remained at FWHM=1.40 X. The central reversal was 
distinctly visible throughout the episode and the peaks were separated by 
a constant distance of 0.83 X. The last spectrum of their series, taken 
when the star apparently was quiet again, is almost identical to ours, with 
E0(H«)=0.323 X .nd reaching 24Z above the continuum. This is also the case 
for a profile by Hartmann and Anderson (1977) obtained in June 1974. it 
therefore appears that the Ha emission line of EQ Vir has a characteristic 
strength and profile during quiescence. The observations presented both in 
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this paper and by Hartmann and Anderson (1977) fail to show a correlation 
between the Ha strength and the starspot phase as the star rotates. The 
changing aspect of the starspot does not affect the Ha line. 

A spectrum of the Ha region of EQ Vir obtained by Worden e_£ al. (I981) is 
extraordinary, since it does not show either Ha nor the strong Ca I 
absorption line at 6572 X. 

The Ha emission in BY Ora was observed on three nights in 1979 at a 
spectral resolution of 0.15 A, using the 2.1 m telescope and a Reticon 
detector. 

The individual profiles of the two stars are never spectroscopically 
resolved in our spectra. The composite profiles always have the primary 
star component to the red of the secondary, an unintentional result. Large 
variations are apparent, even from one night to the next (Figs. 3 and I, 
and Table 3). A particularly strong emission line was seen one month after 
the two first observations (Fig. 5). 

The orbit of BY Dra predicts the radial velocity differences between the 
two components at the times of our observations. Emission line profiles 
with FWHM=1.45 A were combined at the appropriate wavelength separations in 
attempts to match the observations. In all cases reasonable correspondence 
was found for two equally strong lines, an odd coincidence since the two 
stars are not equally luminous. 

The emission lines are found to increase from 1.17 to 1.21 from September 
13 to It, 1979 (Figs. 2 and 3). The spot phase changed from 0.66 to 0.91 
between these two spectra, i.e. the spot was just behind the limb (in 
longitude) on the first exposure and had rotated into view at a position 

o 30 away from the meridian in the second. One month later, with the spot 
on the remote side of the star (in longitude) at phase 0.t5, considerable 
strengthening of the emission in both stars is necessary to match the 
observed profile. Each component had a strength of 1.38. For certain 
combinations of values of spot latitude and inclination of the rotation 
axis, the entire spot or part of it may be visible at all phases of 
rotation. If there is a correspondence between emission line strength and 
area coverage by spots, it follows that the spot area increased from 
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FIG. 3. - The Ha region of BY Dra on 13 September 1979. The spectral 

resolution is 0.45 A. The starspot was on the remote side of the 

star, but may have been partly visible. The emission component 

of the primary is redshifted relative to the secondary. See text 

for details. 

September till October 1979. This finds support in starspot photometry. 

Pettersen and Hsu 11981) present light curves of the rotational modulation 

of brightness in June and October 1979. The maximum brightness is 

constant, but the amplitude is larger in October since minimum is deeper. 

This must be caused by a larger spot area. Scarcety of data prevents us 

from deciding if the spot disappears completely behind the star, but this 

is not ruled out by the light curves of Pettersen and Hsu (19B1). 
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BY Dra 
IA September 1979 
*orb = 0.296 

FIG. 4. - He Ha region of BY Ora on 14 September 1979. The spectral 
o 

resolution is 0.45 H. The starspot region was 30 away from and 

approaching the meridian of the star. The orbital phase corre

sponds to a line separation of 1.1 Å, with the primary being red-

shifted. 

Vogt (1980) obtained high quality observations of BY Dra in 1977. Near 

maximum separation of the two stars the emission line profiles are 

sufficiently separated to show the central reversal of each component. 

From the published profiles we measure that the peaks are separated by 

AX =0.86 Å in both stars. Both profiles are equally strong, at 1.21 (cf. 
sep 

our September 1979 values). This produces a line strength of 1.42 when the 

stars are aligned along the line of sight. Measures of observed line 

widths yield FWHMM.45 A as a good estimate for both components. 
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FIR. 5. - The Ha region of BY Ora on 13 October 1979. The spectral 

resolution is 0.45 A. The starspot was located on the remote 

side of the star, but may have been part'-, visible. The orbital 

phase corresponds to a line separation of 0.7 Å, with the primary 

being redshifted. 

In his paper, Vogt (1980) refers to unpublished observations by others 

which show no Ha emission from the primary in 1974, whereas the secondary 

has a double-peaked emission. In 1975 there was emission from both 

components, but the primary was less than half as strong as the secondary. 

In 1977 Vogt's own observations show the two components as equally strong. 

We find the same strength in September 1979, but an increase in October. 

It is unclear whether this represents a trend. We find it possible to be a 

sampling effect, considering that the binary system has two very active 

stars. Starspots change in size and location on a timescale of months and 

the stars produce energetic flares. We believe that different levels of 
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activity, perhaps manifested as a variable number of magnetic loops and 
active regions on a star, will produce emission line fluxes that reflect 
the situation. Vogt (1980) argues that careful measuring of his spectra 
reveals no short-term variation of the Ha emission that correlates with 
spot phase. He takes this to imply that the emission formed globally over 
the visible hemisphere and was not strongly confined to the spot. The 
starspot light curves by Pettersen and Hsu (1961) allcw the spot region to 
be at least partly visible at all phases. We therefore dispute Vogt's 
conclusion, implying that the chromospheric (e.g. Ha emission) and the 
photospheric responses (e.g. starspot) are strongly correlated, but that 
geometric conditions masked this effect in Vogt's data. We did not see a 
star changing its entire chromospheric structure on a global basis, but the 
sum of local changes in many loop structures. In our view, the weak or 
absent Ha emission in the primary, which coincides with a very "inactive" 
episode photometrically in 1974-75, demonstrates that the primary went 
through an interval of very low activity at th&t time. It is possible that 
starspot modulations of brightness at that time was due to the secondary 
star, which was still active. The periods measured may refer to the 
rotation of the secondary. 

b) The Na I D Lines 

These lines are broad and deep in cool stars. The wings can be traced out 
to 20 I in EQ Vir and BY Ora. The influence of TiO is small, and continuum 
can be specified accurately. 

Na 0 spectra of EQ Vir were obtained on two successive nights. They are 
identical within measurement errors, an we present the sum of the two 
spectra in Fig. 6. The residual intensity s' the line centers of the Na D 
lines are 0.23 and 0.21. respectively. There is no sign of emission cores. 
The quantitative differences between our spectra and that of Uorden et. al. 
(1981) may be intrinsic to the star. 
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FIG. 6. - The Na 0 line region in EO Vir. Two spectra obtained on succes

sive nights in January 1984 have been summed. There is no 

emission in the Na D lines or at the 5875.7 Å position of the 

He I D line. 
3 

The Na D spectrum for BY Dra is shown in Fig. 7. It was obtained when the 

two stars of the system were aligned along the line of sight (secondary 

star nearer to us than the primary), so there is no radial velocity 

difference between them. The spectrum is a true superposition of the two 

components in the system. The starspot phase is 0.87, i.e. the spot region 
o 

is visible and is located 45 away from the meridian. The residual 

intensity at the line centers is 0.26 for both Na 0 and Na D . There is 
1 2 

no sign of emission cores. 

For comparison we also present the spectrum of 61 CYG AB in the lower panel 

of Fig. 7. We obtained spectra of each component and added them together 

by weighting according to the relative brightness of the stars at 5900 A 

" W 2 - 0 3 1 , T h e a b s o r P t i o n w i r'9s of BY Or» are slightly more extended 

than those of E1 Cyg AB, and the rasidual intensities at the center of the 

Na 0 lines are higher. In 61 Cyg AB the residual intensity is 0.19. The 
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The Na D line region in 8Y Dra (mid panel) and 61 Cyg AB (lower 
panel). The spectrum of BY Ora was obtained with the starspot 
approaching the meridian, at a position «5° away from it. The 
orbital phase of 0.63 corresponds to an alignment of the two 
stars in the system with the line of sight. The secondary is 
closer to us than the primary. There is no emission in the Na D 
lines or at the 5875.7 A position of the He I 0 line. The upper 
panel shows the flux ratio of BY Ora relative to 61 Cyg AB, 
normalized to continuum. 
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upper panel in Fig. 7 shows the flux ratio of BY Ora relative to 61 Cyg AB, 

normalized to continuum. This plot clearly shows the differences at line 

centers and wings of the Na 0 lines, but also demonstrates that the other 

lines in the spectrum have identical, strengths in the two systems. 

c, The He t Lines 

Figures 6 and 7 show no sign of the 5876 Å triplet line, neither in 

emission nor absorption. Upper limits on equivalant widths are 0.D20 Å in 

EO Vir and 0.030 X in BY Dra. A search for emission in the 6676 X singlet 

line also proved negative. Both s^ars shov.' the prominent Fe I absorption 

line at 6678 X, a: llustrated for EQ Vir in Fig. 8. There is no evidence 

of an emission component in the line profile. 
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FIG. 8. - The spectral region near the He I 6678.1 & line in EO Vir. The 

prominent absorption line at 6678.0 A is Fe I. At a spectral 

resolution of 0.'.6 A this recording shows no sign of an emission 

component due to He l. 
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d) The Li I Line 

A search for Li I 6707 A proved unsuccessful. Two spectra were obtained of 
EQ Vir on successive nights. No variations were seen in any of the line 
features in the region, and the sum of these two exposures is shown in Fig. 
9. The signal-to-noise ratio is 48. No feature is visible at 6707. B A 
exceeding an equivalent width of 0.020 A. 
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FIG. 9. - The spectral region near the Li r 6707.8 A line in EO Vir. The 
sum of two exposures is shown. The spectra were taken on two 
successive nights in January 1984 with a resolution of 0.46 A. 
No Li is detected with an equivalent width exceeding 20 mA. 

e) The Ca It Infrared Triplet Lines 

The Ca II ir.frared triplet lines in EO Vir were observed with the 2.7 m 
telescope. The Reticon detector was not long enough to cover the 170 A 
needed to observe all three lines simultaneously, so we had to resort to 
two successive exposures. The first one covered the 8498 A and 8542 * 
lines. During the second exposure the spectrum was centered on the 8662 A 
line. 



21 

The spectrum of the Ca II infrared triplet lines in BY Dra was obtained 

with the 2.1 m telescope, and all three lines were included in the same 

exposure. The observation was done at orbital phase 0.3, so the two 

components of the BY Ora system had a radial velocity difference of 48 km 

s" . The spectruni of the primary was shifted about 1.3 A to the red of the 

(weakerl spectrum of the seondary. The starspot phase was 0.4, meaning 

that the spotted region was on the remote side of the star. Part of it 

may have been visible. 

Previous observations of the Ca II infrared triplet lines in these stars do 

not exist, and the question of variability therefore cannot be addressed 

here. 

The 8498 Å line EQ Vir is shown in Fig. 10. The wings of an absorption 

line is clearly visible, and a prominent emission core peaks Bt above the 

continuum. The residual intensity of the deepest absorption is 0.73. The 

emission has FWHM=0.53 A. 
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FIG. 10. - The Ca II 8498 X line in EQ Vir. A prominent emission core is 

visible inside a strongly filled-in absorption line. 
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FIG. 11. - The Ca II 8«98 R line in BY Ora (mid panel) and 61 Cyg AB (lower 

panel). The starspot on BY Dra was on the remote side of the 

star, but may have been partly visible if located at a high 

latitude. The orbital phase of 0.32 puts the primary in a red-

shifted position. The composite spectrum of 61 Cyg AB has been 

produced to match the dynamical situation in BY Ora. Weak 

emissions can be seen at the line centers of each stellar 

component in BY Dra. The upper panel shows the flux ratio of BY 

Ora relative to 61 Cyg AB, normalized to continuum. In this 

plot the primary stands out clearly, but the emission of the 

secondary is barely above the noise. 

The B498 A line in BY Dra is shown in Fig. 11. Due to larger noise level 

the absorption wings are not so distinct as in EQ Vir, but emission cores 

can be detected, reaching approximately the continuum level. The two 
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emission signatures are well separated in wavelength. The profiles of the 

secondary are not resolved. The residual intensity of the deepest 

absorption is 0.74. The lower panel in Fig. 11 shows the combined 

spectrum of 61 Cyg AB. Each star was observed separately and the two 

spectra were added with 61 Cyg A shifted 1.3 A to thfl red of 61 Cyg B in 

order to match the kinematical situation for BY Dra. The summation of the 

spectra took into account the different brightnesses of 61 Cyg A and B at 

this wavelength (F IT =1.65). Comparison of 61 Cyg AB to BY Dra shows that 

A B 
the two emission peaks in BY Ora must come from each of its stellar 

components. The flux ratio of BY Ora relative to 6 1 Cyg AB is shown in the 

upper panel of Fig. 11, where the emission stands out clearly. 

The 8542 A line in EQ Vir is shown in Fig. 12. The absorption wings are 

clearly visible, and a prominent emission core peaks 11. above the 

continuum. It has FWHM=0.55 A. The residual intensity of the deepest 

absorption is 0.60. 
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The Ca II 8542 Å line in EQ Vir. A prominebt emission is 

present. 

The 8542 A line in BY Dra is shown in Fig. 13. The absorption wings are 

visible, and two emission cores are (possibly) present. The one ar. the 

position of the secondary star is hardly above the noise level. Comparison 

with 61 Cyg AB d;'es not lead to a convincing detection of the secondary, 
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while there is little doubt that the primary shows emission. It reaches 

the continuum level, and has FWHM=0.6 Å. The residual intensity of the 

deepest absorption is 0.6t. 
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in particular from the primary. The upper panel shows the flux 

ratio of By Dra relative to 6 1 Cyg A8, normalised to continuum. 
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The 8662 A line in EQ Vir is shown in Fig. It. The absorption wings are 
clearly seen. A weak emission core reaches a residual intensity of 0.8*. 
and has FWHM=0.50 A. The residual intensity of the deepest absorption is 
n.63. 

8650 8655 8660 8665 8670 
WAVELENGTH (A) 

FIG. It. - The Ca II 8662 A line in EQ Vir. A distinct emission feature is 
detected at the line center. 

The 8662 A line in BY Dra is shown in Fig. 15. Absorption wings can be 
traced to a residual intensity of 0.63, as in EO Vir. Also present are two 
emission peaks, which can be identified with the primary (peak residual 
intensity = 0.95) and the secondary of BY Ora (peak residual intensity = 
0.87). Also shown in Fig. 15 are the spectra of 61 Cyg A and B, shifted 
relative to each other by 1.3 A. This corresponds to the radial velocity 
difference between the two stars in the BY Dra system. The spectra of 61 
Cyg A and B were added in proportion to the brightnesses of the stars 
(F /F =1.65) and the combined spectrum is also shown in Fig. 15. The top 
panel shows the flux ratio of BY Dra relative to 61 Cyg AB, normalized to 
continuum. The emission signatures of the two stars in BY Dra stand out 
significantly. 
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V. DISCUSSION 

a) ChromusDheric Electron Densities 

The two peaks in the Ha emission of BY Dra and EQ Vir are separated by 
AA =0.86 X. For an isothermal chromosphere at 10 K, the chromospheric 

sep 
Doppler width of Ha is flA =0.28 < {Hihalas 1970). The chromospheric 
optical depth according to Cram and Mullan (1979) is approximately 

1„ T n\-iSS] (1) 
C L, AX J 

We find T =10.6. The electron density is then given by (Cram and Mullan 
c 

1979) 

N = JO*. 1.67.IO1* — ^ r"1 (2) 
* F BIT ) 

cont c 

where F /F is the peak flux in Ha relative to continuum, B is the max cont 
Planck function. Assuming a chromospheric temperature T =10 K, we find 
N =(.3.10 cm' for E0 Vir which has a line intensity of 1.24. 
e 

The measured line strength in BY Dra was 1.21 in 1977 and in September 
1979, and 1.38 in October 1979. This implies line strengths of 1.31 and 
1.57, respectively, for the primary. The secondary had 1.64 and 2.15, 
assuming that the primary is twice as luminous as the secondary. The 
electron density in the chromosphere of the primary was 4.8-5.7.10 cm" , 

11 -3 and 4.8-6.3.10 cm for the secondary. Consequently, Ha is formed by 
collisions in these stars. 

b) The Radiation Loss in Emission Lines 

The radiation loss in an emission line is represented by the power of the 
radiation in that line. If the continuum rlux near the line can be 
determined in absolute physical units (e.g. ergs cm"2 s"1 X " 1 ) , the flux 
received in the line by an observer at Earth is found by multiplication 
with the equivalent width. Using the radius and distance of the star, we 
convert to line surface fluxes. 
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Fig. 16 shows that the continuum near the Ca II infrared triplet lines is 
quite flat. R and I filter photometry can therefore be used to determine 
the continuum flux at 8580 » by linear interpolation between the R and I 
fluxes. Other continuum fluxes near H I Balmer lines and the Ca II H and K 
lines can be found from the spectrum in Fig. 16, which has been corrected 
for instrumental and atmospheric effects. A similar spectrum for BY Ora 
gave continuum fluxes for that system. It is then straight forward to 
determine line fluxes observed at Earth from observed equivalent widths. 
Values for Ha are from this work. The higher Balmer lines and the Ca II H 
and K lines were measured off low resolution spectra like that in Fig. 16. 
The Ca II infrared triplet lines come from this work, but merit a note of 
its own. comparison of line profiles in EQ Vir and BY Ora with those of 61 
Cyg show that the line centers in the latter reach much deeper. It follows 
that the emission cores in the flare stars have Uiled in that portion. He 
find that 30-50* of the total emission feature flux is contained in the 
filled in core. Each line in each individual star was considered, and a 
corrected equivalent width was determined. These values were used to 
calculate the line fluxes received at Earth. 

MM MM • DM ISM I M 

FIG. 16. - A composite of eight cassegrain spectra of EO Vir. Instrumental 
response and atmospheric effects have been corrected for. This 
flux distribution is used for calibrating continuum and emission 
line fluxes. See text for details. 
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For the hydrogen 8almer lines i«p to H8 we find surface fluxes of 

6 - 2 - 1 F (H I Balmer)=2.2.10 ergs cm s for EQ Vir 

6 - 2 -1 F (H I Balmer)=1.2.10 ergs cm s for an average 8Y Ora 

and for the Ca II H and K plus the infrared triplet lines 

F (Ca II HiK*IR)=Z.9.106 ergs cm"2 s"1 for EQ Vir 

6 - 2 -1 F (Ca II HiKtIR)=2.7.10 ergs cm s for an average BY Ora 

Other emission lines formed in the chromospheres and transition regions of 
these stars were observed with IUE by Linsky e£ a_l. (1982) for EQ Vir and 
Byrne MS. il- (198*/ for the BY Ora system. We have used their observed 
line fluxes to estimate the radiation losses 

6 - 2 - 1 F (Mg II hik) =1.9.10 ergs cm s 
> for EQ Vir 

6 - 2 - 1 
F (other UV-lines)=0.9.10 ergs cm s 

F (Mg II hik) =1.6.106 ergs cm'2 s"1 

f for an average BY Dra 
6 - 2 - 1 

F (other UV-lines1=0.9.10 ergs cm s 

6 - 2 -1 The total radiation losses in emission lines are 8.10 ergs cm s for EQ 
6 - 2 - 1 Vir and 6.10 ergs cm s for "an average BY Ora component. EINSTEIN 

29 
observations (Golub 1983, Vaiana et aj,. 1981) gave X-ray fluxes of 2.5.10 

-1 29 -1 
ergs s for EQ Vir and 3.2.10 ergs s for the BY Ora system. The X-ray 
surface fluxes are 5.10 ergs cm" s" for EQ Vir and *.10 ergs cm s"1 

for the average BY Ora component. In both cases the radiation loss from 
the chromosphere is larger than that from the corona. The later type stars 
considered in the other papers in this series have had the reverse 
situation. 

The observations of Ha and Ca II infrared triplet lines allow us to 
analyze each component separately in BY Ora. We find Ha surface fluxes of 

5 5 - 2 -1 
7.10 and 9.10 ergs cm s for A and B, respectively. For comparison 



5 -Z - 1 
the "average" BY Or» component had 8.10 ergs cm s . For the Ca II 

5 5 - 2 - 1 
infrared triplet lines we find 22.10 anc< 13.10 ergs cm s for A and 6, 

5 - 2 - 1 respectively. The "average" component had 18.10 ergs cm s 

The chromospheric radiation losses in both EQ Vir and BY Ora are dominated 
by Ca II and H I. Ca II makes up for about 407., H I for 20-307., and Mg II 
for 257.. 

c) The dimensions of the stellar components in BY Dra 

An analysis by Vogt and Fekel (19791 concluded that BY Dra A is 
exceptionally large for its mass Iluminosity). This was taken to indicate 
that the system is still in a pre-main sequence phase, with affinities with 
T Tauri stars. The large primary star radius reflects their findings that 
the mass ratio is unity while the luminosity ratio at 6550 & u almost two. 
The lack of synchronization of the axial rotation with the orbital motion, 
and the elliptical orbit have been taken as independent arguments of youth. 
However, strong Li absorption (at 6707 A) is not present to support the 
view of extreme <,outh, and BY Dra does not produce exceptional levels of 
atmospheric activity. The picture is therefore somewhat confusing and 
contradictory. In view of the above we have re-examined the BY Dra system. 

BY Dra was recently observed spectroscopically by Lucke and Mayor (1980) 
between 3600 A and 5200 A. They determine a luminosity ratio of 2.9^0.3, 
significantly different from that of Vogt and Fekel (19791. We read these 
observed results to mean that the magnitude difference between the 
secondary and the primary of 8Y Ora is 0.7 at 6550 A and 1.15 at 4400 A. 
Interpolation then suggests that the visual magnitude difference in BY Dra 
is 0.93. The combined visual magnitude of the system appears to be 
V =8.07 when no starspots are photometrically detectable. It follows that AB 
the absolute visual magnitudes of the two components are H (A)=7.49 and 
M V(B)=8.42, using the parallax of Table 1. 
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Table 4: Comparative Photometric Data. 

Filter 61 Cyg A 61 Cyg B 61 Cyg AB 8Y Ora AB 

U (0.36 u) 9.77 10.92 9.45 9.29 
B (0.44 u) 8.67 9.67 6.31 8.29 
V tQ.SI u) 7.50 6.30 7.08 7. 10 
R (0.7 p) 6.47 7.14 6.00 6.01 
I (0.9 p) 5.83 6.34 5.30 5.23 
H (2.2 p) 4.74 5.11 4.16 4.03 
K (3.5 p) 4.64 4.98 4.04 3.90 
L (5.0 p) 4.56 4.88 3.96 3.73 

Flux ratio A/B at 6550 A 1.92 1.93_*0.3 
(interpolated) (observed) 

There are remarkable photometric similarities between the BY Ora system and 
the 61 Cyj system. The primary of the latter is almost identical in H to 
BY Ora A, but its secondary is somewhat brighter than BY Dra B. Table 4 
lists combined magnitudes for both systems, using the average parallax 
value of 0.286 arcsec for 61 Cyg (van de Kamp 19B3). The agreement is 
excellent at optical wavelengths. Discrepancies are noticed in U and in 
the infrared. Since the differences are small, the stars in BY Dra cannot 
be very different from those in 61 Cyg. It follows that they are main 
sequence objects. The photometric radius of the primary in BY Ora is about 
10)! larger than the secondary (see section II). This value finds support 
in the measurements of rotation by Lucke and Mayor (1980). They measured 
v sin i for each component, and found 8.3*0.2 km s" and 7.4*1.1 km s"' 
rot ~~ — 

for BY Ora A and B, respectively. If both stars rotate with the same c&riod. it follows from v sin i=2R/p sin i that 
rot 

R. v. sin i 8.1.*0.3 
», sin i 7.4*1.1 = 1.09*.0.3 (3| 

in good agreement with the value above. It seems less certain that one can 
go as far as the conclusion of Vogt and Fekel (1979), which suggested that 
BY Ora A is exceptionally large. Evolutionary arguments require that both 
stars deviate from main sequence dimensions. The photometric comparison 
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with 61 Cyg AB suggests that the spectral types should be revised to dK5e 
and dK7e for the stars in BY Dra. Starspots may have produced stronger TiO 
bandheads in accordance with their lower temperature, so a too late 
spectral class of dHOe may have been given to BY Dra. 

d) Ti,dal Effects in BY Dra 

Since the dimensions of the stars in the BY Dra system are compatible with 
those of main sequence stars, it follows that 6Y Ora contains stars that 
are on or very close to the main sequence in their stellar evolution. 
Theoretical results predict that 0.8 M stars reach the zero age main 
sequence in less than 10 years. Two peculiarities of the BY Dra orbit 
have been taken as proof of youth, namely the eccentric orbit and the non-
synchronism of rotation and orbital revolution. Me must therefore address 
this apparent conflict. 

Observational studies have determined orbital parameters of BY Dra with 
increasing precision (Bopp and Evans 1973, Vogt and Fekel 1979, lucke and 
Mayor I960). The deduced eccentricity has fallen from 0.49 to 0.307, and 
the mass ratio has oscillated from 1.21 to 1.02 to 1.12. These last 
changes are not trivial because the second value faced Vogt and Fekel 
(1979) with the problem of two equally massive stars having sharply 
contrasting luminosities. 

The eccentric orbit of BY Dra has important consequences for stellar 
rotation. Tidal interactions between the two stars continually change the 
orbital and rotational system parameters. Because the tidal force has an 
extremely strong distance dependence (F <* r ) stellar rotate will 
synchronize with the orbital angular velocity of the stars when they are 
closest to each other, i.e. near periastron. In an eccentric system the 
stellar rotation period will therefore always be shorter than the orbital 
period. T.'.iS situation will be maintained as long as e > 0. The rotation 
period will equal the orbital period when the orbit becomes circular. The 
timescale for synchronization is therefore equal to the timescale for 
circularization of the orbit. 

Zahn (1977) suggested that turbulent viscosity in the convective envelope 
of a star like BY Ora would be a most efficient mechanism for retarding the 
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equilibrium tide. Difficulties in formulating a theory for stellar 
convection lead to uncertain determinations of numerical coefficients. 
Nevertheless, Zahn 11977) suggests that the circularization timescale can 
be estimated as 

t * to6 i W / 3 P 1 S / 3 m 
circ q <! 

where o, is the mass ratio (for BY Ora. q = D.89) and P is the orbital 
10 period in days (for 8Y Dra, P = 5.975 days). For BY Dra t . is 1.4.10 

years. In other words: there is no reason to expect BY Ora to be 
circularized nor synchronized untill late in its main sequence lifetime. 

The timescales of tidal interactions were studied in detail by Hut (19811. 
For a binary with an orbital angular momentum much larger than the 
rotational angular momentum, he finds that it takes much longer for the 
orbit to circularize than for the equatorial plares of the stars to 
coincide with the orbital plane. The latter requirement is fullfillei; 
shortly after stellar rotation has "synchronized" to conditions near 
periastron. For conditions likely to apply to BY Dra it takes twice as 
long to obtain coplanarity as pseudo-synchronization near periastron. It 
takes at least 30 times longer to circularize the orbit. 

It follows from Hut's (1981) definition of pseudo-synchronization near 
periastron that the ratio of rotational to mean orbital angular velocity is 

, 1 5 2 4 5 4 5 6 

n = ,l + 3e 2
+^e 4>(l-eV 2 *5' 

For BY Dra (e = 0.307) we f i ' id ft / n=1 .59 . I t fo l lows from ft =2it/P 
PS rot rot that ft /n = P „ 1 / p „» • For BY Ora we find P J? =1.56. This difference ps orb rot orb rot 

of less than 2Z signifies that BY Ora is indeed synchronized near 
periastron. It is likely that coplanarity has been reached. With e = 0.3 it 
is still far from circularization of the orbit. Equilibrium will be 
reached when coplanarity, circularity of the orbit, and corotation exist 
simultaneously. If more than 3/4 of the total angular momentum is in the 
form of orbital angular momentum, the equilibrium state will be stable (Hut 
1980). 
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ABSTRACT 
Using high-speed photometric techniques, time-resolved light curves of stellar flares on the M dwarf AD Leo 

were obtained with high photometric quality. The properties of flare activity on AD Leo are analyzed. Four 
percent of the V filter flux received is due to flares, which makes AD Leo an active star for its luminosity. Flare 
statistics covering 1971-1980 reveal no cyclic variability of the flare frequency or the flare energy production. 
The slope of the cumulative flare energy distribution remains constant. The observed values of flare rise times 
and decay times each span two orders of magnitude. Their frequency distributions resemble Poisson distribu
tions, but flares with rise times between 40 and 60 s are overabundant in our sample. Flares occur randomly 
distributed in time, which may result from the existence of several flare-producing regions on the star, but may 
also be due to only one region, provided that this region is visible to the observer at all times (near pole-on view). 
Connections between different flare parameters are looked for and discussed, and the flare properties of AD Leo 
are compared to those of other flare stars. The role of several physical parameters (temperature, electron density, 
flare area, magnetic field strength, and atmospheric pressure scale height) is discussed with respect to flare time 
scales. 
Subject headings: stars: flare — stars: individual » 

I. INTRODUCTION 

AD Leo is a red dwarf star on the main sequence. Broad
band photometry from 0.35 to 11.4 jim reveals no infrared 
excess, and the flux distribution is well fitted by a blackbody 
distribution with effective temperature 3500 K (Pettersen 
1980). Linear polarimelry yields no detection above 0.04% 
(Pettersen and Hsu 1981; Clayton and Martin 1981), and no 
companion star has been discovered. Spectroscopy outside of 
flares (Pettersen and Coleman 1981) revealed chromospheric 
lines in emission, indicative of considerable activity in its 
atmosphere. Vogt, Soderblom, and Penrod (1983) determined 
vm sin i = 5.0 km s~' from a high resolution absorption-line 
profile, and starspots modulate the brightness of AD Leo 
because of stellar rotation with a period of 2*!7 (Sandmann, 
private communication). It follows that the rotation axis is 
inclined 38° to the line of sight. 

In a statistical study of flare activity in several M dwarfs, 
Lacy, Moffett, and Evans (1976; hereafter LME) reported thai 
AD Leo seemed to release a lower than normal fraction of its 
total energy in the form of flares when compared to other 
flare stars. Results by Gershberg (1972) had indicated a more 
normal flare energy for AD Leo. Also, the spectral index of 
the cumulative flare energy distribution for AD Leo was more 
like that of low luminosity flare stars, according to LME. 

'Visiting Scientist, University of Texas at Austin. 

Their conclusions were based on few observed flares, however, 
and in the face of these disparate results it seemed desirable to 
collect and analyze a larger number of lares to determine 
whether AD Leo is in fact an abnormal flare star, and to 
investigate to what extent its flare activity is variable with 
time. 

II. OBSERVATIONS 

We observed photoelectrically with computer-controlled 
photometers (Nather 1973) attached to the 0.76 and 0.91 m 
telescopes at McDonald Observatory. Some series of observa
tions were made exclusively in the V filter, but others were 
multiplier measurements. We discuss only {/-filter results in 
this paper. Integration times of 1 or 2 s were used throughout 
the program, and the sampling time between two consecutive 
U-filter measurements ranged between 1 and 10 s, depending 
on the number of filters used. Table 1 contains information on 
instrument parameters. 

Observations were obtained on eight nights in 1974 Novem
ber under the Texas flare star program directed by D.S.E., and 
by B.R.P. and L.A.C. on 30 nights between 1979 February 
and November, and on six nights in 1980 January. The 
detailed observing log is given in Table 2, and the characteris
tics of the flares are presented in Table 3. All data were 
reduced in the same manner. We required that the quiescent 
level of the star be exceeded by at least 3 times the measure-

375 



TABLE 1 
INSTRUMENTATION 

Observing Interval 

1974Nov 
1979 Feb 7-Apr6 
1979 Apr 7-May 11 
1979 Jun 11-1980 Jan 30 

Telescope 
(m) Number of Nights 

Time Resolution 
(s) Observer 

0.76 
0.91 
0.91 
0.91 

9 
19 

8 D.S.E. 
10 B.R.P. 
1 L.A.C. 
9 B.R.P. 

TABLE 2 
OBSERVING LOG, {/-FILTER MONITORING OF AD LEONIS 

Date 
(UT) 

Monitoring Intervals 
(UT) 

Effective 
Observing Time 

(s) 

1974 Nov 12 .. 11:21:08-ll:58:08.11:58:21-12:26:01 3880 

1974 Nov 13 .. 10:20:03-10:45:00,10:45:32-11:16:02. 
11:16:10-11:46:10.11:46:20-12:29:50 7730 

1974 Nov 17 09:45:12-10:30:02,10:30:16-11:00:02, 
11:00:18-11:30:38.11:30:45-12:00:05, 
12:00:20-12:28:00 9716 

1974 Nov 18 10:02:57-10:44:10 2464 

1974 Nov 19 .. 09:19:45-09:52:05,09:55:13-10:25:33, 
10:26:19-10:54:01,10:54:13-11:25:01. 
11:25:18-11:55:02.11:55:16-12:21:56 10654 

1974 Nov 20 08:58:28-09:28:16,09:28:31-09:59:51, 
10:04:17-10:36:53,10:37:16-11:07:02. 
11:07:38-11:45:02,11:45:15-12:15:31 11470 

1974 Nov 21 .. 08:31:24-09:34:04,09:34:29-10:34:01, 
10:34:16-11:34:02,11:35:35-12:13:01 13164 

1974 Nov 22 .. 09:06:14-10:06:32,10:06.50-10:43:14, 
10:47:30-11:05:58,11:10:38-12:03:58 10110 

1979 Feb 7 09:14:31-10:21:31 4020 

1979 Feb 8 ... 09:17:31-10:47:11,10:53:16-12:00:06 9390 

1979 Feb 10 .. 08:35:13-10:24:00.10:48:21-11:31:00, 
11:45:02-12:07:12 10416 

1979 Feb 11 ... 07:04:21-07:51:41,0B:17:26-08:55:46 5140 

1979Apr3 . . . . 05:11:23-06:07:26.06:53:26-07:57:25, 
07:59:22-08:47:12 10072 

1979Apr» . . 02:09:01-04:00:11,05:51:52-06:12:42. 
06:30:04-06:48:24,06:53:54-07:11:44, 
07:36:40-07:43:50,08:04:50-08:20:50 

1979Apr5 . . . . 02:18:05-03:57:55.05:54:04-06:27:04. 
06:41:16-07:29:36.07:42:39-08:05:29, 
08:06:53-08:40:13 14240 
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TABLE 2— Continued 

Dale 
CJT) 

Monitoring Intervals 
<UT) 

Effective 
Observing Time 

(s) 

1979 Apr6 .. . 02:07:41-04:01:21,05:18:14-07:05:44, 
07:25:06-08:46:06 18130 

1979 Apr 7 ... 05:00-09:12 15120 

1979Apr8 ... 02:30-05.10 9600 

1979 Apr 9 ... . 02:30 -06:12 13320 

1979 Apr 10 .. . 05:31 -09:20 13740 

1979 Apr 12 .. 03:00 -08:23 19380 

1979 Apr 13 .. 02:33 -06:46 15180 

1979 May 8 . . . 02:15 -05:49 12840 

1979 May9 ... 02:15 -04::.9 9840 

1979 May 11 .. 02.10-04:51 9660 

1979 Jun 11 . . . 02:47:57-03:07:00 1143 

1979 Jun 12 ... . 03:06:30-03:47:27 2457 

1979 Jun 1 3 . . . 02:55:27-03:08:34.03:15:56-03:41:22 2313 

1979 Jun 14 . . . 03:20:2903:43:05 1356 

1979 0c! 2 7 . . . 11:43:18-12:04:24 1266 

1979 Oct 28 . . . . 10:34:32-11:37:05 3753 

1979 Oct 2 9 . . . 09:58:43-11:42:49 6246 

1979 Oct 31 . . . 10:40:00-12:28:00 6480 

1979 Nov] . . . . 10:28:04-12:07:58 5994 

1979 Nov 2 .. . . 09:31:40-11:59:25 8865 

1979 Nov 11 ... 09:42:15-12:12:15 8400 

1979Nov 12 . . . 09:30:26-U.J7:44 9438 

1979Nov 13 ... 08:49:28-10:52:19.10:52:41-12:18:56 12546 

1980Jan5 ... 09:46:38-11:54:53 7695 

1980Jan26 . . . . 06:21:03-07:12:48,08:11:47-10:55:01 12899 

1980 Jan 2 7 . . . 08:23:44-11:27:55 11051 

1980 Jan28 . . . . 06:40:36-10:07:09 12393 

1980 Jan 2 9 . . . 03:30:53-06:26:58.06:58:17-08:07:53 14741 

1980 Jan 3 0 . . . 03:50:29-04:18:59 1710 
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TABLE 3 
1/-FILT£R FLARE CHARACTERISTICS FOR AD LEONIS 

Flare 
Number 

Dale 
<UT) 

Flare 
Maximum (s) (s) 

Flare 
Amplitude 

Noise l o g f t 

(ergs) 

1 1974Novl2 
2 1974Novl3 
3 I974Novi3 
4A 1974 Nov 17 
4B 1974Novl7 
4C 1974Novl7 
5 1974 Nov 17 
6 1974Novl7 
7A 1974Novl8 
7B 1974Novl8 
7C 1974 Nov 18 
7D 1974 Nov 18 
7E 1974Novl8 
8 1974Novl9 
9 1974Nov20 

10 1974Nov20 
11 1974Nov21 
12 I974Nov21 
13 1974Nov21 
14 1974Nov21 
15 1974Nov22 
16A 1979Feb8 
16B 1979Feb8 
17 1979Feb8 
18 1979Feb8 
19 1979FeblO 
20A 1979FeblO 
20B 1979FeblO 
21 1979FeblO 
22 1979FeblO 
23 1979Febll 
24A 1979Apr3 
24B )979Apr3 
25 1979Apr3 
26 1979Apr3 
27 1979Apr3 
28A !979Ajr3 
28B 1979Apr3 
28C 1979Apr3 
28D 1979Apr3 
28E 1979Apr3 
28F 1979-Apr3 
29A 1979Apr4 
29B 1979 Apr4 
30 1979Apr5 
31 1979Apr5 
32 1979Apr5 
33 1979Apr5 
34 1979Apr5 
35 1979Apr5 
36 1979Apr6 
37A 1979Apr7 
37B 1979Apr7 
37C 1979Apr7 
37D 1979Apr7 
37E 1979Apr7 
37F 1979Apr7 
37G 1979Apr7 
37H 1979Apr7 
38 1979Apr8 
39 !979Apr9 
40 1979/iprlO 

12:11:55 40 16 0.38 0.038 30.44 
11:55:26 24 40 0.30 0.037 30.61 
12.02.02 32 12 0.54 0.03' 31.08 
10:14:00 48 0.85 0.053 I 10:14:24 8 1.10 0.05: > 31.52 
10:15:00 16 36 0.91 0.053 
10:37:32 8 8 0.25 005: 30.08 
11:02:36 32 88 0.32 0.04J 30.69 
10.14:00 48 1.20 0.037 1 
10:14:52 32 46 6.56 0.03' 
10:16:40 24 2.82 0.037 } 32.30 
1C:17:00 8 3.01 0.037 
10:18:00 16 136 2.22 0.037 J 12:03:36 24 8 0.14 0.042 30.02 
10:33:49 32 12 0.16 0.044 29.97 
12:01:47 32 168 0.20 0.0* 30.71 
08:59:38 48 88 0.17 0.077 30.48 
09:21:38 8 32 0.21 0.077 30.30 
11:03:02 40 44 0.46 0.04< 30.70 
11:44:41 72 88 0.13 0.04) 30.33 
09:44:06 448 752 0.24 0.050 31.49 
11:02:56 20 30 0.13 0.015 } - ' 11:08:26 70 60 3.34 0.015 } - ' 
11:46:16 20 70 0.14 0.015 30.30 
11:52:06 50 35 0.24 0.015 30.46 
08:37:53 100 80 0.16 0.040 30.73 
08:53:23 90 100 0.46 0.040 } 31.34 09:06:53 50 30 0.40 0.029 } 31.34 

10:05:33 40 30 0.40 0.029 30.72 
10:56:31 40 120 0.09 0.044 30.66 
07:43:21 40 0.18 0.066 29.97 
05:40:43 1» 0.44 0.032 } 30.20 05:41:33 0.18 0.032 } 30.20 

07:03:55 10 60 0.13 0.027 30.16 
07:12:15 30 30 0.14 0.027 30.27 
07:19:35 100 35 0.14 0.027 30.38 
07:29:05 110 2.74 0.027 
07:29:25 125 2.71 0.027 
07:59:45 30 15 1.89 0.027 32.37 08:00:45 20 0.81 0.027 32.37 

08:09:55 70 0.62 0.027 
08:14:45 20 0.56 0.027 
06:32:04 30 30 0.51 0.027 31.17 06:36:24 140 100 0.29 0.027 31.17 

02:30:25 50 25 0.89 0.032 31.41 
02:43:55 60 40 0.18 0.032 31.36 
06:03:54 10 10 0.17 0.029 30.16 
06:45:06 10 45 0.22 0.035 30.68 
07:06:46 50 30 0.17 0.035 30.42 
08:15:53 20 50 0.26 0.032 30.69 
05:35:34 10 20 0.21 0.030 30.27 
06:08:12 26 6.50 0.042 
0608:30 14 8.57 0.042 
06:08:44 8 16 11.11 0.042 
06:10:07 17 3.37 0.042 32.98 06:11:31 3 2.61 0.042 

32.98 

06:13:24 14 2.78 0.042 
06.J3.-41 9 2.72 0.042 
06:13:56 5 1.64 0.042. 
02:57:55 50 63 0.56 0.043 31.11 
03:36:09 123 77 0.23 0.044 30.72 
06:22:11 100 45 4.96 0.04" 32.56 
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TABLE 3—Continued 

Flare Date 
Number (UT) 

41 1979AprlO 
42 1979 Apr 10 
43 1979Aprl2 
44 1979Aprl2 
45A 1979Aprl2 
45B 1979Aprl2 
46A 1979Aprl3 
46B 1979Aprl3 
47 1979Aprl3 
48 1979Aprl3 

49 1979May8 
50 1979May8 
51 1979May8 
52 1979May8 
53 1979May8 
54 1979May9 
55 1979May9 
56 I979May» 
57 1979Mayll 
58A 1979Mayll 
58B 1979Mayll 
58C 1979 May 11 
59 1979Mayll 
60 1979Mayll 

61A 19790ct28 
61B 19790CI28 
62 19790CI29 
63 19790ct29 
64A 19790cl29 
64B 19790cl29 
64C 19790CI29 
65 19790cl31 
66 19790cl31 
67 19790CI31 

68 1979Nov2 
69 1979Nov2 
70 1979Novll 
71 1979Novll 
72 1979Novll 
73 1979Novl3 
74 1979Novl3 
75 1979NovI3 
76 1979Novl3 

77 1980Jan5 
78 1980Jan5 
79 1980Ian26 
80 1980Jan26 
81 1980Jan26 
82 1980Jan26 
83 1980Jan27 
84 1980Jan28 
85A 1980Jan28 
85B 1980 Jan 28 

Flare 'OS 
Maximum (s) (s) 

07:02:30 10 15 
08:33:30 56 21 
05:11:51 8 2 
05:49:29 27 9 
06:19:44 50 46 
06:21:33 17 
04:03:06 31 65 
04:03:26 6 
04:45:42 4 4 
06:33:20 8 6 

02:35:57 25 12 
03:35:51 9 4 
04:16:36 65 43 
04:40:48 16 8 
05:24:17 20 18 
03:37:38 82 52 
03:57:01 10 12 
04:45:50 32 12 
02:40:09 10 3 
02:59:43 31 63 
03:02:23 29 
03:03:30 13 118 
03:57:36 13 21 
04:29:12 4 29 

11:02:44 54 18 
11:13:05 45 100 
10:21:13 63 9 
10:43:43 45 50 
11:14:46 45 9 
11:16:07 54 27 
11:18:58 18 30 
10:54:24 9 9 
11:09:33 9 18 
11:36:06 36 54 

10:08:25 9 9 
11:21:46 45 21 
10:51:15 36 36 
11:08:30 45 27 
11:23:30 63 54 
08:54:52 54 58 
11:11:44 9 9 
11:22:23 54 108 
11:52:14 18 9 

09:52:11 18 25 
11:08:32 36 14 
06:27:48 45 9 
09:24:41 * 09:41:47 45 108 
10:38:38 45 27 
11:06:02 27 90 
07:24:51 36 12 
08:19:36 27 
08:20:12 18 18 

Flare Noise ]ogEL. 
Amplitude o/h (erfi) 

0.26 0.049 30.37 
0.51 0.078 30.58 
0.68 0.037 30.04 
0.87 0.037 30.71 
1.57 
0.70 

0.0351 
0.035/ 

31.74 

1.17 
1.03 

0.027) 
0.027 / 31.19 

0.18 O.C49 29.40 
0.13 0.050 29.90 

0.14 0.038 30.05 
0.13 0.045 29.26 
0.16 0.033 30.60 
0.17 0.026 30.38 
0.19 0.040 30.10 
1.01 0.042 31.38 
0.10 0.026 29.89 
0.19 0.052 30.31 
0.38 0.045 29.58 
0.54 0.0281 
0.82 0.028 \ 31.92 
1.11 0.028 J 
0.27 0.063 31.02 
0.28 0.05R 31.09 

1.05 0.0391 
0.039/ 

31.57 
0.41 

0.0391 
0.039/ 

0.09 0.025 29.72 
1.05 0.046 31.62 
2.62 0.0351 
2.21 0.035 f 32.13 
1.66 0.035J 
0.14 0.037 29.72 
0.13 0.040 29.72 
0.25 0.044 30.61 

0.37 0.077 30.02 
0.23 0.020 30.16 
0.37 0.039 30.57 
0.21 0.044 30.76 
0.24 0.044 30.54 
0.70 0.057 31.56 
0.23 0.031 29.82 
0.24 0.031 30.71 
0.27 0.028 29.97 

1.82 0.023 31.18 
0.58 0.033 30.65 
0.25 0.041 30.16 
1.56 0.027 30.12 
0.18 0.027 30.94 
0.25 0.024 30.44 
0.16 0.037 30.42 
0.27 0.027 30.64 
0.50 
0.78 

0.0421 
0.042/ 

31.12 
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ment noise to be counted as a flare. In Table 3 we characterize 
the observed flares by 

rriNC The time used to reach flare maximum from the q»iet 
level 

r05 The time elapsed from flare maximum to a reduced 
intensity halfway betwet n maximum and quiescence. 

The flare amplitude (col. |6J) is given on a linear intensity 
scale according to 

Flare amplitude - —*-̂ z (1) 
'o 

where /„ represents the quiet star and / 0 + / is the star+flare. 
On the same scale we give the measurement noise in column 
(7) as the standard deviation of the quiet star signal. 

The last column in Table 3 contains the {/-filter energy 
emitted during each flare event. This quantity is given by 

£„ = /.„ x RE, (2) 

where Lv = 1.32xl0 2 9 ergs s"1 is the absolute luminosity of 
AD Leo in the (/bandpass (Moffett 1974), and 

RE = jlf(t)dt (3) 

is obtained by numerically integrating the flare light curve and 
normalizing the result to the flux received from the quiet star. 

During 1974,1979, and 1980 observations were made on 44 
nights. In 111.5 hr of monitoring we detected 85 flare events, 
the largest one being a complex 2.7 mag flare emitlj-g a total 
of 9.5 X103 2 ergs. The events comprise a total of 11> individ
ual flares. Seventy-one of these were single flares; 44 occurred 
in complex events with multiple maxima (16 in double flares, 
i.e., eight events; nine in triple flares, i.e., three events; and 
one event each with five, six, and eight maxima). 

III. ANALYSIS 

Following Gershberg (1972) and LME we plotted cumula
tive frequency distributions for each observing series. Above 
the detection threshold such distributions are approximately 
linear and we fitted relations 

\ot,(N/T)-a-b\o%,ElJ, (4) 

where N is the accumulated number of flares with energy 
larger than Ev (in ergs) recorded during the time T (in 
seconds). Error estimates for the coefficients a and b were 
computed as a/ft and b/jn, where n is the number of data 
points used in the linear fit. The rate of (/-band flare energy 
emission, including corrections for detection threshold effects, 
was obtained from the parameters of the fit 

Lj-IO'^EU-E'^}. (5) 

The extreme values of E are usually taken as the largest and 
smallest flares observed. The relative amount of flare energy 
produced, normalized to the (/-filter radiation from the quiet 

star, is then given by 

(¥)„-£• <« 
and this parameter is independent of the calibration of the 
quiescent flux from the star. 

The statistical distribution of interflare spacing and the 
frequency distribution of flare time scales were tested against 
the null hypothesis that they are Poisson (randomly) distrib
uted. Let (x) be the average value of the sample. Following 
LME, one may estimate the number of values x, expected to 
fall within the interval (a, b) from 

C - i r O - A O _<?-*/<«>), (7) 

where n is the total sample. To test the null hypothesis, viz., 
that the distribution in question is a Poisson distribution, we 
compute the statistic 

C 2 = £ ( ^ i ! ( 8 ) 

where £, is the observed number in interval i, and m is the 
number of internals. If the null hypothesis is correct, C2 will 
be distributed as a x2 variable for m - 2 degrees of freedom. 

IV. RESULTS AND DISCUSSION 

a) Flare Activity 
The cumulative distribution of flare energy for the 85 flare 

events presented in this paper is shown in Figure 1. A least-
squares fit to the linear portion yields 

log(N/T) = (15.0±2.1)-(0.62±0.09) logEv. (9) 

From equation (5) and (6) we find 

L, - 5.31 X10" ergs s ', (10) 

^ - 0 . 0 4 0 . (11) 

Our value of 4% for the average flare energy production of 
AD Leo in the U filter is larger than the value given by LME 
The low position of AD Leo in their Figure 18 is thus 
corrected by our larger sample to a position right on the 
statistical relationship for the active flare stars. This linear 
relation connects the average flare luminosity Lf statistically 
to the quiescent luminosity Lv of the star, and probably 
represents an upper limit to flare energy production as a 
function of the absolute magnitude of the star. 

We also find a steeper cumulative flare energy distribution 
for AD Leo than LME did. A linear fit to the relationship 
between the cumulative distribution spectral index b and the 
quiescent luminosity Lu for flare stars yields 

b -5.20-0.16 log Lu, (12) 
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FIG. 1.—Cumulative flare energy distribution for AD Leo based on 
(/-filler data from 1974-1980. 

which shows that intrinsically faint flare stars have a greater 
fraction of low-energy flares than do the brighter stars. This 
relationship can also be expressed as one of stellar effective 
temperature. Using such values from Pettersen (1980), we 
determine 

b -15.041 -4 .079 log TM 

This result is shown in Figure 2. 

(13) 

b" 15.041-4 0»! log T,n 

ym flO Leo 
11 CM, , . £ „ ,_„,. 

3 40 3 45 3 50 3.55 3.60 
105 T,ff 

F10. 2. — Linear relationship between the slope of the cumulative flare 
energy distribution and the effective temperature of the star. 

Collecting (/-filter flare data from the literature in addition 
to the flares presented in this paper, we are able to construct 
data subsets spanning the interval 1971-1980. We wish to 
investigate the possible variability of flare activity during this 
decade. Seven different subsets of (/-filter flare data were 
constructed, six of which were obtained with the same observ
ing technique at McDonald Observatory. Two data sets were 
published by Moffett (1974,1975). One data set is comprised 
of flare data from three observatories (Cristaldi and Rodono 
1973; Kapoor, Sanwal, and Sinvhal 1973; Osawa etal. 1973). 

A summary of the data sets is presented in Tabic 4. The 
values in the two last columns were calculated from linear fits 
to the cumulative distributions, but with different values of 
£ m i n and £ m „ . Column (8) contains values based on the 
extreme values of the flare energy actually observed within 
each set. Column (9) is the result of a choice of values: 
E m i n = 1 0 2 9 ergs and £ m „ = 10 3 3 ergs, representing the small
est and largest flares observed during this program. The range 
in 2 P/ T is å factor of 8 when the observed extreme values for 
each set are used, and reduces to a factor of 2 when the fixed 
extreme values are used for all sets. Numerical experiments 
show the result to be very sensitive to the choice of £„,„, 
whereas £ m i n can be changed many orders of magnitude with 
less than 5% change in the flare activity parameter. This is due 
to the steepness of the cumulative distribution of AD Leo, 
implying that large flares are the dominant ones in the calcula
tion of the (/-filter flare energy emission Lf. The variations in 
'ZP/Tmust therefore be due either to a real change in Lf or to 
statistical fluctuations in which large flares are not detected by 
mere chance in some observing intervals. Selection effects or 
threshold effects are not involved in the detection of big flares. 

The slope of the average cumulative distribution for 
1974-1980 is 0.62 (eq. [9]). Taking individual error estimates 
into consideration, no significant deviation from the average 
value is detected for any of the data subsets (Table 4). We find 
no correlation between the slope value and the flare activity 
level. The slope of the cumulative distribution appears not to 
vary with time. 

The range of flare energies from 1 0 3 0 to 4 x l 0 3 1 ergs is 
covered linearly by the cumulative distributions of the individ
ual data subsets. We assume that the number of flares 
detected within this energy range reflects only statistical un
certainties related to the Poisson temporal distribution of 
flares. The observed flare frequency for a data subset is 
n/T±jn/T, where n is the number of flares (within the 
energy range specified) observed during the time T. In Table 5 
data are given for each subset and are compared to the result 
from the average energy spectrum (Fig. 1). The time behavior 
of the flare frequency parameter is plotted in Figure 3. The 
variability is marginal, at best. The observed time distribution 
can be tested against the null hypothesis that no variation in 
flare frequency actually took place. Specifically, we assume 
that the average flare frequency is 0.57 flares hr"1 (Table 5), 
and the expected number of flares for each data subset is 
obtained by multiplying this number with the monitoring time 
in Table 5. A x2 'est comparing the observed and expected 
numbers leads to no significant variability in flare frequency 
for the six McDonald Observatory data subsets. A large 
deviation is found for subset B, which is composed of data 
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Data T 
Set Epoch (hr) N a b 
(1) (2) (3) (4) (5) (6) 

A 1971Jan-Fcb 16.83 9 13.6±4.5 0.58 + 0.19 
8 1973Jan-Apr 89.91 18 12.5±2.9 0.5S±0.13 
C 19741an-Feb 21.12 23 18.9±4.6 0.75±0.18 
O 1974Nov 19.23 15 12.0 + 3.1 0.52±0.13 
E l979Fcb-Apr 23.01 21 12.9 ±2.8 0.55 + 0.12 
F !979Apr-May 32.97 24 8.8±2.0 0.4iiO,10 
C 1979 Oct-1980 Jan 34.30 25 14.4± 3.2 0.60±0.13 

(ergss ') 
O) 

2P/T 
<*> 
m 

ZP/T 
2 9 < l o g £ t < 3 3 

(9) 

0.75x10" 
0.96 
2.25 
2.73 
3.68 
6.88 
1.89 

0.6 
0.7 
1.7 
2.1 
2.8 
5.2 
1.4 

2.7 
2.0 
4.1 
5.5 
5.4 
4.7 
4.0 

1 1 1 1 1 - r - i l i 

| >: 08 1 

z UJ 

o 06 . -
UJ 

LL 

. . . 0 i " tr 
< ^ 02 i 

1972 I97i 1976 
YEAR 

FIG. 3.—Time behavior of flare frequency of AD Leo 

from three different observatories. Although the deviation 
from the average value is 10 standard deviations for this set, 
this may be due to inhomogeneities of the data. We therefore 
regard this particular result with great caution. However, 
temporary changes in the flare activity of UV Cet were 
observed by Lacy etal. (1978), and the deviating 1973 result 
for AD Leo may therefore not be unique. 

Under the circumstances, with existing methods of analysis 
and large uncertainties, we take a conservative attitude and 

conclude that no convincing evidence of variability in the flare 
activity of AD Leo has been presented. The possibility of 
variations still exists, and continued efforts should be encour
aged. 

b) Flare Time Spacing 
In 111.512 hr of monitoring we detected US flares (85 flare 

events), implying an inverse flare frequency of 58 minutes. 
The interflare time spacing actually varied between 1 and 137 
minutes. There are 52 time intervals between flares where 
measurements were made uninterrupted. The average flare 
time spacing is 25 ± 2 9 minutes. In Figure 4 we have plotted 
the observed time distribution of flares in bins of 10 minutes. 
Also shown are the number of flares for each time bin 
expected from a Poisson (random) distributed process with the 
same average flare time spacing as found in the empirical 
samples. A x 2 test does not reject the null hypothesis at the 
5% significance level. We have no reason from our material to 
question that flares on AD Leo are Poisson distributed in 
time. 

At least two possible explanations can be suggested to 
account for this observational result. If there is only one 
flare-producing region on the star, this region must be partly 
visible at all times to meet the requirements of the observed 
flare frequency. As the rotation axis of AD Leo is inclined 38° 

TABLES 
FLARE FREQUENCIES IN ENERGY RANGE 

VP>iEvs 4x10" ERGS 

Number of Coverage Flare Expected 
Data Flares in Hours Frequency Number of ( * , - £ , ) " 

Subset (n) <n C/T) Flares £, 

A 7 16.828 0.42 ±0.16 9.6 0.70 
B 15 89.91 0.17±0.04 51.2 25.59 
C 16 21.116 0.76 ±0.19 12.0 1.33 
D 13 19.227 0.68 ±0.19 11.0 0.36 
E 18 23.008 0.78±0.18 13.1 1.83 
F 15 32.967 0.46 + 0.12 18.8 0.77 
C 18 34.299 0.53 ±0.12 19.6 0.13 

Average 
1974-1980 .. 64 111.512 0.57 ±0.07 
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Fio. 4— Frequency distribution of interflare lime spacing {full line) 
compared to the distribution expected for a Poisson process (dots). 

to the line of sight, this requirement is fulfilled for flares more 
than 38° away from equator on the hemisphere facing the 
observer. The random appearance of flares would then con
tain information on the actual flare production of the active 
region. 

If there is more than one flare-producing region on the star, 
the latitude requirement could be loosened considerably. If 
several regions were distributed in longitude around the cir
cumference of the star, and even if they were spaced in 
latitude, more than one region would likely face the observer 
at any time, depending on the total number of regions and 
their distribution. The random time distribution of flares 
could then result from flare contributions by several regions 
during a monitoring series, the time of occurrence of each 
individual flare being determined by local conditions within 
each region. If the physical characteristics of these regions 
were different from each other, and even changed with time, 
the observed appearance of flares could possibly approach 
that of a random situation. 

slow flares have a rise time distribution of their own so as to 
produce the extra number of flares in the 40-60 s interval. 
The x 2 test for the spike flare sample arrives at the same 
conclusion as before. We must therefore conclude that the rise 
times of flares on AD Leo are not Poisson distributed, or we 
must question whether the observed values in our sample are 
really independent. 

The observed flare rise time is assumed to be related to the 
heating time scale of the flare plasma. If the energy of the 
magnetic field is converted into thermal energy by magnetic 
field reconnection, the heating time scale iH may be estimated 
as the ratio of the size of the reconnection region (which is 
some fraction of the flare region) to the speed with which field 
lines move into the reconnection region. This speed is some 
fraction of the Alfvén speed of the plasma. It then follows 
(see, e.g., Sturrock 1973; Moore and Datlowe 1975) that the 
heating time scale is proportional to 

T„CC 
nV2L 

B 
(14) 

where nt is the electron density, L is the linear dimension of 
the flare region, and B is the magnetic field strength. Since 
TH a n>/1

t the heating time scale will be governed more by L 
and B. They work in opposite directions, however, so a given 
value of the time scale may be obtained from several combina
tions of values of R „ L, and B. This could lead to a frequency 
distribution which resembles that of a random situation. If a 
particularly active flare region existed on the star for an 
interval of time, it would contribute to the observed frequency 
distribution with values commensurate with the time-depen
dent values of the physical parameters of the region. It is 
possible that a narrow range of values of T„ could be favored 
from such a situation. 

When comparing the frequency distribution of the decay 
time parameter r o s to a Poisson distribution with the same 
average value as found in the observed sample, we im
mediately notice that the two distributions are very similar 
'Fig. 5). In fact, the x 2 value is so small that it occurs in 

c) Flare Time Scales 
The rise times and decay times l05 of the flares are given in 

Table 3. The average values are 34 ± 27 s for the rise time (112 
flares) and 41 ± 35 s for l o s (93 flares). There is no significant 
variation of the average values as a function of time. 

The frequency distributions of the time scales are shown in 
Figure 5. We have chosen a class interval of 20 s to avoid 
border effects between successive intervals, in view of the fact 
that the longest time resolution used in the observations was 
10 s. When comparing the frequency distribution of rise times 
lo a Poisson distribution, with the same average as found in 
the observed sample, we find a high x 2 value which occurs in 
less than 1% of the cases, and we must therefore reject the null 
hypothesis that the frequency distribution of flare rise times is 
Poisson. The dominant single contributor to the high x 2 value 
is the higher than expected number of flares with rise times 
between 40 and 60 s. We investigated this overproduction of 
flares by removing from the sample all slow flares, i.e., those 
with no distinct spike at Hare maximum, to explore whether 

10 • • 

40 80 120 160 
RISE TIME (SEC) 

0 60 80 120 J60 
DECAY TIME t n - (SEC) 

FIG. 5.—Frequency distribution of flare rise time {left) find flare 
decay time r o s (right y Distributions expected from a Poisson process are 
indicated by dots. 
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FIG. 7.—ty-filter flare amplitude vs. flare decay time i o i 

- 96% of the cases. Thus, we must leave the question open as 
to whether the flare decay times are Poisson distributed. 

The rapid luminosity decay immediately following the flare 
maximum occurs when the flare plasma is close to its highest 
temperature. The radiative cooling time scale is given by the 
thermal energy of the gas divided by the radiative power 
output. For temperatures T in excess of IO6 K this time scale 
is proportional to (Moore and Datlowe 1975) 

T»<X-
", 

(15) 

The radiation lime scale is several orders of magnitude larger 
than those observed, for high temperatures and coronal values 
of the electron density. During such conditions thermal con
duction is a very efficient cooling mechanism. The conduction 

time scale is given by the thermal energy of the gas divided by 
the amount of heat flux which is conducted out of the flare 
region. For electron densities below 10 1 2 cm" 3 and magnetic 
fields stronger than 10 gauss this flux will be channeled along 
the magnetic field lines. The conduction time scale is propor
tional to (Moore and Datlowe 1975) 

7-5/2 • (16) 

The correct order of magnitude can be obtained for rc for 
several combinations of values of n „ L, and T. We therefore 
follow Mullan (1976, 1<>77) in his suggestion that the first 
rapid decay of stellar flare light curves is to be identified with 
the conductive time scale of the hot flare plasma. Equation 
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(16) allows many combinations of values, and this could lead 
to a frequency distribution of the decay time scale which 
mimics that of a random distribution. 

We have searched for correlations between the flare ampli
tude and the time scales. Figures 6 and 7 show plots of these 
quantities. No relationships are evident, and the correlation 
coefficients are indeed very small ( -0.070 and -0.029 for the 
rise time and decay time, respectively). 

If thermal conduction is responsible for the energy loss 
during the first flare decay after maximum, the total energy of 
the plasma, £ , will decrease on a time scale which is essen
tially equal to the conduction time scale (Mullan 1976, 1977) 

d£ 
dl " (17) 

When plotting the flare amplitude versus l05 (Fig. 7), we are 
not taking into account the flare energy. It is therefore not 
surprising that a relationship does not appear, since the flare 
amplitude, the flare energy, and the decay time scale all have 
considerable ranges of values. If we could plot the same 
diagram for a narrow range of flare energies, E in equation 
(17) would act as a constant in first approximation. The 
problem is to collect enough flares observationally of the same 
energy with different values of flare amplitude and decay time 
scale. From Table 3 we have selected single-maximum flares 
within the (/-filter energy range from 4 X 1 0 3 0 to 6 X 1 0 3 0 ergs 
to produce the plot in Figure 8. There is a trend of larger flare 
amplitudes toward shorter decay time scales, as would be 
expected from equation (17) for E = constant. There is still 
considerable scatter in Figure 8, however, even for the narrow 
energy range chosen. For comparison, we have drawn a line in 
Figure 8 representing a relationship between flare amplitude 
(dimensionless) and decay time scale (seconds) with a propor
tionality constant of 8. This line is a reasonable fit to the short 
time scale part of the diagram, but is consistently below the 
observed points for larger values of the decay time. We 
interpret this to mean that long duration flares of small flare 
amplitude are influenced by, and possibly dominated by a 
radiative loss mechanism in addition to thermal conduction, 
thus leading to a larger flare decay time. 

The average decay time scale for AD Leo may be compared 
to that of other flare stars. Haro and Chavira (1955) were the 
first ones to show that the duration of flares correlated with 
the spectral type of the star. Kunkel (1973) converted this into 
a relationship between average flare decay time and stellar 
luminosity. In Figure 9 data for 10 stars are used to determine 
a linear relation between log ( f 0 5 ) (in umts of seconds) and 
absolute visual magnitude 

log <»,, 5>» 3 . 1 6 - 0 . 1 4 ^ , . (18) 

This relationship predicts </ 0 5 > - 4 2 s for AD Leo, which 
compares well with the observed average value of 41 s. 

Kunkel (1973, 1976) converted equation (18) into a rela
tionship between the average decay time and stellar surface 
gravity. Using empirical relations between the mass, radius, 
and luminosity for flare stars (Pettersen 1983), we determine 

i i — i 1 " i ~ i T ~ ' T" T " 
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FIG. 8.— tAfitier amplitudes of flares in the energy range 4 x K»-" 
X10 3 0 ergs vs. flare decay lime / 0 v Sec text for discussion. 

< W « A 7 / \ (20) 

where g is the stellar surface gravity and h i<the pressure scale 
height in the atmosphere. Thus, it appears that the star 
imposes conditions on the flare region in accordance with its 
mass. The density structure of the upper chromosphere will 
reflect this. 

According to equation (16) the decay time scale is more 
sensitive to changes in flare size and temperature than to 
changes in electron density. There is some evidence (Mullan 
1976) that the flare temperature covers only a narrow range of 
values regardless of the star on which the flare activity takes 
place. The important parameter for the decay time scale 
therefore appears to be the linear dimension of the flare 
region. To attempt an explanation of the observed relationship 
in Figure 9, one possible suggestion would be that magnetic 

20 

i°g«0 5> 
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i — i 1 — i — i — r -
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iog</„ 5 >cc-1.7 logs, (19) 
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FIG. 9.—Relationship between average flare decay time and the abso
lute visual magnitude of the star. 
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loops arc scaled according to the pressure scale height of the 
atmosphere; i.e., magnetic loops are smaller when going to 
cooler stars. This would produce shorter average decay time 
scales on the flare stars of low luminosity. 

V. CONCLUSIONS 

Photoelectric f-filter photometry of stellar flares on AD 
Leo has revealed 85 single and complex flare events in 111.5 
hr of effective observing time. Four percent of the {/-filter flux 
received from the star is due to flare generated photons, and 
this makes AD Leo an active flare star for its luminosity. 

A study of flare statistics for several observing seasons 
between 1971 and 1980 revealed no cyclic variability of the 
flare activity level with time, although one occasional excur
sion of this value may have occurred. The slope of the 
cumulative flare energy distribution shows no significant vari
ation with time, and neither do the seasonal average values of 
the flare rise times and the flare decay times. 

The observed values of the flare rise time and decay time 
span two orders of magnitude. The frequency distribution of 
these parameters are very skew, and resemble Poisson distri
butions. Flares with rise times between 40 and 60 s are 
overabundant in our sample, however. 

Simple physical considerations of magnetic reconnection 
show the heating time scale of the flare plasma to depend on 
electron density, magnetic field strength, and the linear dimen
sion of the flare region. The rapid decay after flare maximum 
is ascribed to cooling by thermal conduction, the time scale of 
which depends on electron density, flare temperature, and the 
linear dimension of the flare region. Several combinations of 
these parameters result in values within the observed ranges 
for the rise times and decay times. The flare amplitude is not 

related directly to any of the flare time scales, but rather the 
ratio between flare energy and the time scale. This is what one 
would expect if one type of cooling mechanism dominated the 
first rapid decay phase of the flare, or if one type of heating 
mechanism dominated the explosive phase of the flare. 

The average value of the flare decay time scale for AD Leo 
and other flare stars is related to the absolute magnitude of 
the star. This relationship may be converted into one of 
pressure scale height in the stellar atmosphere. Since flare 
temperatures appear to cover only a narrow range of values, 
the decisive parameter for the lime scale is the linear dimen
sion of the flare region. If this is related to the size of magnetic 
loops that become progressively smaller in cooler stars due to 
the decreasing pressure scale height, then a relationship of the 
kind observed is expected. 

Flares occur randomly distributed in time. This may result 
from She existence of several flare producing regions on the 
stellar surface, but may also result if there was only one such 
region, provided that the inclination of the rotation axis of 
AD Leo and the geometric position of the region were such 
that this region was visible at all times (nearly pole-on view). 
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Summary. Flare activity has been discovered on G 51-IS, the 
intrinsically second faintest star known, and the faintest one with 
hydrogen Balmer lines in emission. A comparison of the two 
faintest stars known with other flare stars indicates that they are 
considerably less flare active than CN Leo or UV Cet. A pos
sible explanation may be that a star's age is important to its 
flaring rate, but this is difficult to quantify from existing data on 
low luminosity dwarfs. 

Key words: flare stars - photometry - low luminosity stars 

I. Introduction 

The proper motion star G 51-15 was demonstrated to be a nearby 
red dwarf by Dahn et al. (1972). At C= 14.81 and with a well 
determined parallax (Harrington and Dahn, 1980), it is at a dis
tance of 3.5 pc and has an absolute visual magnitude of 17.0. 
This makes G 51-15 the second intrinsically faintest star known 
among those that have reliable parallaxes and photoelectric mag
nitudes measured. 

Liebert (1976) obtained low resolution scans over the entire 
visual spectrum of G 51-15. The Can H and K lines and the 
hydrogen Balmer lines are prominently in emission. The under
lying spectrum is that of a very late M dwarf, dominated by TiO 
bands at yellow-red wavelengths. Also present is a CaOH band 
at /. 5550 A. Both of these features are stronger in G 51-15 than 
in CN Leo (=Gliese406), which indicates an effective temper
ature less than the 2800 K determined for CN Leo by Pettersen 
(1980). 

The positioning of G 51-15 near the main sequence, its low 
luminosity and the prominent emission lines art all criteria that 
meet those used by Andersen and Pettersen (1975) to identify 
flare star candidates among the solar neighbourhood stars. The 
strength of the Ha emission also indicates that flare activity 
should take place on G 51-15. An empirical relationship dis
covered by Gershberg and Shakhovskaya (1971), and applied by 
Pettersen (1975), indicates a more active flare star the stronger 
its Hat emission. G 51-15 was therefore considered a good candi
date for flare activity. 

Table 1. U-filter monitoring of G 51-15 

Date COT) S t a r t CUT) Stop CUT) kenarks 

0* A p r i l 1910 03 IT 54 04 13 OS 1 f l a r e 

09 Apr i l 1980 03 IB 4B 04 31 3S 4 f l a r e s 

10 Apr i l 19SD 03 10 44 03 56 00 1 f l a r e 

11 Apr i l 1980 03 10 41 04 42 25 3 f l a r e * 

NOTE - Total •ooitoring 4 h 24"si s . 

TaUe 2. Flare characteristics, G 51-15 

FlMpe aapUtufe Flare dumt ions* 

Flare Date QtTi Flare noise Relative 

no. 1980 HulTT U-«ag. Intensity level energy" Rise Decay 

1 Ct April 03 46 26 1.2 2.0 0.27 2.2 10 215 

2 09 April OS 36 S4 1.4 2.S 0.15 0.7 10 17 

3 03 40 45 2.9 13.0 0.1S S.O 10 236 

4 03 45 51 1.2 1.9 0.1S 6.5 10 490 

5 04 19 16 0.6 0.7 0.21 1.0 <S 125 

« 10 April 03 24 04 0.7 0.B 0.17 0.5 «5 12 

7 11 April 03 19 19 0.» 1.1 0.27 1.5 15 123 

1 03.21 32 3 .7 29 .* 0.27 9.5 10 144 

S 05 55 27 0.1 1.2 0.30 0.5 15 62 

• The relativ» Elan energy represents the integral tauter the flar* light c 

In wits of «fnut» 

*Fl*re cknmticaa are givan in wits of seconds. 

Present address: B. R. Pettersen, Institute of Theoretical Astro
physics, University of Oslo, Box 1029, Blindern, Oslo 3, Norway 

II. Observations 

We observed G 51-15 with the 2.1 m Strove reflector and a com
puter controlled high speed photometer at McDonald Observa
tory. With £-K=2.06, we expect a (/-magnitude close to 18th. 
Even on a moonless night such a faint object required 5 s inte
gration time to give a signal-to-noise ratio of about 5 in the U-
filter. This means that only flares larger than about 0.5 mag could 
be detected, and only the major ones with confidence. 

We monitored G 51-15 through a tf-filter over time intervals 
of about one hour on several nights in April 1980, as detailed in 
Table 1. Nine flares were detected in 4b25" of observations, the 
largest one with an amplitude of 3.7 mag in the [/-filter (Table 2). 
All major flares occurred in groups, as shown in Figs. 1 and 2. 
They are classical spike type flares with rapid increase and decay. 
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Fig. 2. The largest flare observed on G 51-15, with a precursor-
like event occurring two minutes earlier. Detailed flare informa
tion is found in Table 2 

and sometimes a detectable slower tail which lasts for a few 
minutes. All flares had rise times less than 15 s, and two were not 
time resolved at our integration time of 5 s. The rapid part of 
the flare decay was generally over within 30 s, aller which a more 
gradual and noisy decrease took place. 

in. Discission 

Adding up the flux contributions from all observed flares, and 
comparing this with the total flux received from the quiescent 
star during our observations, we find that abou; 10% of the flux 
measured through the (/-filter was due to flare activity. Because 
of the poor detection limit for flares on this faint star we have most 
likely lost several flares with amplitudes comparable to the noise 
level. We have also lost in the noise the slow decay part of the 
observed flares. Our value for th- iare activity level of G 51-15 
is therefore a lower limit, but we estimate that the relative error 
is less than 50%. A larger flare sample is required for a full Bare 
energy distribution analysis (Gershberg, 1972) to be made. 

Our preliminary estimate of the flare activity level on G 51 -15 
is considerably lower than what is observed in other low lumi
nosity flare stars, i.e. CN Leo, UV Ceti. Respectively, about 50% 
and 20% of the (/-band fluxes from these stars are due to flaring 
(Lacy et al., 1978; Pettersen, 1978). They are spectroscopically 
very similar to G 51-15 but have a somewhat larger luminosity. 

The faintest star known, van Biesbroeck 10=Gliese 752 B, 
was observed spectroscopically by Herbig (1956). During one of 
his 4.5 h exposures a flare apparently occurred. However, no 
photometric light curve of any flare on van Biesbroeck's star is 
available, and the classification of this high proper motion star 
as a flare star is therefore based only on Herbig's spectroscopic 
observation. Nothing is known about the flare activity level of 
van Biesbroeck's star, but it is unusual among flare stars in that 
it does not show hydrogen Balmer lines in emission outside of 
flares. Pettersen and Griffin (1980) have demonstrated that three 
other non-emission line flare stars show abnormally low flare 
activity rates. 

The flare light curves obtained from G 51-15 are a discovery 
of flare activity on the intrinsically faintest star with hydrogen 
emission tines. G 51-15 is therefore the faintest star up to now 
for which flare light curves are available. Both van Biesbroeck's 
star and G 51-15, the two stars of lowest luminosity among the 
solar neighbourhood Sare stars, appear to be less active than one 
would expect from a comparison with other low luminosity flare 
stars. We can only suggest that this is an age effect, but such a 
statement is difficult to quantify from existing data for low lumi
nosity dwarfs. A larger sample among the very low mass stars in 
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the solar neighbourhood should be studied in order to under
stand this problem. 
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Summary. Photoelectric flare monitoring has revealed seventeen 
f-filter flares on V780Tau. The flares occurred with a time 
spacing between 2 and 36min (average of 14 min). Analysis of the 
cumulative energy distribution of the flares concludes that forty-
seven per cent of the (/-filter radiation from the star is generated 
by flare activity. This puts V780Tau among the most active flare 
stars in the solar neighbourhood. In many respects V7S0Tau 
resembles the prototype flare star system UV Cet. The majority of 
the flares are low energy small amplitude events that occur 
frequently. We have used the data to test the "reservoir hy
pothesis" for stellar flares, but find no support for expected 
correlations between inlerflare spacings and the quantities of the 
preceding of the next flares. 

Key words: flare stars - photometry - V780Tau 

Introduction 

The proper motion star G100-28 (Giclas et al., 1971) is a solar 
neighbourhood red dwarf (RAfWSO^OS^T"™*; Dec(1950) 
= + 24°4K8). According to Dahn et al. (1976) the star has a 
parallax of 0'.'095+0:'002. and a proper motion of 0738 yr""1 in 
position angle 169°. The star is no. 307 in the US Naval 
Observatory list of proper motion stars (Harrington et a I., 1980), 
and also has the designation LTT17846. 

Astrometric plates exposed during excelle.it seeing conditions 
revealed the presence of a faint close companion. Estimates made 
in 1974 gave a separation of 0'.'3 in position angle 310°, and a 
rough estimate of the brightness difference from the US Naval 
Observatory plate material gave A Vzz 1 mag (Dahn et al„ 1976). 

During routine photometric observations in 1974 by USNO 
observers at Flagstaff a flare was detected in the B filter (Dahn et 
at., 1976). The flare amplitude was 0.5 mag above the quiescent 
brightness of the star. The gradual return towards the pre-flare 
level was monitored for 10 min. at which time the star was still 
0.1 mag above normal. The star is now recognized as a variable 
object and is designated V780Tau. 

Table i. Photometric data for three low-luminosity flare stars 

Observations 

We have observed V780Tau with the 2.1m Struve reflector at 
McDonald Observatory. A high-speed photon counting photo-

Star M„ U-B B-V 

V 780 Tau 
UVCet 
GLVir 

14.76 
14.92 
14.74 

1.09 
1.01 

1.85 
1.83 

meter controlled by a NOVA minicomputer was used (Nalher, 
1973), and the observations were made in the U filter of the 
Johnson (1966) system. Due to the faintness of the star and the 
presence of the moon the time resolution was set at 5.125 s, in 
order to collect enough photons per integration to clearly detect 
the quiescent star above the sky background. The (1/ — B)-index of 
V780Tau is unknown, but it is seen from the data of Harrington 
and Dahn (1980) in Table 1 that the absolute magnitude and B- v 
colour index of V780 Tau are very similar to those of the UV Ceti 
system and GLVir. Thus we have assumed here U—B —1.05, and 
this yields 17 = 17.78 and MB = tf.67. This choice affects the 
absolute calibration of flare energy, but cancels out in the estimate 
of the relative amount of flare energy produced per unit time. 

We observed V780Tau on four succesive nights in November 
1981. Table 2 contains the detailed observing log. During 6.95 h of 
[/-filter monitoring we detected 17 flares, the characteristics of 
which are given in Table 3. The time of maximum (Column 3) is 
only accurate to within the time resolution of 5.125 s. Column 4 
contains the total time elapsed from the pre-fiare level till 
maximum. The signal-to-noise ratio of our measurements was not 
good enough lo detect any pre-flare plateaus, dips or precursors 
prior tc the flare onset. The parameter in Column S gives the time 
elapsed from maximum till the intensity of the flare light reached 
half the maximum intensity. The flare amplitude in intensity units 
measured relative to the quiescent star. 

Flare amplitude = L a ^ " hauler) 

and the standard deviation of the measurements of the quiet star 
flux, are given in the next two columns. The last column contains 
the energy emitted during each flare. This quantity is determined 
by multiplying the relative energy of the flare, R.E., by the flux 
emitted from the quiescent star. L,„ in absolute units. The first 
quantity, R.E., is obtained by numerically integrating the flare 
light curve 

R.E.=J/,<r)dt 

http://excelle.it
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Date (UT) Monitoring intervals (UT) 
Effective 
obs. time No. of 

sec flares 
16 Nov 1981 06:57:06-07:00:00, 07:01:58-07:14:32, 

07:15:54-07:34:56, 07:37:25-07:39:28, 
07:41:31-08:10:03, 08:11:30-08:23:12. 4607 

17 Nov 1981 07:37:18-07:48:50, 07:50:17-08:09:40. 
08:11:43-08:42:59, 08:44:57-09:07:51. 5105 

IB Nov 1981 07:03:32-07:06:11, 07:08:24-07:21:18, 
07:23:11-07:38:38, 07:40:26-08:02:18, 
08:04:31-08:21:26, "• ..•f09-08:44:09, 
08:46:02-09:07:59, 09:09:47-09:32:15, 
09:34:18-09:54:37, 09:57:11-10:16:24, 
10:18:26-10:33:19. 11377 

19 NOV 1981 07:51:13-07:53:52, 07:55:19-08:08:28, 
08:10:11-08:30:56, 0B:33:20-08:57:30, 
08:59:23-09:04:10. 3930 

Total effective monitoring time»25019 sec-6.950. 

where I/t) is the time behavior of the flare normalized to the flux 
received from the quiet star. The relative energy, R.E., therefore 
expresses the energy of the flare in terms of the energy rate of the 
quiescent star. 

The second quantity, Lu, the absolute luminosity of the star in 
the U bandpass, can be estimated by using Johnson's (1966) 

calibration of the t/BKsystem, and takes into account the width of 
the filter bandpass. This was done by Moflett (1974) who de
termined the energy output of a zeroth absolute magnitude star, 
M„=0.0, over the entire [/-Alter bandpass to be 
E 0 = 3.65 10"ergs"'. At M„ = 17.67 for V780Tau, the star emits 
an energy rate over the entire bandpass of Ev — 3.1210 2 1 ergs - 1 , 

or 
o 

I* 
1 2 
io 

V 780 Tau 
18 November 1981 UT 
U-filter 

l - - i 
3 minutes 

Vtf« 

_i i l_ 

^M*v**&y 

_l I I 1 L_ 

Fig. I 

07:15:00 07:20:00 07:25:00 07:30:00 
TIME (UT) 

Two major flares on V 780 Tau 
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Table 3. f-filler flare characteristics for V 780 Tau 

Flare 
No. 

Date (OT) Flare 
maximum Srise 

(sec) 
»o.s 
(sec) 

Flare 
ampl. 

Nol&e 
0 / I o 

log Ey 
(erg) 

1 16 Nov 19B1 07:30:56 10 36 1.80 0.32 29.50 
2 16 Nov 1981 07:59:12 26 13 1.59 0.38 29.18 
3 16 Nov 1981 08:03:23 10 5 1.54 0.38 28.90 
4 16 Nov 1981 08:19:32 5 38 1.78 0.38 29.47 
5 17 Nov 1981 08:36:04 31 15 7.01 0.33 30.01 
6 17 Nov 1961 08:3B:53 56 51 5.14 0.33 30.52 
7 18 Nov 1981 07:16:46 15 12 3.88 0.-27 29.83 
B 18 Nov 1981 07:25:04 10 36 7.76 0.27 30.12 
9 18 Nov 1981 07:4" - >2.5 0.27 >29.88 
10 18 Nov 1981 08:16:08 5 10 4.26 0.36 29.81 
11 18 Nov 1981 08:29:52 103 56 1.74 0.36 30.24 
12 18 Nov 1981 09:59:45 5 5 2.36 0.41 28.93 
13 18 Nov 1981 10:01:33 26 36 1.18 0.41 29.28 
14 18 Nov 1981 10:05:59 15 5 5.54 0.41 30.00 
15 19 Nov 1981 08:27:00 62 31 2.92 0.23 29.98 
16 19 Nov 1981 08:44:57 20 31 2.07 0.23 29.82 

17 19 Nov 1981 08:59:59 10 5 3.35 0.23 29.03 

as given by 

£„ = E„[10<""«'T>. 

Inherent in this way of calculating the absolute energy of a flare is 
the assumption that the spectral energy distribution of the flare is 
the same as that of the quiescent star. Without multicolour 
observations that is the best we can do, but the result is a rather 
uncertain calibration since we know the energy distributions of 
stellar flares to be quite different from those o f cool red dwarf 
stars. 

Discussion 

a) Flare frequency 

The observation of 17 flares in less than 7h implies an average of 
one flare every 25 min. However, the time differences between 
successive flares actually observed vary between 2 and 36 min. On 
November 17, when only two flares were detected, 47 min of 
monitoring was necessary before the first flare appeared. The 
average inter-flare spacing for the whole observing run is 
14 ± 11 min, where the standard deviation expresses the scatter in 
the time spacing parameter. The nightly values for November 16, 
18, and 19 were 16±12min, 15±13min, and 17±2.nin, re
spectively. As measured with our signal-to-noise ratio all flares 
except one decayed back to the pre-flare level before the next one 
occurred, as illustrated for two major flares in Fig. I. The only 
exception is shown in Fig. 2, where the double flare of 17 
November 1981 is shown. The first flare (No. 5) did not return to 
its pre-flare level before (he next flare onset. 

b) A tezt of the "flare reservoir* hypothesis 

The flare data can be used to test the "reservoir hypothesis" of 
flare activity. The idea behind this concept is as follows: Within a 
given active region on a star the flare energy release takes place in 
a magnetic loop structure, which plays the role of a flare reservoir. 
A flare outburst may change one or several of the physical 
parameters describing this active region, such as the amount of 
energy stored, the size of the magnetic loop, the magnetic field 
strength, or the magnetic stress in & twisted flux rope. The 
possibility exists that the flare brought on? or several of the 
quantities below a critical value. Within that parameter domain a 
new flare cannot be triggered, and it is envisioned that some time 
is needed to bring the physical parameters into a domain where 
they will respond to a trigger mechanism by releasing flare energy. 

This qualitative picure invites an investigation in which we 
search for relationships between tb: time spacing of flares and 
observable parameters describing the flare, such as flare energy, 
the rate of energy release (amplitude/rise time), or the rise time 
itself. 

We have searched for correlations between these parameters. 
We find no such correlations. Linear analyses of the data give 
correlation coefficients between 0.06 and 0.47. 

We must therefore conclude that the flare reservoir hypothesis 
is either not correct at all, or it represents a too simplified picture 
of the real situation. For one thing, from analogy with the Sun, 
one would expect more than one active region on the visible 
hemisphere of a star. Secondly, large starspot groups are expected 
to be complex structures with a multitude of magnetic loops. Thus 
it would be possible for a star to produce flares at several locations 
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Fig. 3. The flare energy spectrum of V780Tau 

on the visihlr hemisphere, almost all of them being independent of 
each other, and with light curves determined by local values of the 
magnetic field strength, the electron density, temperature, and the 
size of the flare region. 

Finally, V780Tau has two components, both of which may be 
capable of producing flares. 

c) Fl'.re time scales 

Excluding the slow flare (No. 11), the average rise time is 20 ± 18 s, 
and the average decay time is 22 ± 16s. This decay is close to the 
avenge value of 26 s for the UV Ceti system, but longer than the 
corresponding 17s for the smaller mass star CNLeo and shorter 

than the 46 s of the brighter star YZ Ceti. Thus V780Tau appears 
to obey a relationship of the kind suggested by Haro and Chavira 
(19S5), relating the average duration of flares on stars to their 
absolute magnitude. 

d) The cun ulative flare energy distribution 

We have analyzed the flare activity of V780Tau using the method 
introduced by Gershberg (1972). The cumulative distribution 
between flare energy and Bare freque;.*y based on our data is 
plotted in Fig 3. Near flare energy 610" erg a detection effect is 
evident, in that flares of smaller energy often escape detection, 
either because of low amplitude or because of very short duration. 
We assume that we have detected all flares larger than this energy, 
and fit a linear relation to the ten data points: 

log(Jv"/D = 38.644- 1.4121og£„, 

where T ?s in s and E„ is in erg. From this relation and the 
definition of the cumulative number of flares, N, one may show 
that the accumulated amount of flare energy per unit of time, 
ZP/T, including several unobserved small flares below our de
tection limit, is given by 

T t „ i V m - Emfn ) 

where a=38.644, f> = 1.412, £„„ is the largest flare observed and 
Eml„ is the smallest one. 

Substituting these values, we obtain 

I P 
T '' 

0.47. 

The flare activity level uf V780Tau is approaching a value where 
half c' the [/-band flux is generated by flares. This is a very high 



1% 

proportion and puts V780Tau in the same class as G 141-29 
(Pettersen, 1981), CN Leo and UVCet (Lacy et al., 1976). During 
our observations we accumulated flare energy in those flares 
actually observed corresponding to £P/r=0.17 in the f-filter. 

ota 
Thus, one-third of the flare energy actually produced by the star 
was observed by us, whereas two-thirds of the energy is in the 
form of low amplitude flares not detected with the signal-to-noise 
ratio obtained in our measurements. 
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Summary. High speed photoelectric photometry in the (/-filter 
revealed twenty-four stellar flares on G9-38AB in 4.5 h. An 
average of 5 flares per hour makes this star one of the most 
frequently flaring stars in the solar neighbourhood. Eleven percent 
of the l/-filter flux received from the system is due to flare 
generated photons. This is a small value compared to other flare 
active systems of similar luminosity, such as UVCet and 
V780Tau. The average flare decay time is close to that of 
V780Tau, but twice as large as that of UV Cet. 

Key words: flare stars - photometry 

Table 1. Photometric data for G9-38 AB and UV Cet AB 

Star My V-B B-V 

G9-38AB 
UV Cet AB 

G9-38A 
G9-38B 
UVCetA 
UV Cet B 

15.06 
14.92 

15.47 
16.33 
15.45 
15.95 

1.09 
1.87 
1.85 

1.84 
1.93 

1. Introduction 

The visual binary G9-38 = LHS 2076=GJ1116 contains two very 
late type red dwarf stars that are separated by ¥.4. The parallax 
value of 0TI92 (Harrington and Dahn, 1980) places both compo
nents on the main sequence, using the photometric data of Table 1. 
These data also imply effective temperatures below 3000 K and 
bolometric luminosities near 1/1000 that of the Sun, using the 
empirical relationships by Pettersen (1983a). The masses of the 
stars, as estimated from the mass-luminosity relation (~0.1M Q), 
are very close to the lower limit for objects that are powered by 
nuclear energy sources. According to current theories, the compo
nents of G9-38 must be fully convective. 

Assuming the total mass of the pair to be 0.2 M s , the present 
separation suggests an orbital period of about 160 yr. Thus G9-38 
may be considered a well separated version of the prototype flare 
star binary UV Cet. The orbital period of that system is about 
27 yr. Photometrically the two binaries are quite similar, as can be 
seen from Table 1. The major difference is the magnitude difference 
between the components, which is somewhat larger in G9-38. The 
brighter components of both systems are very nearly identical. 

The optical spectra between 3500 Å and 6500 Å are almost 
identical for the two systems (Pettersen et al., 1985). TiO bandheads 
are equally strong, as are those of Call, MgH, and CaOH. The 
presence of the triatomic molecule CaOH is an independent 
confirmation of the low photospheric temperature estimate. The 
Can H and K lines and the hydrogen Balmer lines show 
prominent emission, but the lines are twice as strong in G9-38 AB 
as in UV Cet AB. The spectroscopic recordings can be found in 
Pettersen etal. (1985). 

Send offprint requests lo: B. R. Pettersen (Tromso-address) 

2. Observations 

G9-38 AB was observed on three nights in December 1983 with 
the 2.1 Strove reflector at McDonald Observatory. A computer 
controlled high-speed photometer was used to collect data 
through the (/-filter. At an apparent U magnitude well below 16 
the count rate is low, and a 5 s integration was needed. The detailed 
observing log is given in Table 2. 

During 4.5 h of observations we detected 24 flares, the 
characteristics of which are given in Table 3. The time of maximum 
is only accurate to within the time resolution of 5.125 s. Column 4 
gives the rise time of the flares from the pre-flare intensity level to 
maximum, and the next column gives the time elapsed from 
maximum till the intensity of the flare light reached half of the 
maximum intensity. The flare amplitude in intensity units mea
sured relative to the quiet star, 

Flare amplitude = - ..) 

and the standard deviation of the measurements of the quiet star 
flux, are given in the next two columns. The last column contains 
the t/-filter energy emitted during each flare event. This quantity is 
determined by multiplying the relative energy of the flare, R.E., by 
the flux emi'ted from the quiescent star, Lv, in absolute units. The 
first quantity, R.E., is obtained by numerically integrating the flare 
light curve 

R.E.= f/,(()<*', 

where l,(t) is the time behavior of the flare normalized to the flux 
received from the quiet star. The relative energy, R.E., therefore 
expresses the energy of the flare in terms of the energy rate of the 
quiet star. 

The second quantity, £ t., the absolute luminosity of the star in 
the U bandpass, can be estimated from Moflett's (1974) determi-
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Table 2. Observing log. Total effective monitoring time = 16087 s=4.489 h 

Date (UT) Monitoring intervals (UT) Effeeive 
obs. time 

No. of 
flares 

7 Dec 1983 

8 Dec 1983 

10 Dec 1983 

11:26:52-11:27:54, 11:30:12-11:49:30, 
11:51:43-12:11:48, 12:13:41-12:30:25, 
12:32:28-12:40:50 
10:05:13-10:23:50, 10:24:57-10:50:44, 
10:52:37-11:31:03, 11:33:11-12:02:19, 
12:04:17-12:20:56, 12:23:15-12:36:09, 
12:36:55-12:43:34 
10:21:13-10:22:15, 
10:33:26-11:20:20 

10:24:12-10:30:42, 

3931s 

8890 s 

3266s 

II 

7 

nation of the energy output of a zeroth absolute magnitude star. 
Assuming V - B= 1.09 forG9-38 implies Mv = 18.02 (Table l)and 
L„=2.310" ergs' 1 . 

This method of calculating the absolute energy of flares 
implicitly assumes that the energy distributions of flares and that 

of the quiet star are the same. This is certainly not true, as can be 
seen from flare colours and their time behavior (Pettersen, 1983b). 
Without multicolour observations this method is the best avail
able, and the results are consistent with and may be compared to 
those of other flare stars analysed in the same fashion. 

T»We 3. U-filler flare characteristics for G9-3c AB 

Flare Date (UT) Flare 'riie '..! Flare' Noise logE, 
no. maximum ampl. Ho (erg) 

1 7 Dec 1983 11:42:09 5s 10s 5.53 0.07 29.43 
2 7 Dec 1983 12:09:19 10 15 0.36 0.08 28.36 
3A 7 Dec 1983 12:16:50 10 - 1.22 0.081 29.49 3B 7 Dec 1983 12:17:21 - 20 1.32 0.08 J 29.49 

4 7 Dec 1983 12:24:01 36 46 0.58 0.08 28.78 
5 7 Dec 1983 12:28:22 30 20 0.75 0.09 28.82 
6 7 Dec 1983 12:35:27 15 7 1.30 0.09 28.87 
7A 8 Dec 1983 10:31:47 15 - 1.04 0.08) 29.27 7B 8 Dec 1983 10:32:12 - 23 1.34 0.08J 29.27 

8 8 Dec 1983 10:54:50 20 62 0.47 0.07 28.72 
9 8 Dec 1983 11:09:22 5 5 0.46 0.07 28.21 

10 8 Dec 1983 11:34:03 10 25 0.26 0.05 28.72 
11 8 Dec 1983 11:37:28 10 5 0.39 0.05 28.06 
12 8 Dec 1983 11:39:05 20 20 1.00 0.05 29.16 
13 8 Dec 1983 11:58:02 20 92 1.09 0.04 29.33 
14A 8 Dec 1983 12:04:22 5 5 0.90 0.04) 29.16 14B 8 Dec 1983 12:04:53 5 7 1.38 0.04J 29.16 

15 8 Dec 1983 12:25:38 26 36 0.40 0.05 28.68 
I6A 8 Dec 1983 12:29:24 5 56 1.92 0.05) 
16 B 8 Dec 1983 12:31:37 5 5 0.44 0.05 > 29.48 
I6C 8 Dec 1983 12:32:44 10 5 0.50 0.05 J 
I7A 8 Dec 1983 12:38:37 36 12 40.03 0.06) 
17B 8 Dec 1983 12:42:18 15 9 15.13 0.06} > 30.51 
I7C 8 Dec 1983 (2:42:38 5 15 9.29 0.06J 
18 10 Dec 1983 10:21:23 < 5 <r 5 1.21 0.04 28.36 
19 10 Dec 1983 10:28:08 5 5 U.2I 0.06 27.96 
20 10 Dec 1983 (10:33:20) _ 41 0.23 0.07 > 28.57 
21 10 Dec 1983 10:39:35 10 10 0.17 0.08 28.06 
22 10 Dec 1983 10:52:03 20 5 0.31 0.10 28.32 
23 10 Dec 1983 11:10:46 10 5 0.40 0.12 27.96 
24 10 Dec 1983 11:12:49 10 5 4.42 0.13 29.37 
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0 4 8 12 16 20 
FLARE TIME SPACING (MINUTES) 

Fig. 1. The frequency distribution oTlime intervals between dares on G9-38 AB. 
The dots representexpected values from a Poisson process with the same average 
value as that of the observed distribution 

3. Discussion 

3.1. Ftftre frequency and time distribution 

The detection of 24 flare events in 4.5 h implies an average of one 
flare every II min. The time intervals between successive flares 
actually observed vary between 1 and 20 min. The average inter-
flare spacing for uninterrupted observing intervals is 6.1 ± 6 . 1 min. 
The frequency distribution is shown in Fig. I. The expected 
distribution from a Poisson process is marked as dots, and a chi 
square test does not reject the null hypothesis that flares are 
randomly distributed in time (see e.g. Pettersen ei al. 1984 for the 
method of analysis). 

3.2. Flare time scales 

The average rise time for the flares observed is 1 4 ± 9 s , and the 
average decay time is 20 ± 21 s. The frequency distributions of the 
time scales are shown in Fig. 2, together with Poisson distributions 
for the average values quoted. Chi square tests do not detect 
significant differences between the observed distributions and 
Poisson distributions at 9 5 % confluence level. 

Figure 3 shows the relationship between the flare decay time 
and the absolute visual magnitude of the stars, with G9-38 
included. 

2.2 -
2.0 

IO9<t 0 5> „ • 
• 16 , " 

16 ». -
# -

1.4 • -* • G9-38 . 
1.2 • -
1.0 . • _ 

' ' • i i i i i • -
6 8 10 12 14 16 18 20 

ABSOLUTE VISUAL MAGNITUDE 
Fig. 3. The empirical relationship between average flare decay timescale and the 
absolute visual magnitude of the sun. The location of G9-38 AB is identified 

3.3. The cumulative flare energy distribution 

The flare activity of G9-38 has been analysed using the method 
introduced by Gershberg (1972). Figure 4 shows the cumulative 
distribution of flare energy versus flare frequency. Flares smaller 
than about 1 0 " erg tend to avoid detection, but more energetic 
flares are apparently large enough for all of them to be recorded. 
The linear portion of the cumulative distribution is defined by 
flares with £ & 1 0 " erg. The scatter is considerable. A least square 
fit to the data points yield 

log(JV/T)= 14 .36-0 .61 l o g £ t f , 

where T is in s and £ „ is in ergs. This relation may be combined 
with the definition of the cumulative number of flares, IV, to show 
that the accumulated amount of flare energy per unit of time, 
EP/T. including unobserved small flares below the detection limit, 
is given by 

f-Zfrv-**. 
. 

16 
_ • 

12 

8 -

4 - • 

' . 71 . 

20 

.m 0 20 40 
FLARE RISE TIME (SECONOS) 

20 «0 60 80 W0 
FLARE DECAY TIME t „ , (SECONOS) 

Fig. 2. Frequency distributions of risr times (left) 
and decay times (right) for flara on u?-38 AB. 
The dots represent expected values from Poisson 
processes with the same average values as those of 
the observed distributions 
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Fix. 4. The cumulative distribution of flare energy in the (/-filter versus flare 
frequency, based on twenty-four Bares on G9-38AB 

G9-3BAB 
8 December 1983 UT 
U-filter 

_W 
12:26:55 12:37:10 

Time (UT) 
Fig. 5. Complex flare events on G9-38 Afi, including the largest flare reported in 
Table 3. Each datapoint represents 5 s integration lime 

where a = 14.36, fc 

IP 
T 

=0.61,£„,=310 3 0 ,and£„ i n =910".Wefind 

=0.11. 

This is a small value compared to that of the UV Cet system, which 
was determined to be four times larger by Lacy et al. (1976). 
Another low luminosity system, V780Tau, also produced flare 
energy comparable to that of UV Cet (Pettersen, 1983c). It is 
interesting that we are now accumulating data for very similar 
stars that show quite different activity levels, tt is puzzling, 
however, that G9-38 has stronger emission lines than UV Cet 
when its flare activity level is lower. It may be a violation of a well 
accepted relationship, but may also have been caused by strong 
flare activity during the spectrum observation. 
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