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STELLINGEN

behorende bij het proefschrift

STUDIES OF ACCRETING AHD BOH-ACCRETIHG
HEUTHOH STABS

1. De waargenomen correlatie tussen de sterkte van het magneetveld en de eigen
beweging van radiopulsars kan slechts gedeeltelijk worden verklaard als het
gevolg van selectieeffecten. Dit duidt erop dat de waargenomen pulsarpopulatie
bestaat uit twee groepen, namelijk uit "normale" pulsars met sterke magneet-
velden en hoge snelheden en uit zogenaamde "recycled" pulsars, die zwakke velden
en lage snelheden hebben.

- Hoofdstuk I en II uit dit proefschrift

2. In de optisch diepe lagen van de wind van een neutronenster, waar de
stralingsflux in het meebewegende systeem de Eddington limiet benadert, zijn
speciaal-relativistische correcties in de stralingstransportvergelijkingen ook
belangrijk als de snelheid van de wind ter plaatse veel kleiner is dan de
lichtsnelheid.

- Hoofdstuk IX en X uit dit proefschrift

3. Voor snel roterende neutronensterren met een zwak magneetveld is de rotatie-
energie van de ster een belangrijke bron van energie voor de accretleschijf.

- Hoofdstuk VIII uit dit proefschrift
- Priedhorsky, W: 1986, Astrophys• J. Lett. 306, L97

4. Een onaangenaam maar belangrijk probleem bij de studie van radiopulsars is
het feit dat de hoeveelheid energie die wordt uitgezonden in de vorm van
radiostraling van ondergeschikt belang is in de totale energiehuishouding van de
pulsar.

5. De fysisch meest zinvolle manier om onze kennis van specifiek plasmafysische
verschijnselen in magnetosferen rond neutronensterren te vergroten is een
nauwkeurige studie te maken van de magnetosfeer rond Jupiter.

- "Physics of the Jovian Magnetosphere", editor A.J. Dessler, Cambridge
University Press (1982)

6. Bij duisternis en slecht-weer-situaties (mist, regen etc.) zorgt een straat-
verlichtingsinstalatie bestaande uit monochromatische Lichtbronnen voor een
betere visuele waarneming voor de weggebruiker dan een soortgelijke instalatie
met andere, niet monochromatische lichtbronnen.

- "Road Lighting", W.J.H- van Bommel aiid J.B. de Boer, Philips Technical
Library (Kluwer Techn. Boeken b.v., 1980)

7. Historici moeten zich niet alleen afvragen waarom een massamoord, zoals b.v.
op de joden in de tweede wereldoorlog, heeft kunnen plaatsvinden. Ze zouden zich
vooral moeten afvragen waarom dit niet vaker gebeurt.
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At nuclear densities the nuclei begin to dissolve and merge together. The

density regime above p n u c is not well understood. The pressure is now dominated

', by neutrons interacting via strong forces and the presently available nuclear

; equations of state are subject to many uncertainties, including the possibility

of neutron and proton superfluidity and pion condensation. These uncertainties

' strongly influence the models of neutron stars (see Baym and Pethick, 1979, for

a review). Therefore, determinations of the masses and/or radii of neutron stars

through observations may be used to constrain the possible equations of state

and thereby to improve our knowledge of the physics of natter at extreme

densities.

2. Sources of observational information on neutron stars

The possible existence of neutron stars was already predicted in 1932 by

Landau, shortly after the discovery of the neutron. Somewhat later, in 1934,

Baade and Zwicky made the suggestion that neutron stars could be formed in

supernova explosions. However, most physicists and astronomers did not take the

idea of neutron stars very seriously for a long time, due to the lack of

observational evidence. This situation changed somewhat after the discovery of

cosmic, non-solar X-ray sources ( e.g., Sco X-l) by Giacconi et al. (1962).
i

I After the detection of an optical counterpart at the position of Sco X-l

(Sandage et al., 1966), Shklovskii (1967) proposed that the X-ray emission

! originated from high-temperature gas flowing onto a neutron star from a close

binary companion. As early as 1964 Hayakawa and Matsuoka had suggested that gas

accretion in close binaries might be a source of X—ray emission'

However, the newly discovered Galactic X-ray sources did not yet provide

compelling observational evidence for the existence of neutron stars in close

binary systems. The discovery of quasars by Schmidt in 1963 was initially also

seen as possible evidence for the presence of neutron stars, since such stars

could perhaps explain the large redshifts of spectral lines observed. However,

Salpeter (1965) showed that the observed redshifts from quasars exceed the

maximum gravitational redshift expected for a stable neutron star. (cf.

Zapolsky, 1968.)

The first "real" observational evidence for the existence of neutron stars

was found late in 1967 when radio pulsars were discoverd by Hewish et al.

(1968). Pacini (1967) had already proposed a simple magnetic dipole model,

capable of converting rotational energy of a neutron star into electromagnetic

radiation and particle emission. The argument that the observed pulsars were in

fact rotating neutron stars, with surface magnetic fields of order 10 1 Z G, was

put forward by Gold (1968). He showed that such objects could explain many of



bursts are caused by thermonuclear flashes at the surface of neutron stars,

which are accreting gas from a normal companion (Woosley and laam, 1976;

Maraschi and Cavaliere, 1977). The succes of this model in explaining the global

properties of "Type I" X-ray bursts also provides evidence that X-ray burst

sources are neutron stars. (See Lewin and Joss, 1983, for a review of X-ray

burst sources.)

Many of the brightest Galactic X-ray sources, which are concentrated in the

direction of the Galactic center, do not show pulsations or bursts. They are

often referred to as Galactic bulge sources, because they are distributed like

the older stellar population that comprises the Galactic bulge. It is believed

that these sources are basically similar to the burst sources - though with a

higher accretion rate - and the compact objects in these sources are also

thought to be neutron stars.

3. Basic properties of neutron stars :

3.1. Introduction

As explained above, neutron stars are studied in two different settings:

either as radio pulsars, or as accreting X-ray sources in binary systems. In the >

latter case they are observed in the X-ray regime of the electromagnetic i

spectrum (roughly with energy range 1 keV < E n < 50 keV), whereas in the former '.

they are mainly observed in the radio band (0.1 GHz < v < 10 GHz). By observing ,.
i ,

and studying neutron stars in these two different settings one hopes to obtain a V

better understanding of their basic properties, such as their masses, radii, ;

magnetic field strengths, spin periods etc. We believe that this information may

improve our understanding of the behaviour of matter in extreme situations

(i.e., extreme temperatures, densities, magnetic field strengths, etc.) and also !

of the formation and evolution of these objects. .

In this thesis attention will be devoted to the magnetic field strength,

rotation period and space velocity of neutron stars. These basic properties nay

provide us with valuable information about the origin and subsequent evolution '

of neutron stars. Since the determination of the mass and radius of neutron

stars is not the subject of this thesis, below a brief introduction is given of

possible ways to determine these properties.

3.2. Observational information on the masses of neutron stars l

If the neutron star is a member of a binary system, as is the case for the :

binary X-ray sources and for some radio pulsars, Kepler's Third Law can be used !

to determine the mass function for one or both of the stars in the binary. This



4. Suaaary of the work, presented in this thesis

4.1. Overview

In studying neutron stars there is an important difference between radio

pulsars and X-ray sources. This is due to the fact that in observing radio

pulsars one only has to deal with the neutron star itself (Including the

magnetosphere), while in the case of X-ray sources an important part of the

observations is related to the mass-accretion process: i.e., to the behaviour of

matter outside of the neutron star. As our understanding of this accretion-

process is quite limited, it is in most cases difficult to obtain information

about properties of the neutron stars in X-ray binaries other than the mass

and/or radius (see above). Only in the case of X-ray pulsars it has been

possible to determine the rotation period of the neutron star directly, since it

is identified with the pulse period of the sources. Sometimes even the magnetic

field strength of X-ray pulsars can be inferred either from direct X-ray

spectroscopic observations (e.g., in Her X-l) or through the application of the

theory of disk-accretion (i.e., assuming that the rotation period is equal to

the equilibrium period; cf. Ghosh and Lamb, 1978, 1979; Henrichs, 1983). In the

case of the non-pulsating X-ray sources it is much more difficult to directly

derive properties such as magnetic field strength and rotation period.

Although it may seem from the above that, therefore, radio pulsars are

better suited to directly study some of the basic properties of neutron stars,

also our understanding of the physics of radio pulsars is still poor. This is

mainly due to the fact that, despite almost twenty years of research and the

accumulation of an extensive data set, there is no satisfying model for the

process which produces the observed radiation in the radio band (Manchester and

Taylor, 1977; Taylor and Stinebring, 1986). This makes it extremely difficult to

investigate the basic properties of the underlying neutron star by studying

individual radio pulsars, and statistical studies are, therefore, better suited.

In view of the above, this thesis is divided into three parts. Part A is

devoted to the statistical study of radio pulsars, in which the observations of

nearly all known pulsars are used to study their properties such as magnetic

field strengths, rotation periods, space velocities as well as their evolution

in time.

Part B is devoted to the modelling and understanding of quasi-periodic

oscillations (QPO) in low-mass X-ray binaries. But, as explained above this

study is mainly concerned with the accretion process in these sources, and one

may hope to learn more about the neutron stars in these systems when the

understanding of QPO is improved.



luminosity laws • by studying their influence on the expected correlation between

the magnetic field strengths and transverse velocities, and on the expected

distribution of pulsars in the magnetic field versus period (i.e., B vs P)

diagram. It is shown that both laws can explain the observed correlation, but

that they predict different distributions in the B vs P diagram. The law of Gunn

and Ostriker (1970) seems to predict the observed distribution in the B vs P

diagram better than the law found by Proszynski and Przybycien (1985). ,

This result seems to be difficult to reconcile with the fact that the law

of the form L = P P " is more consistent with the observed luminosities than

the relation of Gunn and Ostriker (1970). This problem is treated in Chapter

III, where it is shown that the observed luminosities of pulsars are consistent

wi^h a new relation which has the form L = B/P for values of B/P less than i

101"* Gs~2 and L ~ constant above that value. Based upon an inspection of the

expected B vs P diagram it is concluded that this law predicts a distribution of

pulsars that is consistent with the observed one. An important property of this

new luminosity law is that it can be understood within the framework of a model

for the radio emission of a pulsar, namely that of Ruderman and Sutherland ;

(1975). This is not the case for the other two above-mentioned laws.

Using this new luminosity law, in Chapter IV an evolutionary model is

developed for radio pulsars that can account for the observed distributions of '

rotation periods, magnetic field strengths, heigths above the galactic plane and

characteristic ages. It is shown that the observations are consistent with the 1

idea that all single pulsars are born with short periods (less than about 50 '

ms), with an average field strength of ~ 3 10 G, and an average velocity of ~

100 km/s. It is, furthermore, shown that with this model the field decays on a

timescale of ~ 5 10 yr. The important difference with studies based on the

luminosity law of the form L = P P is that the new law does not require

late "injection" of pulsars in the observable population (Chevalier and

Emmering, 1986). It is, also, shown that there is evidence for the presence of

recycled pulsars in the observed sample. :

4.3. Part B: Quasi-periodic oscillations in low-mass X-ray binaries

As mentioned above, the derivation of such basic properties of non-

pulsating, accreting neutron stars (for example, the bright Galactic bulge

sources) as their magnetic field strengths or rotation period from X-ray

observations is difficult, due to our limited understanding of the accretion

process. However, after the discovery of QPO in the Galctic bulge source GX 5-1

(Van der Klis et al., 1985), and subsequently in other sources, there is some

hope that we may learn more about the compact objects in these systems- This



accretion. The hardness ratio versus intensity diagram of GX 5-1 shows a so-

called "horizontal branch" on which the hardness ratio decreases sligthly with

increasing intensity. This negative slope, together with the fact that the

source shows QPO on this branch, is used to derive an empirical constraint on

the relation between the observed intensity and the magnetospheric radius of the

disk. This constraint is in strong disagrement with the models of disk

accretion, if it is assumed the the observed intensity is directly proportional

to the accretion rate in the system. That the latter may not be the case was

already suggested by other authors (Lamb et al., 1985). The model developed in

Chapter Vll is based on the somewhat speculative assumption that on the

"horizontal branch" the polar cap area over which the accretion takes place

increases in a specific way with increasing accretion rate. With this assumption

the model presented in Chapter VII may give a natural explanation of the two-

branched structure of the hardness ratio versus intensity diagram seen in GX 5-1

(and maybe in Cyg X-2) in terms of bimodal accretion.

In Chapter VIII a specific version of the beat—frequency model is developed

in which the QPO is not due to modulated accretion but due to a modulated

transfer of energy from a rapidly rotating neutron star to magnetic structures

(i.e., loops) in tha disk. This mechanism may explain some of the features

observed in QPO-sourcas, such as the relatively small amount of power in the

low-frequency noise, and the high luminosity implied by the spectral component

which is thought to originate from the disk (White et al., 1986).

4.4. Part C; The problem of super-Eddington luminosities in X-ray burst sources

X-ray bursts are believed to be thermonuclear explosions on the surfaces of

neutron stars (see Lewln and Joss, 1983, for a review). Numerical calculations

suggest that the observed luminosity from these bursts cannot be larger than the

Eddington limit, even if a wind developes (e.g., Paczynski, 1983; Ebisuzaki et

al., 1983; Kato, 1983). Yet, if it is assumed that the average distance of the

burst sources is equal to the distance to the Galactic center, then maximum

luminosities in excess of the Eddington limit (by factors > 3) have been

observed for many X-ray bursts (see Van Paradijs, 1981; Inoue et al., 1981 and

Verbunt et al., 1984).

The most straightforward solution to this problem is a decrease of the

distances of burst sources. This would, however, require a distance of less than

~ 6.5 kpc to the Galactic center (see e.g., Ebisuzaki et al., 1984). This seems

unlikely because this distance has been derived from several branches of

astronomy and a value of 9±1 kpc seems more in accordance with observations

(e.g., Oort and Plaut, 1975; Habing, 1986). It may also be possible that the

10
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PART A

STATISTICAL STUDIES

OF

RADIO PULSARS



1. Introduction

Anderson and Lyne (1983) and, more recently, Cordes (1985) found that there

seems to exist a correlation between the magnetic moments (and therefore the

magnetic field strengths) of radio pulsars and their transverse velocities

(Fig.l). The main conclusion from these investigation is that this correlation

is not due to a selection effect, but is real. As a possible explanation

Anderson and Lyne argue that an asymmetry in the supernova explosion could give

rise to the observed velocities. If the asymmetry is due to a particular

magnetic field configuration, this could lead to a correlation between the

velocity and the magnetic field strength of the pulsars. Also Cordes (1985)

argues that the correlation is most plausibly due to a relationship between the

magnetic moment and the impulse given to a neutron star at or near the time of

its formation.

It was pointed out by Radhakrishnan (1985) that, although the asymmetry-

hypothesis is attractive due to the fact that the kinetic energy of the pulsar

is about five orders of magnitude smaller than that of the ejecta of the

supernova shell, the energy stored in the magnetic field is about as many orders

down from the kinetic energy of the pulsar. Radhakrishnan, therefore, suggested

that the correlation, shown in Fig.la, is the result of the existence of two

populations of radio pulsars. Firstly a population of "normal" pulsars with high

to medium field strenghts and high velocities and secondly a population of

recycled pulsars. These latter ones are old and are believed to have low field

strengths (cf. Radhakrishnan and Srinivasan, 1981; Van den Heuvel, 1985). If,

furthermore, a pulsar has been recycled in an initially wide binary consisting

of a neutron star and a B-emission star, then the space velocity of that pulsar

may be quite small (cf. Van den Heuvel and Bonsema, 1984).

Although the explanation given by Radhakrishnan is attractive and appears

to fit in the evolutionary scenarios for radio pulsars with weak magnetic fields

(Van den Heuvel, 1985), it seems useful to first investigate the possible

influence of selection effects on the relation between the magnetic field and

the transverse velocity.

In paragraph 2 we will discuss two selection effects that are present in

the measurement of pulsars. In paragraph 3 we will give a qualitative account of

the influence of these selection effects on the (B - vt)-diagram, where B

denotes the surface dipole field strength and vt the transverse velocity. In

paragraph 4 a description will be given of a Monte Carlo simulation of the

expected correlation between the magnetic field and transverse velocity taking

into account the selection effects decribed in paragraph 2. In paragraph 5 the

results will be discussed.

18



2. Selection effects

2.1. The Anderson and Lyne sample

That some selection effect

is present in the observations

by Anderson and Lyne is

suggested by Fig. 2, where we

have plotted the luminosity,

L^QQ, versus the distance, d for

the pulsars in their sample. The

luminosity is defined by L^QQ =

s400 d2» "i"* S400 b e i n8 t h e

mean spectral energy density of

incoming radiation at 400 MHz.

The values for S400 and d are

taken from Manchester and Taylor

(1981). As can be seen, the

pulsars with a high luminosity

have, on average, a larger

distance than those with a low

luminosity. This can be

understood in terms of flux-

limitation. There is a minimum

flux ( S 4 0 0 ) m i n that can be

observed. The larger the

distance to the pulsar, the

higher the luminosity must be

for it to be observable. In

Fig.2 this selection effect is

shown by a tentative cut-off

line, given by

1 -

0.1 1 10

DISTANCE (kpc)

Fig. 2. The luminosity L 4 0 0 (= S40Qd
2)

versus the distance d for the pulsars in

the Anderson and Lyne sample. The straight

line indicates the cut-off line by eq. (1)

for Cs4oo^min = ^ ^Yt a s used in our

computer simulation of Population 1.

= 2 log d + log(s,nJ
400;min (1)

The presence of a further selection effect is suggested by Fig. 3a where we

have plotted the transverse velocity, vfc, versus the distance. It is clear from

this Figure that the pulsars that are far away tend to have, on average, higher

velocities than those that are close by. This is also due to a selection effect

zo



those for which they could not measure the transverse velocity. We are merely

pointing out that the low transverse velocities of the pulsars with a large

distance can be uncertain as is suggested by the error bars in Fig. 3a.

The selection effects, mentioned above, are in fact exactly the same ones

that affect the studies of stellar populations in the galaxy, and the use of

high proper motions is indeed a standard method for detecting nearby low-

luminosity stars.

2.2. The Cordes sample

The selection effect due to flux-limitation is also present in the pulsar

sample measured by Cordes (1985). The presence of the second selection effect is

less clear. Cordes does not measure the proper motion of the pulsars but the

interstellar scintillation speed. These two velocities are correlated but the

correlation is not very strong for individual objects, as is clear from a

comparison between the proper motions measured by Anderson and Lyne and the

scintillation speeds for the same pulsars (see Cordes (1985) and compare Fig. la

to lb).

In Fig. 3b we have plotted the scintillation speed (VIsg) versus the

distance for the 70 pulsars in the Cordes sample. (He have left out PSR 2224+65

for which the measured velocity was 1746 ± 312 km/s).

300
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«:
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m

•

•

•• •" 7

/ • •

*

0.1 03 1.0 3D 10
DISTANCE (kpc)

Fig. 3b. The interstellar scintillation speed versus the distance for the

pulsars in the Cordes sample. The straight line indicates the cut-off line given

by eq. 3 for i-°Sl^min - 1-2, as used in our computer simulation of population 2a.

If we compare Fig. 3b to 3a it is clear that the scintillation speed can be

measured to larger distances than the real proper motion, as indicated by Cordes
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If all pulsars belong to one class then another important consequence of

field decay is that, since pulsars are bora with strong fields, a weak field

pulsar is on average older than a high field one. This can also be seen from

Fig. 1 in Van den Heuvel (1985).

Pulsars that are located in the upper lefthand corner of the (B - v£)

diagram (Fig. 1) have a weak field and are therefore on average older than

pulsars in the upper and lover righthand corners. Their low field strength

implies a low luminosity and the fact that they have a high transverse velocity

and are old suggests that their distances are large, on average. As a result

these pulsars have a very low flux and, therefore, a small probability of

detection, with respect to those in the other parts of the diagram. For example,

the pulsars in the lower lefthand corner have a low luminosity but because of

their small velocity are closer to us, on average, and therefore they have, on

average, a higher observed flux. This effect could explain the absence of

observed pulsars in the upper lefthand corner of Fig. 1. This possibility was

already mentioned by Anderson and Lyne.

In the reasoning given sofar we have thought of the transverse velocity as

the real absolute velocity in 3-dimensional space, which it is not. Furthermore,

we have related velocity and distance in a simple way, without considering the

fact that pulsars can move in our direction and thereby decrease their distance.

Therefore, the explanation given so far cannot by itself fully explain the

observed correlation between B and vt. Furthermore, as has already been pointed

out by Anderson and Lyne, it cannot account for the absence of pulsars in the

lower righthand corner: i.e.the absence of pulsars with a high field strength

and low transverse velocity.

We think that the latter can be explained in the following way. As is clear

from Fig. 2, pulsars with a high luminosity and therefore strong field tend, on

average, to be farther away than pulsars with a weak field. A larger distance

implies that the transverse velocity of the pulsar must be large for it to be

measured. Pulsars in the lower righthand corner have a strong field and are,

therefore, on average far away, while at the same time their transverse velocity

is small, and therefore difficult to measure. Therefore, they are expected to be

absent in the (B - v ) diagram.

4. A conputer simulation

In order to derive a quantitative value for the expected correlation

between the transverse velocities and magnetic field strength that might be

expected due to the above-mentioned selection effects we have made a Monte Carlo

simulation of the expected pulsar population in the neighbourbood of the Sun.
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than 3 kpc to this relation. We found

L400 E W 2 -

To simulate the real pulsar population somewhat better we distributed the

luminosities around the logarithm of the average value as given by eq. (8). For

this we used the following distribution

1 r 1 ( 1 O g L400" < l o 8 L400 > ) 2

p(logL400)dlogL400= *—jr exp[- j

Here Oogl^QO'1' i s calculated from equation (8) and the value for o^ we chose

equal to 0.25.

It is generally believed that pulsars do not pulse forever, but die after a

certain time, depending on their magnetic field strength and rotation period, F

(see e.g., Ruderman and Sutherland, 1975). This is represented by a death-line

in the B versus F diagram. This death-line can be parameterised in terms of the

initial field strength, BQ, once the decay time, tjj, of the field is known.

Assuming a decay time of 2 10 years, we found for each BQ a minimum magnetic

field strength, B^^, given by

log B . = 2.0 log Bn - 13.9 (10)
min U

Once the field strength of a pulsar, that was born with a field BQ, had become

smaller than Bmin, the pulsar was excluded from our population.

Another important reduction in the number of pulsars, that can be seen, is

caused by the fact that the radiation of a radio pulsar is strongly beamed. We

have assumed that, due to this beaming, 1 pulsar in 5 could be seen.

The pulsar population thus created would be the one that could be observed

if there were no other selection effects present. As we mentioned above,

however, we have to take account of two important selection effects. First of

all there is a minimum flux, S^^, that can be observed. For the Anderson and

Lyne sample we have set Sm±n equal to 15 mJy. This is the flux observed from FSR

0943+10 as given by Manchester and Taylor (1981) and is the lowest observed in

the Anderson & Lyne sample. For the sample of Cordes we have set S^u equal to

10 mJy. For our own populations we calculated the flux of each pulsar by

evaluating its luminosity through eqs. (8) and (9) and its distance through eq.

6 (i.e., d^ = jr̂ j ). If (S 4g 0) i was less than S^^ we excluded the pulsar from

our sample.

The other selection effect that has to be taken into account is the cut-off
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therefore, cannot represent a true simulation of the present total pulsar

population. As vas mentioned above, Radhakrishnan has suggested that these

pulsars are members of a different subset because they have been recycled (see

also Tutukov et al. 1984, who suggest, as an alternative, that these originate

from very wide binaries). Since our calculations do not include the possibility

of recycling we have, as an experiment, excluded pulsars 1 to 5 from the

Anderson & Lyne sample and compared the modified correlation coefficient with

our own calculations. The 21 pulsars which are show a much weaker correlation.

We find a coefficient of 0.33, which is roughly the same value that we expect

from our simulations (see Fig. 5). The best straight line for these 21 pulsars

is given by log vt = 0.29 logB - 1.44. We have plotted this line in Fig. 4 (see

dashed line). As can be seen this line is consistent with our calculations.

To show that our simulation is indeed affected by the selection effects

that are present in Fig. 2 and 3a, we have plotted the luminosity versus the

distance in Fig. 7 and the transverse velocity versus the distance in Fig. 8.

From Fig. 7 it is clear that pulsars with a high luminosity tend to have a

larger distance and from Fig. 8 the same thing is clear for pulsars with a high

transverse velocity.

5.2. Computer population 2

To simulate the Cordes sample we have generated two computer populations of

pulsars: namely 2a and 2b- In population 2a we have assumed the second selection

effect to be present and we have adopted the value of 1.2 for logij>min as

mentioned above. For population 2b we not included the second selection effect.

The results of the Monte Carlo calculation for population 2 are presented in

Figs. 9 to 11. In Fig 9 we have plotted the the magnetic field strength, B,

versus the transverse velocity, vt, for all the pulsars in population 2a. From

these pulsars we have randomly chosen 100 samples of 70 pulsars to simulate the

sample of Cordes (1985). For each of the 100 samples we have again calculated

the best straight line fit and in Fig. 9 we have plotted the lines with the

largest (c), average (b) and smallest (a) slope. If we compare Fig. 9 to Fig. 4

we see that the expected correlation is weaker for the samples of 70 pulsars in

population 2a. This is clearly due to the weaker selection effects in comparison

to population 1 and because of the larger samples. We have also calculated the

distribution of correlation coefficients for the 100 samples. This distribution

is plotted in Fig. 10. We have done the same calculations for population 2b, in

which the cut-off line in the vt versus distance diagram is not present.
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excluded because i t i s a member of a binary. We exclude the other three pulsars

simply because we do not expect them from any of our computer simulations and

they therefore also seem to be part of a special population, like the pulsars 1

to 5 in the Anderson and Lyne sample. When we exclude these pulsar 1 to 10 from

the Cordes sample we find a reduced correlation coefficient of 0.11, which is in

very good agreement with the value expected from our Monte Carlo simulations

(see Figs. 10 and 11).

5.3. Conclusion

Although one of the selection effects ( i . e flux limitation combined with

the correlation between luminosity and field strength) was already mentioned by

Anderson and Lyne, our Monte Carlo simulation shows the importance of the second

effect, i . e . , the fact that pulsars with a large distance need to have a large

transverse velocity in order for their proper motions to be measurable. This

selection effect is stronger than the first one, since it relates directly to

one of the measured variables, v t , and the importance of i t is clearly shown by

the difference in the distribution of the correlation coefficients between Figs.

5 and 6.

Our conclusion i s that the correlation found by Anderson and Lyne (1983),

between the transverse velocity and the magnetic field strength for radio

pulsars, is more strongly influenced by the presence of pulsars 1 to 5 than by

the selection effects discussed here. We have shown that the probability that a

correlation coefficient as large as the value 0.6, reported by Anderson and

Lyne, is purely a consequence of selection effects, is only 3%. We conclude,

therefore, that our calculations provide support for the idea of Radhakrishnan

(1985) that the pulsars with numbers 1 to 5 in Fig. la form a separate

population, with an origin different from that of the other pulsars. If they are

excluded from the Anderson and Lyne sample, the reduced correlation coefficient

i s very close to that obtained from our Monte Carlo calculations. The agreement

is s t i l l reasonable if one or two of these pulsars, numbers 1 to 5, are

included, but certainly not a l l of them.

The correlation in the sample of 70 pulsars measured by Cordes (1985) is

much weaker and could be expected from the influence of only the first selection

effect (see Fig. 11). But our Monte Carlo simulation does not produce pulsars

with weak fields and low velocities, while these are clearly present in the

Cordes sample. If we, however, exclude these weak field and/or low velocity

pulsars ( i . e . , numbers 1 to 10 in Fig. lb) we are left with a sample of 60

pulsars for which the correlation between field strength and transverse velocity

can be fully understood in terms of selection effects. The pulsars that are left
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CHAPTER II

A POSSIBLE DISCRIMIHAIIOH BETWEEN TWO LUMINOSITY LAHS FOR RADIO PULSARS

G.M. Stollman

Astronomical Institute "Anton Pannekoek", University of Amsterdam

Astron. Astrophys. 170, 48-54 (1986)

Summary

In order to discriminate between two different luminosity laws for radio pulsars

(i.e., Lĵ  = B and L. «= P P * , resp.) the expected influence of these laws

on the correlation between the magnetic field strengths and transverse

velocities and on the distribution of pulsars in the magnetic field versus

period diagram is investigated. A Monte Carlo method is used to simulate obser-

vable pulsar populations, taking into account relevant observational selection

effects. It is shown that both laws lead to a predicted correlation between the

field strengths and the velocities that is consistent with the observations for

decay times of the magnetic field ranging from two to nine million years.

However, the distributions of observable pulsars in the B vs P diagram predicted

by both laws are very different. It is shown that the relation L <* B leads to

distributions that are similar to the observed one for decay times of the field

between two and five million years. The other relation for the luminosity

produces distributions that are inconsistent with the observed one.

Key words; pulsars - magnetic fields - proper motion - luminosity.

1. Introduction

An important problem in the statistical studies of radio pulsars is the

dependence of their luminosity on various other parameters, such as the magnetic

field strength, B, the period, P and the period derivative, P. Gunn and Ostriker

(1970) and more recently Lyne, Manchester and Taylor (1985) found that the radio

luminosity, L, of pulsars is well represented by L « P P («B ) . If, however, a

relation of the form L = P P P is assumed, the values of a and (3 can be derived

from a fit to the pulsar luminosity data. From the catalog of Manchester and

Taylor (1981), Proszynski and Przybycien (1985) found statistically acceptable

fits for a. = - 1.04 ± 0.13 and p = 0.35 ± 0.04. Vivekanand and Narayan (1981)



An important consequence of flux limitation is, therefore, that on average

the pulsars with high luminosities (and therefore high fields) are farther away

than those with low luminosities. Then, due to the existence of a lower cut-off

(which increases with distance) in the observable transverse velocity high field

pulsars have on average a high transverse velocity. The combined result of these

two selection effects is that the chance of observing high field - low velocity

pulsars is reduced. The two arguments mentioned above qualitatively explain the

apparent, observed correlation between the magnetic field and transverse

velocity.

The qualitative explanation given above, however, is based on one important

assumption, namely, the idea that the luminosity is proportional to the square

of the magnetic field strength. Without this direct and strong coupling between

the luminosity and the magnetic field strength there is no obvious reason why,

for example, weak field pulsars that are far away are less well observable than

high field ones. However, as mentioned above the luminosity of pulsars might

well be represented by L,» in which case the relation between luminosity and

magnetic field strength is not so transparent. Therefore, the second luminosity

law can lead to different values for the correlation between fields and

velocities. By comparing these values for both laws to the observed correlation

it may be possible to discriminate between the two luminosity relations.

In paper I it was also assumed that the decay time, %, of the magnetic

field is two million years. Values in the range of 2 to 9 million years are

still consistent with radio pulsar observations (Van den Heuvel, 1985; Lyne,

Manchester and Taylor, 1985; Chevalier and Emmering ,1986). In this paper,

therefore, the expected correlation between field strengths and velocities will

be investigated using the two different luminosity laws mentioned above and

allowing for several values of the decay time of the field.

Another possible way to discriminate between the two luminosity laws is by

comparing, for both cases, the distribution of pulsars In the magnetic field

versus period diagram (hereafter B vs P diagram) with the one observed, taking

into account the relevant observational selection effects.

2. The luminosity and period of a radio pulsar

In this paper the quantity L^Q0, defined by

L400 = S400 * 2 "** k p c 2 <x>

will be used as a measure for the luminosity of a radio pulsar. Here S^oo is the

mean spectral energy density of incoming radiation at 400 MHz in mjy and d is
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of p will be in the range

0.25 sec < p < 5.25 sec (8)

Therefore, unless pulsars are born with periods larger then a quarter of a
2 2

second, P. /p < 1. From equation (6) it may then be concluded that the value of

P is only affected by the value of Pg when

p

pj /p2 > 1 - exp(-2t/-c) or t < | ( - | ) 2 « x

The conclusion that can be drawn from this is that the life history of a pulsar

is not very sensitive to the distribution of Pg, as long as PQ < 0.25 sec. In

this study a flat distribution was chosen for Pg with values

1 ms < PQ < 50 ms (9)

As pointed out by Ruderman and Sutherland (1975), when a pulsar reaches a

certain magnetic field strength and period no more radiation is produced and the

pulsar is "dead". In the B vs P diagram this dying is represented by a death

line (see Fig. 5), which is given by

B12/P
2 = 0.2 (10)

(Ruderman and Sutherland, 1975).

Using eq. (6), the condition exp(-2t/x) « 1 and the definition of P, equation

(10) can be written as a condition for the nrfn-iraiim field strength, B m i n(G), a

pulsar can reach, nl.

log B m l n = 2 log BQ + log T - 20.2 (11)

Here x is the decay time in years.

3. The coaputer oinulations

In paper I a detailed discription was given of the Monte Carlo method used

to create a flux-limited sample of radio pulsars. In this paper this same method

will be used. Once every 1000 year a pulsar is created, with a space velocity

selected from a gaussian distribution (o\, = 100 km/s), a magnetic field strength

BQ chosen from a gaussian distribution in log BQ centered around a value of 12.5

and with a = 0.3, and a period P Q picked from a flat distribution according to

eq. (9). This procedure was continued for about 6 to 7 decay times of the field.
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3.1.3. Results and discussion

3.1.3.1. Decay time

Comparison between the different distributions of the correlation

coefficient for the different values of x in both Fig. 1 and 3 (i.e. in the case

where the luminosity is proportional to B ) shows that the average expected

correlation for x = 5 10 yr is smaller than for x = 2 106 yr, but that It is

larger when x = 9 10 yr. This can be understood as follows. The main reason for

the decrease In the correlation when the decay time increases from 2 to 5

million years Is the fact that for the later case the pulsars "live" longer and

more can be seen, if all the selection effects are kept the same. This Increase

in the number of pulsars reduces the average correlation coefficient for fixed

samples of 30 or 60 pulsars. However, If the decay time becomes much longer

another effect becomes Important, namely, the Influence of the death line, as

can be seen in Fig. 5. As the decay time increases the average magnetic field

strength of the pulsars increases (for the distribution in the (B - P) diagram

shifts to the right but is cut off by the death line). Therefore, the average

luminosity and, due to flux limitation, the average distance of the pulsars

increases. A larger average distance also Implies a larger average velocity.

Therefore, an increasing number of high field - high velocity pulsars is seen.

This probably increases the expected correlation.

As was pointed out In paper I and in the introduction, when in the observed

samples of Anderson and Lyne (1983) and of Cordes (1986) those pulsars are left

out, that are not found by the computer simulation (i.e. with small fields

and/or small velocities) and that are problably recycled (Radhakrishnan, 1985a),

the correlation coefficients found are 0.33 for the Anderson and Lyne sample and

0.11 for the Cordes sample. For population 1 (i.e. the one with the selection

effects valid for the Anderson and Lyne sample) the chances of finding

correlation coefficients larger than 0.3 are ~ 35%, ~ 25% and ~ 60% for x = 2, 5

and 9 million years, respectively. In the case of population 2 the chances of

finding coefficients larger than 0.1 are ~ 40%, ~ 30% and ~ 45% respectively.

Therefore, the observed correlation coefficient can still be explained by the

expected values for the decay time between 2 and 9 million years In the case of

the luminosity of radio pulsars being proportional to B .

The different cases where the luminosity is given by eq. (3) (i.e. L 2 =

P P * ) are given in Fig. 2 for population 1 and In Fig. 4 for population 2.

Here the chances of finding correlation coefficients larger than 0.3 for

population 1 are ~ 20%, ~ 10% and ~ 25% for x = 2, 5 and 9 million years

respectively. For population 2 the chances of finding coefficients larger than



binaries are left out. The scale on the righthand side Indicates values of log

L̂  according to eq. (2). Lines of constant log L̂  are horizontal. The diagonal

dashed lines Indicate lines of constant log I^. according to eq. (3). Also given
12are the evolutionary tracks of pulsars born with BQ = 10 G and BQ = 10 G,

for the three different values of the decay time, used in this paper.

13

Plsecl

Fig. 5. The B vs P diagram for the observed pulsars with S 4 0 0 > 10 mJy.

Indicated are the death line, the spin-up line, lines of constant

log (L2 = P P ) and some evolutionary tracks for different values of the

decay time, x. The scale on the right hand side Indicates values of log (L]_ «

B 2 ) .

To compare the computer simulations for the two different luminosity laws

the B vs P diagram was plotted for population 2 (since S m l n = 10 mJy) for an

"average" value of x = 5 106 yr. The distribution created by using L = Lt for

the luminosity of pulsars is plotted in Fig. 6 and the one using L 2 in Fig. 7.

It is clear by comparing the Figs. 6 and 7 that the two luminosity laws give a

very different distribution in the (B - P) diagram. This can be .understood from

Fig. 5 in which lines of constant luminosity are drawn. 'i -
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Suppose that a pulsar has a magnetic field strength log B = 10.5 and period P =
—2 20.3s. Then according to eq. (2) it has a luminosity of Lĵ  = 2.3 10 mJy kpc

while the relation of Proszynski and Przybycien (1985) leads to L 2 = 25 mJy

kpc • Therefore, L2 = 10 L^ which implies that according to the second

luminosity law (eq. (3)) the pulsar can be 30 times further away than when the

luminosity is given by eq. (2). Thus, the chance of observing pulsars with

fields smaller than 10 G and periods shorter than 0.5 s is much larger when

the luminosity of pulsars is given by L 2 than for Lj. This explains the

difference between the distributions in Figs. 6 and 7.

Comparison of the distribution of pulsars in Figs. 6 and 7 with the

observed one in Fig. 5 leads to the conclusion that the distribution in Fig. 6,
2

where L4QQ = Lj • B , is a much better approximation of the observed one than

the distribution in Fig. 7, where L400 = ^2 * p p '^ne i mP o r t a n t

difference between the distribution of pulsars in Fig. 6 and the observed one in

Fig. 5 is that in the former one the pulsars are more strongly concentrated

toward the death line. This concentration Is caused by the value of the decay

time, which can be understood by looking at the evolutionary tracks in Fig. 5

for different value of x.

101
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Fig. 8. The theoretical B vs P diagram for population 2, for 1 = 2 106 yr and

L400 = Ll - B2'
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than was assumed in paper I and in this study. In order to see whether this

change In the distributions of BQ and Fg affects the B vs P diagram, the Monte

Carlo method discribed in paper I was changed accordingly. The value for BQ was

picked from a flat distribution of its logarithmic value with 11.78 < Log BQ <

12.6 and the period was chosen from a flat distribution with 0.09s < PQ <

0.25s.The distribution of pulsars thus found, with Sn£a = 10 mjy, is plotted in

Fig. 9. Again, it is clear that the distribution is very different from the one

observed. Increasing the initial period to values larger than 0.5 sec, as

suggested by Vivekanand and Narayan (1981), seems unlikely to improve matters

drastically and further more it then becomes difficult to understand why quite a

few pulsars have observed periods smaller than 0.5 sec.

4. Conclusion

4.1. The correlation between B and v

The different luminosity laws for radio pulsars predict slightly different

expected values for the correlation between the magnetic field strengths and the

transverse velocities in the observable pulsar population. Both, however, are

consistent with the observed correlation, if it is taken into account that some

of the low field - low velocity pulsars may be recycled, as mentioned in the

introduction and explained in paper I.

Different values of the decay time of the magnetic field lead to slight i

changes in the distributions of the correlation coefficients. In the case of the

luminosity of radio pulsars being related to the magnetic field in a

straightforward manner (i.e. L4QQ = Ll " B ) these shifts can be explained

qualitatively in terms of an increase in the observable number of pulsars with

increasing decay time, and the greater influence of the death line for ever ':

increasing decay times. In the case that the luminosity is not related in a -

straightforward way to the magnetic field this qualitative explanation cannot be -.

given. )
{

\
4.2. The B vs P diagram

The conclusion of this paper is that the luminosity law of Proszynski and

Przybycien (1985), where L^Q0 = P P " , leads to distributions of pulsars in jj!

the B vs P diagram that are very different from the one observed. It is shown ?

that this result is not changed by altering the distribution of B Q and PQ. On |

the other hand, the original luminosity law, as found by Gunn and Ostriker

(1970) and Lyne, Manchester and Taylor (1985), leads to distributions that are

in good agreement with the observed one. Furthermore, it is suggested by a
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THE RADIO LUMINOSITY OF PULSARS
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Summary

It is shown that the observed radio luminosities, L, of pulsars can be described
9 13 '

in terms of the parameter B/P . For values of this parameter smaller than 10

G/s , L is proportional to B/P and for larger values L is independent of B/P

and nearly constant. If the assumption is made that the luminosity is

proportional to the potential drop across the polar gap in the magneto sphere of <;'

the pulsar, then this dependence of L on B/P can be understood within the .:

framework of a simple physical picture. Further support for this luminosity law :i

comes from the fact that it generates a distribution of pulsars in the B vs. P ij

diagram that is similar to the observed one, contrary to other recently |]

suggested luminosity laws. j

|
>

Key words: pulsars - luminosity. |

1. Introduction s

In order to understand the intrinsic properties and evolution of radio V

pulsars it is necessary to know how the observed population is affected by i'

observational selection effects. An important selection effect is flux ";

limitation, i.e., the existence of a lower limit to the amount of flux that can |

be detected by radio telescopes. To see how this effect influences the observed ||

pulsar population, one has to know the intrinsic radio luminosity, L, of each 1
pulsar. It seems likely that this luminosity depends on one or more basic

j
properties of the underlying neutron star, such as its rotation period P, its |

• u
period derivative P, and its magnetic field strength B. Gunn and Ostriker (1970) n
and more recently Lyne, Manchester and Taylor (1985) made the assumption that L

2 •= B <c p p . Their justification of this assumption was that it seemed to be

consistent with the data, if a plausible model of pulsar evolution is

constructed in which each pulsar Is born with a strong field and short period
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(1986) it is assumed that the same luminosity relation holds over the entire

range of periods and period derivatives. That this may not be the case is

suggested by a plot presented by Taylor and Stinebring (1986), in which the

luminosity of pulsars is plotted against the parameter Q = 2 P V _' (where

P is in seconds and P is in 10~15 ss"1)- This parameter appears in the theory

of radio pulsars as developed by Beskin et al. (1983, 1984), and distinguishes

"young" (Q<1) from "old" (Q>1) pulsars. It appears that L is nearly independent i

of Q for Q < 0.7, but decreases rather steeply as Q approaches and exceeds ;

unity. Although Q itself does not appear in older theories of the radio emission

from pulsars (e.g., Rutherman and Sutherland, 1975; Arons, 1983) there is a very

interesting thing to be noted. If one fits a straight line through the decaying

part of the plot of log h versus log Q one finds

log L = 2.04 - 1.26 log Q (1)

Using Q = 2 P " P " this relation can be rewritten as

log L - - 10.43 + 1.01 log B - 1.90 log P (2)

2 - 2
where B is the magnetic field strength, given by B = y P P G as is predicted .'

if one assumes that the pulsar loses energy due to magnetic dipole radiation :

(Pacini, 1967, 1968; Guim and Ostriker, 1969) or which also follows from the j

theory of Goldreich and Julian (1969) for aligned rotators. The value of y is of i

the order of 1039 G2/s. ?
r

The conclusion that can be drawn from eq. (2) is that for Q < 0.7 the

luminosity of pulsars is aproximately given by .
1-

2 'i'
L = B/P (3) ,'

To illustrate this, Fig. 1 presents a plot of <log L> versus <log B/P2> for

those pulsars from the catalog of Manchester and Taylor for which S > 10 mjy. '

Here S is the mean spectral energy density of incoming radiation at 400 MHz and '"

the luminosity L is defined by .

L = S d2 mJy kpc2 (4)

where d is the distance to the pulsar in kiloparsec. The choice that S must be

larger than 10 mjy is made because the sample of the pulsars that is considered I

must be complete to a given limiting flux. For all the pulsars in the catalog of jj;"

Manchester and Taylor (1981) this is not the case because it includes a number ;'.
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If one were to fit a straight line through all the points of Fig. 1 the

following relation would result

log L = (-5.69 ± 1.31) + (0.62 ± 0.10) log B/P2 (6)

Using the familiar relation for B, e<i.(6) can be rewritten as

log L = (6.40 ± 2.35) - (0.93 ± 0.21) log P

+ (0.31 ± 0.05) log P (7)

Comparing this to the relation for L found by Proszynski and Przybycien (1985)

log L = (7.01 ± 0.91) - (1.04 ± 0.15) log P

+ (0.35 ± 0.06) log P (8)

one may conclude that these are consistent with one another In other words, if

one were to fit the luminosity of all pulsars using L = (B/P ) one would find a

relation that is consistent with the one found by Proszynski and Przybycien

(1985) or by Vivekanand and Narayan (1981). However, from Fig. 1 it seems

plausible that L cannot be described by one relation over the entire range of

B/P2 values, but that L is best described by

L = B/P2 for B/P2 < 10 1 3 (9)

and L ~ constant, for B/P2 > 10 1 3 (10)

Of course, it is clear that, with seven data points, a four parameter fit

(i.e., the lines of eq. (9) and (10)) must give a better fit than a two-

parameter fit. So, observationally there is no obvious reason for a four-

parameter model. However, as will be explained in the following paragraph, there

may be a physical reason why the luminosity is proportional to B/P below a

certain value of B/P and constant above.

3. Physical interpretation

The relation for L found in the previous section has a simple physical

interpretation in the context of the theory developed by Kuderman and Sutherland

(1975) for the radio emission of pulsars. In this theory a polar magnetosheric
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which is a weak function of b and P, assuming that p is aproximately constant

(cf. Ruderman and Sutherland, 1975). For older pulsars (h = h ) L is given by

A V <r B/P (17)

Within this physical picture of the polar gap model, the relation of L as a

function of B/P , as given in Fig. 1, finds a natural explanation.

4. The B versus F diagram

. 0 3]j
n tl»e introduction it was mentioned that the luminosity relation L <* P"1

P " leads to a distribution in the B vs. P diagram that is different from the

one observed. To illustrate this the observed distribution (for pulsars with S >

10 mJy) is plotted in Fig. 2.

loga IGI

Fig. 2. B versus P diagram for the pulsars from the catalog of Manchester and

Taylor (1981; with S > 10 mJy.

In Fig. 3 the distribution is plotted, that is computed with a Monte Carlo

method, described in Stollman and Van den Heuvel (1986) and Stollman (1986),

using the luminosity relation of Proszynski and Przybycien (1985) and using the

initial period and magnetic field strength distribution as derived by Chevalier

and Emmering (1986), who used the same luminosity law. The number of pulsars is

normalised to approximately the same number as is observed. It is clear that

there is a remarkable difference between the two distributions.
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if one would make the assumption that pulsars are born with strong fields (10

< B < 10 Gauss) and short periods. This is the reason why Vivekanand and

Narayan (1981) introduced the idea that pulsars are injected into the observable

population with longer periods than usually assumed. It is also the reason why

Chevalier and Emmering (1986) find that pulsars are born with less strong fields

and with longer periods. However, according to equation (5) the luminosity of

pulsars is approximately constant in the upper left hand corner of the B vs. P
n

diagram, since there log(B/P ) is larger than 13. Therefore, the new relation

found in this paper does not predict too many pulsars in this region of the B

vs. P diagram.

In view of the above-mentioned differences between the two luminosities

laws it seems interesting to calculate the distribution of pulsars in the B vs.

P diagram, using the same Monte Carlo method mentioned above, assuming that the

luminosity is given by eq. (5) when B/P2 < 1013 G/s2 and by log L = 2.71 ± 0.60,
9 13 2

when B/P > 10 G/s , and, furthermore, assuming that the pulsars are born with

strong fields and short periods. We translated the latter two assumptions into

functional forms by assuming:

(1) that pulsars are born with magnetic field strengths selected from a gaussian

distribution in log B, centered on log B = 12.5 and with width a = 0.3, and

(2) that pulsars are born with periods selected from a flat distribution between

1 and 50 msec.

Furthermore, it is assumed that the magnetic field decays on a timescale of 9

10 yr, as found by both Lyne, Manchester and Taylor (1985) or Chevalier and

Emmering (1986), to be consistent with the data. Again the number of pulsars is

normalised to approximately the number observed.

The results of the latter Monte Carlo calculation are presented in Fig. 4

and comparing this figure and Fig. 3 to Fig. 2 it is clear that Fig. 4

represents the observations much better. However, one must realise that this is

only a qualitative comparison of scatter diagrams. A better way to understand

the full implication of the luminosity law given in this paper is to do a full

statistical analysis of the pulsar population using this law and comparing it to

the analysis of Chevalier and Emmering (1986). However, this analysis is not the

purpose of this paper and will be presented in a separate study.

One may, therefore, conclude that the new luminosity relation leads to a

distribution in the B vs. P diagram that more closely resembles the observed one

than does the relation found by Proszynski and Przybycien (1985). Furthermore,

the relation found in this paper, does not seem to require that the pulsars are

born with longer periods and/or stronger magnetic field strengths, than is

usually thought.
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gives rise to a distribution that seems to mimic the observed one better,

without ad hoc assumptions, such as injection of pulsars with long periods into

the observable population.
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Lyne, Manchester and Taylor,1985) the assumption was made that the luminosity is

1 proportional to the square of the magnetic field strength. Using this law, Lyne,

j Manchester and Taylor (1985) showed that the observed distributions of P, P, T

I (= P/2P, the so-called characteristic age of the pulsar) and |z| (the height

above the galactic plane) could be well understood if it is assumed that pulsars

are born:

' (1) close to the galactic plane with a Maxwellian velocity distribution, having

a standard deviation of 107 km/s,

(2) with a gaussian distribution in In B with a standard deviation of a = 0.69,

and centered around B = 0.75 1012 G,

(3) with short periods,

and further by:

(4) assuming that their magnetic field strengths decay on a timescale of 9.1

million years.

> However, it was shown by Vivekanand and Narayan (1981) and Proszynski and

:, Przybycien (1985) that the above-mentioned luminosity law is not consistent with

<' the observed luminosities of pulsars- These authors found that a law of the form

L = P P is in better agreement with the observations. Based upon this law

,,'. Chevalier and Emmering (1986) made a new study of the galactic pulsar
I

population. They found that this luminosity law leads to the conclusion that

pulsars are born with magnetic field strengths equally distributed between 9.4

1011(4 106yr/TD/2 G and 6.3 1012(4 lt^yr/tp)^ G, where xD is the decay time of
D p

the field in years and, furthermore, that both T D = 4 10" yr and 9 10 yr give a

good fit to the observed distributions in T and P. However, their main

conclusion was that if one adopts this luminosity law, pulsars are born with

much longer periods (i.e., between 0.09 and 0.25 sec) than was assumed by Lyne,

Manchester and Taylor (1985). This so-called late injection of pulsars in the

observable population seems to be a natural consequence of the assumed

luminosity law and was also proposed by Vivekanand and Narayan (1981).

In order to examine which of the two luminosity laws mentioned sofar (i.e.

L̂ cc B <* PP, versus L «: P P ) gives the best fit to the statistical

characteristics of pulsars, I have made a comparison of the B vs. P diagrams

predicted by both laws (Stollman, 1986a), and I have shown that the law Lĵ  leads

to a B vs. P diagram that more closely seems to resemble the observed diagram

than does L£. The latter law predicts too many pulsars that have both a short

period and a low field strength. I assumed in my study that pulsars are born

with the same short periods as adopted by Lyne et al. (1985). When this last

constraint was dropped and pulsars were assumed to be born with periods between

0.09 and 0.25 seconds, as suggested by Chevalier and Emmering (1986), the
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£or p 0 > 15 kpc. (Here it is assumed that the radius of the galactic disk is

approximately 15 kpc). Z(zo)dzQ is the probability that a pulsar is born with

coordinate zQ in the range (z0, Z Q + dz Q). In accordance with the work of Gunn

and Ostriker (1970), Lyne, Manchester and Taylor (1985) and Chevalier and

Emmering (1986) this probability distribution is defined as

d z0 (2)

where H Is the scaleheight of the pulsar progenitors.

In equation (1) V(v)dv is the probability that a pulsar is born with

velocity components vx, v and vz in the range (vx,vy,vz) and (vx + dvx,vy +

dv ,vz + dvz) and is given by

2 ^ 2 _,_ 2
V + V + V

V(v)dv dv dv = —z rrr exp[ , 1 dv dv dv (3)

The standard deviation av will be set equal to 107 km/s, which is consistent

with the distribution of transverse velocities as measured by Lyne et al. (1982)

and which is equal to the value used by Lyne, Manchester and Taylor (1985) and

also consistent with the velocity distribution applied by Chevalier and Emmering

(1986).

B(lnBQ)dlnB0 is the probability that a pulsar is born with a value lnBQ in

the range IIIBQ to IIIBQ + dlnB0, where BQ is the dipole magnetic field strength

at the pole of the neutron star. Following Gunn and Ostriker (1970) the form of

B(lnBy) is chosen to be gaussian, i.e:

(lnB0 - <lnB>)
2

B(lnB0)dlnB0^ jyj exp[ - ] d lnB0 (4)

°B(2lt) Z °B

where <lnBg> is the average value of lnBg, with which pulsars are born and aB is

the standard deviation.

In equation (1) P(PQ)dP0 is the probability that a pulsar is born with

rotation period PQ in the range between PQ and P Q + dPQ. In this paper it is

assumed that this probability is the same for all periods between 1 and 50

milliseconds and zero outside this range, except in those cases indicated.

Xt is then assumed that in our galaxy once every 100 yrs a pulsar is born

(Taylor and Stinebring, 1986). After a certain time t a population of t/100

pulsars is created. For each i pulsar in this population the position r. with

respect to the galactic center is determined by
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density S 4 0 0 from

S400 - W

(

S In order that the computer-generated population can be compared to the observed

one, one has to exclude from both populations those pulsars for which S^QQ is

smaller than a certain minimum value S^^. This should be done because the

pulsar samples that are compared must be complete down to a certain limiting

flux value. For the observed population this is not the case because it includes

a number of surveys with different limiting fluxes. The value of s
m^a is

uncertain. Chevalier and Emmering (1986) have assumed it to be equal to 1 mJy,

which is the minimum detected flux listed in the pulsar catalog of Manchester

and Taylor (1981). In the main section of this paper the value of S^j^ is set

equal to 5 mJy in order to obtain a more complete sample.

It is generally assumed that pulsars do not pulse forever. In the theory of

Kuderman and Sutherland (1975), on which the luminosity law used in this paper

is based, it is found that the pulsar radiation mechanism stops when the

potential difference across the polar gap drops below a certain critical value.
** 2 11 —2

This amounts to a minimum value for B/P of 2 10 Gs , which defines the so-
n

•; called death line in the B vs. F diagram. When the value of B/F drops below
•4

this critical value for pulsars in the computer-generated population they are

excluded from the sample.

| For the thus generated computer-population of radio pulsars it Is possible

• to find the distributions of P, B etc. and to compare these to the observed

distributions. Since the age of the galaxy is much larger than the expected

lifetime of pulsars it seems likely that the pulsar population has reached a

steady state. This requires that the age, t, of the computer-generated

population must be chosen larger than a certain value tmax, such that for all t

> tg]ax the distributions in P, B etc- are constant in time. It is found that for

all the distributions calculated in this paper t is of the order of 5 to 6

times the decay time of the magnetic field.

In order to see whether the computer model, described sofar, does indeed

generate the correct pulsar distribution functions (i.e. those predicted

analytically), the distribution of expected periods is calculated using first

the assumptions of Lyne, Manchester and Taylor (1985) and secondly those of

Chevalier and Emmerlng (1986). The F-distributions thus calculated are then

compared to the (semi-) analytical distribution functions obtained by these

authors.

To calculate the P-distribution obtained by Lyne, Manchester and Taylor

, (1985) and Chevalier and Emmerlng (1986) it is first of all assumed that the sun
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obtained analytically by these authors.

0 40

Fig. 1a. The computer generated

log P - probability distribution

(bars) and the one predicted

analytically (curve). In both

cases the model of Lyne,

Manchester and Taylor (1985) is

used.

The figure shows that the log P - distribution generated by the Monte Carlo

method does fit the analytical distribution very well. In Fig. lb the computer

generated distribution and the one found by Chevalier and Emmering (1986) are

plotted. Considering the fact that the latter one was also calculated

numerically both distributions are remarkebly similar to one another.
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Fig. lb. The computer generated

log P - probability distribution

(fully drawn) and the one

predicted semi-analytical

(dashed). In both cases the model

of Chevalier and Emmering (1986)

is used.

ID
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equal to 175 pc. Also the value of oB will be fixed to 0.69 since this is

approximately the width of the observed distribution of lnB - (this amounts to

a B
= 0.3 for the distribution in log B, which will be plotted in this paper)

- and the value found by Lyne, Manchester and Taylor (1985). With these

parameters fixed, TD and <lnB0> will be determined by fitting the expected

distribution functions of log P and log B to the observed ones and maximising

Prob(x2
fit,v). With the value of xD and <lnBQ> thus found the distribution

functions of log T and Izj are determined and compared to the observed ones.

In Figs. 2 and 3 the expected and observed probability distributions are

plotted for log P and log B. The best values found for the fitting parameters

are: tD = 5.3 10
6 yr and <lnB0> = 28.8 (or <log BQ> = 12.5). In the case of the

log P - distribution the value for x a a s calculated using eq. (14). The bins

were chosen as plotted in Fig. 2 except that the ranges log P < -0.75 and log P

> 0.25 were considered as one bin each, to improve the statistics (i.e. the %

determined in eq. (14) is distributed as given by the probability distribution

under the integral in eq. (15), when for each i bin, Nfj in eq. (14) is larger

than approximately 10). The number of degrees of freedom was therefore 4 and the

fit of Fig. 2 has the value %Z ~ 4-8 leading to Prob(4.8,4) = 32 %, which

implies a very good fit.

In the case of the log B - distribution the bins were also chosen as

plotted in Fig. 3 except that also here the edges of the distribution are

rebinned such that the ranges log B < 11.25 and log B > 12.75 were considered 1

bin each. The fit presented in Fig. 3 has the value %2 ~ 9.5 which implies a

probability of 15%, which is also very acceptable.

For all other values of T D and <lnBg> than presented above the fits to the

observed distributions of log P and log B were worse in the sense that the

average value of Prob(x flt,v) = (Probj p +
 problo B)/2 was a maximum for

these values. It was for example noticed that for TJJ = 5.5 10 yr the fit to the

log P distribution was improved but that it made the fit to the log B

distribution worse.

To obtain the ranges of acceptable values of T D and <lnBQ> the minimum

value of Prob(x2
fit,v) was set equal to 10% leading to

4.5 106 yr < xD < 6.0 10
6 yr (16)

and

28.65 < <lnB0> < 28.90

or

12.44 < <log Bo> < 12.55 (17)
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Using the values tj, = 5.3 10b yr and <lnBQ> = 28.8 the values of aB and H were

changed and again the ranges determined by setting Prob = 10 %. The ranges found

are

0.6 < dg < 0-8 (18)

and

100 pc < H < 225 pc (19)

In Fig. 4 the observed and expected distributions of log T, where X is the

characteristic age P/2P, are plotted using T D = 5.3 10
6 yr, <lnB0> = 28.8, tJB =

0.69 and U = 175 pc. The value of x i s calculated using the binning presented

in Fig. 4, where the ranges log T < 5 and log T > 8 are considered as one bin

each. The value of % found is 20, leading to Prob = 1 %. Therefore, the quality

of this fit is not very good. However, exploring the parameter space defined by

equations (16) to (19) did not lead to a better fit. Since both B and T are
•

simple functions of P and P, it is not clear why the fits for log B and for log

P are so much better than the one for log T. It should also be noticed that the

fits for log T presented by Chevalier and Emmering (1986) were considered as

acceptable by the authors, while the value for the probability is less than 0.1

% and the fit is therefore even worse than the one presented here.

040
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10

The probability distribution or log T, generated with the model

described in section 2, and the observed one (hatched).

Prob(X
2
fitl,v) = 1%.

2 0 a n d
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mJy, as was done for the observed pulsars and in the calculations above.

Furthermore, the finite dimensions of our galaxy and the position of the sun

away from the center are taken into account. In order to calculate the values of

X for the various fits the same binning is assumed as in the above

calculations.

In Figs. 6 and 7 the computer generated distributions are plotted and

compared to the observed ones, using the assumptions of Lyne, Manchester and

Taylor (1985) as well as the values for T D, O B, <lnBQ> and H derived by these
2

authors. The fits look, quite acceptable. However, the values of x a r e much

larger than for the fits in Figs. 2 and 3. For the log P - distribution this

value is 14.5 and for the log B - distribution 66.5. In both cases the value of

Prob(x .v) is therefore unacceptable, even considering the fact that the number

of the degrees of freedom is larger than in the case of Figs. 2 and 3. Maybe the

fits could be improved by changing the appropriate parameters. However, this was

not the object of the calculation, for the idea was to see whether the model

plus its parameters, as derived by Lyne, Manchester and Taylor (1985) does give

better fits to the observations, than the model presented in this paper. The

conclusion is that it does not.

0.40

0.00
-2.0 -10 0.0

LOG P(SEC)

Fig. 6. The probability distribution of log P, generated by using the model of

Lyne, Manchester and Taylor (1985) where S m l n is set to 5 mJy and where the

finite dimension of the galaxy is taken into account, together with the observed

distribution (hatched). \~ = 14.5
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Fig. 8 . The same as Fig. 6 but now using the model of Chevalier and Emmering

(1986). x 2 » 98-!•
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Fig. 9. The same as Fig. 7 but now using the model of Chevalier and Emmering

(1986). x = 80.6.
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spin period and the magnetic field strength of the neutron star, after this

mass-transfer phase, depend on the parameters of the binary system at the onset

of the accretion (see for details de Kool and van Faradijs, 1986). But It is

generally assumed that, depending on their magnetic field strength and the mass-

accretion rate, the neutron stars are spun up to a minimum period P^JJ, given by

(Ghosh and Lamb, 1979; Henrichs, 1983)

(2.4 msec.) l » / " ^ [ L - ) ^ ^ (20)

Here Bg, H and Rg are the surface dipole magnetic field strenth of the neutron
q

star in units of of 10' G, its mass in solar masses, and its radius in units of

10° cm, respectively. *L.. is the maximum possible "Eddington-limit" accretion

rate. Equation (20) shows that for a "standard" neutron star with M = 1, R, = 1,
« •

the shortest possible spin-period P .,„ that can be reached - for M - M_., -
6/ 7 tdo

depends only on the value of B g, as P = B . This relation defines a line in

the B vs. P diagram above which no recycled pulsars are expected. This line is

the so-called spin-up line. Furthermore, as explained in section 2, no pulsars

are expected under the so-called death line (i.e. B/P 2 = 2.0 1 0 1 1 G s ~ 2 ) .

Therefore, one expects the recycled pulsars to be situated in the wedge-shaped

region between these two lines. Indeed, all the known recycled pulsars lie in

this region of the B vs. P diagram (cf- Taylor and Stinebring, 1986). Above the

spin-up line one expects only so-called "normal" pulsars (that is: non-recycled

pulsars). The model presented in section 2 is only valid for these "normal"

pulsars- However, the results in section 3 were obtained from fits of this model

to the observed pulsar population, which consists of both recycled and "normal"

pulsars.

To see whether the expected population of recycled pulsars, situated below

the spin-up line, might affect the observed distributions in period and magnetic

field strength, the results of section 3 are used to create a sample of pulsars

for which the period, P, and field strength ,B, lie above the spin-up line. This

sample is then compared to the observed sample of "normal" pulsars above the

spin-up line. Using TQ = 5.3 10
6 yr, <lnB0> = 28.8, a B = 0.69 and H = 175 pc,

the model distributions of log P and log B and the observed ones are plotted in

Figs. 10 and 11. The x 2 values are respectively 1.0 and 8.4, leading to Prob =

98 % for the log P - fit and Prob = 40 % for the log B -fit. Therefore these

fits are better than those for the complete population, as presented in Figs- 2

and 3.



However, It has to be remembered that the total number of pulsars considered In

this case is somewhat smaller, which may lead to somewhat smaller values of x

and It Is therefore not clear whether this result is significant enough to

conclude that the model fits to the complete population are influenced by the

presence of a class of recycled pulsars. One may, however, conclude that if

there is such a population of recycled pulsars it does not comprise a large

percentage of the total population. And it may also be concluded that the

parameters XQ, <1IIBQ>, ag and H, derived in section 3, do describe the origin

and evolution of radio pulsars quite well.

With the above in mind one may now generate the expected population of

"normal" pulsars below the spin—up line and compare it to the observed one. The

expected and observed distributions of log P and log B for pulsars below the

spin-up line are plotted In Figs. 12 and 13. The % values are respectively 17.2

and 7.0.

OAO

0.00
-2.0 -1.0 0.0

L06 P(SEC)
1.0

Fig. 12. The same as Fig. 10 but now for pulsars below the spin-up line, x2 =

17.2 and Prob(x fit>v) = 0.9%. The drawn curve represents the expected

distribution rescaled such that the ratio of the areas of the observed and

expected distributions correspond to the ratio of the number of observed and

expected pulsars (see text).
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overlap between Che two "humps"). Since the number of pulsars in the sample

below the spin-up line is 78 and in the total sample is 277, 10% of all observed

pulsars could be recycled. However, it is clear from Fig. 12 that the maximum of

the expected distribution is somewhat shifted to the left in comparison with the

right-hand maximum in the observed distribution, which one would not expect if

the left-hand peak is only due to recycled pulsars and the right-hand one only

to normal pulsars. Therefore, it is probably better to compare the expected

number of pulsars below the spin-up line with the number observed (i.e., 78).

One may find the number of expected pulsars by using a scaling factor that is

determined by the ratio of observed over expected pulsars above the spin-up

line. The number of expected pulsars below the spin-up line is then ~ 40 and;

therefore, 50% of all pulsars below the spin-up line may be recycled, leading to

~ 15% of all single pulsars. (Notice that all binary pulsars were left out in

the analysis in this paper). In Fig. 12 the expected distribution, rescaled to ~

50% of the observed one, is also drawn.

These rough estimates seem to be consistent with the findings of Stollman

and van den Ueuvel (1986), where it was found that the observed correlation

between the transverse velocities and the magnetic field strengths of pulsars,

found by Anderson and Lyne (1983) and Cordes (1986), could be understood if 10

to 20 percent of the pulsars is recycled.

5. Conclusions

In this paper it is shown that the observed distributions in P, B, T and

jz[ of radio pulsars can be understood if they are born:

(1) close to the galactic plane, having a typical scaleheight of 175 pc, and

with a maxwellian velocity distribution, having a standard deviation of 107

km/s,

(2) with a gaussian distribution in In BQ, centered around BQ = 3.2 10
1 2 G and

with a standard deviation of 0.69,

(3) with short periods, typically in the range of 1 to 50 milliseconds,

and if it is, furthermore, assumed that

(4) the magnetic field decays on a timescale of 5.3 106 yr,

(5) the radio luminosity is proportional to B/P for B/P2 < 1013 Gs~2, and

constant above that value.

The most important difference with the work, of Lyne, Manchster and Taylor

11985) is that the luminosity law used in the present analysis is consistent

8b



References

Anderson, B., Lyne, A.G.: 1983, Nature 303, 597

Carnahan, B-, Luther, H.A., Wilkes, J.O.: 1969, "Applied Numerical Methods",

J. Wiley & Sons, Inc.

Chevalier, R.A., Emmering, R.T.: 1986, Astrophys. J. 304, 140

Cordes, J.M.: 1986, Astrophys. J. 31X, 183

De Kool, M., van Paradijs, J.: 1986, Astron. Astrophys. (in press)

Ghosh, P., Lamb, F.K.: 1979, Astrophys. J. 234, 296

Gunn, J.E., Ostriker, J.P.: 1970, Astrophys. J. 160, 979

Henrichs, H.F.: 1983, in "Accretion-driven Stellar X-Ray Sources", eds. W.H.G.

Lewin and E.P.J. van den Heuvel, Cambridge University Press

Lyne, A.G., Anderson, B., Salter, J.M.: 1982, Monthly Notices Roy. Astron. Soc.

201, 503

Lyne, A.G., Manchester, R.N., Taylor, J.H.: 1985, Monthly Notices Roy. Astron.

Soc. 213, 613

Manchester, R.N., Taylor, J.H.: 1977, "Pulsars", W.H. Freeman & Co.

Manchester, R.N., Taylor, J.H.: 1981, Astron. J. 86, 1953

Proszynski, M., Przybycien, D.: 1985, in Proc. Worshop "Millisecond Pulsars",

N.R.A.O., Greenbank, W. Virg., June, 1984

Ruderman, M.A., Sutherland, P.G.: 1975, Astrophys. J. 196, 51

Stollman, G.M.: 1986a, Astron. Astrophys. 170, 48

Stollman, G.M.: 1986b, Astron. Astrophys. 171, 152

Stollman, G.M., van den Heuvel, E.P.J.: 1986, Astron. Astrophys. 162, 87

Taylor, J.H., Stinebring, D.R.: 1986, Ann. Rev. Astron. Astrophys. 24, 285

Van den Heuvel, E.P.J.: 1984, J. Astrophys. Astr. 5, 209

Van den Heuvel, E.P.J.: 1985, in Proc. Workshop "Millisecond Pulsars", N.R.A.O.,

Greenbank, H. Virg., June, 1984

Vivekanand, M., Narayan, R.: 1981, J. Astrophys. Astr. 2, 315

88



CHAPTER V

IRKING TO UNDERSTAND QPO: A BKVIEH

G.M. Stollman

t

Astronomical Institute "Anton Pannekoek", University of Amsterdam :

1. Introduction

In this chapter I will give a review of the models that have been proposed

so far to explain the quasi-periodic oscillations (hereafter QPO) observed in

some low-mass X-ray binaries (see Van der Klis, 1986a, for a l i s t of al l

sources). These models will be discussed against the background of some key

characteristics of the observations of GX 5-1, Cyg X-2 and Sco X-l which have,

until now, been observed in most detail. As the presence of QPO is inferred from

the power spectra of the intensity variations of the X-ray source, I will give a

brief introduction to these spectra in section 2, which will be worked out in

more detail after the basic properties of the models have been discussed in,

section 4- In section 3 a brief review of the observations is given.

2. Power spectra j

The existence of quasi-periodic oscillations in an X-ray source is inferred

from i t s power spectrum, P(v), defined by P(v) = F(v) F (v), where F(v) is the

Fourier transform of the X-ray intensity as a function of time [ i . e . , I ( t ) ] ,

F (v) i t s complex conjugate, and v the frequency. The quantity F(v)dv gives the

amplitude of the harmonic contributions comprising the signal I ( t ) , within the

frequency range from v to v + dv. Hence, JF(v)| serves as a spectral amplitude

density and Its square | F ( V ) | = F(v) F (v) ( i . e . , Parceval's formula) is the

power per unit frequency interval.

For each feature in the power spectrum between v = v̂  and v = v- the power

P±j is given by v.

P±i= / P(v) dv (1)

Given an intensity I(t) for which the mean value Is <I(t)> = Ig, the power in

the zero-frequency component of the power spectrum is PQ = IQ • Quantities often j»

spectrum are:

used in the literature on QPO, to express the strength of a feature in the power
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a: the r.m.s. fractional intensity variation, y» defined by

b: the fractional modulation, m, defined as half the peak-to-peak intensity

variation of a sinusoid of equivalent power, divided by IQ. For a sinusoid given

by I(t) = A sin(2nvot), the power is given by P ^ = A
2/2. Therefore,

Typical power spectra from, for example, GX 5-1 can be seen in Van der Klis

et al. (1985). The two features that are of particular interest and which have

to be explained by any theoretical model are the low frequency noise (hereafter

denoted by "LFN") - sometimes referred to as red noise - and the "QPO"- peak.

The LFN indicates that stochastic variations are present in the intensity of the

X-ray source, of which the slowest ones have the largest amplitude (i.e.

dP(v)/dv < 0). The quasi-periodic oscillations manifest themselves as a broad

peak with FWHM Av»pQ in the power spectrum, centered around the centroid

frequency Vyp0- As pointed out above, the area under the peak represents the

power in the quasi-periodic oscillations.

There are several ways to produce such a broad peak in the power spectrum

(see e.g., Van der Klis, 1986a). However, the power spectra cannot distinguish

between these because the phase information in the signal is lost. In most of

the theories discussed below the signal I(t) is thought to consist of finite

wave trains of n oscillations- If each wave train has a length At, then the

power spectrum will have a broad peak of width Av ~ I/At, centered around the

basic frequency, VQ, of the oscillation. The number of oscillation cycles in

each wave train is then n ~ At/P, where P is the period (i.e. P = 1/VQ) or n ~

VQ/AV. The larger n is, the more coherent the oscillations are. In the

observation of QPO the value of n is typically of order 1 and the coherence is,

therefore, low. In contrast to this, the power spectra of X-ray pulsars contain

a sharp delta—peak, at the rotation frequency of the neutron star and n is very

large.

3. Key observations

The basic properties of QPO sources that can be observed are the count rate

or intensity, I(t), the QPO-frequency, VQ P 0, the power in the QPO-peak and in

the low frequency noise, and the energy spectrum of the source, often given in

terms of a hardness ratio. Some of these quantities are correlated with one



another, and this has been Important for the developement of the theoretical

models. As mentioned above, I will only give a brief review of these

correlations as observed in GX 5-1, Cyg X-2 and Sco X-l. For the details of the

observations I refer to van der Kits et al. (1985) and van der Klis (1986a) for

GX 5-1; Hasinger et al. (1986) and Hasinger (1986) for Cyg X-2 and Middleditch

and Priedhorsky (1985) and van der Klis et al. (1986) for Sco X-l.

3.1. The correlation between QPO-activity and spectral behaviour

In the sources mentioned above the hardness ratio versus intensity diagram

consists of basically two branches. The hardness ratio is the ratio between the

count rate of the source in a high-energy band and a lower energy band. The

precise definition of these bands depends on the instrument used in the

observation. On different branches the sources show a different QPO behaviour.

In both GX 5-1 and Cyg X-2 there is a "horizontal" branch on which the

hardness ratio is nearly constant as a function of intensity and a "normal"

branch on which the hardness ratio increases monotonically with intensity

(Branduardi et al., 1980; Shibazaki and Hitsuda, 1983).

GX 5-1 shows intensity correlated QPO (20 Hz < V Q P Q < 36 Hz) when on the

so-called "horizontal" branch, and perhaps low-frequency QPO (VQPQ ~ 5 Hz) when

on the normal branch. Cyg X-2 shows intensity correlated QPO (28 Hz < V Q F Q <45

Hz) when on the horizontal branch and intensity independent QPO (of lower

frequency, nl. V Q P 0 ~ 5 Hz) when on the normal branch. The two branches for

these two sources imply two different spectral states and the QPO frequency

changes abruptly from one state to the other.

For Sco X-l the correlation between spectral and QPO behaviour is

different. This source exhibits periods of active flaring and periods of

quiescence and a gradual transition between the two. When active, Sco X—1 shows

QPO (10 Hz < V Q P 0 < 20 Hz) in the intervals between flares; the source is then

on the so-called "active" branch of the hardness versus intensity diagram. When

in quiescence the source shows QPO of lower frequency (Vgpo ~ 6 Hz) and is also

on a different branch in the hardness versus intensity diagram (i.e., the

quiescent branch). In contrast to GX 5-1 and Cyg X-2 there is a gradual

transition in QPO frequency between the two branches.

3.2. The correlation between I(t) and VQPQ

When they are on the "horizontal" branch in the hardness versus intensity

diagram both GX 5-1 and Cyg X-2 show a strong correlation between the observed

intensity and the QPO-frequency. However, for the low-frequency QPO observed

from Cyg X-2, when this source is on the normal branch, there is no clear
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intensity correlation.

In Sco X-l there is a different correlation between I and VQPQ for each

state the source is in. When active, QPO is observed in between the flares and

the frequency is correlated with intensity. When the source is in quiescence the

QFO frequency is lower and anticorrelated with intensity. When Sco X-l switches

from the active to the quiescent state (sometimes referred to as the i f

intermediate state) the frequency changes between 6 and 20 Hz with no single •

relation to the intensity. i

3.3. The correlation between QPO-activlty and LFH . .•

Both GX 5-1 and Cyg X-2 show LFN of strength similar to that of the QFO. In i

GX 5-1 the power in the QFO-peak and in the LFN are roughly equal, and both are

anticorrelated with intensity in a similar way. For Cyg X-2 the power in the LFN '

increases for increasing intensity, whereas that in the QFO-peak decreases.

However, in Sco X-l the strength of the LFN is less than that of the QFO.

3.4. The correlation between black-body luminosity and VQPQ

When the X-ray spectrum of Sco X-l is decomposed into two spectral

components (i.e., a black body component thought to originate from the surface :

of the neutron star and a component thought to originate from the disk; see

e.g., White et al. (1986) and Mitsuda et al. (1985)), it is seen that over the

whole range of states that Sco X—1 can be in, the QPO-frequency seems to be

simply correlated with the luminosity of the black-body component. Also for Cyg

X-2 the relation between the luminosity of the black-body component and VgpQ is

much simpler than that with the total intesity of the source.

3.5. Observed time delay for QFO

Hasinger (1986) found from a cross-correlation between the light curves of

Cyg X-2 - when the source was on the horizontal branch - in a high-energy band

(4.5 - 17 keV) and in a low-energy band (1.0 - 4.5 keV), that there is a time

lag for the hard photons with respect to the soft ones. This time lag is smaller

for higher QFO-frequencies.

The delay is also found for the QPO in GX 5-1 (Van der Klis, 1986b).

However, in this source the value for the delay is smaller (~ 0.5 to 1 ms in GX

5-1 versus ~ 1.5 to 4 ms in Cyg X-2).

4. Theoretical Models

It is generally assumed that low-mass X-ray binaries consist of a neutron

star that is accreting matter from a normal companion star, via an accretion
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disc. In ray discussion of the theoretical models that have been proposed so far

to explain the QPO observed in some of these systems I will make a distinction

between so-called "magnetospheric models" and other models. The magnetospheric

models are based on the assumption that the neutron star has a magnetic field

that is able to control the manner in which the accreted gas flows towards the

stellar surface. In these models the observed frequency is then related in some

way to the Kepler frequency of matter moving in the disc at the magnetospheric

radius, rA (see below). In the other type of models proposed, the neutron star

does not necessarily have a magnetic field and the QPO-frequency is not

necessarily related to the Kepler frequency-

4.1. Magnetospheric models

The standard Alfven or magnetospheric radius, r&, is usually derived for

spherical accretion, since in that case a simple relation exists between the

accretion rate M and rA- (For the case of disk-accretion see Ghosh and Lamb

(1979)). We expect that the field will begin to control the accretion flow when

the magnetic energy density becomes comparable with the total kinetic energy

density of the gas. Therefore, rA is implicitly given by B*(rA)/8n =

V2 p(rA)v
2(rA). For steady, transsonie, spherical flow at nearly free-fall

velocity the density and velocity are given by p(r) = H/4nvr and v(r) =

(2GM/r)'^ respectively. For a supposed dipole magnetic field outside the neutron

star, of magnitude B = |i/r at distance r, the Alfven radius can then be written

Here (i is the magnetic moment of the star.

It is usually assumed that the total X-ray luminosity L is related to M via {

L = GMM/R. For a spherically emitting source L = 4nd Fd, where d is the distance

to the source and Fd the energy flux received at d. The intensity or count rate '

I Is related to Fd by Fd = I <E>, where <E> is the average energy of the J

incoming photons. Hence, the intensity is simply related to H as I = a'M, where ij

a1 = GM/4itd2R<E>. However, as pointed out by Lamb et al. (1985), in low-mass X- '

ray binaries it is possible that the observed luminosity is not simply

proportional to the mass-accretion rate, for a number of different reasons: (i) i

the system may lose mass (and, consequently, energy); (ii) the geometry of the |

emission region may change (see chapter VII for a particular change of the

emission region); (iii) rotational energy of the neutron star may be transferred

to the disk via the magnetic field (Priedhorsky, 1986; chapter VIII). Therefore,

in general, we may write
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I = a. M P (5)

where in principle the power p can vary from -«• to += (see also Lewin, 1986, for

a discussion of the introduction of the parameter p). For the simple case

mentioned above, B = 1 and a = a*. From eq. (4) we then find a relation between

the Alfven radius and the observed intensity:

i m •

In the magnetospheric models for QPO proposed by Lamb et al. (1985),

Morfill and Truemper (1986), and in chapter VI and VIII, it is assumed that the

observed QPQ-frequency is n times the difference between the Kepler frequency,

vK, at rA and the rotation frequency of the star, vg. (Usually n is set equal to

1). This difference is referred to as the beat-frequency and the models are

usually called "beat-frequency models".

Alpar and Shaham (1985) were the first to suggest a beat-frequency model to

explain the QFO observed in GX 5-1. The physical process responsible for this

beat is due to the interaction at rA between the accretion disk and the rotating

magnetic field of the star. In the models put forward by Lamb et al. (1985) and

in chapter VI this physical mechanism is "magnetic gating" or "modulated

accretion". If it is assumed that the magnetic field of the star is able to

control the accretion-flow and that the inner region of the disk, where the

interaction with the magnetic field takes place, consists of regions or blobs of

matter and if, furthermore, it is assumed that the interaction between these

blobs of matter and the field depends on the phase angle $ of the blobs in the

accretion disk (e.g., due to an asymmetry in the field), then the accretion flow

from these blobs will be modulated with n times the beat-frequency vi (= vK -

v g), assuming that the phase angle dependence of the interaction between the

field and the matter has n-fold symmetry.

In the model by Morfill and Truemper (1986) the inner region of the

accretion disk is stirred by the rotating magnetic field, which results in

shocks that move through the disk with angular frequency v = vs and interact

with plasmoids (i.e., density inhomogeneities) that move with angular ferequency

v = vK- Due to this interaction the plasmoids are heated and start radiating.

The radiation observed is modulated with n times the beat-frequency, again

assuming n—fold symmetry.

In chapter VTII a model is presented in which the rotating magnetic field

interacts with magnetic loops in the inner region of the disk- This interaction
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leads to a transfer of rotational energy from-the star to the disk, which can be

emitted as X-rays. Again this interaction i s modulated and may produce the

observed QPO.

In the models presented above, each n blob or plasmoid contributes an

4 . 1 . 1 . The expected power spectrum

In the models presented abo\

amount I n , starting at time t , to the total intensi ty . The latter i s then

I = I I (t-t ) (7)
n

For reasons of simplicity, we now assume that the contribution from each blob or

plasmoid is suddenly turned on and that this contribution to the intensity

decays exponentially (i.e., takes the form of shots). Furthermore, we assume

that each blob contributes a constant, and a modulated part to I . For the

latter we will take, again for reasons of simplicity, a simple cosine function.

These specific assumptions will not alter the general conclusions but only the

details of the power-spectra (see also discussion after eq. 13). Each ^('"t,,)

can then be written as

In(t-tn;(Jiii) = {l + A cosL2nv0(t-tn)+<j>iij}e(t-tn)exp(-(t-tn)/T) (8)

Here <t>n i s the phase angle or azimuthal position of each blob (at time t n when

i t s tarts to contribute to the intensity) with respect to the direction of the

magnetic f ie ld or the position of the shocks, where the interaction i s most

e f f i c i en t . The function 8 ( t ) i s the Heavyside function and i s 0 when t < 0 and 1

when t > 0. We have normalized the constant contribution of each blob to 1,

since we are only interested in the shape of the power spectrum. Then A i s the

modulation depth, which in general i s the ratio of the modulated part over the

constant part of the contribution of each blob. Since 1^ i s due to accretion or

radiation of plasmoids i t can never be negative, which leads to the constraint

|A | < 1. In eq. (8) x i s the decay time of the intensity of each blob and i s

basically i t s l ifetime.

The Fourier transform of each I n , given in eq. (8) , i s

exp(-i»
l+i2mr(v+v0)v) t J

For convenience we may write FQ = exp(-ian) Bn, where an = 2iivtn and Bn is the
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term in the square brackets in eq. (9). The power spectrum P(v) is then given by

*(v> = [I F j [I F ]* = I */ + I BB* exp(-i(an- «,)) (10)

If the tQ ' s are randomly distributed, then the last term in eq. (10) will be

zero• So

*(*> " I V V ) Bn ( v ) ( U )

n

If f(iji)diti is the probability that a blob starts to contribute to the intensity

at a phase angle $ between $ and dij>, we may write (11) as

P(v) = N / B($,v)B (4>,v)f C<t>>d<p (12)
0

Here N is the number of blobs or plasmolds. For a random phase distribution f(i(i)

= l/2it and, using eq. (9) we find

2 2
P(v) - NT2[ \ r r i + | 2-i y ^ + £ Y1 Zi 3 ( 1 3 )

l+4it v T l+4n (V-V-) T l+4n (\rt-vQ) T

The f i rs t term in eq. (13) gives the LFN and is due to the fact that the

intensity of each blob is always positive, as can be seen from eq. (8). The

second term in eq. (13) gives a peak tti the power spectrum centered around v =

VQ. Due to the choice of the envelope function in the form of a shot, the peak

has a Lorentzian profile with a FWUM of 1/TCT. If, for example, we would have

used a gaussian this function in eq. (8) the peak would also be gaussian and its

width would be related to the width ( i . e . , "lifetime") of the original gaussian

envelope function. The power in the low-frequency noise i s , using eq.- (1), equal

to NT/4 and the power in the peak is equal to NA T / 8 . Therefore, using eq. (2)

the ratio of the r.m-s. intensity variation in the LFN and the QPO is given by

Since |AJ<1, this ratio is at least 2 ' 2 and we do not expect the strength of

the LFN to be smaller than that in the peak.

Instead of a completely random distribution of phases <t>n, we can also

imagine that the blobs are again formed at random times tn but now within a

narrow range of angles- Physically, this situation would arise If the magnetic

field of the neutron star determines the location where the blobs or plasraoids

first s tar t to contribute to the intensity. In that case, we may put f(<f>) =

6($ ~ 0y). The resulting power spectra were calculated by Alpar (1985) and again
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show a broad peak at v = VQ and low frequency noise. The power in the LFN and in

the peak are again of the same order.

Now consider the other extreme end to completely random phases and times-

Suppose that each blob starts to contibute to the intensity when the former one

has elapsed exactly one round through the accretion disk. In that case we may

set on~ a^ = 2icv(tn~tm) = (n-m) 2nv/v0 and 4>n = 4>0 +
 2 i (n-1), where QQ i s the

phase of the f i r s t blob- Using, eq. (9) and (10) we can write

* N"1

P(v) = BQB0 [N + 2 J cos(2™pv/v0)] (15)
p=l

where BQ = BQ

6($ - 4>Q) and the f i r s t term in eq. (15) gives a power spectrum with a

broad peak at v = VQ and LFN of roughly equal strength, for a correct choice of

A in eq. (9 ) . However, the second term contributes, for sufficiently large H,

only around v = mvg (m = 0 , 1 , 2 , 3 , . . . . ) . The term BQBQ goes to zero for v > VQ

(see eq. 13) and, therefore, the overall contribution of the second term in eq.

(15) takes place at v = 0 and v = vQ. This has the effect that the relat ive

power in the peak i s increased with respect to the power in the low frequency

noise. (See also Shibazaki and Lamb, 1987.)

4 .1 .2 . Relation to the observations

a: Correlation between the QPO—frequency and the intensity

Assuming that in all these models the blobs, plasmoids or magnetic loops

move with the Kepler velocity at r, we can obtain a relation between the beat-

frequency and the observed intensity. The Kepler frequency at rA is given by v^

= (GM/rA"
J)1'2/2n. Using eq. (6) and setting V Q P 0 = nvb, the QPO-frequency is

then

v - < *l3/7p - ̂
where X = (GH) (n a V2GM) /2n . A quantity, often given in the

literature on QPO, is the logarithmic derivative of the intensity relation (16),

given by
M JAMfi. ¥„„„ n «

(17)QPO _ 3
d log I 7p 1 - v /v (r )

S R. A

where v /v,-(r.) i s usually denoted by u_, the fastness parameter (see Ghosh and
S P̂  A S

Lamb, 1979).

For GX 5-1 the value for the logarithmic derivative i s ~ 2 and for Cyg X-2

i t i s ~ 1.7. In the simple picture where £ = 1 ( i . e . the intensity i s
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proportional to the accretion rate) we see from eq. (17) that for both GX 5-1

and Cyg X-2 vs * 0. In this case both the value for the rotation frequency of

the neutron star and for the magnetic moment can be found by fitting relation

(16) to the observed one. Assuming a canonical value of 10 km for the radius of

the neutron star and setting n = 1 the derived spin periods would then be of the
9 10

order of 10 ms and the surface magnetic field strengths of the order 10 to 10

G.

Therefore, if the beat-frequency model is correct the QPO-observations of

both GX 5-1 and Cyg X-2 suggest that the neutron stars in these systems are

rapidly rotating and have weak magnetic fields. This seems to fit in nicely with

the studies of the evolution of low-mass X-ray binaries, in which the companion

is an evolved stars; these systems are expected to be the progenitors of the

observed wide binaries that contain a radio pulsar (see van den Heuvel (1985)

for a review). Simple models for spinning up neutron stars in a binary suggest

that periods of the order of 10 ms can be reached if the magnetic field strength

is of the order 108 to 1010 G (De Kool and Van Paradijs, 1987). This is exactly

what is seen in GX 5-1 and Cyg X-2.

It must, however, be noticed that the beat-frequency model, as presented

above, does not necessarily imply a rotating neutron star. If we set vg = 0 in

eq. (17), the logarithmic derivative becomes dlogVQpg/dlogl = 3/7p. In the case

of GX 5-1 p would then be ~ 0.21 and for Cyg X-2 p ~ 0.25. Physically, this

implies that in these systems the intensity does not change as fast as the

accretion rate. This could, for example, happen when the system loses matter

(e.g., because the accretion rate is super-Eddington) and when, if the accretion

rate increases, more matter is lost. In that case the observed intensity (which

is basically related to the amount of matter falling onto the surface of the

neutron star) would not change as much as the accretion rate. Intermediate cases

in which p # 1 and vg* 0 are of course also possible, as will be shown in

chapter VII, where the intensity change, due to a change in the Alfven radius

(and therefore M), is found from the negative slope of the horizontal branch in

the hardness ratio versus intensity diagram of GX 5-1. This same method could

also be applied to Cyg X-2.

Although the introduction of the power p in the relation between the

observed intensity and the accretion rate has complicated matters for GX 5-1 and

Cyg X-2, the situation for Sco X-l is even worse. As was discussed in paragraph

3.2, Sco X-l shows three different states in which the relation between the QPO-

frequency and the intensity is different in each case. In the active state there

is a strong positive correlation and if we can set p = 1 as was done above we

can derive a value for the rotation period and for the magnetic field strength
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of the neutron star. However, in the intermediate and quiescent state matters

are different. In the quiescent state the left hand side in eq. (17) is

negative, which would imply that either p < 0 or vg > vK(r«). The latter implies

that accretion does also take place when the Alfven radius is larger than the

corotation radius. This is difficult to understand in a simple picture of disc

accretion. A possible solution would be that in the quiescent state of Sco X-l

we are seeing the disk and that the QPO is not due to magnetic gating (e.g.,

Morfill and Truemper (1986) and chapter VIII), but due to modulated disk

emission. This picture does, therefore, not necessarily require accretion.

Although this could possibly explain the anticorrelation between QPO-frequency

and intensity in the quiescent state while still keeping p = 1, the intermediate

state probably requires that p * 1 and that p changes.

In general we may say that there is no obvious reason to assume that p = 1

in GX 5-1, Cyg X-2 and Sco X-l. In that case there is nothing we can say about

the rotation period of the neutron star or of its magnetic field. However, if it

is possible to find a relation between the black-body luminosity, originating

from the surface of the neutron star, and the accretion rate, which determines

the Alfven radius, then the physical picture may become simple again, as for Sco

X-l there is a simple relation between that luminosity and the observed QPO-

frequency (Van der Klis, 1986).

b: The relative strength in the QPO and LFN and the relation to intensity.

For the case treated in section 4.1.1. the r.m.s. intensity variation in

the LFN and in the QPO-peak are equal to (Nx)1/2/2I0 and A(ax/2}
1/2/210,

respectively, where Io is the average intensity. The strength of the low-

frequency noise can, therefore, change due to a change in N, x or ly while that

of the QPO is also determined by the modulation depth, A. The latter can be

found from the ratio YLJ-IJ/YQPO» a s oiwen in eq. (14). In GX 5-1 this ratio is

approximately 1 and does not change with changing intensity, implying a

modulation depth that is independent of the intensity of the source. However, in

Cyg X-2 the ratio increases, which implies that A decreases with increasing

intensity.

The lifetime, x, of the blobs can be found from the FWHM of the QPO-peak,

which is given by 1/nx. In GX 5-1 this width increases with intensity and

therefore x decreases as the source becomes brighter. In Cyg X-2 the FUHii stays

approximately constant, implying a more or less constant lifetime of the blobs

or plasmoids.

We see that both sources show different relations of both A and x with

intensity. This is a direct consequence of the interpretation of the observed
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power spectra in terms of finite wave trains with lifetime T and modulation

depth A. The question why both A and x change or do not change is left

unanswered, and has to be explained by the physics (see below). It seems,

however, that the global behaviour of GX 5-1 and Cyg X-2 can be reasonably

explained by a beat-frequenncy model'

The problems of the simple beat-frequency model are more complicated in the

case of Sco X-l. In this source the power in the LFN is much reduced with

respect to that in the QPO, which cannot be explained by a simple model in which

there is a complete random phase and time distribution of blobs or plasmoids and

in which the power is only determined by the lifetime of the blobs and by the

modulation depth- As explained above, in order to increase the power in the QPO

with respect to the power in the LFN one has to assume that all blobs start to

contribute to the intensity at a specific phase and that the next blob can only

start when the former has elapsed one or more rounds (i.e., the blobs have to

"line up"). The requirement that the blobs start at the same phase could be

explained, as pointed out above, if the magnetic field determines the location

of blob formation. However, it seems very difficult to understand how each blob

should know that the former one has elapsed one or more rounds. Shibazaki and

Lamb (1987) suggest that fragmentation of larger-scale blobs into smaller ones

or interaction between blobs may cause some spatial clustering. This mechanism

is, however, not worked out in any detail. Therefore, although it is

mathematically possible to increase the strength of the QPO with respect to that

of the LEH, physically this seems difficult to justify.

c: Time delay

It was suggested by Hasinger (1986) that the time lag observed in Cyg X-2

for the 4.5 - 17 keV photons, with respect to the 1.0 - 4.5 keV photons is due

to Compton scattering. And, of course, this mechanism may then also be

responsible for the time delay observed in GX 5-1 (Van der Klis, 1986b).

Suppose the observed X-ray photons originate from the center of a spherical

cloud of electrons, with a radius Rc- Then the average time, te8C, for these

photons to escape from the cloud will be larger than Rc/c, depending on the

number of scatterings, and, therefore, on the optical depth, T, of the cloud. If

one makes the assumption that there is no preferred direction after each

scattering then the average escape time is tegc = iRc/c. However, for Compton

scattering this is not exactly true. Syunyaev and Titarchuk (1980) find instead

Cesc " « b / & -

Since the average escape time mentioned above Is the average escape time of

all photons It cannot be set equal to the time lag observed in both Cyg x-2 and
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GX 5-1. This observed time delay i s , however, the difference in escape time

between a l l photons in the high-energy band and a l l photons in the low-energy

band.

To find the difference in escape time between photons of different energies

the following problem has to be solved. Given the i n i t i a l energy, E-, of an

incoming photon, the optical depth, t , and radius, Rc, of the cloud, the

temperature, Te> of the electron gas and given the energy, E f , of the outcoming

photon, then what i s the escape time of the photon? This problem was solved

analytically (Pozdnyakov, Sobol and Syunyaev, 1983) for the case of large

optical depth (T » 1) and i n i t i a l photon energies much less than the average

energy of the electrons ( i . e . , lij « kTe). They find for two photons (1 and 2)

with i n i t i a l energies E ^ and E i 2 and with f inal energies E f l and E £ 2 the

following time delay between photon 2 and 1

/h) 2 Rln(E f 2 /E . 2 ) -

where « - - A + ( I + 4
z * s

^ )
( T + 2 / 3 ) Z kTe

However, the observed time delay is that between arrival times of photons ,

in two rather wide energy bands, and, furthermore, the energy range from which !

the incoming photons originate can also be very wide. Therefore, even if the i

basic assumptions for which eq. (18) was derived are correct then still the .'•

expression for At can only be considered as an approximation to the observed ','

value. For cases were t is of order unity and where the condition Ej « kTe does

not hold, no analytic expression for At can be easily found and Monte Carlo

calculations have to be used.

In order to calculate the expected time delay between photons from

different energy bands 1 have developed a computer code that treats photon

scattering on electrons. This code is based on the methods developed by

Pozdnyakov, Sobol and Syunyaev (1983). For an assumed energy distribution of the

input photons, for kTe of the scattering electrons, and T and Rc of the cloud,

this computer program generates the escape times and energy distribution of the

outcoming photons. From a comparison of these results with the observed

differential time delay, and the X-ray spectral energy distribution a constraint

may be put on the spectrum of the incoming photons, kTe, x and Rc-

The spectra of the bright bulge sources, such as GX 5-1 and Cyg X-2, cannot i

be described by simple functions, such as a black body, power law or thermal 1

bremsstrahlung spectrum, but are composed of two or more separate components. ?

Spectral decompositions into an "unsaturated, comptonized component" and a black
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body (White et a l . , 1986) and into a black body and a "multi-temperature" black

body (Mitsuda et a l . , 1985: Hirano, 1984) have been proposed.

In the two component > oetitra round by White et a l . (1986) the blackbody

component is not comptonized and therefore cannot cause a time dealy. The other

component i s , however, due to comptonizatlon of soft photons on hot electrons in

a cloud of large optical depth. In this case the observed time delay is

approKimately given by eq. (18). For optical depths in the range 10 to 13,

electron temperatures in range from 2 to 4 keV (constistent with values found by

White et a l . , 1986) and for input photons selected from a black body with kT^ «

kT , I can find reasonable fi ts of the calculated spectra to the observed ones

for GX 5-1 and Cyg X-2. The time delay found in this case is approximately given

by

At ~ 1.5 R7 ms.

Here Ry is the radius of the cloud in units of 10 cm. The observed time delay

for Cyg X-2 therefore implies a radius of ~ 2 10 cm, while in GX 5-1 this

radius is smaller (Rc ~ 5 10
6 cm).

In the spectra found by Hirano (1984) and Mitsuda et al. (1985) there is

some evidence that the blackbody component, which is thought to originate from

the surface of the neutron star, is comptonized. In that case only the high-

energy tail of the observed spectrum can be used to constrain the blackbody

temperature of the incoming photons, the optical depth and the electron

temperature. Hirano (1984) finds for Cyg X-2 an optical depth of 4, an electron

temperature of kTe = 7 keV and a blackbody temperature of kT^ = 1.2 keV. In that

case, my calculations show an expected time delay of

At -0.1 R7 ms.

I have also performed calculations to obtain reasonable spectral f i ts to the

high-energy ta i l of the spectrum of GX5-1, using blackbody temperatures larger

than 1 keV. For an optical depths in the range 2 to 4, electron temperatures

between 5 and 3 keV and black-body temperatures in the range 1.2 to 1.4 keV, I

am able to find reasonable f i t s . The time delay is then approximately given by

At ~ (0.1 - 0.3) ft7 ins.

These values for the expected time delay between photons in different energy

bands are about an order of magnitude smaller than the values found from fitting

the unsaturated, comptonized spectra (see above), which implies a much larger
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radius in the former case than in the latter. Therefore, once the origin of the

observed spectra is know in more detail the time delay in the QPO can be used as

a measure for the dimension of the electron cloud-

It is important to note that there is a considerable difference in observed

time delay and therefore Rc between GX 5-1 and Cyg X-2. This is surprising since

the behaviour of the sources is very similar, and identifying R with the Kepler

radius associated with the QPO-frequency, as suggested by Hasinger (1986), is

very uncertain.

4.1.3. Other questions

Except for the problems already discussed above, there are more questions

that must be asked in all magnetospheric models. A basic problems in these

models is that if the magnetic field of the neutron star is able to create a

magnetosphere one would expect that it is able to control the accretion flow

inward onto the surface; if a more or less dipole structure of the field is

assumed, it then seems likely that matter falls onto a polar cap. In general,

one does not expect that in all sources the magnetic and rotation axes are

aligned, so that due to the rotation of the neutron star one would expect the X-

ray intensity to be modulated with the rotation frequency of the star. However,

the observations of the best studied sources (Sco X-l, Cyg X-2 and GX 5-1) do

not show such a modulation.

There may be several ways to reduce the expected modulation, as pointed out

by Lamb et al. (1985). First of all, due to the relatively weak strength of the

magnetic field, the polar cap may be quite large, thereby reducing the

modulation. Furthermore, there is evidence for a cloud of scattering material

surrounding some low-mass X-ray binaries; in some cases the observed spectra

show evidence for comptonization (White et al., 1986); for Cyg X—2 and GX 5-1

the observed time delay can be interpreted as the result of scattering of

photons (sections 3.5 and 4.1.1c); from the light curves of some sources there

are also indications for the presence of coronae (White and Mason, 1984).

If the neutron star emits a directed beam of radiation then each photon in

the beam is scattered in the cloud, thereby changing its direction. Depending on

the number of scatterings (i.e., on the optical depth of the cloud) the

modulation of the intensity, as seen by a stationary observer outside the cloud,

is reduced. The radiation of the QPO, however, is not directed and the

modulation would even be seen by someone fixed in the rotating frame of the

star. The only effect the cloud has on the modulation of the QPO is time-

smearing due to the scattering. This effect becomes important when tcrc/c >

1/vgpQ. Therefore, for observed frequencies of around 30 Hz this effect is not
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important for typical cloud dimensions of rc ~ 10 cm as long as xc ( i . e . , the

compton optical depth) i s less than 100.

In order to simulate the effect of scattering on the expected modulation of

a rotating beam, X performed some Monte Carlo calculations. A rotating beam with

a half width of 25° ( i . e . approximately the expected half width of the polar cap

for rA ~ 6 R), consisting of monoenergetic photons of energy E , = 5 keV, was

put at the center of a cloud of optical depth -tc and temperature kTe = 5 keV. In

Fig. 1, I plotted the expected relative modulation m = mod(t=xc)/mod(-i=0) as a

function of optical depth x . It i s noted that at TC = 10 the modulation i s

s t i l l of order 5%. Since EXOSAT is able to detect a modulation in the intensity

down to a level of about 0.3% (van der Klis et a l . , 1985) these calculations

show that in order to reduce the modulation below this threshold the cloud has

to have a optical depth much larger than 10.

100

t

mod.(%)

50

0.01 0.1 10

Fig. Is The expected relative modulation as a function of the optical depth for

a rotating beam with an initial width of 50°. The initial energy of the photons

is 5 keV and the temperature of the electron gas is 5 keV.

In the model of Morfill and Truemper (1986) it is indeed assumed that the

optical depth is of order 10 . As shown above, this large value would also

reduce the modulation in the QPO. Therefore, in their model the QPO is not due

to modulated accretion, originating from the surface of the neutron star, but

from the inner edge of the accretion disk, situated at more than 10 stellar

radii. There are indications from fits of the spectra of, e.g., GX 5-1 and Cyg
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j X-2 (cf.Hasinger et al., 1986; Mitsuda et al., 1985) that the black-body

I component, thought to originate from the surface, is comptonized. However, the

| typical values for the optical depth, needed to fit these spectra are less than

I 10 and in that case the absence of modulation at the rotation frequency of the

-• star is difficult to understand. And it is indeed this problem that has

• stimulated research into other, non-magnetospherlc models for QPO (see below).

[, Other questions regarding magnetospheric models are related to the physical

: mechanisms in these models. For example, it is clear from the observations of GX

5-1 that the modulation depth, A, is of order one- Furthermore, the large power

in the QPO relative to that in the zero-frequency bin (i.e., Y Q P 0 in GX 5-1 can

be as large as 6%, while in other sources, such as the Rapid Burster it is even

larger; Stella et al., 1985), implies that the absolute contribution of each

; blob to the intensity is large. In the magnetic gating models of Lamb et al.

(1985) and in the model presented in chapter VI this implies that the

interaction between matter in the disk and the field must be very efficient. In

'.;, the case that the QPO are due to modulated accretion from blobs this implies

'-' that the field must be able to penetrate a large portion of the blob within one

». beat-period, Pb = l/vb- The time T D for the field to diffuse into the blob is

approximately equal to

•! T D = 4 T O L
2 / C 2 (19)

Here, a is the conductivity of the plasma and L is the typical size of each

blob. For a fully ionized plasma the conductivity is given by

™?n <20>
e

16ni/ZZeZlnA e

where m i s mass and e the charge of the electron, T the temperature of the

electrons, Ze the charge of the ions and A = 3k3 / 2T 3 / 2 /2 i t 1 / 2 n 1 / 2 Z e 3 (cf. Krall
19 —3and Trivelpiece, 1973). For ful ly ionized hydrogen, assuming n e ~ 5 10 cm

and Te ~ 10 K (where I have used the values for the inner region of a standard

accretion disk at rA = 6 10 cm; cf. Shapiro and Teukolsky, 1983) we find a ~ 2

10 s . If we assume the blobs to have a characteristic size of the order of

the thickness of the disk ( i . e . , L ~ 10 cm) then the diffusion time of the

f ie ld i s given by xD ~ 1000 yr . Therefore, the f i e ld i s unable to penetrate the

blob on a timescale as short as the beat-period. This i s mainly due to the high

value of the conductivity. In order to reduce the latter anomalous processes

have to be invoked, such as small scale turbulence In the blob. However, this

would probably distroy the blob i t se l f and thereby the QPO.

k possible mechanism would be that the blobs move through a medium of
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matter that is already attached to the field lines and corotating with the star.

Due to this relative motion, a magnetic Kelvin-Helmholtz instability is

initiated at the surface of the blob. The growth rate depends on the ratio of

the densities of the blobs and magneto spheric matter, and on their relative

velocity, which in this case is the difference between the Kepler velocity and

corotation velocity at the Alfven radius. The KH-instability strips the outer

layers from the blob, resulting in sprays of matter that are small enough for

the field to diffuse into on a short timescale. For a similar calculation in the

case of spherical accretion Arons and Lea (1980) showed that the timescale of

the instability can be can short (i.e., shorter than the freefall timescale) but

that the penetration depth is not very large. This would in our case cause a

problem, as the modulation depth must be large.

In order to avoid the problem of field penetration into blobs, in chapter

VI it will be argued that regions of turbulence are formed in the disk, for

which the conductivity is much reduced, thereby increasing the interaction with

the field.

From the above it follows that the precise interaction between the blobs,

or regions of reduced conductivity, and the magnetic field is an important

problem in magnetic-gating models of QFO, which has to be solved in order to

understand the observed lifetimes of the blobs and their relation with

intensity. Also, the relation between the modulation depth and the intensity

cannot be understood unless this problem is solved.

In the model of Morfill and Truemper (1986) the plasmoids moving in the

disk at rA do not interact with the magnetic field (i.e., their model is not a

magnetic gating model) but with shocks that move through the disk with the

corotation velocity. The modulated intensity as seen in the QFO is therefore not

due to accretion but to modulated heating of the plasmoids by the passing

shocks. The central problem in such a model becomes then the explanation of the

power in the QFO peak, since there may not be enough energy available in the

disk.

If the accretion disk processes a rate M then the emitted, total

luminosity from the disk is approximately equal to L. = GMMJ/2r., where M is the
d a A

mass of the neutron star. The luminosity coming from the surface of the star Is
equal to L = GMM /R , where H is the rate of accretion onto the neutron star,s s s

Usually It is assumed that all matter in the disk eventually reaches the star

and therefore M = M . Since for neutron stars, with magnetic field strengths of

the order of 10 to 10iu G, rA > 5 R we do not expect the total luminosity of

the disk to be more than ~ 10% of the total luminosity of the system. In that

case It is difficult to see how the QPO can comprise of order 10% of the total
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intensity, assuming they originate in the disk, since that would imply a 100%

modulation of the intensity of the disk. Morfill and Truemper, therefore, argue

that M » M . The accretion rate onto the star is approximately equal to the

Eddington accretion rate, while the disk is able to process a much higher rate.

This implies that part of the matter is blown away from the system, thereby

contributing to the high optical depth needed to reduce the expected modulation

at the rotation frequency of the star (see discussion above). Therefore, in this

case we are mainly seeing the disk and the strength of the QFO could now be

explained by a 10% modulation of the disk luminosity. Morfill and Truemper then

argue that if the intensity increases more matter is blown away, thereby

increasing the optical depth and reducing the modulation depth, A, which leads

to a decrease of the power in the QPO. The latter could, indeed, explain, the

behaviour of Cyg X-2, where the modulation depth has to decrease with increasing

intensity, as discussed above. However, in the case of GX 5-1 the modulation

depth is of order unity and does not change. Here, it is probably the lifetime,

x, that has to change instead of A. Although an increase in the optical depth

may change A in one source it is difficult to understand why it should change x

and leave A constant in another.

4.1.4. Refinements

As discussed above, all the magnetospheric models proposed sofar have

problems explaining various aspects of the behaviour of the observed QPO-

sources. Most models, however, contain one or more parameters that may change

from source to source or even within one source, such that the different

observed properties can be taken into account. I have not mentioned all these

parameters as most seem quite ad hoc and are not based on detailed physics. One

parameter that was mentioned was the power (5 in eq. (5), which relates the

observed intensity to the accretion rate. Here, I will give one more example.

Until now we have argued that the power in the U N and in the QPO is only a

function of the lifetime and of the modulation depth. However, in the model of

Lamb et al. (1985) it is argued that the blobs do not rotate exactly at r& but

in a finite region Ar = 6. Therefore, there is also a spread in the Kepler

frequency and therefore also in the QPO-frequency, which contributes to the

width of the peak and its power. In this way, the changes observed in the power

of the LFN and the QPO with changing intensity may then be explained by changes

in t, A, N and/or 6.

As long as the physics is not worked out in more detail one may introduce

more and more parameters to explain all the different observations. Although, in

this way it becomes impossible to falsify the beat-frequency model, it also
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destroys the beauty, inherent in the simple theory put forward by Alpar and

Shaham (1985).

4.2. Hbn-magnetospheric models

4 .2 .1 . The disk-corona model of Boyle, Fabian and Guilbert

Boyle et a l . (1986) suggest that the accretion disk, surrounding the

central X-ray source, contains a corona and that a fraction of the X-rays,

emitted by the source, i s scattered by this corona. The compact object i s not

necessarily a neutron star but may also be a black hole and i t has no magnetic

field that i s able to channel the gas flow onto the star. Therefore, in this

model no modulation i s expected at the rotation frequency of the central object.

The authors suggest that individual s i tes in the disk-corona system, situated at

a distance r g from the X-ray source, osc i l la te with the local Kepler frequency.

If one assumes that these osci l lat ions modulate the amount of radiation

scattered into the direction of the observer, then QFO are expected, with

frequency vQ p o = v R ( r s ) .

The scattering of radiation occurs approximately at the x = 1 surface in

the corona, where x i s the optical depth from r s to the X-ray source. Boyle et

a l . find

x = (otLaT/B92) exp(-p82/r) (21)

where a i s 10~3 times the constant fraction of the incident flux that gets

scattered down onto the disk, 9 i s the angle between the incident radiation and

the plane of the disk ( i . e . , 9 = z /r , where z i s the height of the top of the

corona at r ) , L i s the luminosity of the compact object, Oj i s the Thomson

cross-section for electron scattering and P=GMumH/4kTc, where Tc i s the coronal

temperature.

From eq. (21) a relation can be found between the Kepler frequency at r

(and therefore the QPO-frequency) and the observed intensity I, of the form

3/2v = v0(log I - CQ) (22)

where vQ i s a constant and CQ s t i l l depends on the ratio between I and L. Fits

of relation (22) to the observed QPO behaviour of GX 5-1 yield 9 ~ 2° and r ~

2.3 107 cm (assuming Tc = 5 107 K).

Since the observed QPO-peaks in the power spectrum have a typical relative

width &v/v of 10 to 20%, the spread in rg must be small ( i . e . , |fir s/r I = 2Av/3v

~ 5 to 15%), implying that the x = 1 surface must be very steep at r . To see
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whether this Is indeed the case we set i = 1 in eq. (21) and convert 9 to z. We

then find

4f- = (2/r + 3Bz/r4)/(2/z + p/r3) (23)

Using rg = 2.3 10
7 cm , z = rgtane = 8 10

5 cm, Tc = 5 10
7 K and M = 1.4 MQ we

find dz/dr = 0.03, implying an angle 41 = 2° for the T = 1 surface, which is not

at all steep! Therefore, the coronal oscillations must be very localized to

reduce the spread in rs and thereby in VQ P 0. This seems difficult to justify.

The authors, therefore, suggest that the steepness, dz/dr, of the x = 1 surface

can be increased by non-linear effects. However, as these effects are not worked

out in any detail, they may work in either way, and do, at this moment, not

'solve the problem.

Another problem in this model may be the explanation of the power observed

in the quasi-period oscillations. This can only be understood if the corona is

able to scatter an appreciable amount of radiation and the modulation is very

efficient. However, at the small angles inferred from the model (i.e., 6 = 2°)

the amount of scattered radiation is probably small. Again, this angle and

thereby the amount of scattering may be increased by non-linear effects, but

models for these effects need to be developed, before anything definite can be

said.

4.2.2. The "neutron-star spot" model of Hameury, King and Lasota

Hameury et al. (1985) argue that the QPO seen in some low-mass X-ray

binaries are due to bright spots in the boundary layer of the neutron star.

These spots are formed in regions where the heat conduction is increased by the

presence of magnetic fields, created by dynamo action in the turbulent boundary

layer between the disk and the surface of the neutron star. These spots rotate

and appear and disappear behind the edge of the star as seen by a distant

observer. Because of their finite lifetime, due to shearing in the layer, these

spots cause QPO and LFN.

Since the spots in the turbulent layer may have any frequency between the

rotation frequency of the star and the Kepler frequency at the top of the layer

(i.e., edge of the disk), it is not clear in this model why the observed width

of the QEO-peak is so small. Nor is it clear how this frequency is related to

the intensity. These problems, I think, are so fundamental that *'iey have to be

solved first (as they have been more or less in, e.g., the beat-frequency model)

before this model can be seriously considered as a QPO-model. Furthermore, as

the physics of the turbulent layer is poorly understood, other questions, like

the lifetime of the spots and such must be answered. However, the problem of
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detailed physics is a common feature in all QPO-models.

4.2.3. The occultation model of Van der Klis et al.

In order to explain the absence of U N and modulation at the rotation

frequency of the neutron star, which are real problems in the beat-frequency

model, Van der Klis et al. (1986) suggested that the QPO are due to occultation

of the central source by an oscillating, thick, disk. In this way the power in

the LFN noise can be much reduced as was shown by Van der Klis et al. However, a

problem may be that in order to see QPO, due to the oscillation of the rim of

the disk, the observer has to view the source within a very narrow range of

inclination angles. In this way it becomes difficult to understand why so many

QPO sources are seen in this class of objects (i.e., LMXB). Nor is it easy to

understand how the observed frequency is related to the intensity of the source.

5. Conclusion

Our knowledge of such basic properties as the magnetic field strength or

rotation period of neutron stars in bright galactic bulge sources is very poor.

Therefore, the discovery of quasi—periodic oscillations in some of these sources

can be of great importance to our understanding of the neutron stars in these

systems and their evolution. However, until now no theory has been developed

that can explain all the different features in the observations satisfactorily.

The models that have been worke . out in most detail are the magnetospheric

or beat-frequency models. Although these models have some serious difficulties,

they seem to fit in nicely with the idea that some of the bright galactic bulge

sources may be the progenitors of the binary radio pulsars. This I believe is a

very strong argument in favour of these models. Therefore, serious attention

should be devoted to a further developement of magnetospheric models for QPO.

The non-magnetospheric models that have been developed sofar to explain QPO

also have serious difficulties. However, they have not been worked out in such

detail that they can be easily refuted.

My conclusion is that at this moment our understanding of QPO is still very

limited, but that this situation may improve as the models that have been

presented sofar are worked out in more detail.
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Suamary

Recent observations of the galactic bright bulge source GX5-l,(van der Klis

et al., 1985) have shown quasi-periodic oscillations in the X-ray flux (1-

18keV), which appear as a broad peak in the power spectrum with a centroid

frequency in the range 20-40Hz. In addition there is a red noise component in

the spectrum, the slope of which, along with the centroid frequency and width of

the quasi—oscillation peak, is correlated with the intensity of the source. We

present a qualitative model to explain the essential features of GX5-1 described

above* We find that computer simulations of power spectra, derived from a model

with accretion from discrete sites around the disc together with a periodic >

modulation of the accretion flow due to a magnetic field asymmetry, well mimic

the actual power spectra observed.

Key Words: X-rays - Neutron Stars - Accretion discs - Quasi Periodic Oscillators

(QPO) I

1. Introduction

GXS-1 is commonly believed to be a source powered by disc accretion in a

binary system, the compact object being a neutron star. It has been suggested

(Alpar and Shaham, 1985) that the neutron star is magnetized, and that the

observed centroid frequency of the quasi-periodic oscillations is a result of

the beating between the Kepler frequency, Vj^, of the disc, at the Alfven radius

and the fixed rotation frequency of the star v^ - This leads to the following

relation between the luminosity and the beat frequency f

I
vb = v* [1 - (L / Lj. )3/?l (1) f
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where L is the luminosity at which the Alfven radius becomes equal to the co-
E

rotation radius, i.e.: where v s v - v.= 0 .
D KA *

2. Physical Model

In order to observe such a beat frequency, we assume that an asymmetric

stellar magnetic field rotating with frequency v* interacts with structures

formed at the inner edge of the accretion disc, rotating with a frequency Vj^-

It is generally assumed (Ghosh and Lamb, 1979) that there is a thin

boundary layer at the edge of the disc where the magnetic stresses disrupt the

disc and accreting matter falls towards the star along the stellar field lines.

It has been suggested (Lamb et al., 1985) that blobs form in this region, and

that these contribute to the accretion flow, by interaction with the stellar

magnetic field. He consider this to be an unlikely mechanism for the production

of the beat frequency line. Such blobs will have a size typically of the order

of the scale height of the disc (~10 km) and will probably be non-turbulent, as

any turbulent pressure would act to disperse such a blob. These blobs, once

formed, will have a magnetic structure chat is largely independent of both the

disc magnetic field and the stellar magnetic field. For these blobs to

contribute to the beat frequency line, in which 5-8% of the total power is seen,

a very large part of each blob (>10%) must interact with the field on a

timescale of less than v^1 . The diffusion rate of the field into a plasma is

inversely proportional to the local conductivity, and for such blobs of typical

electron number density 10 cm and temperature 10 - 10 K, no appreciable

penetration of the field into the blob is possible on such short timescales

(<10 s). However it is still possible to have a model where the field acts to

modify the accretion flow. In the region where the disc interacts with the

magnetic field instabilities occur. These are large scale instabilities leading

to large scale turbulence. Energy in the low wavenumber modes of this turbulence

scatters through phase space to all higher wavenumbers. The small scale

turbulence thus generated reduces the local conductivity (cf. Tsytovich). We

assume that instabilities occur continually at random sites around the disc, and

it is at these sites of reduced conductivity that mass transfer onto the field

lines predominantly takes place. Any local instability involves a mass tL say,

and matter is transported along the field lines away from the disc at a

rate A^ , and so the region of instability will have a lifetime,

\ = (ML ' \> ' <2>

In this picture mass transfer occurs unevenly around the edge of the disc with a
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structure that changes on a timescale of <x > . Clearly the accretion sites,

occurring at the inner boundary of the disc, taken to be the Alfven radius,

rotate at the frequency v
KA

There are several mechanisms whereby a variation in magnetic field strength

could affect the mass transfer rate, thus any anomaly or asymmetry in the

magnetic field Hill sweep the accretion sites with a frequency v, , and so

modulate the accretion flow from any given site at the beat frequency. He

consider that a field asymmetry is present, which is either due to a

displacement of the aligned magnetic axis from the spin axis, or due to a very

small inclination of the magnetic axis with respect to the spin axis. In the

former case the field strength has to affect directly the accretion rate,

possibly by influencing the local conductivity of the disc's inner edge. In the

latter case, if the modulation in accretion rate is due to the variation of the

absolute field strength then the apparent rotation speed of the star is doubled,

due to the assumed symmetry of the field. With an inclined field however there

is another possible mechanism for affecting the accretion flow- In disc-

accretion onto a neutron star with a dipole magnetic field the accretion is

channeled onto the polar caps of which only one is observable. For any site on

the disc the angle at which the field lines cut the plane of the disc can lead

to a preferential accretion onto one or other of these caps. For any site on the

disc the preferred direction will oscillate at the beat frequency, thus

modulating the observed accretion from any given site onto a specific cap.

A large part of the luminosity of the system is directly due to the

accretion process, and thus as the field asymmetry modulates the accretion flow

from any given site on the inner edge of the disc the luminosity is

correspondingly modulated. The overall accretion luminosity is given by the sum

of the luminosities due to accretion from individual inner disc sites which are

each modulated at the beat frequency and mutually phase shifted according to

their position on the disc

If such a process involving accretion does take place then we consider that

GX5-1 must be an aligned, or nearly aligned rotator, that is the angle between

the spin axis and the magnetic axis is small, as no constant period spike is

observed in the power spectrum, that even a very small (>0.3%) modulation at the

stellar frequency would give. For an oblique rotator with a dipole field one

would definitely expect to observe a regular pulsed modulation of the X-ray

flux, even if the X-rays are not observable, i.e.: one would expect a pulse due

to the pulsed X-ray heating of the disc Of course many other mechanisms are

possible that will produce a beat frequency, in a future paper we will discuss

in detail a mechanism to produce the beat frequency by using loop structures in
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the disc corona, similar to those described by Ionson and Kuperus (1984),

Interacting with the stellar field, and thus dispensing with the requirement for

the accretion flow to be directed by the field, and so relaxing the restriction

of an aligned rotator.

In a power spectrum derived from models of the sort described above the

beat frequency will show up as a broad peak with a width (FWHM) approximately

given by (2/<x >) . The finite lifetime of the sites gives rise to red noise in
Li

the spectrum, each site producing a finite length contribution to the overall

luminosity. In a power spectrum such a general block, is represented by a

function centred and peaked at zero frequency. To take a specific example, a

constant amplitude rectangular block, length x gives a sine ( rcv/2-t ) function

in the power spectrum. Clearly the shape of the red noise component in the power

spectrum is determined by the distribution of site lifetimes, and thus

correlates to the shape and width of the broad beat frequency peak.

This model gives a qualitative description not only of the shift with

luminosity of the beat frequency, as given by equation (1), but also of the

correlation between the shape of the red noise component and the width of the

beat frequency line, as observed in GX5-1.

3. Numerical Simulation

To show that this is indeed the case we have made numerical simulations

based on the ideas described above. Our computer model aims to simulate an

observation in a two second time window, with a one millisecond time resolution.

The beat frequency is due to a sweeping of the accretion disc by a magnetic

field anomaly and therefore in one millisecond 2itvjjXlO radians of the disc are

swept; this defines the necessary spatial resolution in our model. We divide the

disc into 32 sites from which accretion can take place. For every millisecond

each non-accreting site has a random probability of starting to accrete. Once a

site is accreting this lasts for a certain period, x , after which there is a
Li

recovery time, during which that site cannot contribute to the accretion. After

the structure of the accretion sites has been established for the whole two

second window a periodic modulation, simulating the effect of the magnetic

anomaly on the accretion flow, is applied to all the accretion sites, the phase

being dependent upon their position on the disc. The total luminosity in each

millisecond consists of the sum of the contributions from all 32 sites. A small

amount of white noise is added to limit the dynamic range of the Fourier

spectrum. A Fourier transform is then taken of the whole two second window. In

all cases the beat frequency is fixed close to 30 Hz as we were interested

chiefly in the correlated behavior of the line width and the slope of the red
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noise. The results are presented in Figs. 1 to 3 which exhibit the features

mentioned above. These spectra look similar to those observed from GXS-1 except

for the fact that no attempt has been made to include a realistic value for the

random noise which must be present in real data. This has the effect that our

simulated power spectra have a larger dynamic range than is observed in GX5-1.

The data presented by van der Klis et al. (1985) are the average of power

spectra for many data, and therefore appear much 'cleaner* than do our

simulations.

10

10

10
3.10-' 10 101 FREOtHZ)

Fig. 1. The computed power spectrum showing P(v) =|F(S(t))|2 where F(x) is the

fourier transform of x and S(t) is the signal (input data). In this case the

mean lifetime of the accretion sites is x ~ 100 milliseconds. A (least

squares) straight line fit through the red noise part of the spectrum (i.e: logP

= Alogv + B), yields A = -0.86.

4. Discussion

The increase in width of the peak and decrease In the slope of the red

noise with increasing luminosity as observed in GX5—1, would require, in the

model presented above, that <xL> decreases with increasing luminosity. The

explanation of this effect is not the subject of this oaper. It seems, however,

plausible that a change in the luminosity, and therefore in the mass—accretion

rate, leads to a different size spectrum for the accretion sites.
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Fig. 2. As figure 1 but x ~ 200 milliseconds. As can be seen the width of the

peak has decreased and the slope of the red noise increased in comparison to

figure 1. The slope is found to be A = -1.13.
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Fig. 3. As figure 1 but T ~ 300 milliseconds. Now the width of the peak is

still narrower, and the slope of the red noise is still steeper than in figure

2. In this case the slope is found to be A = -1.56
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Such a different size spectrum can be created in many ways, e.g., by Kelvin-

Helmholtz instabilities due to the change in shear velocities at the boundary

between magnetosphere and disc. A different size spectrum is expected to lead to

a different average lifetime for the accretion sites, which may explain the

observed dependence of the peak-width and slope of the red noise on the X-ray

luminosity.

In addition, we would like to comment on the X-ray spectrum. The weak

magnetic field and small Alfven radius in this system lead to very large

accretion caps covering at least 25° of latitude, much more extensive than in a

normal X-ray pulsar. In a normal X-ray pulsar accretion occurs down a narrow

funnel, and at high accretion rates one expects a stand off shock high above the

surface (Basko and Sunyaev, 1976) and this gives rise to a hard X-ray spectrum.

With the larger caps and correspondingly lower surface densities in the

accretion flow a stand off shock is less likely, and the very hard X-rays are

created at the stellar surface. These photons are then Compton scattered down to

lower energies by the neutron star atmosphere and the accretion flow, possibly

even completely ionizing the flow near the star, giving rise to a softer

spectrum than is normally observed in X—ray pulsars.
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ary

In this paper it is argued that the low mass X-ray binary GX5-1 exhibits

two modes of accretion, due to a difference in the accretion rate from the

companion. For high accretion rates accretion occurs uniformly over the stellar

surface. When GX3-1 is seen on the normal branch in the intensity vs hardness

ratio diagram it is in this mode. For a somewhat lower accretion rate the

magnetic field of the star prevents the disc from reaching the star and the disc

stops at a magnetospheric radius which depends on the accretion rate. In this

mode accretion will take place over a small polar cap. Due to the interaction of

the disc with the field quasi-periodic oscillations will be present in this mode

and the source is on the QPO branch in the intensity vs hardness ratio diagram.

The specific behaviour of this branch leads to a relation between the

magnetospheric radius, rA and the photon count rate from the source, of the

form r a N , X > 1. It is also shown that in terms of this model the rotation

period of the neutron star is longer than 0.1 s.

1. Introduction

It is generally thought that the low-mass X-ray binaries consist of a

neutron star and a low-mass companion. Roche-lobe overflow drives mass transfer

from the companion onto the neutron star via an accretion disc. Most of these

sources do not show X-ray pulsations, which seems to imply that the magnetic

field of the neutron star is too weak to channel the accretion flow and the disc

is therefore thought to extend down to the surface of the star (see for review:

Lewin and Joss, 1983).

Interpretations of recent observations made with the ME detector on EXOSAT

(van der Klis et al., 1985(1); Hasinger et al., 1985; Middledltch and

Priedhorsky, 1985) now suggest that some of the neutron stars in the low-mass X-
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ray binaries (e.g., GX5-l,Sco X-l, Cyg X-2, MXB1730-335) have fields in the
8 10

order of 10 - 10 Gauss. Power spectra derived from these observations

typically show a red noise component and a broad peak at a few tens of Hertz,

which is thought of as being due to quasi-periodic oscillations (QPO's).

In GX5-1 the centroid frequency and the width of the peak as well as the

slope of the red noise change, and are well correlated with the X-ray intensity

(i.e. count rate) of the source (van der Klis et al. 1985(1)). Alpar and Shaham

(1985) have suggested that the observed frequency of the peak in the power

spectra is due to a beat between the Kepler frequency at the inner edge of the

accretion disc (taken to be the magnetospheric or Alfven radius, rA) and the

rotation frequency of the neutron star. From this they derive a relation between

the intensity of the source and the beat frequency, that fits well to the data

of GX5-1. In some of the QPO sources the beat frequency model seems unable to

account for the frequency v intensity behaviour. This model is not the only

method of producing oscillations of the observed frequency and other models have

been proposed (Boyle et al., 1985; Hameury et al.,1985). In this paper the

implications of bi-model accretion are discussed for the beat frequency model

only. This model assumes that in order to produce such a beat frequency, an

asymmetry in the stellar magnetic field must interact with structures in the

inner region of the disc. Lamb et al. (1985), Berman and Stollman (1986) and van

der Klis et al. (1985(1)) have suggested that the magnetic field acts as a

gating mechanism for the accretion flow from these structures.

GX5-1 was also observed with the GSPC on EXOSAT and a intensity vs hardness

ratio diagram was produced (van der Klis et al., 1985(11)). The most important

feature of this diagram is the fact that it consists of two curves or branches.

On what will be referred to in this paper as the normal branch the hardness

ratio (i.e. the ratio of photon counts in the 6 to 10 keV band to photon counts

in the 3 to 6 keV band) increases monotonically from ~ 0.4 to ~ 0.55 as the

count rate (i.e. the total number of photons detected by the GSPC per second in

the 3 to 10 keV band) increases from ~ 90 cps to ~ 180 cps. When the source is

on this normal branch no QPO's are observed.

The second branch has a quite different behaviour. As the count rate

increases from ~ 90 cps to ~ 180 cps the hardness ratio decreases from ~ 0.65 to

~ 0.60 monotonically. When the source is on this branch QPO's are observed.

Throughout this paper therefore, this branch is called the QPO branch.

This two branched structure has previously been observed with H&KUCHO (cf-

Mitsuda, 1984). In those observations it was noted that for about 90% of the

total observation time the source showed time variations similar to those of Sco

X-l (White et al., 1976) on time scales of hours. During the rest of the
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observation time the source was on the "horizontal" (QPO) branch, where it

stayed for about 5 days. It was also noted that GX5-1 moved in the intensity vs ,

hardness ratio diagram almost exactly on one branch or the other at a given

time. According to Mitsuda this leads to the conclusion that it must switch from

one branch to the other at the brightest point.

GX5-1 was also observed by TENMA (Mitsuda, 1984). During these observations

the source was on the normal branch and it was shown that the spectra were J

composed of two components. Several of the low mass X-ray binaries that were \

observed in detail with TENMA (Mitsuda, 1984) and more recently with EXOSAT

(White et al., 1985) show these two component spectra. One component can be

fitted to a black-body spectrum, and is therefore thought to originate from the

stellar surface, while the second component is fitted either to a multi-colour

black—body spectrum or to an unsaturated Comptonised spectrum where low energy

photons are scattered by high energy electrons, and is identified as coming from

the disc.

As stated above GX5-1 was not observed on the QPO branch with TENMA and

therefore no detailed spectra were available. It was thought however that this

branch could be explained by a simple extrapolation of the two component model

(Mitsuda, 1984). Mitsuda argues that if the highest intensity observed can be

identified with the Eddington luminosity and if the source switches branches at '

this point, then the QPO branch might represent super-Eddington accretion, j

changing the intensity vs hardness ratio behaviour. }

In this paper it will also be argued that the existence of the two branches i

is due to a difference in accretion rates, however on the QPO branch the '§.

accretion rate is somewhat lower than on the normal branch and mode changing

does not necessarily occur at the point of highest intensity on both branches. !

It will be shown how this fits in with the beat frequency model and leads to

constraints on both the relation between the Alfven radius and the intensity and

on the stellar rotation period.

2. The Model

It is proposed that the two branched structure of the intensity vs hardness

ratio diagram is a result of two distinctly different modes of accretion onto

the neutron star. On the normal branch there is a high accretion rate, and

accretion occurs more or less uniformly over the whole surface of the star and

is largely unaffected by the stellar magnetic field, and consequently no beat

frequency is observed. On the QPO branch the accretion rate is somewhat lower,

and at some radius the stellar magnetic field is able to direct the accretion

flow, thus defining an Alfven radius rA- This is the only definition of rA for
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this paper, there is no a priori assumption as to the dependence of r. on the

accretion rate M. In this case the usual mechanism, described above, produces

the beat frequency, and accretion takes place along the field lines onto a snail

polar cap, as in the normal X-ray pulsars (Rappaport and Joss, 1983).

The hardness ratio is assumed to be locally monotonically related to the

emitted flux per unit area; as, for example, is the case with a black body. On

the normal branch the emitting area is constant, and an increase in flux must be

associated with an increase in the hardness ratio. On the QPO branch however the

emitting area may change and if it is increased fast enough whilst the flux

emitted per unit area is reduced there may be an increase in the overall flux

received for a reduced hardness ratio, thus producing a negative slope in the

intensity vs hardness ratio diagram- It is shown that this together with the

observed behaviour of the beat frequency with count rate of the source leads to

a constraint on the Alfven radius.

The hardness ratio H(T) of the source as given by van der Klis et al.

(1985(11)) is defined from the ratio of the photon counts in the 3 to 6 keV band

to the photon counts in the 6 to 10 keV band and from this a colour temperature

T may be defined by the relation

f10/kT x2
J6/kT exp(x) - 1 d x

H(T) = (1)
f6/kT x2
J3/kT exp(x) - 1

where k is the Boltzmann constant expressed in keV per degree. Thus for a

blackbody the colour temperature would be equal to the thenaodynamic

temperature. It is assumed that at a colour temperature T, unit area of the

stellar surface emits energy EQ = EQ(T). The total luminosity of the star L is

then given by / E(j(T)ds where the integral is taken over the stellar surface.

If every element of area is an isotropic emitter, with intensity IQ normal

to the surface, then,

Eo= J ^ J ^ I o W cose sine d6 d$ = nI0(T) (2)

If the star accretes uniformly over a polar cap extending from co-

latitude 6=0 to 6=6g , and not outside that cap, then the flux received at a

distance d, by an observer directly above the cap is,

F(d,e0) = ^* ffil0 IO(T) cose sme de d* (3)

where R* is the stellar radius. Thus where T is a constant over the stellar

surface,
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R2

F(d,90) = E0(T) -* sin290 (4)

and the total luminosity of the star is,

" ( 1 + cos90)

It is also assumed that the average energy E of the photons in the radiation

field relates simply to the temperature, by a relation of the form,

Ep(T) = bT^ (6)

and so the flux may be written in terms of the photon flux N as,

F(d,90) = NEp(T) = NbT? (7)

where N is the total number of photons received per unit area per second. With

eq* (4) this gives the relation,

2

NbTC = E0(T) —* sin
290 + F (8)

where Fj is the flux received from the disc, which is shown in the next section

to be small in comparison with the flux from the star and has been ignored in

the following discussion. If accretion occurs from some radius rA, defined by

the magnetic field interaction with the disc, and matter accretes along field

lines onto the star, then from the geometry of the assumed dipole field,

R* = rAsin
290 (9)

and so eq. (8) becomes, „
_r bd2Nrs

fco(T) T ̂  = -y-A (10)
*

It may be noted that equation (10) simply relates the number of photons produced

at the stellar surface to the number received per unit area.

Therefore,
EQ(T) d logE0(T) dT bd2 d ^

T
^

The negative slope of the upper branch of the curve in the intensity vs hardness

ratio diagram requires that — < 0 if the coefficient of -^ is positive, thus
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d logr

If v K is the Kepler frequency at the radius r^ then,

logrA = jlogC ^ 2 ) - jlogv,, (13)

(14)

(15)

As v k = vb + v* where vfa is the observed heat frequency and v* is the stellar

rotation frequency, eq. (15) becomes

d logv. 3v_ 3 1
* 2 ~ 2

and so,

Then eq. (12) implies,

d
d"

logr

2
J

d
d

2
= ~ 3̂

logN

d

>

logN '

1

d logN * 2 vfc ~ 2 1 - wg

where a>s is v*/vk, the fastness parameter (Ghosh and Lamb, 1979). The results

derived above depend on the spectrum of the source, defined by Eg(T) and E
B£

T)»

only through the condition in equation (11) that the coefficient of -JJT be

positive* The manner in which this constrains the possible spectra is now

investigated.

In general EQ(T) may be written as a power series in T in the form

E0(T) = (T - X 0 )
S I a (T - To)1 ; 0 < s < 1 (17)
i=p i

where TQ is an arbitrary temperature typically in the region of negative slope.

In which case the condition for the coefficient of -=jr in eq. (11) to be positive

reduces to,

(T - TQ) 1"^" 1 f (aj+pt1 + P + s) - ai+P~* ) (T - T ^ 1 > 0 (18)

where by definition a ĵ  = 0 and in the limit as I + Ij this reduces to the

condition

(T - U ^ k t . + p + s) - " y ) > 0 (19)
0 <r*P T o

where (s = 0,a = 1) and (s # O.ot = 0).

Then this gives, -

(a + p + s) a^, > "^IT1 , (20)
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valid V T > To and V(p+s-l) even. Here p is the index of the first non-zero

coefficient in the series • Clearly the requirement that EQ(T) is reasonably :.

physically in the region T = T Q will place additional constraints on EQ(T),

however, it may be seen that the results derived up to equation (16) will be

true for a very large class of source spectra, which is a necessary condition,

as at present the processes present in these sources determining EQ(T) and E (T)

are not understood- In the case of a black body s = 0, C, = 1, b = 2.7k, a^ = \

crT0
4, a^ = 4aTQ

3, a 2 = 6oT0
2, a 3 = 4CTQ, a^ = a, where a is the Stephan- i

Boltzmann constant, and it may be seen that eq. (18) is satisfied.

3. Discussion

One of the observables for the QPO's in GX5-1 is the logarithmic derivative

of the beat frequency with count rate. The count rate per unit area N' for the

detectors (HE, GSFC) on EXOSAT is not equal to the N in the equations above,

because of the limited bandwidth of the detectors. The relation between the two

is given by,

N = fH' (21) ;

where f is in fact weakly temperature dependent, but over the small variation in

temperature for the QFO branch is taken to be a constant. Then (16) may be

written as, \
d logv. 3

d logH'

3 i
> 4 r^— (22)
2 l ~ ">

The observed value for this derivative varies slightly with N1 but is of order 2

(van der Klis et al., 1985(1)). Taking this value gives

From this the maximum rotation frequency of the star can be derived as v* < <:
i,

Vjj/3, and the maximum Kepler frequency at the Alfven radius as vK < kv^/3- For f

an observed beat frequency of the order of 30 Hz this gives v* < 10 Hz (period > J;

0.1 s), and an Alfven radius of the order of 140 km. This value of rA may be

inserted into equation (10) along with the distance d to the source of 8.4 kpc ;

(derived below). If E0(T) and E (T) are known a colour temperature T for the |

source can then be derived, and this should be consistent with the observed j;

value, given from the hardness ratio. It is not expected that the emitted

spectrum will be a black-body spectrum. Herman and Stollman (1986) argue that

emission from accretion onto polar caps will be comptonized by the cold

accretion column. Such a process would scatter the photons to lower energies,
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thus softening the spectrum, whilst conserving the number of photons. Such

accreting matter would, for objects with high accretion rates, be optically

thick and so care should be taken in defining the apparent stellar radius R* in

equation (10), which should then be at the -r = 1 surface of the accretion

column, and may well be as much as 1.5 times the actual stellar radius. If a

black body spectrum were to be assumed, then with the given values of r. and d

equation (10) suggests that T ~ 3 - 10 keV on the QPO branch, and that would

strongly disagree with the observed hardness ratio of 0.6 - 0.65, which for a

black-body implies a temperature T ~ 1.8 - 1.9 keV. Thus this supports the

expectation of a non-black-body spectrum.

These values for the period and Alfven radius are larger than those

previously obtained from the beat frequency model (Alpar and Shaham, 1985; van

der Klis et al., 1985(1)). As a consequence of the large Alfven radius the

maximum flux from the disc is less than 4% of the total, which justifies

ignoring Fj in eq. (8). In previous work v4 has been derived by fitting the data

for vb and N' to the specific form v, = AN
1 7 - v4 > derived from the relation

for the Alfven radius in terms of N1,

rA « H'~ /? . (24)
A

This relation may be derived using either assumptions applicable only to

spherical accretion, or crude assumptions as to the interaction of the disc with

the stellar magnetic field. In either case this relation is only true providing

that N1 cc fl , the accretion rate. Even if M = L , which is the case if all the

accretion energy is converted into radiation, then equations (3), (5), (7) and

(21) show that L is not simply proportional to N". This to some extent accounts

for the need of Lamb et al. (1985) to introduce an arbitrary factor p to obtain

fits to the data of some of the sources. In the model above eq. (12) requires

that r & = N'~\ \ > 1, which is quite different from relation (24).

In principle at least, if the functions EQ(T) and E (T) are known for the

source, then (11) leads to a solution for the stellar frequency in terms of -rrr
dv. aa

and -ZZT • The first of these can be obtained via the intensity vs hardness ratio
dN

diagram and the second from the various power spectra (van der Klis et al.,

1985(1)). Necessarily simultaneous observations of the hardness ratio and the

beat frequency are required to obtain these two quantities for a particular

state of the source. If v* is found from eq. (11), then also rA may be plotted

against N to give the true variation of r& with N.

If the normal branch is due to accretion over the whole surface of the star

and the spectrum is approximated by a single temperature black body, then the
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distance d may be estimated from (8), which becomes,

I* - T&F where f"X " 2̂ 04 £ £ « , w - i dx (25)

E, + E, is the pass band of the detector. This relation can be fitted to the

normal branch in the intensity vs hardness ratio diagram using eq. (1), and for

a value of R* of 10 cm gives a value of d of ~ 8.4 kpc, which is in agreement

with the general assumption that the bright galactic bulge sources are

concentrated around the center of our galaxy (Lewin and Joss, 1983).

It has been argued (Lewin and van Faradijs, 1985) that the interpretation

of the observed spectra of GX5-1 in terms of two component models may contradict

the beat-frequency model. If, however, there are two modes of accretion, then

during the observations GX5-1 might well have been in the higher accretion rate

mode (as was the case for the TENMA observations (Mitsuda, 1984)), and therefore

on the normal branch, where there are no QPO's present. Mitsuda has proposed

that the QFO branch is due to super-Eddington accretion rates. This together

with his interpretation of the normal branch would contradict the beat frequency

model. On the other hand the ideas presented in this paper require an even lower

accretion rate on the QFO branch than on the normal branch, and are consistent

with the beat frequency model.

The model presented above does not imply that all QPO sources have a branch

of negative slope in the intensity vs hardness ratio diagram, but only those

with a small value for the fastness parameter as can be seen from inequality

(16). It is, however, reasonable to expect a number of these sources to show a

"horizontal" branch, and this is also seen in the QPO source Cyg X-2 (Hayakawa

et al.,1983).

It is not known why there should be different accretion rates, which lead

to the two modes of accretion. There are several possible explanations. The

companion star is thought to be evolved (van den Heuvel, 1983), and as such

could have surface structures that rotate with the star, and if the system is

young, so that the stellar and system rotation periods are not synchronised,

this could lead to the varying accretion rate. Another possibility if the

neutron star is recently formed is that the orbit could be elliptical and at

different points in the orbit there are different accretion rates. Whatever the

explanation may be, it is well known that the bright galactic bulge sources can

show strong variations in intensity (White et al., 1985), which could be

interpreted as variations in accretion rate.

The model presented above does not give a definite relation between the

Alfven radius and the accretion rate. In particular the question of how the
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switching from one branch to the other occurs as the accretion rate changes is

unanswered and requires a better understanding of the interaction between the

accretion disc and the magnetic field of the neutron star.

4. Conclusion

By interpreting the two branches in the intensity vs hardness ratio diagram

as the result of two accretion modes it has been shown that GX5-1 is a slow

rotator with a period > 0.1 s. This result determines, rather than assumes, an

Alfven radius as a function of count rate, and it has been shown that this

significantly differs from the relations previously used. The model requires the

neutron star to have a magnetic field. The results obtained, however, are

independent of the strength of that field and the value found by Alpar and

Shaham (1985) and van der Klis (1985(1)) is - in terms of our model - probably

not correct.
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Sumaary

We propose a mechanism whereby rotating, weakly magnetized neutron stars,

which are thought to be present in some low mass X-ray binaries, may lose energy

to the accretion disk via an electrodynamical coupling between the magnetic

field of the star and magnetic loops in a disk corona. This mechanism may solve

some of the problems posed by the observations of these systems. In particular,

the properties of the power spectra of some of the sources, in which quasi-

periodic oscillations are observed, can be explained, and especially it can be

understood why the low—frequency noise in some sources may be much reduced in

power with respect to the power in the oscillations.

Key words: Neutron stars — disk corona — quasi—periodic oscillations.

1. Introduction

It is generally believed that a large majority of the low-mass X-ray

binaries (LMXB) consist of a neutron star and a low mass companion. Roche-lobe

overflow drives matter from the companion onto the neutron star via an accretion

disk. Most LMXB do not show X-ray pulsations, which could imply that the

magnetic field of the neutron star is too weak to channel the accretion flow,

and the accretion disk is therefore thought to extend down to the surface of the

neutron star (see for a review: Lewin and Joss, 1983). During recent years,

however, this picture has changed somewhat for some of the LMXB, mainly due to

the discovery of millisecond radio pulsars in binaries and of quasi-periodic

oscillations (QPO) in some of the LMXB.

The discovery of millisecond radio pulsars in binaries has lead to the

conclusion that some of these systems (i.e., the wide ones) are formed by the
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later evolution of binaries consisting of a neutron star and a normal companion

star, in which the companion was less massive than, the neutron star, (Van den

Heuvel, 1984). When in such a system the companion has evolved to the giant

stage it begins to overflow its Roche lobe, which leads to an expansion of the

orbit. This may explain the existence of several wide LMXB, such as Cyg X-2.

During this mass transfer phase, angular momentum is gained by the neutron star

and its rotation period decreases. Therefore, when the mass transfer stops one

will observe the neutron star as a radio pulsar with a short rotation period in

a wide binary. Assuming that the radio pulsar loses its rotational energy due to

magnetic dipole radiation (Pacini, 1967,1968; Gunn and Ostriker, 1969), the

magnetic field strength of the neutron star can be inferred. The measured values

are in the range of 108'5 to 1011-0 G (Dewey et al., 1986). This, of course,

implies that the magnetic fields of the neutron stars in the LMXB, from which

these radio pulsars evolved, were at least as strong. In a recent study by Van

den Heuvel et al. (1986) it was shown that the magnetic fields of neutron stars
Q

probably do not decay below 10 G or if they do, the timescale is larger than

109 yr.

The magnetospheric radius for spherical accretion is given by (Davidson and

Ostriker, 1973; Lamb, Pethick and Pines, 1973)

ra = (2.9 10
8cm) g m1'7 I™ ^ (1)

Here |i_ is the magnetic dipole moment of the neutron star in units of 10 G

cm3, m its mass in solar masses, R, its radius in units of 10° cm and L^y the

total luminosity in units of 10 erg/sec. For the values of the magnetic field

quoted above this leads to

1.6 106 cm < ra < 4.2 10
7 cm (2)

where we have used hyj = 10 , R& = 1 and m = 1.4. The values in (2) are valid

for spherical accretion and dipole geometry and they may be a factor of two

smaller in the case of disk accretion (Ghosh and Lamb, 1979). But even then it

is clear that for some neutron stars in LMXB ra > R and the disk does not reach

the surface of the star.

That some of the neutron stars in LMXB may have magnetic fields in the
8 10

order of 10° to 10 G, and periods in the millisecond range was suggested by

Alpar and Shaham (1985), by interpreting the quasi-periodic oscillations,

discovered in GX5-1 (Van der Klis et al., 1985), in terms of a beat frequency

model. In this model the observed frequency of the peak in the power spectrum is
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i due to a beat between the Kepler frequency at the inner edge of the accretion
• i

••• disk (taken to be the magnetospheric radius, ra) and the rotation frequency of

i the neutron star. This gives a relation between the luminosity (if the

*: assumption is made that the mass accretion rate is proportional to the

luminosity) of the source and the beat frequency, that fits well to the data of

i GX5-1 and which predicts a rotation period of the neutron star of the order of

' 10 ms and a magnetic field of the order of 6 10 G, leading to a magnetospheric

radius of r& ~ 60 km. (see also Van der Klis et al. 1985).

So far, models have assumed that in order to produce such a beat frequency,

an asymmetry in the stellar magnetic field must interact with structures in the

inner region of the disk. Lamb et al. (1985) and Berman and Stollman (1986a)

suggested that the magnetic field acts as a gating mechanism for the accretion

flow from these structures. In the model put forward by Lamb et al. (1985) these

structures are thought of as physical blobs created by some form of instability

and are rotating in the inner region of the disk, with the Kepler frequency.

',; Berman and Stollman (1986a) argued that the interaction of the field-asymmetry

with these blobs probably could not provide the degree of modulation observed,

i but rather that the structures must be regions of reduced conductivity.

After the discovery of QPO in GX5-1 more sources have been discovered,

• which show quasi-periodic oscillations; nl. Sco X-l (Middleditch and

Priedhorsky, 1985; Van der Klis and Jansen, 1985; Van der Klis et al- 1986 ),

Cyg X-2 (Hasinger et al., 1986), GX349+2 (Lewin et al., 1985), GX17+2 (Stella et

al., 1985a), 4H1820-30 (Stella et al., 1985b), GX3+1 (Lewin et al., 1986) and

MXB173O-335 (the Rapid Burster, Stella et al., 1985c). Some of these sources

show quite a different behaviour from GX5-1, which seems difficult to explain

within the context of a beat frequency model (Lewin, 1986; Van der Klis, 1986).

However, other theories which have been developed so far to explain the QPO and

which do not use the idea of a beat frequency (eg. Hameury et al., 1985; Boyle

et al., 1986) have also problems explaining one or more properties of the

observations (e.g., Lewin, 1986).

In this paper we assume that the neutron stars in some of the LMXB have

magnetic fields, which are capable of holding the accretion disk at some

distance from the stars surface. Within this context we develop a model for the

interaction of the magnetic field of the neutron star and magnetic structures in

an accretion-disk-corona (ADC). The existence of those coronae in low-mass X-ray

sources can be inferred from the analysis of X-ray lightcurves of some of these

sources (White and Mason, 1984). It seems plausible that these ADCs are

magnetically structured with loops, which are anchored in the disk (e.g., Ionson

: and Kuperus, 1984).
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In this paper we will show that energy can be transferred from the neutron

star (probably rotational energy) to the disk-corona-system. That energy

transport like this may be important in LMXB was suggested by Priedhorsky

(1986), who pointed out that some of the problems in our understanding of X-ray

spectra from Sco X-l can he explained if energy can be transferred from the

neutron star to the disk via the magnetic field*

Furthermore, we will show that the interaction between the magnetic field

of the neutron star and the coronal loops may provide a mechanism that can

explain the existence of QPO and which at the same time provides a solution to

some of the problems that are posed by models, which are based on the gating of

the accretion, such as the near absence of power in the low-frequency noise with

respect to the power in the QPO, as, for example, observed in Sco X-l.

2. Interaction of a magnetic neutron star with a disk, coronal loop

It was shown by Light man and Eardly (1974) that the inner region of a

"standard" accretion disk (cf. Shakura and Sunyaev, 1973), where radiation

pressure dominates gas pressure, is secularly unstable to clumping into rings.

The radius, r^, at which the gas pressure and the radiation pressure are

approximately equal is given by (Shapiro and Teukolsky, 1983)

i 2 in7 * z / n 1 / 3 M 1 6 / 2 1 r ni

r. ~ I • 2. LD a. m H._ cm ( J )

where m is the mass of the neutron star in solar masses, M17 the accretion rate

in 101' g/sec and a is the well known non-dimensional viscosity parameter

(Shakura and Sunyaev, 1973). In the case of the bright LMXb the value of rt is

approximately r^ ~ 7.5 10' cm. Comparing this to the range of rfl given in

equation (2), we notice that the disks in the bright LMXB do have an inner

region in which the gas pressure is dominated by the radiation pressure, and

which may, therefore, be unstable as mentioned above.

However, it has been demonstrated by Ionson and Kuperus (1984) that the

inner parts of an accretion disk can be stabilized by the formation of a corona.

This corona is likely to be magnetically structured with loops of a

characteristic length I ~ h, where h is the thickness of the disk (Galeev et

al., 1979; Coroniti, 1981; Burm, 1986). The stabilisation essentially occurs

because part of the accretion energy is vented into the overlying corona, thus

reducing the radiation pressure in the inner disk. The reason that such a disk

corona is likely to be magnetically structured is that the magnetic field

carried by the accreting matter Is amplified by the differential rotation of the

disk and the increasing magnetic pressure causes the field to become buoyant in
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the strong gravitational field.

An estimate of the strength of the field in the disk-corona system can be

made by an equipartition argument. If we set the energy density of the magnetic

field in the disk equal to the kinetic energy density of the Keplerian motion we

find Bd /8n ~ pvK /2. The strength of the stellar field at the magnetospheric

radius can be estimated from the equation which determines the magnetospheric

radius: i.e., M vRr/6 ~ r2B2 (Ghosh and Lamb, 1979). Here 6 is the radial

thickness of the boundary layer. The mass accretion rate is given by M =

4itprhvr- Here h is the half thickness of the disk and vr is the radial velocity

in the disk. Substitution leads to the following expression for the magnetic

field of the star at the magnetospheric radius: B /8it ~ vrvKph/26. Since the

thickness of the disk, h, is probably not larger than the thickness of the

boundary layer, and since the radial velocity in the disk is much smaller than

the Keplerian velocity we find that the field strength in the disk is larger

than the local stellar field. And since the coronal field may be somewhat

smaller than the disk field we believe that the coronal field can be larger than

or at least equal to the local stellar field.

Let us now consider the interaction of a magnetic loop in an accretion-

disk-corona with the magnetic field of a rotating neutron star. The loop is

anchored in the disk and hence is rotating with the Kepler angular velocity

Sk(r), while the neutronstar magnetic field is, up to the corotation radius,

supposed to rotate with the neutronstar angular velocity Qg. We assume that a

field asymmetry is present, which is, for example, due to a displacement of the

aligned magnetic axis from the rotation axis, or due to a inclination of the

magnetic axis with respect to the spin axis (Curtis Michel and Dessler, 1981;

Lamb et al., 1985; Berman and Stollman, 1986a). In a coordinate system fixed to

the loop, the loop experiences an oscillating stellar field with a frequency

equal to the beat frequency Qg given by

QB = \ ~ Qs ( 4 )

The magnetic field strength at radius r and time t is thus given by

Bg(r,t) = BQ(r) + Bx(r) cos S^t (5)

Here we have assumed the simplest possible form of the field asymmetry. A more

general form is given by

n

V r ) = V r ) + ? V1 0^0 8 4 1 0^ + V^
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(Lamb et al., 1985). This magnetic field interacts with the current system

inside the loop, thereby supplying an "external" power source for the loop.

In order to estimate the power transferred from this external source to the

loop we make a number of symplifying assumptions. First, we assume the loop to

be a stretched, cylindrical filament with length Si and diameter a, located at

distance r from the center of the neutron star and having a helical magnetic

field B- and a helical internal current distribution j . Secondly, we assume

that every part of the loop experiences the same external magnetic field, which

we assume to be perpendicular to the axis of the stretched loop (see Fig. 1).

Fig. 1: The magnetic field of the neutron star 6 , rotates with angular velocity

Q and interacts with a magnetic loop of length A, which is situated at distance

ra (i.e. the magnetospheric radius of the disk) and which rotates with the

Kepler angular velocity Qfc. Due to this interaction the loop oscillates with a

velocity amplitude v».

Apart from the internal current system, which is generated by the disk

motions, there is an induced current j., because of the periodic changes in the

magnetic flux through the loop as a result of the rotating magnetic field of the

neutron star (see eq. (5)). This induced current system consists of a component

j , parallel to the axis of the filament and thus perpendicular to Bs and a
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component j , located in a plane perpendicular to j .

The Lorentz force acting on a volume element of the loop is then equal to

If we suppose that the filament is force free or pressure balanced we may

neglect the term - (j, x B,). If one integrates f, over a circular slice of

unitary thickness the term with — (J.x J ) integrates out because of the helical
c i f 1 + + #

symmetry conditions. The same holds for the force component — (J. + Jf) ,
 x B

s
 so

that the net force is given by

where iM = (t + 3-).- The total force on the filament with length Jt is then
II i J II

4 Jn

If I = / j dS is the total current then

•',

I B A
F S _ (9)

c

An upper estimate of j is made by j ~ c B /4ita which results in If/C ~

a Bf/16. The induced current 1^ can be estimated from the induction equation

L I = i/c, where the magnetic flux S ~ B / cos(SLt) is derived from the

oscillating part of the magnetic field. Taking as an order of magnitude estimate

for the self inductance L ~ 4 c~2A/n (Ionson, 1982) we find I/c ~ (n*B/4)

cos(Qgt). Hence using eq. (5) and (9) we obtain

F ~ t B iB(r l 2«M B <S t > + f a 2 * 2 " * " 2 ^ + f f BfBo

The force in eq. (10) consists of a constant component and a periodic

component. The former one shifts the loop to another equilibrium position, while

the latter one shakes the whole loop back and forth in the radial direction r

around this new equilibrium position. Below an estimate will be made of the

importance of this constant force. It will be shown that it is of the same order

as the force due to gravity at ra, implying that the loop will not be displaced

over a large distance and will, therefore, not be distroyed.
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It is plausible that through an interaction of the local stellar field and

the coronal field the topology of the resultant field may change due to

reconnection. If this process would develope faster than, for example, the beat

period the field of the neutron star would reconnect with the coronal field

before the loop does experience any significant oscillation. However, in order

to treat this problem one should know the details of the plasma resistivity

(presumably anomalous) in prescribed, little volumes of the loop. This is not

possible, for our understanding of magnetic fields in accretion disks is poor.

Therefore, at this moment we want to explicitly confine ourselves to the less

dramatic case of an oscillatory filament.

If Bĵ  < BQ, BJ < BQ and a « X. it is seen that the major component of the

oscillating force is the first term in equation (10); i.e.

F ~ B-B-i. cos(Q t) (11)

The loop is driven in forced oscillation by the varying neutronstar

magnetic field. In order to estimate the power consumption, F(t), we consider

the whole loop as a forced oscillator with mass m, repulsive elastic force -kx,

where x is the deviation from equilibrium, and damping force - \ ——. The

equation of motion of the filament is then given by

2
m — j + \ -jr + kx = FQ cos J^t, (12)

dt

where FQ, using (11), is given by

FQ = Bl BQ I
2 (13)

The solution of (12) consists of a homogeneous solution of a damped free
1/2

oscillation with a characteristic frequency ajfl = (k/m) and a forced

oscillation with frequency Qg which is independent of the initial conditions.

The free oscillations are damped so that finally the system is forced to

oscillate with the frequency Qfi. There is, however, a phase lag of the

oscillation as compared to the forcing term. Therefore, the solution can be

written as
x = A sin(Qt - B) (14)

0

where A is the amplitude, given by

9 9 \ 9 7.1/9 (15)
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and p is the phase angle, given by

The oscillation is damped and the amplitude grows until the damping force

balances the driving force. The maxinwn amplitude occurs when there is amplitude

resonance. In the damped system this occurs when the frequency Qg is slightly ' -

smaller than the characteristic frequency O)Q SO that the denominator in (13) is -;

minimal

From eq. (14) and (15) we can derive the velocity as a function of time

v = ̂  = Qg A cos (Qgt - p) (18)

where the velocity amplitude is given by

F

The maximum amplitude is reached when

°B = (m)1/2 = U0 C20)

Then the phase angle p = 0 and the velocity is in phase with the force. This is

called energy resonance because the power delivered by the force is a maximum.

The denominator in (19) is the impedence Z given by

Z 2 = X2 + R2 (21)

where the reactance X is

X = mQ> - jj- (22)

and the resistance R = \. From this it follows that tan p = X/R and vQ = FQ/Z .

The power produced by the force is given by

F
2

P(t) = ? • v = - j - cos Qgt cos(Q,t - p) (23)

Averaged over a period the absorbed power is

F 0 2 * 1 2
<P> = -s^- cos p = -~ Fn v_ cos p = — 5 - = -~ R(v0) (24)
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We observe that the damping should be known in order to estimate the velocity

amplitude and the power. The damping of an oscillating filament in the solar

corona has been studied by Kleczek and Kuperus (1969). They assumed that the

main damping mechanism is accoustlc radiation of the vibrating filament with an

effective surface area S into the ambient non-magnetic corona. They found good

agreement with observed damping times of oscillating quiescent prominences after

the excitation by a flare disturbance.

Adopting their analysis we find as an estimate of the damping time

(25) ;

where p is the coronal density and vs° is the coronal sound velocity. When the

ambient medium is magnetically dominated one should use the fast mode velocity

instead of v,,, which means in practice using the coronal Alfven-speed, v..s **
From (12) we find that T = 2nmA SO that with S = 2ai we find, using (25)

\ ~ 4uaJlp v (26)
C A

It should be noted that in this derivation we assume the acoustic damping to be

larger than any other internal damping by viscosity and resistivity. If these

were to be larger, \ would be larger and so would be R, causing an increase in j

the power consumption, provided the system is out of resonance. Therefore our I

analysis yields a lower limit of the power consumption from the neutron star. ;

The Alfven speed is given by v = (B /4itp ) and the magnetic field in 5

7 C

the corona can be of the order of 2 10 G, where we have assumed a dipole field
Q

from the star with a value of ~ 5 10 G at the pole and a typical magnetospheric

radius of ~ 60 km (cf. eq (1)). In order to get an estimate for the damping

constant, R = A., we express i. in units of 10 cm, a in units of 10 cm and pc in !

units of 10""-* g/cm , where we have assumed the density in the corona to be about

an order of magnitude smaller than in the disk (cf. e.g., Shapiro and Teukolsky,

1983). From eq. (26) we then find

R = K ~ 2.2 1016 a5VPc)i5
2 S/sec (27)

An estimate of v can be made in the following way. Notice that v = FQ/Z =

BJ^QJ^/Z. The value of Z is given by Z = (X2 + R 2 ) 1 ^ 2 = (X2 + m2QB
2 - 2mk +

2 2 \l'J 2
k /Qg ) ' . The mass of the filament can be written as m = na Jtp and is of the

11 *~
order 3 10 g. The beat frequency Q_ is determined by the rotation period of
the neutron star, which is of the order of 10 ms, and by the radius of the
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magnetosphere, rfl, which is of the order of 60 km. We then find, using eq. (4),

CB ~ 300 sec"
1- The value of k is determined by the eigenfrequency of the loop,

UQ = (k/m) ' . He may estimate UQ by using the Alfven crossing time for the

loop: i.e., OJQ = ~j- (Ionson, 1982) , which leads to a value of the order u^ ~

5 103 s"1. Using the value we found for m, this gives k ~ 7.5 1018 g/sec2. The

quantities found so far can be used to approximate Z. We find

Z ~ 3.3 1016 g/sec (28)

Furthermore, we assume B^ ~ 0.1 BQ — 2 10 G. We then find

vQ ~ 1.2 10
9 cm/sec (29)

From this we may estimate the power in the oscillations, using eq. (24).

<P> = | R ( V Q )
2 ~ 2 1034 erg/sec (30)

Using some of the quantities derived above we can now compare the constant

force on the filament (see eq. 10) with the gravitational force at the

magnetospheric radius. Their ratio is given by (aX/16)BfBQ/m^(GH/r a) and is of

order 1, implying that the filament will probably not be displaced over a large

distance.

Equation (29) for the velocity amplitude of the filament would imply a

displacement A (see eq. 14) of A = VQ/Q B ~ 4 10 cm. This value is3 however,

somewhat larger than the length of the loop. This problem can be solved by

increasing the damping of the oscillation. In that case the velocity amplitude

would decrease, reducing A but, however, also the average power. An interesting

possibility is that the loop is in resonance.

For the loop to be in resonance u ~ Q ~ 300 sec , which would imply JL ~

107 cm. In this case Z = R = X ~ 2 . 2 1018 cm, if again we assumea ~ 0.1 X.. For
9 6

VQ we then find v_ ~ 2 10 cm/sec, implying a displacement amplitude of 6 10

cm. This value is now smaller than the length of the loop and does not create

the same problem as mentioned above. In this case the power is given by

<P> ~ 4 1036 erg/sec (31)

If we, furthermore, would assume a somewhat stronger modulation field B^ (e.g.

Bx ~ 4 106 G) this power could be as large as 1.5 1O37 erg/sec. This last

estimate is probably an overestimate but if we compare the values with the
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38Eddington limit, Lg^j ~ 10 erg/sec, of a neutron star we see that one Isolated

coronal disk loop, powered by electrodynamic coupling of the neutronstar

magnetic field, may provide a few percent of the X-ray flux.

3. Discussion and conclusion

In section 2 we have shown that the neutron star may lose (rotational)

energy to the disk-corona-system via the interaction of its magnetic field with

magnetic structures (i.e. loops) in the corona, which are anchored in the disk.

The energy that is transferred directly zo the disk can be radiated thermally.

However, the energy transferred to the corona cannot be radiated efficiently but

is probably lost due to comptonisation of "soft" photons coming from both the

neutron star and the underlying disk. In the simple picture of disk accretion

half of the gravitational binding energy, which is liberated when the matter

falls from "infinity" to the magnetospheric radius, ra, can be radiated by the

disk. Therefore

Using M = 1 10 g/sec and ra = 60 km we find

Ldisk ~ 1 - 5 1()37 er8/sec

In the previous section we showed that the energy transferred to one loop can be

of the order of 10 to 10 erg/sec. Since it seems plausible to assume that

more than one loop is present, the luminosity coming from the disk may be

increased by a substantial fraction. As pointed out by Friedhorsky (1986) this

transfer of energy from the rotating neutron star to the disk may explain why in

some LMXB, such as Sco X-l, the ratio between the luminosity coming from the

disk and that coming from the star is so large.

Another point of interest is the fact that the mechanism discussed in this

paper may give a natural explanation for the observed quasi-periodic

oscillations in some LMXB, while in the mean time it may solve some of the

problems posed by some other models for QPO. This can be seen in the following

way. The instantaneous power transferred from the star to the loop is given by

eq. (23), i.e. p 2

P(t) = - | cos S^t cos(QBt - p)

F0
= ̂  [(cos2QBt)cosp + (sin2QBt)sinp + cosp] (33)

If, for reasons of simplicity, we assume that p = 0 (i.e., the system is in
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resonance) then foe one loop it holds that

F
2

Pi ( t ) =2i7[ C O 8 2 QB t + 1]

If we furthermore assume that there are N loops at different azimuthal

positions, $±, on the disk, and, furthermore, that the energy transferred to

these loops can be reradiated instantaneously, then the total luminosity from

the system (star + disk) is given by

N
Ltot(t) = L 0 ( t ) +.l A i[«»(

2V t" tl ) + *i) + 1]f«t-t
1) <34>

where Ai = FQi /2ZJ and f(t) is an envelope function, representing the finite

lifetime of each loop (Bum, 1986) As pointed out by Lamb et al. (1985) a

luminosity as given by eq. (34) leads to a power spectrum with a broad peak

centered around frequency f = QD/it and a low frequency component (i.e., red
P B

noise). The latter is due to the presence of the term A.f(t-t-) in eq. (34) or,

in other words, the presence of an average contribution from the loop, which is

different from zero, leads to a red noise component in the power spectrum.

The picture presented sofar can explain all the features of the observation

of QPO and red noise in sources like GX5-1 and Cyg X-2, in the same way as the

models of Lamb et al. (1985) or Berman and Stollman (1986a). A problem which is

inherent in these models and in any beat frequency model, that is based on the

modulation of the accretion, is that one does not expect any accretion and

therefore QPO to be present when the magnetospheric radius is larger than the

corotation radius. However, in some of the sources (e.g., Sco X—1 or the Rapid

Burster) the intensity is sometimes anti-correlated with the observed QPO-

frequency. Within the context of a beat-frequency model this would imply that

the magnetospheric radius is larger than the corotation radius. This problem can

be overcome if one introduces an arbitrary parameter, which relates the

accretion rate, M, to the observed intensity, I, (Lamb et al. 1985; Berman and

Stollman, 1986b).

The model presented in this paper is a beat frequency model but is not

based on the modulation of the accretion flow, and the mechanism presented does

also work when the magnetospheric radius is larger than the corotation radius

since tnere is still a coupling between the rotating field and the loops on the

disks. This may lead to an anti-correlation between the frequency and accretion

rate.

Another fundamental problem which has to be explained by any model of QFO,

is the fact that in some sources (e.g., Sco X-l) the power in the red noise is

147



much less than that in the QPO-peak (van der Klis et al. 1986). This is very

difficult to explain within the context of a beat frequency model, which is

based on the modulation of the accretion flow. This can be seen in the following

way. The accretion modulation from the blobs in the model of Lamb et al. (1985)

or from the accretion sites in the model of Berman and Stollman (1986a) can be

described by a function of the form of eq. (34), where the term 1 is replaced by

an arbitrary constant Bj > 1. The term AjBjf(t-t±), which thus results in eq.

(34), represents the nonmodulated or average accretion from each blob. This can

never be zero, since then, due to the term Aicos(2Qfi + i^), the accretion

luminosity could be negative. As pointed out above the term AiB^f(t-ti) causes

the red noise component in the power spectrum. The ratio, r, of the power in the

red noise and the power in the QPO-peak. is given by (Lamb et al., 1985)

r = 2 <Bt
2> > 2 (35)

The model presented in this paper, in principle, can give r = 0. Consider again

eq. (33). If we set 0 = y it then

F
2

P±(t) = •— sin(2QBt) (36)

and N

Ltot(t) = LQ(t) + I AiSin(2QBt + ^ ( t - t j (37)

This expression for Lto(. leads to a power spectrum with again a broad peak

centered on frequency f = QD/n , but with no red noise component, since the
d a

average contribution from each loop is zero. However, again it must be stressed

that this conclusion is based on the assumption that the power transferred back

and forth between the loops and the neutron star is instantaneously "translated"

into radiation. In particular, in the case that the loops transfer energy to the

star, we assume that this energy is extracted from the disk leading to a

reduction of the flux coming from the disk. Whether this is a valid assumption

must be investigated in more detail. However, this lies outside the scope of

this paper.

Our conclusion is that the mechanism described in this paper, in which

energy is transferred from the rotating, magnetized neutron star to the disk,

can explain some of the observations of LMXB. In particular the model seems

suited to describe the properties of the power spectra, observed from some

sources, in which a broad peak (QPO) and a red noise component is present•

Although the model is based on a beat frequency model, it does not seem to have

some of the difficulties which are present in the beat frequency models that are
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based on a modulation of the accretion flow.
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Summary

According to (quasi-) static model calculations of the outer layers of a

neutron star, subject to a thermonuclear flash, the maximum luminosity cannot

exceed the Eddington limit by more than a few percent. Y.et, maximum burst

luminosities substantially in excess of the Eddington limit have been observed

for many X-ray bursts. In this paper we suggest a possible solution to this

"Eddington limit problem", related to the transformation properties of the

radiation field, as measured in the rest frame and in a comoving frame.

Key words: X-ray bursts - Eddington limit

1• Introduction

The global properties of (Type I) X-ray bursts can be succesfully described

by the model of thermonuclear flashes in freshly accreted neutron—star envelopes

(for a review on X-ray bursts see Leurin and Joss, 1983). However, a number of

burst properties have as yet defied an explanation (Lewin, 1983). As the most

serious problem is often considered the "Eddington limit problem".

The acceleration due to a radiation field is given by

g .= — / < H dv6rad c ^ v v

where 4itHv is the radiative flux and K the opacity per gram. In a stellar

atmosphere g r a d is directed outward and acts against the inward acceleration due

to gravity. The Eddington limit Lg is the luminosity at which gravity and

radiation force just cancel, giving rise to zero effective gravity. For

luminosities in excess of Lg no stable hydrostatic equilibrium is possible, and

outflow of matter from the atmosphere is likely to occur.

In hot neutron-star atmospheres the dominant opacity source is electron
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scattering, which in the low-energy limit (Thomson scattering) is given by Oj. =

0.2 (1+X) cm /gram, independent of frequency. Here, X is the fraction of

hydrogen by weight. Then the Eddington limit is given by

_ 4itcGM f 2GM,-l/2 , . i ^ n m - 1 , ^ ,f, 2QK-1/2 ,
LE 0.2(l+X)11 V = 2 ' 5 1 0 ( 1 + X ) WMO)(1 j) erg/s

Re Re

This value applies to a loca l observer at the surface of the neutron s t a r . Due

to gravi tat ional redshift the Eddington l imit as observed by a distant observer

i s given by

4 = 2.5 1038 (1+X)-1(M/M ) (1 - ^™) 1 / 2 erg/s
Re

For "canonical" neutron-star parameters (mass equal to 1.4 MQ, radius equal to

10 km) and a hydrogen-poor atmosphere the Eddington limit (for a distant
38

observer) equals 2.7 10 erg/s•

In view of the uncertainties in distance determinations of individual burst

sources the determination of the maximum burst luminosities can be made only in

a statistical way. Such studies (Cominsky, 1981; Van Faradijs, 1981; Inoue et

al., 1981; Verbunt et al., 1984; see also Grindlay et al., 1980; Hoshi, 1981)

have shown that the average maximum luminosity of X—ray bursts, as measured by a
38

distant observer, equals ~ 4.0 10 erg/s, i.e. substantially larger than the

Eddington limit given above. The distribution of the peak burst luminosities

from a given source has a non-negligible width, with the largest bursts having

maximum luminosities exceeding the average value by a factor ~ 2 (Lewin et al.,

1980; Ohashi, 1980; Sztajno et al., 1983; Basinska et al., 1984). Therefore, one

has to conclude that a substantial number of X—ray bursts show peak luminosities

in excess of the Eddington limit by factors of ~ 3.

Quasi-static models of neutron-star envelopes subject to a sudden inflow of

matter from below, due to a thermonuclear flash, cannot account for luminosities

which exceed the Eddington limit by more than just a few percent (Ayasli and

Joss, 1982; Paczynski, 1983; Ebisuzakl et al., 1983; Kato, 1983). This is

because in these models the excess luminosity is used for quasi-static expansion

of the envelope. Thus the Eddington limit plays a role of a control mechanism,

keeping the luminosity at the critical value as soon as the atmosphere is

presented with a larger luminosity from below (Bath and Shaviv, 1976).

Solutions proposed for this "Eddington limit problem" include a substantial
12

reduction of the opacity, e.g. due to the presence of a strong (few times 10

G) magnetic field (Joss and Li, 1980; Ayasli and Joss, 1982). Other solutions

put forward are based on the possibility of non-standard neutron stars, or on a

major reduction of the galactic distance scale (Ebisuzaki et al., 1984).
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2. A possible solution for the Eddlngton Unit problea

We describe here the frame work of a simple solution to the "Eddington

limit problem", which is based on the effect of aberration and Doppler shifts in

an outflowing neutron-star atmosphere. Evidence for such outflow has recently

been found from an analysis of extremely energetic X-ray bursts, during which

the apparent photosphere underwent a radius increase by at least an order of

magnitude (Lewin et al., 1984; Tawara et al., 1984). It is likely that the

character of such outflow is similar to that of radiation-driven stellar winds,

as observed in early-type stars and in classical novae. Such stationary flows

are characterized by terminal velocities of the order of the escape velocity of

the star (Abbott, 1978; Gallagher and Starrfield, 1978; Ruggles and Bath, 1979).

The expected large outflow velocity for a neutron-star wind is not necessarily

in conflict with the observed slow expansion of the photosphere observed in the

bursts with radius expansion, since the latter reflects the change of the

location of the layers of approximately constant optical depth with possibly

changing material content.

The radiation flux, observed in a comoving frame in the outflow is

different from that observed in the rest frame, due to Doppler shifts and

aberration. As a consequence the radiation force exerted on moving material is

different from that for material which is at rest.

To first order in 8 = v/c the transformation of the radiation flux is given

by

(Mihalas, 1978; for the exact transformation see Mihalas, 1980). Here, J, U and

K are the zero-, first- and second-order moments of the radiation field, related

to mean intensity, flux and radiation pressure, respectively. Subscript zero

indicates rest-frame quantities, no subscript indicates comoving frame V

quantities. The difference between the flux, as measured in the rest frame and

in the comoving frame is often called the advection flux.

At large optical depths ? the radiation field, as measured both in the i

comoving and the rest frame, is almost isotropic. Its moments are given \.

approximately by J = 3K = (a/ic)T4 and H = (o/4n)T4
eff. (We have here assumed a

simple radiative-equilibrium grey atmosphere). Then HQ = H + 4/3 BJ = H(l + 4/3 J

BJ/H) = H(l + 16/3 PT 4/T 4
e f f). Since at large optical depth T the temperature is \

approximately given by T = 3T4
effT/4, we find at large optical depth H =

H0/(l+4B*).

Thus, at large optical depths small velocities (0 ~ 1/T) are sufficient to

reduce the flux and radiation force in the comoving frame substantially. For
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small values of the optical depth the isotropy of the radiation field decreases

rapidly, until at large distances from the star the radiation field is almost

monodirectional. The increasing anisotropy of the radiation field corresponds to

a decrease of the ratio (J+K)/H. In the limit of large distances from the star

the flux observed in the comoving frame is smaller than that observed in the

rest frame by a factor (l-8)/(l+P).

It is of interest to note, that the terminal velocities needed to decrease

a super-Eddlngton luminosity (by a factor of a fee, but not very much larger) to

the Eddington limit, as measured in the comoving frame, are of the order of the

escape velocity of the neutron star. Conversely, if the characteristic velocity

in a stellar-wind type outflow is of the order of the escape velocity, as

observations of early-type stars and classical novae suggest (Abbott, 1978;

Gallagher and Starrfield, 1978), then the super-Eddington luminosities observed

in many X-ray bursts may be the consequence of the fact that neutron stars have

large escape velocities.

In view of the above we suggest that in response to the sudden large energy

input from below an outflow pattern is established in the outer part of the

neutron star envelope. At large optical depths the velocity is such that in the

comoving frame the flux is always close to the Eddington limit. A more detailed

analysis shows that such a solution of the outflow (8 ~ 1/T), consistent with

the equations for the continuity of mass, energy and momentum, is stable. At

small optical depth the increasing anisotropy of the radiation field, and the

corresponding decrease of the ratio (J+K)/H, gives rise to a rapid outward

increase of the flux, as measured in the comoving frame, and therefore of the

radiative acceleration.

We emphasize that the viability of this idea has to be demonstrated or

refuted by detailed calculations. To the best of our knowledge this effect has

not been taken into account in previous models describing the outer structure of

neutron-star envelopes undergoing a thermonuclear flash.

In principle, with stellar winds an arbritrarily large luminosity may be

transported outward, once an unspecified mass-outflow rate is postulated.

However, since the available nuclear ene. - - per gram Is much less than the

gravitational binding energy, only a small '- ction (less than ~ 1 percent) of

the previously accreted flashing envelope * be blow away from the neutron

star, thus limiting the transported photon luminosity. Since a smaller outflow

velocity will result in a larger luminosity, as observed in the comoving frame,

and thus to a larger outward acceleration, and visa versa, it seems plausible

that an approximate equipartion will result between kinetic energy of the

outflow and the photon luminosity (in the rest frame). The level at which the
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luminosity and mass outflow will settle cannot be derived from only the

equations describing the stellar wind, but is determined by the total energy

input into the atmosphere, which in turn depends on the properties of the

flashing region. An outflow pattern as outlined here would allow a super-

Eddington luminosity to be observed at large distances- It does not necessarily

entail a massive outflow from the envelope, that would violate the above

mentioned energy constraint.

We finally note that the observed correlation between maximum luminosity

and total burst energy E b (linear over a large range in E b ) , observed for a

number of well studied burst sources (Lewin et al., 1980; Ohashi, 1980; Sztajno

et al., 1983; Basinska et al., 1984) can be accomodated within the above picture

if more energetic bursts give rise to larger outflow velocities.
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CHAPTER X

SUTER-EDDIBGTON FLUXES IH A QUASI-HYDROSTATIC, OPTICALLY THICK REGION OF A

HEUTKDN-STAR OUTER KNVKLOPE.

G.M. Stollman and J. van Paradijs

Astronomical Institute "Anton Pannekoek", University of Amsterdam

Astron. Astrophys. 153, 99-105 (1985)

Suanary

In this paper we show that a total radiative flux, substantially in excess

of the Eddington limit, can be transported through the optically deep parts of

the surface layers of a neutron star and still leave those layers in a quasi-

hydrostatic equilibrium. This is possible because, under the conditions expected

in the envelope of a neutron star following a thermonuclear flash, a small

outflow velocity will change the radiation transfer equations, but will not - to

first order in p = v/c ~ affect the momentum equation. We describe an optically

thick, plane layer and solve the momentum and transfer equations in a mutually

consistent way for various orders in p. This solution may serve as an inner

boundary condition for further numerical calculations of stellar winds from a

neutron'star surface.

Key words: X-Kay Bursts - Radiative Transfer - Eddington Limit.

1. Introduction

Detailed calculations of the thermonuclear evolution of the surface layers

of non-magnetic accreting neutron stars show that helium flashes are a mechanism

that provides a good description of the global properties of X-ray bursts (see

Lewin and Joss, 1983, for a review of the observations and theory of X-ray burst

sources;.

In spite of the success of the thermonuclear flash model a number of X-ray

burst properties still remain unexplained. The "Eddington limit problem" is

often considered to constitute the most serious gap in our understanding of X-

ray bursts (see e.g. Lewin, 1983). According to (quasi) - static model

calculations of the outer layers of a neutron star, subject to a thermonuclear

flash, the maximum luminosity cannot exceed the Eddington limit by more than a
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few percent (see e.g. Ayasli and Joss, 1982; Paczynski, 1983). Yet maximum

luminosities In excess of the Eddington limit (by factors > 3) have been

observed for many X-ray bursts (see e.g., Grlndlay et al., 1980; Van Paradijs,

1980; Hoshi, 1981; Inoue et al., 1981; Verbunt, Van Paradijs and Elsom, 1984).

There are several theoretical problems associated with the supposition of a

radiative luminosity Ĉ ratf) t h a t i s substantially larger than the Eddington

luminosity (L^)* (See e.g., Paczynski, 1983; Melia and Joss, 1984). The most

Important of these Is the fact that the total energy released in a burst is

smaller by a factor of ~ 100 or more than the gravitational binding energy of

the envelope in which the flash occurs (see e.g., Joss, 1977). Hence there is

insufficient energy to drive off more than a minute fraction of the mass In the

neutron-star surface layers. In fact, following the flash, a large fraction of

the surface layers above the flashing shell quite generally remains in

hydrostatic and radiative equilibrium.

Attempts have been made to solve this Eddington-limit problem by the

introduction of a stationary neutron-star wind (see e.g., Ebisuzaki, Hanawa and

Sugimoto, 1983; Kato, 1983; Joss and Melia,1984; Quinn and Paczynski, 1984). In

these studies it is assumed that a high flux will set up a wind in the outermost

layers of the neutron-star outer envelope. The conclusion from these models,

too, is that the radiative luminosity leaving the neutron star cannot exceed the

Eddington luminosity by more than a few percent. Recently Yahel et al. (1984)

have taken a different approach to the problem of a radiation-driven neutron-

star wind. They have pointed out that a time-dependent treatment is necessary.

Their solution shows an explicit developement in time for the first 30ms after

which the solution obtains a stationary character. The important conclusion from

their work is that a stationary luminosity Is possible, which exceeds the

Eddington limit substantially.

We feel that the description of this outermost layer is only part of the

problem. As pointed out, a large part of the outer envelope is In hydrostatic

equilibrium. An important question is therefore how a super-Eddlngton flux can

be transported through such a layer. In this paper we try to show how this may

be possible. He do not Intend to present a detailed model, including a wind,

leading to a super-Eddlngton luminosity at infinity. Instead, we restrict

ourselves to the description of an optically thick, plane layer below which the

flash occurs. He show that, under the conditions prevailing in such a layer, it

is possible to have a velocity field that modifies the equations of radiation

transfer but at the same time allows the layer to be in quasi-hydrostatic

equilibrium, leading to a total luminosity that Is super-Eddlngton. In a purely

hydrostatic calculation the velocity Is usually set equal to zero. This means
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that there is no velocity field to affect the transport of radiation. What we
dv

intend to show in this paper is that the term v -r- in the momentum equation is
dr

very small compared to the others but that the velocity-terms cannot be

neglected in the equations for the radiation transfer. In the numerical models,

mentioned above, the velocity field throughout the wind is calculated from the

momentum equation. He will show that in the case of a quasi-hydrostatic layer

(in the sense mentioned above) the velocity field can be best found from the

equations of radiation transfer.

We provide an analytic solution (to first order in v/c) for the structure

of the optically thick, plane layer and we show that this may lead to boundary

conditions, which are different from the ones used in earlier studies of

neutron-star winds (see e.g., Kato,1983; Ebizusaki, Hanawa and Sugimoto, 1983;

Joss and Melia.1984).

2. General wind equations

As proposed by Ebizusaki et al. (1983), Kato (1983), Joss and Melia (1984)

and Van Paradijs and Stollman (1984), the properties of X-ray bursts near

maximum luminosity have to be described within the context of a stellar wind. We

take into account special-relativistic effects such as Doppler shifts and

aberration, as they naturally arise when we transform the radiation field from

the rest frame of the star to the comoving frame of the wind. Our treatment will

not include general-relativistic corrections.

For the description of the spherically symmetric, stationary outflow from a

neutron star we use the comoving fluid frame equations given by Castor (1972)

and Mihalas (1980), to first order in p = v/c.

2.1. Mass conservation

d 2 2 •
— (pvr ) = 0 or 4itpvr = M (1)

Here p is the mass density (gr/cm3), v is velocity (cm/sec) and M is the mass-

loss rate (gr/sec), which we assume is a constant.

2.2. Momentum conservation

Here P i s the gas pressure, M i s the mass of the neutron star, usually taken to

be M = 1.4 Mg and H i s the frequency integrated, f i r s t moment of the radiation
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field and represents the flux. It should be noted that H denotes the moment as

measured by a comoving observer. The last term In equation (2) represents the

acceleration due to radiation. In this expression a is a mean opacity (cm /gr),

approximately given by electron scattering, which will always dominate in a

super-critical wind (see e.g., Meier, 1982; Paczynski, 1983). This opacity is

then approximately given by

a = 0.2 (1 + X) cm2/gr (3)

where X Is the amount of hydrogen by weight.

2.3. Energy conservation

v!l + p vdf-(p-) = 4 m i< j - s > <4>

Here, E is the internal energy of the gas, J is the zeroth moment of the

radiation field, representing the mean intensity and S is the source function.

In the case of pure Thomson scattering it holds that S = J. This would, however,

Imply that there is no entropy change in the gas due interaction with the

radiation field. At high optical depths - the case we will be dealing with - we

know that the field thermallzes and energy exchange (e.g., Compton shifts)

should be Included.

2.4. Equation of state

For the equation of state we will use the one for an ideal gas, composed of

fully ionized hydrogen. The pressure, P, and the internal energy, E, are then

given by
2pkT ^ „ 3kT ,_.

P = - £ — and E = — (D)

Here m is the mass of the hydrogen atom and T is temperature of the gas*

2.5. Radiation transfer

The equations of transfer in terms of the frequency integrated moments of

the radiation f ie ld , J, H and K (which is related to the radiation pressure),

and the source function, S, are given by (see Hihalas, 1980),

dr pdr r dr

and
g + p g + ( 3 K - ^ 2 P H ) + d j ( 2 H + p j + p K ) = _
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Sofar we have given the radiation terms (J,H and K) in the fluid frame. But

we are also interested in these quantities as measured in a frame at rest with

respect to the star. To first order in B these are given by

J° = J + 2pH (8a)

H° = H + p(J + K) (8b)

K° = K + 20H (8c)

(The superscript ° indicates the quantities in the rest frame.) The term B(J +

K) in equation (8b) is usually called the advection flux and can be written as

(see e.g., Meier,1982)

H . = | ^ E . +-T-V . (9)
adv 4-re rad 4u rad

where E . = — J , the energy density of the radiation field and P__J = 4nK/c,
rad pc r«ia

the radiation pressure. It should be noted that H° represents the total

radiative flux as measured by a stationary observer and that it is the value of

this flux at the edge of the atmosphere that is observed at infinity.

3. A plane—layer-solution at large optical depths

In order to solve eq. (1) to (7) we consider a plane layer above the region

where the thermonuclear flash occured. He expand the equations in z, where z is

defined by r = R + z. (R is the radial coordinate just above the flash layer,

for which we will take the canonical value R = 10 cm). Since, for continuity

reasons, the outflow will develop into a stellar wind at r » R, it is

impossible to describe the whole expanding envelope using a plane symmetry. In

this paper we are only considering that part of the envelope for which z < R and

all our solutions are only valid in this region.

It is, furthermore, useful to introduce, instead of z, a new variable, the

optical depth x, defined by

dT = - ap dz (10)

We also introduce the following dimensionless variables:

P=7 (ID

H'S-^fH; J'5-^J andK's-^K (12)
me me
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" = -rjp and E' =

8' = - ^ 2 <14>
(MC

where m = M . (15)

After combining eq. (4) and (6), the equations (1) to (7) can be written as

pP = m (16)

H + S'-g'-H' (17)

+ p + ? 2 H ' + PJ1 + PRI) H'

3.1. Assumptions

In order to find an approximate solution to the eq. (16) to (19) at large

optical depth, we make the following assumptions:

a) Radiation and matter are in local thermodynamic equilibrium and

therefore we set

J = 3K oc T4

(see e.g. Mihalas, 1978).

b) In the case of a neutron star g' is of order 1, therefore pg' can be

thought of as of order fi.

c) We assume, as a starting condition for the solution, that the diffusive

flux, H1, is of the same order as the advective flux, P(J'+K*).

d) The diffusive flux i s of the order of the Eddington flux, or, in other

words: H1 and g' are of the same order ( i . e . , of order 1).

e) The terms on the left hand side of equation (17) are of order p or

higher.

f) The equation of transfer for the rest-frame flux, HOt , is given by (see

Mihalas,1980)
JJJOI

— = PH' =0(P) (20)

These assumptions have to be checked afterwards, considering the physical

conditions in the neutron-star surface layers.
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3.2. Solution

3.2 .1 . Lowest order

To find an approximate solution to eq. (16) to (19) we f irs t solve the

equations to lowest order in p. These are given by:

g1 = H' = constant (21)

E. = g" (22)

H0' = H1 + 4pTC' = constant = IB1 (23)

From this we find

K1 = H'T + q (24)

H0i = rai = H ' ( l + p(4t -hj')) (25)

P = 4TH' (26)

H' = g' (27)

From now on we set q « H't for large optical depths, as in the case of a

hydrostatic grey atmosphere.

3.2.2. First order solution

In appendix A it is shown that the equations to first order in p can be

written as

pp = m (28)

-j— = g1 - H' = A or H' = g1 - A = constant (29)

30H' + 4Kf | £ = 0 (30)

of= H' (31)

The energy equation of the gas is of higher order than p - but not as high as p

- and is given by

dx dT ~" dt

This equation defines s1, which is the dimensionless entropy of the gas.
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Since H' is again a constant we find for p (see eq. (26)):

P = ̂ X T (33)

The difference with the lowest order solution (eq. 26) Is now that r is not a

constant since H0' Is not constant. The change in F is found from eq. (20)

Mi'= H. | E = pH- or ̂ = P (34)
dx dx dt

Combining (33) and (37) we may solve for p:

n r ° ~ X -3/4 - n -
3/4 „„

P = TTL T = Po t (35)4 T 0 '

where To = F(TQ). It is easy to show that this solution for P satisfies eq. (30)

exactly, as i t should.

3.2.3. A self consistent temperature distribution

Since the natter and radiation are in thermodynamic equilibrium, we can

write

K1 = a1 T'4 (36)

In this case we define T' by means of E', using equation (5) and (13)

E' = E/c = ̂ — = T' (37)
me

The temperature distribution, T'(-c), can then be found by solving eq. (31) using

(36)

r - i^A)m ^ (38)

The pressure, F1, can be calculated by using the solution for T' and the

equation of state.
_, P 2kT p 2 T' 2 fg' - A^l/4

u

_, P 2kT p 2 T' 2 fg' - A^l/4 x
P =-^T=—2 • = 3-F=3 ( ^—J P0

 ( 3 9 )
me me m

The pressure can also be found from the momentum equation (29).

P' = A x (40)

Of course, both solutions for the pressure should be mutually consistent, which

leads to a constraint for A given by
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A=f ( S ^ ^ / P Q (41)

In section 3.3 we will prove that A is very small, compared to g1, as it should

be for our solution to be consistent (see appendix A). This leads to an

approximate solution for A.

Since we know E'= T' and F' as a function of x we can find an approximate

solution for the entropy change of the gas.

T'fl'- - f P A (43)

Equation (43) shows that the entropy increases outward (i.e., for smaller x) and

implies that the radiation field loses not only energy due to the acceleration

of the gas but also to internal heating of the gas. This is consistent with the

fact that the gas and radiation are in thermodynamic equilibrium.

3.2.4. Results and physical Interpretation

For large optical depths and under the assumptions of section (3.1), the

solution to the equations (16) to (19) is given by

K' = H' x = a'T'4 (44)

J1 = 3K' (45)

-3/4 r °~ 1

P = Pox with Po = YJb (46)

H' = g1 - A (47)

X- - |p0Ax1 /4 (48)

A is given by the solution of the following equation:

A = J (^~~P—) IQO (49a)
and approximated by

A = J (fr) /Po (49b)
Furthermore:

H0' = H'(l + 4 p0x1 / 4) = IB' (50)



j r = i + o v i) (̂  )

. m _ 4m 1/4 3/4 (52)

By using Che definition of the optical depth, eq.(10), we can express the

distance z in terms of ?.

( r ~ L ) 1/4

r
1/4

[l - G^-r ] "here 2(T0) = 0 (53)
om

The most important property of the above solution is the fact that it is

quasi-hydrostatic for large optical depths. The term {M- in the momentum

equation is much smaller than the other terms. In equation (17) -r'- ~ p « g1 ~

1. This is of course only true for fi « 1. That this is the case, will be shown

in section 3.3. As can be seen from our order of magnitude estimates (see

appendix A), the terms in the radiation transfer equations, containing {3, cannot

be set equal to zero. The fact that there is small velocity field changes the

transport of radiation. Therefore, we say that the layer is in a quasi—

hydrostatic equilibrium, because in a pure hydrostatic case p is exactly zero

and there is no velocity field that can infuence the transport of radiation.

The total flux in the plane layer is given by HOt. The change in this total

flux consists of two parts. The first part of Ho>, that is usually called the

advection flux, changes due to an increase of the velocity and a decrease of the

radiation pressure, K1. This change is expressed in eq. (30). The second part of

HQ| - the diffusive flux H* - changes due to the interaction with the gas. The

entropy of the gas increases because the radiation field and the matter must be

kept in thermodynamic equilibrium. This requires energy transfer from the

radiation to the gas and therefore a decrease of H1. This is expressed in eq.

(18) and (32). From our order-of-magnitude estimates and from the fact that A is

much smaller than 1 it is clear that the decrease of the advection flux is of

much lower order in P than the decrease of the diffusive flux. Therefore the

diffusive flux can, to good approximation, be taken constant throughout the

plane layer. With this assumption the other quantities can be calculated to

first order in p.

3.3. Physical conditions in the atmosphere.

We now check our assumptions, made in section 3.1, by estimating the

physical conditions in the optically deep layers of the star's outer envelope.

a) The quantity g' can be found from eq. (14) and (15)



8. a-jy .s$*a£-**a (54)

omc R (Me oc M

If we assume a pure hydrogen atmosphere, then a = 0.4 cm /gr. The mass of the
• -to

neutron star Is taken to he M = 1.4 MQ and M i s usually of the order of 10 l°
• 18 • -1gr/sec. Writing M = 10 M. _ gs we find

g' = 0.2 M ^ 1 (55)

• -1

So for p « 0.2 IL assumption (3.1b) is allowed.

b) We can now make an estimate of A and compare chat to g1. A is given by

equation (49b). The value of a* can be found from rewriting the dimensionless

equation for K' (i.e., eq. (36)) as a relation between the real K and T and

using the equality

K=J-T* (56)

where tfR i s the Stefan - Boltzman constant. The approximate value for a1 i s

given by

As will by shown below, xg can be of the order 10 and, therefore, the ;,

approximate value of A is given by ••

A ~ 8 lo"4 /(r0 - 1) ~ 10~
3g- (57) |

c) Since H1 = g1 = 0.2 Mj- assumption (3.1c) means that, at x = T 0 , .,

4PK1 = ( r 0 - 1)H' or, using eq. (12), 4BK » ( r 0 - 1)H = (ro~ l)gc/4ito". Using !j

equation (56) i t follows j
, _ _n7 - 1 /4 , , 1 / 4 1

T = 1.5 10 p (ro~ 1)
or using (46) at t = i j

T(T0) = 2 10 7 (x 0 ) 1 / 4 K (58) !

Since T can be of the order 10 K near the flash layer (see e .g . , Ebizusakl,

Hanawa and Sugimoto, 1983), TQ can be as high as 10 . This value of T0 implies

a velocity P(x0) at the base of

—7 i-rn ~ l i 3 I" — 1 "
P(to) = 10 [-"-£—) or v ( t 0 ) = 3 10 [-"-£—) cm/sec (59) i .

Using eq. (52) this velocity leads to a density p0 at the base of the order
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PO = 100 CTfr X)" 1 H 1 8 gr/cm
3 (60)

d) That the value T 0 = 10 Is not unreasonable can be seen in the following

way. The total mass, AH, In the layers above the flash region is given by

AM = (At x M g c c) (1 - f) (61)

where M Is the accretion rate, At is the average time between bursts, and f

is the fraction of accreted natter that is flashed.

The optical depth at the base of the surface layers is given in terms of

AH by the expression _

T 0 = -22*- or AM « *2LJEO (62)

Taking in = 10 , we find

AH = 3 1020 gr (63)

If we take the average time between the bursts to be of the order 10 sec and

the fraction of accreted matter, consumed in the flash, f = 0.9, we find from

(61) and (63) the following value for the accretion rate

H = 3 1017 gr/sec. (64)
ace

This accretion rate is of the same order as is observed for X-ray burst sources

(see e.g., Joss, 1977).

e) The amount of energy produced in the burst is given by (see e.g., Joss,

1977)

£ , = T ] c 2 H At f = 3 1039 erg (65)
n TI ace

Here Tin is the energy efficiency of the nuclear reactions.

The total binding energy of the matter in the outer envelope above the

flash layer is given by

Therefore

^ i n d ' H ~~ 2 ° ( 6 7 )

This means that the surface layers have to be in hydrostatic equilibrium and are

confined close to the star . Suppose the mass of this hydrostatic layer equals
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aAM . It then holds that

2

aAM = 4iiR 1 pdz = I dT = (1 ) («B)
« O" O" Tn

Z=0 TO
or, using (62)

a = 1 - -1 (69) :

To calculate the height of this layer we use eq. (53) and find :_i

z = 9.4 105 (r0 - 1) (MigJ^tl - (1 ~ <O1/4] (70) V

{>
If an amount of mass aAM has to be contained close to the star, then less \

than (1 - a)AM can be blown away from the star. This implies
M < (1 - a)AM/At (71)

Here At is the duration of the burst, for which we take a typical value of 10 >

seconds. So :

M < 3 1019(l - a) gr/sec. (72) '}

Substituting this in (70) we find '>•

4 -lr 1/4-, ''

z > 3 10 (r0- 1)(1 - a) [l - (1 - a) ] (73) J

From the fact that E / e = 20 we may estimate a by

a - 1 - 1/20 = .95 , :

Thus from eq. (73) the thickness of the hydrostatic layer is given by J

z > 2.5 105(r0- 1) cm (74) t

i
The fact that 95% of the surface layers has to be contained close to the star, !

•

requires that z < R, which i s possible according to (26) for I\j < 5. cj

Of course these estimates heavily depend on the energetics of the burst. ||

Suppose, for example, that Ej . . / e
B = 5, then a = .8 and z = 5 10 (TQ- 1) cm. %

The most important questions that have to be raised at this point are j£

whether a stationary s i tuation does indeed develop after the flash occurs and fr

how the i n i t i a l energy of the burst is distributed among the various possible £
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kinds of energy, like radiat >e energy, gravitational energy, etc. Within the

context of this paper we are not able to make more precise statements about the

values of a, z or r0 • If a stationary situation is created then the solution,

given in section (3.2.4), tells us that the total photon flux through the lower

boundary layers of the wind can be larger then the Eddington flux and that a

very large part of the outer layers of the neutron star is confined close to the

star, as is required by energy arguments. The latter implies that, if a

stationary situation is created, then most of the energy in the burst is not

lost in lifting and blowing off the surface layers.

4. Discussion

The most important result of this paper is that in the physical conditions

expected in the surface layers of a neutron star following a thermonuclear

flash, a small outflow velocity affects the equations of radiative transfer, and

therefore the properties of the radiation field, but at the same time allows

these layers to remain in a quasi-hydrostatic equilibrium. This is contrary to

the generally made assumption that these effects are mutually exclusive. As a

consequence previous conclusions (see e.g. Kato, 1983; Ebizusaki, Hanawa and

Sugimoto, 1983; Joss and Melia, 1984; Quinn and Paczynski, 1984) that the

luminosity leaving a hydrostatic layer cannot exceed the Eddington limit

substantially may be premature.

We suggest that the solution presented in this paper be used as an inner

boundary condition for numerical calculations of the very outer parts of the

wind. Since we are dealing with non—linear differential, equations different

boundary conditions may lead to quite different solutions. In their models

Ebizusaki, Hanawa and Sugimoto (1983), for example, make use of a constraint on

the ratio, y, of radiation pressure to gas pressure as an inner boundary

condition (they set y = 1). In their model no. 1 they use a temperature of 1.6

109 K at the base of the wind and a mass loss rate M = 5.7 1018 gr/s. Their

neutron-star parameters are different from ours (they have H = 0.476 M Q and R =

8.67 10 cm), but scaling to our parameters by taking the potential-energy loss

GMM/R as an Invariant, gives an equivalent mass-loss rate of H • 2.2 10

gr/sec. We have shown that, in this case velocities of the order of 102 to 103

cm/sec can lead to an advection flux of the same order as the diffusive flux.

The boundary condition that our model would impose for the ratio y is given by

gas

Using the following expression for the advection luminosity
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4
L . = 4ifi2v ^ (76) i

adv 3 ^

we can express La(jv in terms of y.

L, = 8^y (77) *
adv m

This shows that k a d v depends critically on the choice of y and that setting the V;

latter equal to 1 at large optical depth means reducing the advection flux by a ';

factor of 100 or more with respect to our choice.

At this point it is difficult to say whether a super-Eddington luminosity |!

I be expected at infinity, for this would require a treatment of the neutron- *

star wind at distance of r » R- In our present paper we are only describing the k

region z < R. It is possible, however to make some general remarks about the :

wind* As we have seen, the total flux Ho> decreases, because matter is •

transported to infinity. This reduction in flux is given by (see Mihalas, 1980) '•

-\ •£ r2H° = - ap(3H (78) •

Since H < H° we can replace H by H° in (78) to find an overestimate of the f

reduction in the total flux. Replacing H° by the luminosity L° = 16ir r H° we j,

find from (78) m %

i g L°(R) < L°(-) e x p [ ^ ] (79) {
or (using M = 10 gr/sec) i,

T°fe>r 0
> 0- 3 5 (80)

Therefore, a value of T = 3 at infinity requires r0 < 8.6 at the base of the '

wind. This shows at the same time chat, in order to see a super-Eddington flux i

at infinity, one has to start with such a large flux at the base of the wind.

Since the diffusive flux can not be larger than the Eddington flux in the

subsonic region, the advection flux has to be high in order to let the total j

flux be several times the Eddington flux. This seems to us a necessary boundary

condition in the numerical calculations of neutron-star winds. If this is not

done (e.g. by choosing a low value for y) obviously no super-Eddington flux will

be found. .!

Based on the above considerations, and, furthermore, in view of the If

apperently conflicting results of numerical calculations of neutron-star winds ^

(Ebisuzaki et a l . , 1983; Quinn and Paczynski,1984; Melia and Joss, 1984; Yahel %

et a l . , 1984) we feel that i t i s premature to conclude that X-ray burst i
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luminosities substantially in excess of the Eddington limit are Impossible.
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Appendix A

In this appendix we make some order-of-magnitude estimates of the different

terms in the structure equations of the plane layer. This is done because it is

impossible to solve the equations analytically in a completely consistent way.

Therefore, we reduce the equations by taking the terms of the same order

together. We can solve these reduced equations and thereby estimate the other -

left-out - terms* Internal consistency must be checked afterwards.

From assumption (c) in section 3.1 we find:

J = 3K = 0(p-1) CIA)

Our zeroth order solution showed that

U ~ O(P2) (2A)

The first-order equations are then given by:

pp = m (3A)

£'- g' - H' C4A)

S'-'H-S'-W-AK-M (5A)

To have some idea about the order of the different terms in eq. (4A) and (5A) we

write for each function f' o f t : - f'/x ~ f'P- Eq. (4A) and (5A) then become

pP1 ~ g' - H1 (7A)

PE' + P'p2 p - 3p - 4p (8A)
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We see that the coefficients In front of p at the right hand side of eq. (8A)

are of order 1. To see what the coefficients are at the left hand side we write:

E« = E/c = ̂ j « 1 (9A)

me

pp. = p 2 k £ _ | = 2 k | < < x ( 1 0 A )

m m c me

The coefficients at the left hand side are therefore of the order of ratio

kT/mc . This ratio is much smaller than 1, even for very high temperatures,

although it need not be as small as p.

Differentiating eq. (4A) with respect to T leads to

d2P'_ dH1

dt

or ^L'- O(pV) « P (11A)

From these order-of-magnitude considerations we find that eq. (5A) has to be

sp l i t in two equations. The f i r s t one Is given by

3BH1 + *K'H = 0 (12A)

Equation (12A) contains terms that are of order p. The second equation gives the

change in entropy of the gas

dT + P AX ~ T dT ( 1 3 A )

where s ' i s the dimensionless entropy of the gas. Equation (13A) i s of higher

order ten f3, but not as high as 0 .

I t i s clear from eq. (7A) and (10A) that g' - H1 « 1. Therefore, as long as we

considering solutions s t r i c t l y to f irst order in p we can approximate (g1 - H1)

by A = constant.
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SAHEKVATTIHG

Sterren eindigen hun evolutie als zogenaamde compacte objecten, waarvan men

op het ogenblik, drie stabiele vormen onderscheidt: witte dwergen, neutronen-

sterren en zwarte gaten. Dit proefschrift is gewijd aan het onderzoek aan één

van deze soorten compacte sterren, en wel de neutronensterren. Deze sterren ' f

verbranden geen nucleaire brandstof en de ineenstorting ten gevolge van de .;

zwaartekracht wordt hoofdzakelijk tegengegaan door de druk van gedegenereerde

neutronen. Het bestaan van neutronensterren werd reeds gesuggereerd in het begin

van de jaren dertig, maar een overtuigend bewijs daarvoor werd pas in 1967

geleverd door de ontdekking van radiopulsars. Op het ogenblik weten we dat l

neutronensterren zich op twee manieren kunnen manifesteren, hetzij als

pulserende radiobron, hetzij als compacte röntgenbron.

Deel A van dit proefschrift omvat statistische studies van radiopulsars

waarbij ons voor ogen staat de waargenomen verdelingen van snelheden, periodes

en magneetvelden van pulsars zo goed mogelijk te kunnen verklaren- De hierin

gebruikte methode is een Monte Carlo simulatie, waarin we pulsars "geboren"

laten worden met eigenschappen (zoals b.v. de sterkte van het magneetveld, de

rotatieperiode en de ruimtelijke snelheid), die gekozen worden uit vooraf

veronderstelde kansverdelingen. Vervolgens wordt de evolutie in de tijd van deze :

pulsars gevolgd aan de hand van een verondersteld evolutie model. In hoofdstuk I !

wordt deze methode toegepast op de vraag of de waargenomen correlatie tussen f

snelheden en magneetvelden al dan niet verklaard kan worden als het gevolg van i

selectie-effecten. Het blijkt dat dit inderdaad het geval is als wordt

verondersteld dat de waargenomen populatie van pulsars bestaat uit twee groepen:

de "normale" pulsars (met hoge snelheden en sterke magneetvelden) en de '•:

"recycled" pulsars (met lage snelheden en zwakke velden). •

Een belangrijk selectieëfect (nl. het bestaan van een ondergrens aan de ':

waarneembare radio flux) is afhankelijk van de gebruikte lichtkracht relatie. In j

hoofdstuk I wordt de lichtkracht evenredig gesteld met het kwadraat van de ;!
2

sterkte van het magneetveld (d.w.z. L^ Œ B ). In hoofdstuk II wordt de invloed

van deze relatie op de evolutie van pulsars vergeleken met die van een andere ;.

relatie, die beter de waargenomen lichtkrachten van pulsars beschrijft \

(nl. L2 = P P ). Het blijkt dat de relatie LL tot gesimuleerde r

distributies in het diagram van magneetveld B tegen periode F leidt, die de

waargenomen distributie beter representeren dan relatie L2- Deze laatste leidt

tot een te groot aantal pulsars met zwakke velden en/of korte periodes. Sommige

onderzoekers hebben hieruit geconcludeerd dat pulsars geboren worden met langere
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periodes dan tot nu toe werd verondersteld (d.w.z. "late injection"). Bij een

verder onderzoek naar dit probleem leiden we in hoofdstuk III een nieuwe

lichtkracht relatie af (nl. L3 «c B/P2 voor B/P2 < 1013 Gs~2 en L ~ constant

daarboven). Deze relatie is niet, zoals L^ en L2> arbitrair, maar kan begrepen

worden in het kader van het pulsarmodel van Ruderman en Sutherland. De relatie

L3 blijkt een goede beschrijving te geven van de waargenomen lichtkrachten, en

leidt bovendien tot een distributie in het B - P diagram die in goede

overeenstemming is met de waarnemingen. In hoofdstuk IV wordt deze relatie

gebruikt om de basis eigenschappen van pulsars te onderzoeken alsmede de

evolutie van deze eigenschappen in de tijd. Het blijkt dat pulsars geboren

worden met korte periodes ( P < 50 ms, d.w.z. het is niet nodig "late injection"

te veronderstellen) en sterke magneetvelden (B ~ 3 10 G) en dat het

magneetveld vervalt op een tijdschaal van ongeveer 5 10 jr.

Deel B van dit proefschrift is gewijd aan quasi-periodieke oscillaties

(QPO) in röntgendubbelsterren met kleine massa's. In hoofdstuk V wordt een

overzicht gegeven van de bestaande theorieën van dit verschijnsel. In hoofdstuk

VI wordt een model gepresenteerd waarin deze oscillaties het gevolg zijn van een

modulatie van de accretiestroom op een snel roterende neutronenster met een

relatief zwak magneetveld. De frequentie van deze modulatie is evenredig met het

verschil tussen de rotatiefrequentie van de neutronenster en de Kepler

frequentie van materie aan de binnenrand van de accretieschijf. Dit type model

staat bekend als "beat-frequentie" model. In hoofdstuk VII wordt dit model

gebruikt om de twee spectrale toestanden (weergegeven door twee "takken" in een

diagram van spectrale hardheid tegen intensiteit), waarin de QPO-bron GX 5-1

zich kan bevinden, te verklaren als het gevolg van het optreden van twee

manieren van accretie (i.e., bimodale accretie). De helling van een van de

takken wordt gebruikt om een beperking af te leiden voor de relatie tussen de

waargenomen intensiteit en de magnetosfeerstraal. In hoofdstuk VIII wordt een

versie van het beat-frequentie model behandeld, die niet gebaseerd is op een

modulatie van de accretie—stroom maar op een gemoduleerde energieoverdracht van

de neutronenster naar de accretieschijf. Deze overdracht is het gevolg van een

interactie tussen het magneetveld van de neutronenster en magnetische lussen in

de corona van de schijf.

In deel C van dit proefschrift wordt aandacht besteed aan het probleem van

super-Eddington lichtkrachten, welke men waarneemt in zogenaamde röntgen-

bursters. De rOntgenbursts zijn het gevolg van thermonucleaire explosies op het

oppervlak van een neutronenster. Numerieke modellen voor deze bursts voorspellen

dat de waargenomen lichtkracht niet groter kan zijn dan de Eddington limiet.

Toch lijken — met name voor bronnen rond het galactische centrum — soms hogere
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r
lichtkrachten waargenomen te worden. In hoofdstuk IX en X wordt dit probleem

behandeld In de context van het optreden van een neutronensterwind en wordt

onderzocht of speciaal-relativlstische correcties In de vergelijkingen, die de

wind beschrijven, zouden kunnen leiden tot super-Eddington lichtkrachten. Het

blijkt dat deze laatste mogelijk zijn in de optisch dikke, quasi-hydrostatlsche

lagen van de wind- Dit resultaat kan gebruikt worden als randvoorwaarde in

nieuwe numerieke modellen voor winden van neutronensterren.
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