


STELLINGEN

BEHOREND BIJ HET PROEFSCHRIFT

"ON HOT ÄND COOL STARS, SPECTROSCOPIC INVESTIGATIONS IN THE ULTRAVIOLET"

Enkele brede emissielijnen in de spektra van Wolf-Rayet sterren, zoals

He II A4686 en C IV A2530 , hebben profielen met versterkte rode vleugels.

Dit wijst op de invloed van elektronenverstrooiing op de lijnprofielen in

de expanderende WR atmosferen, het zogenaamde Auer-Var. Blerkom effekt.
1J K.A. van der Hucht, H.J. Lamers: 1973, Astrophys. J. 181, 537.
2)

L. Auer, D. van Blerkom: 1972, Astrophys. J. 178, 17S.

II De argumenten die Conti aanvoert tegen de klassifikatie door Henize et

al. 2) van de WN7 ster HD 92740 als dubbelster, gelden eveneens voor de WN7

sterren HD 93131 en HD 151932.

P.S. Conti: 1976, Hém. Soa. Foy. des Sei. de Liège, 6e série, tome

IX, p. 193.
2)

K.G. Henize, J.D. Wray, S.B. Parsons, G.F. Benedict: 1975, Astrophys.
J. (Letters) 199, L173.

III Een opvallend waarnemingsgegeven is de afwezigheid van H-type superreuzen

zwaarder dan ̂  25 MQ. Dit kan verklaard worden door aan te nemen dat,

tijdens de overgang van massievere sterren (> 30 Mg^ naar het rode super-

reuzenstadium, een zeer hoog massaverlies optreedt. Hierdoor komt het

inwendige van zulk een ster tot vlak bij de brandende waterstofschil bloot

te liggen. Een zeer hete ster, bijvoorbeeld een Wolf-Rayet ster, blijft

dan over.
1) G.S. Bisnovatyi-Kogan, D.K. Nadyozhin: 1972, Astrophys. Space Sei.

15, 353.



IV De aanwezigheid van stof rondom een aantal gele superreuzen, suggereert dat

deze sterren het rode superreuzenstadium gepasseerd zijn en weer naar links

bewegen in het Hertzsprung-Russell diagram. Dit betekent dat de onlangs

ontdekte WN6 begeleider van de met stof omgeven G5 superreus HR 6392 een

oude Wolf-Rayet ster is. Dit is tot steun van de theorie dat sommige KR

sterren hun waterstofmantel verloren hebben tijdens hun rode superreuzen-

stadium.
1) P.J. Andrews: 1977, Monthly Notices Roy. Astron. Soa. 178, 131.

De suggestie van Chiosi et al., dat het verschil tussen de resultaten van

leeftijdsbepaling van jonge sterhopen, enerzijds uit hun positie in het

Hertzsprung-Russell diagram en anderzijds uit waargenomen expansiesnelheden,

kan worden opgelost door het in rekening brengen van massaverlies gedurende

de sterevolutie, is onjuist.

C. Chiosi, E. Nasi, S.R. Sreenivasan: 1978, preprint.

F. Paerels: 1978, intern verslag LRO.

VI De wetenschappelijke bruikbaarheid van met ruimtevoertuigen te verkrijgen

ultraviolette sterspektra kan belangrijk worden vergroot, indien zich aan

boord een geijkte en stabiele lichtbron bevindt voor de golflengte- en

intensiteitskalibratie.

VII De teleurstelling van Kaiser over het bedrijven door De Lange en Oudemans

van triangulatie in plaats van sterrenkundige plaatsbepaling op Java in de

vorige eeuw ter verbetering van de zeekaarten van "de Oost-Indische

vaarwaters", was ongerechtvaardigd.

N.D. Haasbroek: 1977, Prof. F. Kaiser en S.H, de Lange in hun relatie

tot de astronomische plaatsbepaling van omstreeks I860 in het

voormalige Ned. Indi'è. (Delft: Rijkscormissie voor Geodesie).



VIII De bewering van Hoyle dat kometen de oorzaak zijn van de influenza-epidemie

van 1968 in de Verenigde Staten, en van de onbekende ziekte die in 429 v.C.

Athene trof, voert ons terug naar het oude bijgeloof dat kometen onheil

brengen.

F. Hcyle: 1978, Mercury 7_, 2.

Thuaydides: + 420 V.C, boek II, aaput 47, ÍS; caput 48, %3; oaput 49.

IX Indien de uitdrukking "spijt als haren op het hoofd" een kwantitatieve

indikatie is voor de maximale hoeveelheid spijt die een mens kan ondervinden,

dan zal de invloed van (a) geslacht, (b) leeftijd en (c) evolutie op het

menselijk hoofdhaar tot gevolg hebben dat (a) mannen gemiddeld minder spijt

kunnen hebben dan vrouwen, (b) dat ouderen gemiddeld minder spijt kunnen

hebben dan jongeren, en (c) dat de mensheid over een aantal eeuwen geheel

geen spijt meer zal kennen.

K.A. van der Hucht 6 september 1978
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OVER HETE EN KOELE STERREN, SPECTROSCOPISCHE ONDERZOEKINGEN IN HET ULTRAVIOLET

(drs. K.Â. van der Bucht)

78-4716-vs Sterren stralen licht uit van alle mogelijke golflengten. Vanaf de grond kunnen
29-8-1978 we, afgezien van het radiogebied, slechts een klein deel van het elektromagne-

tische spektrum dat hemellichamen uitstralen waarnemen, te weten, licht van
zichtbare en nabij-infrarode golflengten. Boven de aardse dampkring kan vrijwel
het gehele scala van elektromagnetische straling worden geobserveerd.
Evenwel kan niet alle straling met één en dezelfde techniek worden waargenomen.
Een golflengtegebied dat qua waarnemingstechniek én interpretatiemethoden het
meest aansluit bij de optische sterrenkunde is het ultraviolette golflengte-
gebied.
Gedurende de afgelopen tien jaar heeft de ultraviolet astronomie zich ontwik-
keld tot een volwassen tak van de sterrenkunde. De rol van Nederland hierin
is niet gering.
Van het tiental satellietexperimenten voor ultraviolet astronomie dat na 1967
gelanceerd werd, waren er twee van Nederlandse makelij. Dit proefschrift behan-
delt een deel van de waarnemingen van deze cwee satellietinstrumenten: de
Utrechtse UV-spektrometer S59 aan boord van de ESA TD-1A satelliet, die werk-
zaam was van maart 1972 tot april 1974 en de Groningse UV-spektrofotometer aan
boord van de Astronomische Nederlandse Satelliet (ANS), die werkzaam was van
augustus 1974 tot april 1976 én over waarnemingen verkregen in 1976 met de
Utrechtse ballon-UV-spektrograaf BUSS.
In hoofdstuk III wordt ingegaan op ultraviolette spektra verkregen met BUSS.
Dit instrument, ontwikkeld en gebruikt in samenwerking met het NASA Johnson
Space Center te Houston heeft niet alleen een 18 maat beter spektraal schei-
dend vermogen en een 4 maal groter golflengtebereik dan S59, maar is ook nog
1200 maal gevoeliger dan S59. Daardoor bracht BUSS ook de relatief weinig
ultraviolette straling uitzendende koele K- en M-typen reuzen en superreuzen
binnen bereik. Deze sterren, die honderden malen groter zijn dan de zon, worden
omhuld door zeer uitgebreide en uitdijende gasschï.llen. Eén van de waargenomen
H-type superreuzen, Antares (et Scorpii), heeft bovendien een hete (B-type) .
begeleider, die zich binnen het expanderende circumstellaire omhulsel van de
M- superreus bevindt. Het licht dat ons van de B-ster bereikt is dan ook
"verontreinigd" door absorptielijnen ontstaan in dit uitdijende gasonhulsel.
Uit deze waargenomen circumstellaire spektrale lijnen is afgeleid dat het om-
hulsel 6.2 x 1032 gram gas bevat, dat het omhulsel met 18 kilometer per sekonde
aan materie verliest.
Dat is 7.1 x 10~& zonsmassa per jaar, ofwel ruim twee aardmassa's per jaar.
De geschatte massa van Antares is 10 ã 20 zonmassa's en men verwacht dat het
rode superreuzenstadium ongeveer een miljoen jaar duurt. Als het afgeleide
massaverlies van Antares gedurende het hele rode superreuzenstadium aanhoudt,
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dan zal de ster gedurende die tijd ongeveer de helft of meer van zijn massa
verliezen. Dit grote massaverlies zal dan van aanzienlijke invloed zijn op de
evolutie van Antares. Tot voor de BUSS waarnemingen had men op grond van de
beperkte waarnemingen in het zichtbare golflengtegebied een tien maal kleiner
massaverlies afgeleid voor Antares.
De BUSS waarnemingen in het ultraviolet vertonen niet alleen veel meer, maar
ook sterkere circumstellaire lijnen, zodat hieruit betrouwbaarder resultaten
konden worden afgeleid dan uit de waarnemingen in het zichtbare golflengte-
gebied.
In hoofdstuk IV worden de met de UV-spektrofotometer van de ANS verkregen
waarnemingen van Wolf-Rayet sterren beschreven. Dit type sterren werd ruim
honderd jaar geleden ontdekt door de twee Franse astronomen Wolf en Rayet.
WR sterren onderscheiden zich van "normale" sterren door de aanwezigheid
in hun spektra van zeer brede emissielijnen. Deze brede emissielijnen wijzen
op een hoge uitstroomsnelheid van de steratmosfeer en een groot massaverlies.
Hierdoor hebben zij waarschijnlijk al zeer veel van hun waterstofmantel ver-
loren. In ons melkwegstelsel zijn ongeveer 130 WR sterren bekend. Hiervan
heeft AUS er 36 waargenomen: 16 dubbelsterren en 20 enkelvoudige WR sterren.
Van deze laatste groep is in dit hoofdstuk de kontinue energieverdeling in
het ultraviolet onderzocht en voorzover mogelijk vergeleken met door anderen
verrichtte waarnemingen in het optische en infrarode golflengtegebied.
De energieverdeling over het gehele golflengtegebied blijkt te worden bepaald
door de uitgebreidheid van de WR atmosfeer, dat wil zeggen de hoogte-afhanke-
lijkheid van de druk en nauwelijks door de temperatuur of de samenstelling
van de WR atmosfeer. Het belang van deze ontdekking is dat een temperatuur-
bepaling van WR sterren uit hun kontinue energieverdeling, zoals velen vroeger
getracht hebben, dus niet mogelijk is.

Van drie WR sterren is met behulp van de ANS waarnemingen gekonstateerd dat
zij relatief weinig ultraviolette straling uitzenden.
Twee van deze drie zenden relatief veel infrarode straling uit (van de derde
zijn nog geen infrarode waarnemingen gepubliceerd).
Dit kan verklaard worden door aan te nemen dat zich om deze WR sterren een
stofschil bevindt die een gedeelte van de ultraviolette straling absorbeert
en deze energie opnieuw uitzendt als infrarode straling.

PROMOTIE DE HEER K.A. VAN DER HÜCHT (WERKHOVEN)

Aan de Rijksuniversiteit te Utrecht promoveerde op woensdag 6 september 1978
te 14.45 uur-de heer K.A. van der Hucht, geboren in 1946 te Nuth en wonende
te Werkhoven, Ds. H. Pollaan 8, tot doctor in de wiskunde en natuurwetenschap-
pen op het proefschrift getiteld:

OS HOT AMD COOL STARS, SPECTROSCOPIC INVESTIGATIONS IN THE ULTRAVIOLET

De heer Van der Hucht begon de studie wis-, natuur- en sterrenkunde aan deze
Universiteit in 1964.In 1968 werd het kandidaatsexamen afgelegd met hoofdvak
natuurkunde. Het doctoraalexamen, met hoofdvak algemene sterrenkunde, werd af-
gelegd in 1972.
Sinds 1 februari 1972 is promovendus verbonden aan het Laboratorium voor
Ruimteonderzoek van het Sterrekundig Instituut te Utrecht, afdeling Ultravio-
lette Sterspektroskopie.

Promotor: Prof.dr. C. de Jager, gewoon hoogleraar in het ruimteonderzoek.

Het proefschrift ligt ter inzage in het perscentrum. Een foto van de promo-
vendus is ter clichering beschikbaar.
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Veel dank ben ik verschuldigd aan allen die aan de voltooiing van

dit proefschrift hebben bijgedragen.

In het bijzonder dank ik mijn promotor prof.dr. C. de Jager, onder

wiens leiding ik een groot deel van mijn astronomische kennis verwierf,

voor alle kritiek, diskussies en aanmoedigingen, en voor de vrijheid
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Door hun wetenschappelijke kennis en ervaring hebben dr. A.P.

Bernat, mej.dr. M. Burger, dr. J.P. Cassinelli, dr. B.M. Haisch, dr.

R.E. Stencel, dr. D. Stickland en dr. P. Wesselius ieder op hun eigen

specifieke wijze bijgedragen aan dit proefschrift, waarvoor ik zeer

erkentelijk ben.

Mijn kollega's van de S59 en BUSS projektgroep, dr. R. Hoekstra,

ir. T.M. Kamperman en in het bijzonder dr. H.J. Lamers ben ik dark

verschuldigd voor de plezierige samenwerking bij het verkrijgen van
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Bart en Jan Wouter voor het scheppen van de juiste sfeer waarin dit

proefschrift kon worden geschreven.
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CHAPTER. I

INTRODUCTION AND SUMMARY

In the past decade, ultraviolet stellar spectroscopy and photometry has

developed into one of the most rewarding branches of space astronomy. Among the

many instruments sent above the Earth's atmosphere for recording the ultraviolet

radiation of stars, three developed in The Netherlands have resulted in good

progress being made in our understanding of the physical processes in the outer

layers of both hot and cool stars. These three are the UV spectrometer S59 aboard

the ESA TD-1A satellite, the UV spectrograph BUSS, and the UV spectrophotometer

aboard the astronomical Netherlands Satellite (ANS).

This thesis consists of three parts, each discussing a small sample of the

many observations obtained with each of these three instruments.

In chapter II ultraviolet stellar spectra measured with S59 are compared

with theoretically synthesised spectra. S59 operated successfully for two years

after the launch in March 1972. This instrument (De Jager et al., 1974)

observed mainly hot stars in 100 8 wide bands near 2100 X, 2500 8 and 2800 8

with a spectral resolution of 1.8 A. Because of this moderate resolution and the

high density of spectral lines in the wavelength regions observed, spectrum

synthesis is one of the most powerful means of analysing the spectra. The first

two papers of chapter II (Stickland and Van der Bucht, 1975, 1977) deal with

three A-type stars: ß Aur (A2 V), ß Car (Al V) and 6 Vel (A0 V), which have

effective temperatures in the range of 8750 K to 9500 K. VJith the spectral re-

solution of S59, good agreement between the observed and theoretical spectra

depends on the completeness of the line list and the adopted value of the mic.ro-

turbulence, rather than on the detailed accuracy of the Rvalues and element

abundances. The third paper of chapter II (Burger and Van der Hucht, 1976) con-

siders some B-type stars observed by S59 and compares the observations with the

theoretical spectra computed for a range of stellar temperatures from 10 000 K

to 30 000 K. For the hotter stars of this group the lack of atomic data for

doubly ionized metals hampers a proper spectrum synthesis.

Chapter III deals with the expanding outer layers of cool giants and super-

giants observed in 1976 with the balloon—borne ultraviolet spectrograph BUSS

(De Jager, Kondo et al., 1978; Kondo, De Jager et al., 1978). The first paper

-7-



of this chapter (Bernat, Van der Hucht et al., 1978) considers M-type stars

which have a visual companion, and develops the theory of line formation along

the line of sight to the companion in the expanding circumstellar envelope of

the primary. The second part of this chapter (Van der Hucht, Bernat et al.,

1978) applies this theory to the BUSS observation of a Sco (Hi.5 lab + B2.5 v).

A mass loss rate of 7.1 x 10 M«>yr for the M supergiant is deduced, a value

which is higher then previous determinations, and which may have serious impli-

cations for the evolution of this star. In the third paper of this chapter

(Van der Hucht, Stencel et al., 1978) emission lines of Mg II, Fe I, Fe II and

Fe III that are present in the BUSS spectra of two K—type giants and two M-type

supergiants are qualitatively discussed. These lines are probably chromospheric

in origin, or else originate in the expanding envelopes. A number of the Fe I

and Fe II emission lines are probably caused by fluorescence resulting from the

wavelength coincidence with the Mg II resonance emission lines in the expanding

outer atmospheres.

Chapter IV (Van der Hucht, Cassinelli et al., 1978) considers the problem

of the continuous energy distribution of Wolf-Rayet stars derived from observa-

tions with the ultraviolet spectrophotometer aboard the ANS. This instrument

(Van Duinen at al., 1975) which operated successfully during 20 months after the

launch in August 1974, observed stars in spectral regions between 1550 A and

3300 8 in five wavelength bands 150 8 to 200 8 wide. The spectra of Wolf-Rayet

stars are dominated by emission lines (Wolf and Rayet, 1867). In the ultraviolet

they show a rather flat energy distribution, compared with "normal" hot stars

with an effective temperature of 50 000 K. Theoretical model atmospheres for WR

stars indicate that this energy distribution is controlled by the density struc-

ture of the atmosphere, rather than by the effective temperature or the presumed

large helium abundance. A few WR stars which appear to have a large UV deficien-

cy also appear to have a large IR excess, which may be caused by flux redistri-

bution in dust shells.
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CHAPTER II

OBSERVED AND THEORETICAL ULTRAVIOLET SPECTRA
OF A- AND B-TYPE STARS
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II. A. ON THE UV SPECTRUM OF ßAURIGAE

Summary. Theoretically synthesised spectra of Beta
Aurigae have been compared with spectrophotometry
at 2 A resolution in three regions between 2000 A and
3000 A. Good agreement depends on the completeness
of the line list and on the adopted microlurbulence

rather than the detailed accuracy of the /-values and
abundances.

Key words: model atmospheres
turbulence spectrum synthesis

/-values - micro-

I. Introduction

An important problem in the analysis of peculiar and
metallic line stars, and one which is only now being
tackled seriously, notably by Kurucz (1974) and his
co-workers, is the provision of model atmospheres that
are fully consistent with the abundance anomalies.
In particular, it is necessary to allow for excessive line
opacity which may be further enhanced by Zeeman
broadening in strongly magnetic stars.
Observations in the UV are vital in checking such
models, especially for the hotter Ap stars, since a
significant amount of flux emerges shortward of 3000 A
and the line density is high. Although the problem is
less acute for the Am stars, observations of a bright,
mild Am star by the S 59 spectrophotometer aboard
the TD-1A satellite have allowed us to test the techniques
of spectrum synthesis and the method of comparison
with real spectra which must be used when the blending
is severe.
The aims at present are purely exploratory and are in
no way envisaged as a serious atmospheric analysis
of the star.
Beta Aurigae is a double-lined partially eclipsing binary
with a period of 3.% days (Smith, 1948). The spectrum
(A2IV) has previously been studied by Toy (1969) who
found the stars to be virtually identical in all respects,
even to the very mildly metallic-line characteristics:
this is to be expected of a relatively unevolved system
with mass ratio near unity (Stickland. 1973). It means,
however, that in the synthesis we need consider only a
single spectrum.

II. Observations

The S 59 spectrophotometer has been described by de
Jager et at. (1974). The data considered at present
comprise the average of 10 scans made on 1972 March

19/20 during orbits 119-130. During this period the
binary passed from near eclipse to a component velocity
separation of about 180 km/s. which has the effect of
degrading the instrumental profile given by de Jager
et al from a resolution of about 1.8 A to about 2.S A
after the addition of rotational broadening correspon-
ding to 30 km/s, deduced from coudc spectra taken at
double line phase. Scans were made in each of three
bands near 2100A (2063-2158), 25OOA (2496-2590)
and 2800 (2774-2867) A. The wavelength calibration is
discussed by de Jager et al. The problem of the sensitivity
as a function of wavelength will be considered later.

III. The Atmospheric Parameters

The temperature and gravity of Beta Aurigae have been
discussed both by Toy and by Gros et al. (1973). The
former used scans to deduce T.rf = 8750 ± 400 K
and Hy profiles to get log g - 3.7 while the latter fied
similar techniques to get 7"rfr = 9200 °K and log g = 3.4.
Adopting Tc« = 9000 "K is a fair compromise but the
gravity is more problematical. A value of log g = 3.85
can be deduced from the parallax (O"O37) and an apparent
visual magnitude of 2.65 for each component, while
the result from the light and radial velocity curves is
log g = 4.0. Since the dynamical parameters of this
system are well known (Wood. 1963), this latter value is
assumed.
The next hurdle to be overcome is that of finding a
suitable value for the microturbulence. Toy used
outdated Fei /-values to deduce 8km/s but Smith
(1973) has since re-appraised this matter with reference
to his own work (Smith, 1971) and concludes that such
results should be reduced by 3 km/s. Even 5 km/s is
high in view of the effective temperature and we adopt
4 km/s as a provisional value. The importance of
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finding an accurate estimate of the microturbulence
cannot be over estimated as is shown later.
A model from the Harvard Smithsonian range (Carbon
and Gingerich, 1969) has been selected with the chosen
temperature and gravity. It was computed with normal
abundances but in this preliminary study no harm
should be done since inspection of coudé spectra
confirm that the anomalies are not strong and only
the T-0-Pc relations are used (the opacities are computed
anew). More critical is the lack of blanketing for the
hotter models of the grid. We hope the synthesis can be
repeated when Kurucz's grid is complete.

IV. The Spectrum Synthesis Program

The program to compute the synthetic spectra was
derived from one written by Dr. A.L.T.Powell at the
Royal Greenwich Observatory. It assumes the lines
to be formed in LTE and with a Voigt profile calculated
with van der Waals damping, except in the case of the
resonance lines of Mgii where the damping constant
derived by Chapelle and Sahal-Bréchot (1970) was used.
For all other lines (which are much less strong) a value
of 70 for the mean square radius of the orbit of the upper
level in units of the radius of the first Bohr orbit was
adopted following work by Tomkin (1973) on iron lines
in the Sun. The usual opacity sources are included.
Employing a Harvard-Smithsonian model with 25
depth points and including about 1000 lines, the
synthesis took about I h on the Atlas Computer Labo-
ratory ICL 1906 A when using a sampling interval of
0.1 A. This is rather coarse, being somewhat larger
than the full Doppler width implying that only the
stronger lines will be adequately sampled and that the
weaker ones will need to be present in statistically
significant numbers in order to be fairly represented.
It turns out that of the order of a half of the lines fall in
the category of being weak contributors which in turn
means approximately ten such lines per resolution
length of - 2A. This should be acceptable, and indeed,
synthesis of a short region of spectrum with 0.02 A
spacing yielded almost no perceptible change. Certainly
a finer mesh than the one used would dramatically
increase the computer time required. This spectrum
was produced on cards which were processed through a
program which carried out the instrumental, orbital
arid rotational broadening by fast Fourier transform.

V. The Line List-Phase 1

During the early stages of this work, the lists of lines
with /-values were drawn from the published literature,
much of it of considerable antiquity and somewhat
dubious value. The basic list of possible lines was
drawn from the MIT Wavelength Tables although a
compilation kindly supplied by Drs. Praderie and
Bonnet was extremely useful as a guide. The /-values

of the light elements up to and including calcium came
principally from Wiese el al. (1969) although the Corliss
and Bozman (1962) tables were used when necessary.
The neutral elements of the iron group, with the excep-
tion of iron itself, were almost exclusively taken from
Corliss and Bozman but were all corrected individually
through Takens' (1970) procedure. For Fei, the compi-
lation of Corliss and Warner (1966) was used, which is
more extensive although not amenable to correction
by either Takens' method or by Allen's (1971) /-sum
rule procedure for these wavelengths. However, several
lines of Fe i were preferentially taken from the recent ex-
perimental results of Banfield and Huber (1973).
The ionised elements of most of the iron group were
copied, where possible, from Warner's (1967) list. Some,
however, had to be taken from Corliss and Bozman but
these could be brought to Warner's scale through a
single correction for each element. The exception was
provided by the lines of Ni n which came either from
the experimental data of Bell el al (1966) or from
calculations by Mendlowitz(1966).
All the heavier element data came from Corliss and
Bozman without correction.
The line list (for what it is worth) is available on re-
quest.
Even after correction, there will still be some doubt as to
the accuracy of the /-value scales, although provided
that the remaining errors are not too dependent on
wavelength or excitation potential, the problem may be
merged with that of the unknown abundances. (Toy's
results cannot be used since the microturbulence was
wrong.) Since this is not meant to be an exercise in
abundance determination, these joint difficulties can
be by-passed, to first approximation, by carrying out
synthesis of selected regions in the visible where blending
is no longer a serious problem and forcing a fit to the
observed spectrum. Five regions averaging 10 A in
length were chosen to include lines of Mg, AL Si and
several important iron group elements with /-values
derived in the same way as for the UV line list. For the
real spectrum, a HaF coudé plate at 20 A/mm was taken
at precisely single line phase; the resolution is adequate
for a star of this type and the plate compares well with
10 A/mm plates of Beta Aurigae taken at less opportune
orbital phases. Fitting was first tried with normal
abundances taken from Allen (1973) although two
further modifications were required to produce an
adequate agreement: there was some difficulty in
reconciling the neutral and ionised line strengths of
nickel and the values finally adopted were weighted
according to the prominence of lines in the UV. Table I
shows the abundances of the more important elements
in the UV synthesis; they are not to be regarded as
true abundances in the atmosphere of Beta Aurigae
although it is probably significant that the pattern of
changes required broadly mimiek the Am anomaly
curve.
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Tahle I. The abundances of lhe more important elements a«, used in
ihc two phases of UV spectrum synthesis. The normal values arc
shown for comparison. The abundances by number are on a scale
ofJV,|= 1.0 with powers often given in parentheses

Element

H
He
C
N
O
M S

AI
Si
Ca
Sc
Ti
V
Cr
Mn
Fe
Co
Nl

Normal

1.00 (1)1
8.51
3.31
9.12
6.61
2.63
2.45
3.31
2.00
1.66
1.35
2.51
7.08
2.51
.1.98 (
1.26 (
2.00 1

(-21
- 4 )

1-5»
-41
- 5 )
- 6 |
- 5 1
- 6 )
- « 1
- 7 |
- S |
- 7 |
- 7 )
- 5 )
- 7 )
- 6 )

Phase 1

As normal
As normal
As normal
As normal
As normal
4.00 1-51
1.00 (-6)
3.31 (-5)
1.00 (-6)
1.00 (-101
2.00 (-81
5.00 (-91
1.00 (-61
2.00 1-71
500 1-61
1.26 (-71
1.00 (-51

Phase 2

As norma
As norma
As nonna
As norma
As norma
As Phase
As Phase
As Phase
As Phase
As Phase
6 32
2 50
6.3l
2.00
7.«
1.26
1.25

-SI
-SI
-7»
-71
- 6 |
-71
-51

The results of the synthesis and the observed spectrum
in the 2100A band are compared in Fig. I. This extre-
mely poor agreement was duplicated by Lamers (1974)
in a study of spectrum synthesis in Vega, and is due
entirely to the paucity of lines with / -values. In the
present work, only 78 were found and this is clearly
quite inadequate. Lamers was trying to determine the
wavelength sensitivity corrections for a number of
stars by comparing the observations with synthetic
spectra computed by Burger (1975). and while the
method appears to work for the hottest stars, it can be
dangerously misleading for the later spectral types,
and no correction has been applied at present in any of
the bands. Calibration against a standard lamp would be
preferable.

The 2500 A band (Fig. 2) included 380 lines and the
agreement is obviously the better for it. with most of the
prominent features present although the dip at 25.W A
is inadequately represented. One of the major problems
is how to scale the real and theoretical spectra to produce
the best Fit when it is apparent that the continuum is
nowhere visible. One approach is to fit to the points
nearest the continuum although probably a better one.
is to match simultaneously all of the absorption features. f
provided, of course, thai we can he confident about ike
data input to the program. Another scheme would be to
try to deduce the continuum level of the observations
by comparing the absolute measured fluxes with the
predictions of stellar model atmospheres, although at
present the model is probably not good enough and the
absolute sensitivity of the spectrophotometer is not
known with sufficient certainty (see de Jager ei til.. 1974).
The exercise was carried out. however, using the pre-
flight sensitivities quoted by de Jager et al. The observed
flux in the 2100A band was 25"., less than that in the

2M> 2 I M211*
Wavelength

I- ig. I Synthesis of the 2 KM) A band (dotted tinel using published dala
compared with the obscrxed spectrum Ordinate is residual intensity
in the synthetic spectrum, abscissa, ihc waiclcngth in angstroms

2411 254»
Wavelength

I iç 2 Synthesis of the 2500 \ hand Legend as for

2770 212»
Wovetftnglh

lip. .1 S)Mh»is nf ihc 2800'Vhand legend .is fur He 1

continuum of the model (using a radius of 2.4 solar
radii and a distance of 27 pc while thai in the 2500 A
band was 20".i less. These figures arc both compatible
with the probable line blocking coefficients (see lalerl.
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However, in the 2800 A band, the observed flux was
56 % loo low which is twice that expected from blocking
alone. Possibly there exists some anomalous opacity in
this region, although it appears not to be restricted
to fl Aur alone 0 Vel and ß Car show similar relative flux
deficiencies).
The 2800 A band containing 406 lines (Fig. 3) gave
similar agreement although the cores of the Mgii lines
are too shallow in the synthesis. This could be due to
non-LTE effects in the line centres or, more likely,
considering the sharpness of many of the other observed
features, an over-pessimistic instrumental profile (see
de Jager et al, 1974) plus residual noise from the
individual scans, or in a few cases, inadequacy of the
sampling space in the theoretical spectrum.

VI. The Ltae list-Phase 2

While the work of assembling the list described in
Section V was in progress, we became aware of the
enormous list of /-values prepared by Kurucz and
Peytremann (1975) (KP), in which those of the light
elements and the iron group were calculated and those
of the heavy elements were taken from Corliss and
Bozman. Kurucz very kindly sent a computer listing of
the lines between 2000 A and 3000 A in advance of
publication and we repeated the synthesis with these
new results. Only the stronger lines were considered:
generally those with a lower level less than 50000 wave
numbers and with logy/ greater than -2.0 for iron
group and light elements and with logg/ greater than
zero for the heavier species, although special dispen-
sations were made for some interesting lines, particularly
those from abundant elements or where the excitation
potential was zero.
In order to treat the new table in the same way as the
previous data, it was necessary to adjust the abundances
again to compensate for /-value scale differences. This
was achieved by making the interesting comparison
between the new and old Xoggf 's. Figure 4 shows the
total discord for Fei! The scatter is so bad that it
would perhaps be ungenerous to heap all the blame on
Corliss and Warner. However, many larger values
from the 2500 A band to be found near the 45" line
derive from the recent experimental results of Banfield
and Huber and suggest that the KP data may be the
more reliable, although it is fair to point out that the
correspondence at smaller values in the 2100A band
is less encouraging.
Figure 5 shows the comparison for Fe n. The scatter is
certainly less for the larger values but gets progressively
worse as log</ƒ gets smaller, with an apparent systematic
disagreement as well. Since Fe n is the dominant ion in
the UV spectra and the larger lines are more significant
in the synthesis, a shift of 0.2 dex was made for the iron
abundance prior to running the KP data. Experiment
has shown, however, that fine tuning of the abundances

<

5» -i
9
9

-2

Fal

-

/

• ' ' / .

X-'- V. ' • ' "
-1

leggf,
Fig. 4. Comparison of lhe log*/; values for Fci Trom lhe literature \s\
with the KP results. Squares denote lines from lhe 2100A band,
circles the 2500 A band, and triangles the 2800 A band

•

>
-1

Fall

/ > . : '

*

-Ï -1
log g l .

Fig. 5. Comparison of log gf values for Fe n. Legend as Fig. 4

(or /-value scale) is not critical since the important
contributors are generally on the flat portion of the
curve of growth.
Similar treatment was afforded the other elements.
No change was necessary for Mg. AI and Si since the
important line gf's were very similar. The comparison
for six iron group elements is shown in Fig. 6. Most show
considerable scatter in addition to systematic differences
and only for Ni II is the agreement fairly good. This is
perhaps pointedly due to having data from totally
different sources than the others, despite the fact that
both experimental and theoretical values were used. The
abundances used are added to Table I.
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loa a'.

Fig. 6. Comparison of log #1 values Tor other iron group elements. Open symbols denote neutral clemenis: closed symbols, the ions
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2M0 211« 21 I t
Wavelength

Fig. 7. Synthesis of lhe 2100A band using KP /-values compared
with the observed spectrum. Legend as for Fig. I

2411 25»l2541
Wavelength

Fig. 8. Synthesis of the 2500 A band using K P data. Legend as for h ig. 7

2771 2I7C212«

Wavelength

Fig. 9. Synthesis of the 2800 A band using KP data. Legend as for Fig. 7

The new 2100A band spectrum is shown in Fig. 7
where it is clear that the 612 lines from the K P list give a
much better representation of the observed spectrum,
particularly in reproducing the big feature near 2134 A.

Table 2 The principal contributing elements to some of the more
prominenl features in the UV spectrum of Beta Aurigae

2100 Band 2066
2072
20S4
2093
210.1
2I0K
2112
2126
2134
2150
2159

2500 A Band 2506
2519
2525 2530
2539
2545
2549
2563

2S00ABand 277«
2795
2803
2KI2
2X17

2825
2831
2840
2843
2852
2857

2866

C m
Fen
1 e l. Nl II
Kill
Si 1 .0 11. Fe l. Ni 11
Fe 11. Ni II
Ca II. Co II. Cu II
Ni li
V n. Cr il. Fe i. Ni il
Si l. Cr II
Ni II

Si I. Fe 1. Fe II. Co II
Si 1. Fe 11
Si l. Ti I I . V H. Cr n. M n il . i-e 11. C o II
Feil
Feu
Tiill. Mini. Feu
Fe il. Ca il

C r u
Mg il
Mg il
Cr II. Mn II. Fe II
Cr 11. Fe II
V II. Fe II
V II. Cr II. Fe II
Ti il. Cr il. Fe il
Cr il. Fe II
Mg i. Cr il
Cr il. Fe li
Cm

It is a pity that the observations do not extend to the
strong synthesised line at 2061 A apparently due to zinc
with an inordinately large /-value [due to the correction
by Corliss (1967)].
The 2500 A band with 1223 lines (Fig. 8) exhibits little
improvement over the earlier result, suggesting that
many of the relevant contributors had already been
gathered in, although it is clear that the extra lines have
depressed the residual intensity throughout.
Figure 9 shows the 2800 A band with its 1142 lines.
Only small differences are apparent between the old and
new data.

VII. Identification of the Stronger Features

Using the more comprehensive K P data, it is possible to
determine which are the principal contributors to the
more prominent absorption features and allow compari-
son with earlier work of this nature, e.g. Burger and
van der Hucht (1974).
The results of the survey for the three bands are dis-
played in Table 2 where the elements and stages of
ionization are noted. These lists are not exhaustive and
the pre-convolution spectra exhibit a high density of
moderate strength lines throughout.
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2M* 21f(2111
Wavelength

Fig. 10. Synthesis of the 2100A band using KP /-values and three
microturbulent velocities: solid line — 0 km/s. dashed line 4 km/s.
dotted line — 8 km/s

VIII. Mkroturtmleiice

It has been hinted that the adopted microturbulence
parameter has a profound effect on the synthetic
spectrum since most relevant contributors lie on the
flat part of the curve of growth. The severity of the
eflect is demonstrated in Fig. 10 where the KP data for
the 2100A band has been used to synthesise spectra
wilh microturbulence of 0. 4 and 8 km/s. Although the
zinc dominated feature at 2061 A is probably spurious, it
does demonstrate the small efect on damping lines of a
strongly increased Doppler motion, while the rest of the
spectrum, especially the 2112 A feature, is markedly
changed. (The small increase in the central depth of
/. 2061 is due to more modest contributors.)
Clearly a knowledge of the microturbulence is essential
but if it is depth dependent, as it seems to be in the case
of later type stars (Chaffee, 1970), then simply adopting a
value derived in the visual region will not suffice. It
would be a useful exercise to determine the depth
dependence in a star like Beta Aurigae, and indeed, the
techniques of spectrum synthesis in the UV may provide
the way of achieving it since the line forming depths
(tu v ~ 0.3) range from tSOOo - 0.17 at 2060 A to
T5Ooo~0.08 at 2770 A. 4 km/s appears to have been a
reasonable choice for the present computations.
Of perhaps more immediate importance is the serious
effect the added broadening can have on the line
contribution to the opacity. This can be gauged from
the fact that the line blocking in the synthetic spectrum
increases from 14'%. at 0 km/s to 23?<i at 14 km/s and to
31 ".»at 8 km/s.

IX. Conclusions

There are several lessons to be learned from the experi-
ments described in the foregoing sections. The first is
perhaps an obvious one, that unless the fundamental
line list is tolerably complete, the synthesis can fail.

The accuracy of the /-value or abundance scale is
secondary since experiments (not shown) show that a
change of up to 30 or 40% produces a rather small
eflect on most features. This in turn suggests that
accurate abundances of elements not well represented
in the visual will be hard to obtain in the UV also,
since at this kind of resolution, the spectrum tends to be
swamped by moderate strength lines of the iron group.

On the other hand, the microturbulence can strongly
influence the results and perhaps could be determined
as a function of geometrical depth from a comparison
of real and theoretical spectra, although to do this a
realistic scheme for matching the results needs to be
envolved. Until such time as reliable model UV flaxes
and well calibrated scans become available this can
best be achieved by using a reliable set of f-values.
determining elemental abundances through analysis of
high dispersion spectra in the visible, and fitting in the
UV to absorption features rather than to near-continuum
points.

No confident statement as to the accuracy of the
continuous opacity source can be made at this juncture,
except to point out the anomalously low flux in the
2800 A band, since other factors dominate the adequacy
of the matching. It is apparent that the line opactiy
is considerable in the UV spectrum of a star of this
type, since the blocking is about 25 °ó in each band, or a
factor of four or five greater than at the shortest wave-
lengths available to earth bound telescopes. We look
forward to trying the techniques of spectrum synthesis
again when fully blanketed models become readily
available.
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II. B. ON THE UV SPECTRA OF ß CARINAE AND Ô VELORUM

Summary. Synthetic spectra have been computed and
compared with the S59 observations of Beta Carinae
(Al IV)and Delta Velorum (AOV). The microturbulences
determined for these fairly rapidly rotating stars do not
appear to be higher than in slow rotators of similar
spectral type although there is some suggestion that it
increases with optical depth.

Key words: model atmospheres — microturbulence —
spectrum synthesis

I. Introduction

In a previous paper (Paper I—Stickland and van der
Hucht, 1975) we described some experiments in matching
computed synthetic spectra with observations from the
S59 spectrophotometer of the A2IV star Beta Aurigae.
It was discovered that one of the most important
fitting parameters was the microturbulence adopted in
computing the theoretical spectrum and that UV ob-
servations held out the possibility of determining its
depth dependence. This ill-understood quantity is gener-
ally obtained through curve of growth analysis and in
stars with largae »„sini, the difficulty of measuring even
moderate strength lines precludes its determination.
Thus if one wishes to know whether microturbulence
is affected by rapid rotation, UV observations at the
modest resolution of the SS9 instrument (about I.8Å)
offer a solution provided, as was noted in Paper I, the
other input data to the spectrum synthesis program are
fairly good.

The purpose of the present investigation is to carry
out further experiments to assess the quality of the
relevant input data (models, atmospheric parameters,
/-values) and to attempt to match computer predictions
to observations of the bright southern early A type stars
Beta Carinae and Delta Velorum.

II. Observations
The observational material consists of the averages of
four scans of each star made with the S59 spectro-
photometer aboard the TD-IA satellite on Í972 July 25
(Beta Car)and 1973 June 10(Delta Vel). The low number
of scans renders the data rather noisy and there exist
one or two small gaps although the more prominent
features appear adequately defined for our purpose.
Three bands are represented: 2100 band (2064Â to
2156Ä); 2500 band (2498Å to 2588Â), and the
2800 band (2776.4 to 2866Â). The wavelength sensitivity
of the spectrophotometer in these bands has very
recently been discussed by Lamers et al. (1976) but since
this paper arrived after the computations had been
completed and for the sake of continuity with Paper I,
these corrections will only be examined after comparison
between theory and observation; in the 2500 and 2800
bands they are only of the order of a few percent and
the expected spectral gradient is very small; the 2100
band shows sensitivity irregularities up to about 15%
and there is probably a decrease in the continuum flux
with wavelength along the band of the same order.

The resolution of the spectrophotometer has been
given as 1.8Å but the spectra of rapidly spinning stars
are further degraded by a rotation profile (calculated for
each band) derived from the i,,sini deduced from ob-
servations in the optical region. In calculating the
rotation profile, spherical stars have been assumed,
gravity darkening and aspect factors ignored, and the
limb darkening coefficient taken to be 1.5; when con-
volved with the large instrumental profile, errors intro-
duced by these simplification are expected to be
negligible. For Beta Carinae. the v^sini listed by Huang
(1953) is I67kms~'; after inspection of some tracings
kindly sent by Dr. W.Buscombe. we are inclined to
suggest a slightly lower value, perhaps 150 km s"1. At
m,.= 1.9 Delta Velorum was absent from the Rotational
Velocity catalogue of Uesugi and Fukuda (1970). We
therefore persuaded Drs.J. van Paradijs and D. Reimers
to secure two plates at 12.3 A/mm from the coude
spectrograph of the 1.5m ESO telescope. Unfortunately,
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Table I. Photoelectric photometry of the two programme stars from
Johnson el al. 11966) and Lindcmann and Hauck 11971)

L-Vli-Y I ' -S I - / h-y m, <', /(

Beta Carinae 0.0.1 0.00 0 07 0.09
Delta Vclnrum 0.11 0.04 0.05 0.09

0.004 0.140 1.27.1 2.K.1G
0.0.14 0.151 1.087 2.H76

the spectra underwent severe fragmentation in transit
but fortunately the sections around the K line were
sufficiently complete to yield a i-,,sini of approximately
170 km s " ' by comparison with plates taken at similar
dispersions at Herstmonceux of stars with rotational
velocities already in the catalogue. In the computations
described herein, a value of 170 km s ' was adopted for
both stars and the rotation profiles at each wavelength
convolved with the relevant instrumental profile. The
resulting profiles (FWHM ~ 3Ä) were further convolved
with the synthetic spectra prior to comparison with the
observations. Beta Carinae is classified A1IV while Delta
Velorum is listed as an AOV star; both have UBVRI
and Stromgren-Beta colours available (collected in
Table 1) and from these an effective temperature of
9500 K has been adopted together with a \ogg of 4.0 for
both objects. Gros et al. (1973) get almost identical
parameters for Beta Carinae although Code (1975) finds

TM=9250 ±220 K. logi/ = .1.65+0.31 and scanner ob-
servations by Davis and Webb (1974) tend to confirm
his result. The choice was made with the provision that
the effect of errors in temperature and gravity would be
assessed by synthesis of spectra using alternative models.

HI. The Spectrum Synthesis Program,
/-Values and Model Atmospheres

The program used to compute the synthetic spectra was
essentially that described in Paper I. A fe« very minor
modifications have been made to make it more general
and to save time by introducing a scheme to eliminate
excessively weak lines. Otherwise the running details
were the same including the coarse mesh of wavelength
points (O.lA).

The line list of Kurucz and Pcytremann (1975) was
used exclusively after the successes, particularly in the
2100 band, reported in Paper I. However, a further check
on the /-values has been made since that time using the
long list of experimental values for weak Fei lines
obtained by May et al. (1974) plus some stronger lines
taken from Tomkin's (1973) compilation of modern
/-values. Only lines between 2493A and 4000Ã have
been compared and although there is no overlap with
the spectral regions under consideration at present, the
picture that emerges (Fig. 1) has strong similarities with

Fig. 1. A comparison of the calculated logt//
\alues of Kurucz and Peytremann (1975) with
those measured by May el al. {19741 (filled
symbols! for weak Fe i lines and those compiled
by Tomkin (1973) for some stronger or lower
excitation lines (open symbols). The various
symbols refer lo the range of multiplet numbers:
V - l to II. A - 1 2 to 57. D - 5 8 to 382.
O-greater than 382
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the corresponding one presented in Paper I. There is a
reasonably strong concentration of points about the 45
line, particularly, of the low excitation lines (triangles),
although one of slightly greater slope would provide a
better fit. Then there is a very scattered population of
higher excitation lines with loggf<0 with many observed
lines being orders of magnitude stronger than the cal-
culations suggest; (there is also a smaller but nonetheless
serious distribution of points on the other side of the
45° line). If we assume that the observational work is
correct, and there is evidence from curve of growth
studies by DJS that this is the case, then we must
presume that the synthetic spectra will tend to b? some-
whattooweak. Since there is noguarantee that an exactly
similar situation holds for the other elements whose
/"-values were calculated semi-empirically, we have done
no more than demonstrate the existence of the
phenomenon.

In Paper I, we made use of the grid of model
atmospheres computed by Carbon and Gingerich (1969).
Since that time further improvements in model making
have been introduced, especially with regard to the
treatment of line blanketing and we have chosen to use
the recently available models of Kurucz. Peylremann
and Avrett (KPA) (1974). For comparison with the
earlier grid, the 2800 band spectra were computed for
Teff=9000 °K, Iog3=4.0 (hereinafter 9000,4.0) with the
Phase 2 abundances of Paper I (i.e., as for Beta Aurigae).
The T-\of>i (at 5000Å) relations are shown in Figure 2.
The differences between the two results were very small
with the exception of an anticipated increase in the
central depth of the ft and k lines of Mg il (from 0.55 to
0.65 in the case of ft after instrumental and rotational
broadening) due to the low boundary temperature of
the KPA model and the inclusion of the shallow optical
depths available in the tables (and these were confined to
i > 1 0 " 4 as recommended by KPA); the earlier tables
began at T = I 0 " 3 .

As a check on errors in assumed temperature and
gravity, the KPA models 9500, 4.0 and 9000, 4.5 were
compared with the9000,4.0 model used above, all with a
microturbulence of 4kms~' . The alteration in gravity
from logg=4.0 to 4.5 produced an almost negligible
change in the spectrum while the calculation at the
higher temperature yielded the expected although not
dramatic weakening of the spectrum shown in Figure 3.
The error in adopted effective temperature ought to be
considerably less than 500 °K.

One further check needs to be made at this juncture;
in order for the determination of the microturbulence
to be fairly secure, the abundances need to be known
moderately well. We have checked on the effects of
increasing the metal content by raising the abundances
of iron group elements by an arbitary factor of 5. The
result has been added to Figure 3. An increase of this
order is quite substantial, even for a metallic line star,
and since it is known that Am stars are all slow rotators

••r
Í

•7

-4 -3 2 I 0
log t

Fig. 2. A comparison of the ft = 5040 T) - loe: relations for the
Harvard Smithsonian and KPA model atmospheres 9000.4.0. normal
abundance, r commuted at 5000 A is shown and had 10 be derived
from the KPA models which quote Rosseland optical depths

2779 Wavelength

Fig. 3. A demonstration of the effects of changing lhe effective
temperature and the abundances on synthetic spectra. Fu'l line
represents use of the standard test model (KPA. 9000,4.0). The «lashed
line shows the effect of a KPA. 9500. 4.0 model. The dotted line
exhibilsihechange to a standard model spectrum when the iron group
abundances are increased by 5 times

((,.< 100 km s '), we can assume that both Beta Carinae
and Delta Velorum have relatively normal abundances;
furthermore, the coloursare not significantly anomalous.
This implies that if solar abundances (Allen, 1973) are
utilised, any errors are likely to produce only small
discrepancies in the computed spectrum.

IV. Determination of the Mkroturbuleiice

In Figure 10 of Paper I, we showed the effects of micro-
turbulence on the synthesis of spectra in the 2100 band
for a 9000.4.0 model. The change was sufficiently great
that with low noise observations, one could hope to
determine thisquantity to within 1 kms~'. In the present
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Fig. 4. A comparison of theoretical (dotted linei and observed (lull linei
spectra in (he 2KX) band Ordinale is residual intensity, abscissa is
\\u\denglh 111 angstroms
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2500 Band. This region is perhaps the easiest to
match since the sensitivity curve is almost flat and lhe
spectrum exhibits several bold features. Beta Cannae
could be satisfied with the same microlurbulence but
this time a value of 2kms ' was required for Delia
Velorum (Fig. 5).

2X00 Band. The longest wavelength band provides
the least satisfactory observation since the spectrum is
very noisy and devoid of prominent features other than
the resonance lines of Mg II. Additionally there is a slope
in the wavelength sensitivity curve amounting to a 10%
drop at the long wavelength end relative to 2780Å.
Taking these factor.-; into account, the spectrum outside
the Mg n lines must be relatively flat in Delta Velorum.
and with a slight rise towards lhe continuum at
2810 2X2OA in Bela Cannae: these spectra could be
fitted with no microlurbulence in the former case and
perhaps 0 or 2 km s ' in the second, with considerable
uncertainty (Fig. 61. The LTF. fit to the M g i i lines was
extremely poorand although these lines should be treated
with non-LTH calculations after the fashion of Lamers
and Snijders (19751. the discrepancy between LTE and
the observations seems loo large even for this approach
to solve the problem completely since for 7^,, < 15000 K.
non-LTH actually decreases the equivalent widths of the
resonance lines and use of an impossibly lower tempera-
ture atmosphere is indicated, in contradiction to the
spectral types and colours (and the relative successes in
the 210(1 and 2500 bands), or a very different (steeper)
temperature gradient. Furthermore, the h and k lines are
different in the two stars with Beta Carinae being the
much more imposing in spite of its rather bluer colours.

2<90 Wavelength 2590

Fig. 5. A comparison of theoretical and observed spectra in the
25(XI band, legend as for Figure 4

• • * ' « •

I >

situation.however.there were fewer scans in theaveraged
spectra and with the adoption of a higher temperature
for both stars (9500 K) the spectral features used to
achieve the matching were far less prominent. This
means that the accuracy of the determination is
probably only about 2kms ' using the matching
technique described in Paper I and accordingly a grid
of spectra was computed with ç = 0. 2 and 4 km s " ' .

2100 Band. For both Beta Carinae and Delta
Velorum. the observations point clearly to c=4 km s '.
particularly to fit the big feature at 2134A (Fig.4).
The wavelength sensitivity curves of Lamers et al. (1976)
account in a natural way for the broad discrepancy
between 2070 and 2090Ã and to some extent for the
apparent "blue wing" of the observed 21.14Â feature.
A lower microturbulence is ruled out by its failure to
produce any dip al 2O80Å which is significant in both
stars.

Delta Velorum

277t ' ' ' 'wavelength 27«

Kifr 6. A comparison of theoretics! and observed speeïra in (he
2801) hand: legend as for Figure 4
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Since the Mg il lines do not greatly aid our search for the
microturbulencc. the matter has not been pursued,
although, as the referee has correctly pointed out. if the
construction of the model is seriously wrong, then the
results concerning the microturbulence will be wrong.
However, in the present instance, lhe apparent increase
in spectrum strength with depth of formation suggests
that the temperature gradient should be less steep
(assuming that the microturbulence is (aken to be
constant).

V. Conclusions

Attempts to fit theoretical spectra to S59 observations
of two rapidly rotating stars of similar spectral type
suggest that the microturbulence decreases with height
through the line forming regions such that if we take the
line forming region to be where the weak line contribu-
tion function for a representative line peaks, then
t=0 km s ' at T5OOO =0.04,2 km s ' at r5OOo=0.06 and
4kms ' at t5O0O=0.(W. This is in contradiction to
expectalions if turbulence induced by rotation is to be
invoked, since it would be expected to increase with
height. On the other hand, an extrapolation of the
scheme proposed by Chaffee (1970) to hotter stars (see
his Fig. 8) would allow such a decrease with height.
Our approach, hov ever, has not been entirely consistent
since we have not tried to fit a model of the variation of
microturbulence to the adopted KPA atmosphere for use
in all the calculations, and rather, a different single
microturbulence lias been adopted throughout the
atmosphere for each band. We feel that to construct

such a model would be presumptuous with just three
data points.

The microturbulences deduced for Beta Cannae and
Delta Vclorum are. if anything, a little lower than the
4kms ' adopted for the A2IV star Beta Aurigac
although this is to be expected in moving away from
the maximum found in the late A stars (Chaffee. 1970).
It appears that the rotation is not adding significantly
to the microturbulence.
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II. C. THE THEORETICAL NEAR-ULTRAVIOLET SPECTRUM OF B-TYPE STARS

Summary. Theoretical spectra are computed
for a grid of stellar model atmospheres with
10OO0K£7;r,g3OO0OK and 2.5á Iog<yá4 in three
wavelength regions: 2060-2160Á, 2495-2595 A, 2770-
2870 Â. The results show a good agreement with S59
observations. Line identifications are given: most of
the spectral features in the 2100A region are due to
lines of twice ionized metals, the feature at 2140 À
and those in the 2500 Å and 2800 Å regions are mainly
due to lines of singly ionized metals. Line blocking
factors are determined in each 10Â wide interval: the

line blocking in the 2100A regions shows a maximum
at 20000 to 25000 K. the line blocking in the 2500Á
and 2800 A regions decreases from 10000 K to 30000 K.
Lines of singly ionized elements are insensitive to
gravity around 16000 K. lines of twice ionized elements
around 25000 K. The microturbulent velocity is cer-
tainly much lower than 4 km s in main sequence B
stars cooler than 20000 K.

Key words: ultraviolet stellar spectra - stellar atmo-
spheres - B stars

I. Introduction

In the past few years ultraviolet spectra observed by
means of spacecraft have become available with in-
creasing spectral resolution. Interpretation of these
data yields new information on the physical conditions
in the atmospheric layers where the ultraviolet spectral
lines are formed. The observations show that the
ultraviolet region is crowded with spectral lines: this
large number of lines gives rise to strong line blanketing,
which influences the total energy distribution and thus
the structure of the stars. The importance of this effect
is already underlined by low-resolution spectra, which
generally show a flux deficiency in the ultraviolet as
compared with model stellar atmospheres that agree
with the stellar flux in the visible. The flux deficiency
is very strong in peculiar stars (Leckrone. 1973). but
it can also be noted in other stars (Bless et ai., 1972:
Beeckmans et al, 1974). Although this may be partly
due to a missing continuous ultraviolet opacity, line
blanketing may play an important role.
Our knowledge of ultraviolet stellar spectra increases
rapidly: it is however still incomplete, as may be
illustrated by the large number of ultraviolet spectral
lines that is still unidentified.
We have made an attempt to interpret ultraviolet
line spectra. This is not an easy problem as the spectral

resolution of the most recent ultraviolet observations
is not sufficient to resolve single lines, owing to the
large number of lines per unit wavelength. We-therefore
decided to compute purely theoretical spectra, which
can then be compared with the observations available
at present. In order to limit our task we selected three
wavelength regions: 2060-2160 A, 2495-2595 A,
2770-2870 A, which coincide with the observations
obtained by the Utrecht Orbiting Stellar Spectro-
pholometer S 59 (de Jager e! ai.. 1974). The computa-
tions will facilitate iine identifications and may be
helpful in finding the "windows" in the spectra, i.e. the
wavelengths where the continuum is reached: they may
be used to determine chemical abundances and yield
information on the sensitivity of spectral lines to tem-
perature, gravity and microturbulent velocity. All this
can be of interest for stellar classification.
Line blocking coefficients derived from the computa-
tions will give an idea of the importance of this effect.
As the wavelength regions used for ultraviolet photo-
metry often coincide with the wavelength regions
observed by S 59. a line blocking correction of observed
stellar fluxes will be possible. Such a correction is
important in the determination of the interstellar
reddening of a star.
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Table I. The ions included in the compilation. The number of contributing fines of each ion is given together with lhe references for lhe osallator
strengths in order of priority. Corrections have been applied to the gf values of reference (7Ksec text) and of references (II) and 117) with a constam
factor (in logg/'): +0.98 and - 0.48 respectively

Ion

Hei
Hen
Lii
Lin
Bem
B i
Bm
C l
C i i

Cm
C i v

Nu
Nul
N i v
Nv
On
OI I I
O iv
Ov
Fu
Fm
F iv
Neu
Nem
Ne iv
Nal
Nam
Navi
Mg i
Mg il
Mg m
A l l
Al 11
Alm
Sil
Sin
Si in
Si iv
P i
Su
S Ilt
Svi

Number
of lines

1
17
1
1
2
5
1
2

59
18
6

18
8
1
4

12
3
1
3

11
72
14
16
23
4
5

40
3

20
5

10
20
14
13
18
22
21
3

10
1
8
4

Refer-
ences

(22)
(10)
(20)
(20)
(2)
(22)
(20)
(20,10)
(22-24.10)
(23. 24.16)
(20.22.23)
(20, 23.10)
(20. 10)
(23)
(23)
(10)
(20.10)
(20)
(15)
(23.10)
(23.10)
(15. 10)
(20, 23.10)
(20,10)
(10)
(21)
(21, 23,10)
(10)
(21.23)
(21)
(10)
(21,16)
(21.23.10)
(23.10)
(9,16.10)
(21,23,10)
(21.23.10)
(21.23)
(21)
(10)
(21)
(21.10)

lon

Cln
Cllll
Cliv
Ar II
Arm
Ar iv
Km
C a i
Can
Cam
Sen
Sem
Til
Tin
Tim
Ti iv
V i
V i l
Vill
V i v
C r i

Cm
Cr ill
Criv
Mm
M m i
Mnlll
Mmv
F e i
Feil
Fe in
Coi
Con
Com
Nil
Ni n
Ni m
Cui
Cull
Cum
Zni
Znu

Number
of lines

20
14
3

96
33
13
8

13
6

48
21
8

25
71
16
7

38
146
74
62
39

1S8
100
11
38

214
173
13

270
338
305
82
47

132
52

221
14
I I
69
12
10
10

Refer-
ences

(21.10)
(21.10)
(21)
(23. 10)
(21.10)
(21.10)
(21.10)
(21. 8.16)
(21)
(23. 10)
(17.23.10)
(23, 10)
(17. 10)
(13. 17, 23.10)
(23.10)
(23, 16)
(17.16)
(14. 17"). 23. 10)
(23. 10)
(23.10)
(17,23.10)
(17. 18.20)
(23, 10)
(10)
(17, 10)
(17,23.10)
(23, 10)
(10)
(17. 7«), 23.16. 10)
(17.18,23.10)
(23.10)
(17.10)
(17,23,10)
(10)
(4,23,10)

d. li-), ia 16)
(10)
(5.23)
(23.10)
(10)
(3. 23)
(23. 10)

fon

Znm
G a i
Gall
G e i
Geil
Asl
Sei
S r i
Sril
Y l
Y l l

Ym
Z n
Zrll
Zr ill
Nbi
Nbn
M o i
Mon
R u i
R h l
Rhll
Pdll
C d l
Cd il
Im
Sm
Sbi
T e l
Bai

Bali
Lan
Ceu
Eu il
Gdi
Gdn
Em
Tmn
Ybn
L u i
Lun

Number
of lines

98
2
2

13
8
2
2
1
1
4
7
2

19
SO
2

35
56
54
62
72
26
7
2
1
2
5

19
I I
5
2
4

11
26
21
2

22
3

21
47

1
9

Refer-
ences

(IO)
(6)
((9.23)
06.6)
(23)
(6)
(16)
117)
(17)
(6)
(61
(23)
(61
(23.6)
(23)
(16)
(16.6)
(6)
(16.6)
(16.6)
(6)

(6)
(6)
(6)
(10,6)
(6)
(16.6)
(16,6)
(16.6)
(12)
(12. 10)
(16)
(6)
(6)
(6)
(6)
(6)
(6)
(16.6)
(6)
(6)

*) denotes corrected values

(1) Bell «af. (1966)
(2) Brown (1969)
(3) Byron « al. (1964)
(4) Corliss (1965)
(5) Corliss (1970)
(6) Corliss and Bozman (1962)
(7) Corliss and Tech (1968)
(8) Friedrich and Trefflz (1969)
(9) Hofmann(1969)
(10) Kuruczand Peytremann (1975)
(11) Mendlowilz(1966)
(12) Miles and Wiese (1969)
(13) Roberts «af. (1973a)
(14) Roberts «of. (1973b)
(15) Smith and Wiese (1971)
(16) Strom and Kurucz(1966)
(l7)Takens(1970)

(18) Warner (1967)
(19) Warner (1968)
(20) Wiese«of.(1966)
(21) Wiese «oJ.( 1969)
(22) Wiese and Glennon (1972)
(23) Scaled Thomas-Fermi approximation
(24) Coulomb approximation
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II. Atomic Data

d) Oscillator Strengths

We compiled a list of about 2100 spectral lines of
chemical elements with atomic number up to 71 in the
ihree wavelength regions mentioned. We restricted our-
selves to spectral lines for which we had oscillator
strengths available. Kor this purpose we searched the
literature, which yielded about IS0O lines. In addition
we calculated oscillator strengths f c some 600 spectral
lines by means of the scaled Thomas-Fermi method
(cf. van Rensbergen. 1970). particularly for lines of twice
and three times ionized elements.
Anticipating our results we can say that the compilation
seems to be reasonably complete in the wavelength
regions around 2500 Â and 2800 Á. when compared
with S59 observations. In the 2100A region the lack
of sufficient atomic data was striking. We therefore
supplemented our compilation in this wavelength
channel with the very extensive list of Kurucz and
Peytremann (1975) (henceforth called KP) (hat has
become available recently. This list contains semi-
empirical oscillator strengths, mainly for elements
lighter than Cu <Z=29). We used lines with log qf > - 3
that were not already in our list. In that way our com-
pilation extended to 4300 spectral lines. About one
third of the lines in the 2100A region have loga/ á --
and will therefore not be very important.
Table I gives a survey of the ions for which we included
spectral lines, together with the references for lhe
oscillator strengths in order o; priority. When both ex-
perimental and theoretica' data were available pre-

ference was given to the experimental ones. In general
a high priority was attached to the more extensive
sources in an attempt to acquire consistent data. We
have tried to make our compilation a general one. i.e.
we included oscillator strengths for as main spectral
lines as possible, even if these lines arc not important
in B stars (for instance neutral lines). In this way the
compilation will also be useful for cooler stars. We
applied corrections to oscillator strengths of a few
elements, mainly by bringing values taken from different
authors on the same absolute scale: the corrections, in
most cases a constant factor, are indicated in Table I.
The most extensive correction was applied to the qt
values of the He I lines taken fr-Mn Corliss and Tech
(1968). These values strongly depend on the energy of
the upper level of the transition as was already
mentioned by Bridges and Wiese (1970). We plotted
the Corliss and Tech values relative to those of Takens
(1970) as a function of this energy (Fig. 1). The least
square fit yields the following relation: l o g 4 ^ - log
Sfj= 1.59x10 * E-0.04. In this formula CT and T
stand for Corliss and Tech. and Takens respectively:
E is the energy of the upper level in cm''. The slope of
this straight line is slightly less steep than the one
derived by Bridges and Wiese. We changed Corliss
and Tech's values according to our correction. It should
be noted that a slight dependency on the energy of the
upper level still remains, as compared to the recent
Fe 1 / values of Bridges and Kornblith (1974).
A comparison of the oscillator strengths of metal lines
of the KP list with other literature values, performed by
Stickland and van der Huchl (1975). shows a reasonable

-1.0
20000 30000 40000 50000 60000 70000

Fig. 1. Fel oscillator strengths of Corliss and Tech 0968) relative to those of Takens (1970) as a function of the upper excitation potential
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agreement for most elements except for Fei. Our
corrected Fel /-values yield a better agreement with
the KP data. We therefore did not attempt to correct
the oscillator strengths of the KP list.

b) Damping Parameters

The broadening mechanisms that contribute most to
the line profiles are radiative damping and damping
due to collisions with electrons, neutral atoms and ions.
The semi-classical calculations of electron and ion colli-
sional broadening for a number of ultraviolet lines by Sa-
hal-Brechot and Segre (1971) show that damping due to
collisions with H + - or He*-ions is less important than
electron damping, which, for models with Ioggg4 , is
much smaller than radiative damping (Peytremann.
1972), except for transitions between high energy
levels. However these lines will be weak, hence the know-
ledge of their damping parameters is not important.
We estimated the contribution of collisions with neutral
H and He (van der Waals damping) to the total damp-
ing constant using the approximation ol Unsold and
Weidemann (1955) and the tables of Deridder and van
Rensbergen (1975). Due to the low abundance of
neutral H and He at temperatures of 10000 K or higher,
the van der Waals broadening is negligible in the
present calculations, but must certainly be taken into
account in cooler stars.
However, the amount of atomic data available at
present is not sufficient to calculate radiative damping
parameters neither electron damping parameters for a
large number of spectral lines. We therefore were
forced to apply a simplification: we used the classical
value yw=O.221/A2 (A in cm) for all lines.
According to Peytremann (1972) this is a fair representa-
tion of the total damping constant of ultraviolet lines
(if van der Waals damping is negligible) in atmospheres
with l o g g £ 4 , in the absence of any better approxima-
tion.

III. Computational Techniques

a) Model Atmospheres

We made use of hydrogen line blanketed model stellar
atmospheres of Klingesmith (1971a, b). These models
include absorption by H, H~, He, He + , Thomson
scattering and the Lyman and Balmer lines of hydrogen.
The grid of models we used is represented in Table 2.
For these models we recomputed the continuous
opacities in order to determine the total continuous
opacity and the source function as a function of depth
at a set of ultraviolet wavelengths. Due to some slight
differences in the adopted procedures compared to
those of Klinglesmith this resulted in an emerging
ultraviolet flux about 4% higher than the flux derived
by Klinglesmith for the 10000 K model and less than
1 % difference for the hotter models.

Table 2 The model atmospheres used in lhe compulations of the
theoretical spectra

T.,,(K| log«

25 3 4

10000 x
12000 x
16000 x

20000 *
25000 x
30000 x

It is assumed that the continuum is formed in local
thermodynamic equilibrium (LTE). A comparison be-
tween the LTE and NLTE models of Mihalas (1972)
shows that this is a reasonable assumption for main
sequence stars with Tcll •£ 30000 K. However, deviations
may occur for lower gravity stars, for instance in the
hydrogen line equivalent widths and in the colours,
which may lead to errors in the estimated Ta{.
We have already pointed out the importance of line
blanketing on (he stellar structure. The model atmo-
spheres that include the most extensive line blanketing
arc at present the models of Kurucz el al. (1972) (hence-
forth called KPA). To construct their line blanketed
models these authors used a technique known as
"Opacity Distribution Functions" (ODF). These ODF's
were based on their extensive line list.
We compared the run of the physical parameters with
depth of the KPA model atmospheres with those of
Klinglesmith's models. As expected, the line blanketed
models have a higher temperature deep in the atmo-
sphere and a lower surface temperature. This leads to a
steeper temperature gradient, which, in principle, affects
the shape of the l.-ie profiles and the continuum. Due
to many other uncertainties, we do not expect to see
much of this effect The largest differences can be ex-
pected in the cores of spectral lines that are formed high
up in the atmosphere. As the greater part of the spectral
lines that contribute to the resulting spectrum are of
weak to moderate strength we do not expect to see
much difference between spectra computed with either
model. Trial computations for 10000,2OO0Oand 30000K
with log </=4 show that this assumption is justified.
The mean difference found is less than 1 % of the flux
of the continuum, which is well within the inaccuracies
due to other sources of error.

b) Computation of the Line Spectra

The line spectrum was computed assuming LTE theory
of line formation. It was assumed that the lines are
formed in pure absorption and a Voigt profile was
adopted for the absorption coefficients in the lines.
Partition functions were computed according to
Traving et al. (1966). We used the statistical weight
of the ground level for elements not included in their
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paper, expect for the rare earths, for which we took the
temperature dependent polynomial approximation of
Aller and Everett (1972).
The damping part of the Voigt profiles has already
been discussed in Section Il.b. For the Doppler part,
in addition to the thermal velocity, microturbulence
was taken into account.
Typical values for the microturbulent velocities in
main sequence stars range from about 5 km/s for O stars
to about 2 km/s or lower for AO stars (Kodaira and
Scholz, 1970; Hardorp and Scholz, 1970; Chaftee, 1970).
Supergiants have higher microturbulent velocities, val-
ues of 10-20 km/s can be expected (Lamers, 1972; van
Helden, 1972; Underhill and Fahey, 1973).
We used two different microturbulent velocities for
each model: the values 4 km/s and 0 km/s (as a lower
limit) were used for log </=4, velocities of 4 km/s and
10 km/s were adopted for model atmospheres with
logy=2.5 or 3. The microturbulent velocity was taken
constant with depth.
Solar abundances as compiled by Withbroe (1971)
were used throughout the computations.
Before starting the calculation of the line spectra we
ran a "line test" program for each model, in which the
absorption coefficient in the centre of the lines was com-
pared with the continuous absorption coefficient at
the same wavelength, in order to exclude lines whose
contribution to the line spectrum could be neglected.
In this way we excluded lines with an equivalent width
smaller than about 10 mÅ. Trial calculations for
10000 K and 30000 K using the complete line list show
no difference at all with the results obtained with the
reduced line list at most wavelengths, differences of at

most 0.5% in the flux relative to the continuum occur
at a few wavelengths. The actual computations were
performed with the reduced list.
At each wavelength only contributions of lines within a
band of 3 A around the wavelength region considered
were taken into account in order to save computing
time. This procedure cuts off the far wings of a few
spectral lines and is thus in particular not correct for
the Mg 11 resonance lines, that are by far the strongest
lines in these wavelength regions. These lines will be
discussed separately.
The emerging intensity relative to the continuum was
computed every 0.02 Â. The resulting spectra were
convoluted with a triangular instrumental profile with
a halfwidth of 1.8 Å, which closely resembles the instru-
mental profile of S 59 (de Jager et al. 1974).

IV. Results

ai General Appearance of the Theoretical Spectra

Figures 2 gives an example of a theoretical spectrum,
computed as described in the preceding chapters. The
most striking phenomen is the enormous density of
spectral lines. This illustrates that one must be very
careful in identifying spectral features observed in low
resolution spectra: even at wavelengths where one ex-
pects very strong lines the contribution of a large number
of weak lines to the total absorption may not be
neglected (see also Peytremann, 1975). Even at a re-
solution of 0.4 Å most spectral lines will be blended.
Figures 3 to 5 show some of the convoluted (I.8Â
resolution) theoretical spectra in comparison with S 59

1.0

0.9

0.8

0.7

0.6
X
w 0.5

I «
« O.3

O.2

O.1

2490 2500 2510 2520 2530 2540 2550 2560 2570 2580 2590

W»ELENGTH(X)

Fig. 2. A theoretical spectrum For 10000K, logg=4, {,=0km/s, using solar abundances
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1.0

Fig. 3 2060 2O8O 2100 2120 2140 2160 2060 2O8O 21OO 2120 2140 2160

Figs. 3-5. Theoretical spectra with 1.8 A resolution compared with observations. The theoretical spectra arc indicated by 7^r(and log;; Two micro-
turbulenl velocities arc used of 0 and 4 km/s for Iogø=4and of 4 and 10km/s for log 3 = 2.5 or 3. The dashed line indicates lhc lower value of Ï,

spectra of stars that have approximately the same
effective temperature and gravity. The values of Tef,
and g for the different stars were taken from the liter-
ature. They are given in Table 3, together with informa-
tion on the S 59 spectra of these stars. We determined
the position of the continuum of the S 59 spectra by
comparing them with the corresponding theoretical
spectra. In this way all spectra are brought on the same
scale, relative to the continuum.
The computations appear to represent the observations
fairly well, apart from a possible wavelength dependency

of the sensitivity of the S59 Spectrophotometer (cf.
Lamers, 1974). Nearly all observed spectral features
can be recognized in the theoretical spectra, although
deviations in the relative strengths of the features occur.
This may be due to the inadequacy of the assumptions
on which the model computations are based and the
inaccurate atomic data. But the deviations also reflect
real differences between the physical parameters of the
stars and those of the comparison models. One must
also reckon with a contribution of interstellar lines to
the stellar spectra. These lines are indicated in the

-30-



09

08
(30000.4)

10

09

08

Fig. 4

üsaoX

(30000.3) O9

08

2560 2S80
— - »(*)

2S«0 2S80

figures by I.S. A feature that is not represented in the
computed spectra is the one around 213OÅ in main
sequence stars of spectral type B 3 and earlier. Many
spectral lines are apparently still missing in the com-
putations in spite of the extensive compilation in this
wavelength range.
Nowhere in the three wavelength regions the continuum
is reached for Teff S16000 K. The high point at 2SO8 Å
in the 10000 K spectra is spurious, owing to the method

of computation described in Ill.b, which cuts off the
strong wings of the Mgn lines.
One could expect the position of the continuum re-
sulting from our computations to be too low, especially
in the 2500 Â and 2800 A regions, where our line list
was not extended with the KP data. However, the good
agreement with the results of other authors (cf. Section
IV.b) shows that we have included the most important
contributors to the line spectrum.
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2860 Â 2 B 6 0 *

/>./ Li'/ii' Blocking

We have calculated the Traction of the stellar flux
blocked by the spectral lines per 10 Â for all model
atmospheres mentioned in Table 2. This fraction,
which we call the blocking factor b, is defined by

K- Í

The blocking factors are represented in Fig. 6.

We compared our values with those of Pe\ tremann
(1975) who computed line blocking with a resolution of
25 Å in two of our spectral ranges. Taking into account
the differences in microturbulent velocities used a good
agreement was found not only in the 2100A region
where the respective line lists agree best, but also in the
2500 Â region. Only at 10000 K our blocking factors
in the 25OOÂ region are about 1.5"« lower than the
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Table 3. The stars used for comparison wilh lhe theoretical spectra
(cf. Figs. 3 to 5)

Name

liSco
ïPav
>UMa

t O n
o'CMa
iCyg

HD

143275
193925
103287

37128
53138

197345

Spectral
type

B 0.5 IV
B2.5V
AOV

BOIa
B31a
A 2 la

rrt()K)

27000
18000
9750

29000
20000
9160

log»

3.5

3.0
2.5
1.13

Refe-
rence

(1,7)
(1,7)

(7)

(2,41
(1,5)
(3,6)

Number of
S 59 obser-
vations

5
8

12

6
9

10

Year
of
obs.

1972
1972
1972

1973
1972
1972

(1) Hillner « øl. (1969)
(2) Lesh 11968)
(3) Cowley«a/.(I969)
(4) Lamers (1974a)
(5) van Helden (1972)
(6) Groth(1961)
17) Schild er aí. (1971)

values given by Peytremann (at l ogg=4) ; we expect
approximately the same difference in the 2800 Å
region.
Underhill (1972) determined line blocking factors for
B and A stars from OAO-2 data by comparing the
observations with Klinglesmith's model atmospheres.
The agreement with our values is reasonable.
The blocking factors derived from S 39 observations
by Lamers et al. (1974) are smaller than our values for
spectral type B 3 and later, owing to the position of
the continuum, which they have drawn through the
highest points in the observed spectra and which is
therefore too low (cf. Fig. 3 to 5).

c) Line Identifications
The spectral lines that contribute most to the different
features which appear in the convoluted theoretical
spectra are given in Table 4 for three of the model
atmospheres: 10000, 20000 and 30000 K with log g= 4.
In order to limit the size of the table we do not list all
individual lines but only mention the chemical elements
that contribute to the different features. The numbers
in brackets define the number of lines of a certain ion
contributing to that particular feature; no number
means only one line.
Table 4 shows that the ultraviolet spectrum at these
wavelengths mainly contains spectral lines of singly
ionized elements of the Fe group for the cooler models,
together with lines of twice ionized elements in the
2100A channel at higher temperatures.

d) Line Strengths as a Function of Effective Temperature
and Gravity

The ionization equilibrium is the most important factor
that influences the strength of the spectral features as
a function of effective temperature. This is illustrated
by the difference in behaviour of three wavelength
regions with increasing temperature (cf. Fig. 6).

In the 2100 Â region the features are generally strongest
at a temperature of 20000 to 25000 K, owing to the
twice ionized elements, mainly Fein. The lines of singly
ionized elements decrease in strength from 10000 K to
higher temperatures, as shown by the feature at 2134 A,
which is mainly due to C m , and by the 2500 Å and
2800 A wavelength regions. An exception is formed by
the lines of Hei and C ii; their maxima occur at 20000
to 25000 K, which is explained by their high ionization
potentials.
The difference in line strength as a function of gravity
is again mainly due to the ionization equilibrium. The
change of electron pressure to lower values shifts the
equilibrium to higher degrees of ionization. but ions
that are near the maximum of their ionization curve
will be insensitive to this effect.
The most important result of this is the following:
(i) Lines of singly ionized elements are insensitive to
gravity (2.5£ l o g g 2 4 ) around 16000K. At effective
temperatures higher than about 20000 K the lines are
much stronger at log g=4.
(ii) Lines of twice ionized elements are insensitive to
gravity around 25000 K. At lower effective temperatures
the lines are stronger at lower values of g, at higher
temperatures the opposite occurs.
The dependence of the line spectrum on temperature
and gravity is an important tool to understand stellar
classification. The ratio of the line strengths at different
wavelengths in a certain star gives an indication of the
effective temperature and gravity and thus of the
spectral class to which the star belongs. For instance, a
higher ratio between the line blocking in the 2100A
region and in the 2500 A region indicates an earlier
spectral type (cf. Lamers et ai.. 1974); the twice ionized
metals (2100A region) are a better indicator of the
gravity than the once ionized metals in stars of spectral
type of approximately B 3 to A 0. Spectral lines that
behave differently from this general trend will be help-
ful in the determination of Tc„ and g. We computed
separately the equivalent widths of a few of those lines,
which are strong enough to be identified in spectra
with a resolution of about 1.8 A. Table 5 gives the com-
puted equivalent widths.

e) The Mgil Lines at 2800 A

Figure 5 shows that the assumptions made in our com-
putations are not suited to explain the behaviour of
the Mgil lines at 2800A. Although the agreement
seems reasonable at 10000 K large deviations between
observations and theory occur at higher temperatures
(cf.Lamers el a/., 1973).
Snijders and Lamers (1975) computed the Mgn line
profiles in a grid of model atmospheres with
8O00g7; f rg35000K and 2.5S l o g 3 g 4 using both
LTE and NLTE theory of line formation. They show
that the Mg n lines are sensitive to the amount of ullra-
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2080 2120 2150 2500 2540 2580 2780 2820 2860
2060 2100 2140 2520 2560 2800 2840

WAVELENGTH (Â)
Fig. 6. Line blocking factors averaged over 10 A for the computed spectra, each time for two microturbulent velocities (cf. Pigs. 3 to Si. The shaded
area indicates the line blocking for the lower value of £r. The values at 2790-2810 A are taken from Snijders and Lamers (1975). The d.i>hed line
in the 10000 and 12000 K models indicates that the line blocking is averaged over 20 A. Note that some values (for log Q = 4) are missing at lhe
higher temperatures

-34-



Table4. Spectral lines, contributing to the computed features for 10000. 2O0O0 and 30000 K. log« = 4 with 1.8 A resolution

10000 K

'.(A)

2066.1

2072.6
2080.1

2084.8
2089.9

2093.9
2097.4
2100.7
2103.5
2108.4
2113.2

2118.4

2125.9

2131.3

2134.4

2139.7
2146.4

2150.7
2155.6
2498.2
2503.5
2506.5

2511.7
2514.5
2517.2
2S2O.2
2525.7

2529.4
2534.4
2538.5

2545.6
2549.5
2556.8
2559.8
2563.0
2566.7
2570.5
2573.8
2577.0
2582.4
2585.9
2591.4
2780.1
2784.2
2787.4
2790.8
2795.5

2802.7
2812.5
2818.1

Identification

Cr ll (3), Fe ll (3>. Si I, Co li. Ni ll

Fell(7).Sill(2).Crn
Fen(3). NÍIH2). Moll

Ni 11(2), Fen
Fell(3). Ni li(21. Moll

Fell (4), Mo ll (2), Fel, Ni II
Fe II (3), Ni ll
Ni II. Fe I. Mo II
Ni ll. Can, Feil. Cull, Crll. Fei
Fell(5), Niii(2). Crll(2). Fei(2)
Fe il (3), Ni il (2). Cu il (2).
Ca il (2|, Cru. Fel
Fe ll (3)

Ni ll (4), Fe ll (2), Si i(2),
Cull(2), Nbll(2), Crll
Cru (4), Ni ll (3). Feu (2),
Nb ll. Ca 11
Crn(Il) ,Fell(4),Nill .
Cu ll (21. Ca ii, P i
Fe II (5). Cr ll, Ni II, V ll. Zn l
Feii(.l). Cru(2). Cdu

Cru (4). Fe ll (4). Cu ll
Feil
Fe ll(2>
Fe ll (4)
Fe il (4), Sil, Coll. Ni il

FeII(6). NiII. Fel
Fe ll (2), Sil
Fe ll (2), Sil
Fell(7>,Sil, Co ll. Fel
Fe ll (10), Co ll (2). Tin,
Fe l. Si i
Fe ll (5). Ti il. Co ll. Si 1
Feii(4), Crii.Tin(2), Fei
Fe ll (131, Mnll

Fe n (4). Ni il. Fe i
Fe ll (13). Ni ll, Mn ll, Sc n
Fe ll (6). Mn ll (2)
Fe ll (5). Mnn(2). Con
Fe ll (5), Mn il, Co ll
Fe ii (5»
Fe ll (4)
Fe il |4)
Fe ll (3), Mn l!
Fe ll (4). Co ll
Fe ll, Co II
Fe n (2), Mn ii
Fe ll (6), Mg 1(5), C m (2)
Fe il (3), Cru. Mg i
Cru, Fel. Feil
Mg ii. Fe n(3), Cr ll
Mg u (3), Fe il (5). Mn ll

Mg II. Fe ll (4). Mn ll. Cr II. Ni 11
Fe 11(5), Crll, Fel
Fe II (2). Cr 11, Mo 11, Al II

20000 K

;.<A)

2068.2

2072.1
2078.7

2084.3
2090.1

2095.0
2097.8

2103.9
2107.6
2113.7

2117.4
2122.8
2125.5

2130.9

2136.8

2144.1
2148.1
2151.7

2498.2
2503.5
2506.0
2509.2
2511.7

2521.6
2526.4

2529.4
2534.4
2539.0
2541.3
2545.6
2549.5
2555.0
2559.8
2563.0
2566.4
2570.5
2574.0
2576.5
2582.4
2585.7

2779.6
2784.6

2790.8
2795.5
2798.0
2802.7
2812.3
2816.1

Identification

Fe III (4). Mn ut |2). Fe II (2). B in

Fe ill (4). Si ll (2). Fe n
Fe m (6|, Mnm(2). Crm.
Fe il (2). Ni li
Fcni(5j, Mnni
Fe ill (10). Ni n(2l. Mn in (2).
Fen
Fe III (6), Mn in (3). Fe II 12). Ni ll
Fe III (7). Mn lit (3). Ni n, Cr in

Cr III (41. Fe in (3). Nul
Fe in |3I. Cr in (2). Ni ll. Fe n (2)
Cr ill (5). Fe ill (2),
Cu II (2|, Ni II, Fe II
Fe in (3), Cr ill. Fell (3)
Fe III (3). Cr ni (2). Cull
Ni li (31, Crm, Fem

Ni il 131. Cr ill. Fen

Fe in (5). Cull (2). Ni ll (31.
Cr in. C II

Fe III (5). Cr in. Cd II
Cr ill 14). Fe in |4). Fe n
Fem, Cr ill (3). Fell (3)

Fe ll (2)
Fe ll (4). Si il
Fe n (3), Ni ll
Fe li, C ll
FelKSI, CI1I2). Ni 11

Fen (5)
Fe li (7). Tini

Fe li (3), Co ll
Fe ll (4)
Fell(9). Ti ill
Fe n (8). Si in. Ti in
Fe ll (4|. Ni li
Fe 11112). Ti III (2K Ni ll
Fe li (6). Mn ll. Ti III
Fe ll (5|. Mnll. Si ui
Feii (41, Tim. Mnu
Fe ll (5), Ti ill (2), Ni II
Fe li (4)
Fe ll (3). C ll
Fe ll (2), Mnll. Tini
Fe II (3)
Fen

Fe ll (5). Cr ll (2)
Fe ll (2), Cr ll

Mg ll. Cr ll
Mg ll
Mg n (2). Fe ll (2)
Mg ll
Cm. Fen
Cr n, Al ll, Mn ll

30O00K

/.(A)

2067.7

2070.8
2079.0

2084.2
2090.3

2095.2
2098.2

2103.8
2107.6
2114.0

2124.4

2136.5

2144.0
2147.7
2152.1

2509.2
2512.0

2517.0

2528.4

2541.8
25461

2559.2

2574.8

2790.8
2795.5
2798.0
2802.7

Identification

Fe ill (4). Mn III. B III.
Ni HI. T' IV
Fe III (31
Fe 111 (9), Mnlll

Fe 111 (7). Mn III
Fe 111(11)

Fe ill (5)
Fe ill 161

Fe 111 (3t Ni ill. Ti IV
Fe 111(31
Fe III (4). Cr III (3)

Fe ín (4)

Fe m (:>). Cr Hl

Fe III (9). Cr 111
Fe 111 (2i. Cr ill
Fe ill. Cr in

C l l
Clll2)

Ti ill. Sl IV

Tim

Sim
Sl i.l

Sim

C n

Mg ll
Mg II
Mg II12)
Mg ll
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Table 4.

10000 K

'.(Al

2822.2
2825.8

2831.3
2835.9
2840.5
2843.2
2848.3
2851.9
2857.0
2861.5
2865.2

(continued)

Identification

Cr ll (2), Fc l
Fc ll (3). Ni ll

Fc l: (5). Cr n. Ti ll
Fen (41, Cm (3)
Fs ll(7). Cm (2)
Fen(5),Cm. Till
Fe ll (7), Mo ll
Cm (2). Fell(2). Mgl
Cm(7). Fen(8|
Cm(2), Fen.Tin
Fe ll<4). Cm (2). Niil

20000 K

;.<Ai

2822.1

2829.0

2836.7
2840.2
2843 4
2848.4
2851.6
2857.3

2864.8

Identification

Cr II (2)

Cm. Fell (3). He I

Cll(2). Cm(4). Fell(2)
Fell (5). C m
Cr ll. Fe II
Fell 15). Cm
Cr ll (2). Fe II
Fell(6). Cm (31

Cm(31. Fen

.10000 K

/.(A>

2829.0

2837.2

28560
2863.5

Identification

H c l

Cll (2)

Sill
Sin

Table 5. Equivalent widths of several spectrat lines which behave
differently from the general trend.
The values for the Mg ll lines are taken from Snijders and Lamers
(1975). A microturbulenl velocity of 4km/s is used in all cases

/.(A)

2829.07
2509.11
2511.71
2512.03
2574.83
2836.71
2837.60
2790.77
2795.52
2797.99
2802.70
2541.83
2546.09
2559.21
2496.24
2856.02
2863.53

lon

H e i
C I I

C I I

Cn
C l l
C l l
Cn f

Mgll
Mgll
Mgll
S m i
Sim
Sim
Sm
Sm
Sm

Equivalent widl

20000K
log g =

4

106
98
60

111
44

114
99

122
222
158
190
117
II
40

3
4
5

2.5

116
123
86

136
67

145
130
148
236
164
213
159
32
76
14
22
25

lh(mAl

25000K
log 9=

4

121
118
75

131
67

136
120
106

195
123
174
148
36
86
17
27
31

3

112
112
66

127
61

134
117
92

180
109
160
163
48

107
30
51
57

30000K
log ff

4

98
81
38
95
47
93
76
79

161
101
138
122
37
93
30
53
59

=

3

24
5
1
8
1

7
4

52
123
79
99
23

1
13
3
o.

II

violet line blocking for atmospheres cooler than about
15000 K and to NLTF. effects over the entire tempera-
ture range.
In view of this extensive analysis we did not change
our method of computation for the Mg II lines, i.e. we
neither used damping parameters more accurate than
the classical value for the Mg ii lines nor did we include
an additional procedure to compute the wings of these
lines properly. We only replaced the equivalent widths
derived by our computations in Table 5 and in Fig. 6
by values given by Snijders and Lamers. We refer to
their paper for further details on the Mg II lines.

f) Microturbulent Velocity

Figures 3 to 5 show the influence of microturbulent
velocity c, on the line spectrum. In general the spectral
features become stronger if {, increases: individual
differences are masked by the resolution of 1.8 A. The
10000K spectrum is influenced most by ç,. This was to
be expected: at higher temperatures the thermal ve-
locities become larger and therefore the relative im-
portance of i, decreases. Lines with considerable
damping wings such as the Mg n lines are less sensitive
to the microturbuience.
The comparison with the observations shows indeed
that a value of 4 km s for main sequence stars cooler
than 20000 K is rather high: it seems to us that the
agreement with the zero microturbulent velocity case
is better. More detailed information on the properties
of the stars under consideration is necessary to give
a more decisive conclusion.

V. Summary and Discussion

We have shown thai a good agreement exists between
the computed spectra with a resolution of 1.8 A and
observations. Therefore these results can be used as
a basis for a more detailed analysis of ultraviolet
spectra.
One of the main difficulties will be the choice of a set
of atmospheric parameters such as Tci(, logs/, relative
abundances, etc. for a certain star. Our computations
have shown (hat the use of a blanketed or unblanketed
model will hardly influence the detailed spectrum in
the near ultraviolet. However, one has to compare the
stellar flux distribution with line blanketed models over
a much larger spectral range to determine the best fit
in 7;.,,. g, abundances etc. The choice of atomic data
will also influence the resulting spectrum. From our
work the following conclusions can be drawn:
(i) The most important factor that influences the re-
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sulting spectrum is lhe completeness of the line list,
i.e. the density of lines in the spectrum,
(ii) Accurate ƒ values are not as important as one
would expect at a spectral resolution of 1.8A: they
will increasingly be so if one goes to higher resolu-
tion.
(iii) The classical value for the damping parameter seems
to give satisfying results, because most lines are not
on the damping part of the curve of growth. More
accurate values are preferable for strong lines.
A direct consequence of (:) is that the assumption of
LTE line formation is at present the best one can do
in computations of line spectra involving a large number
of lines. The inclusion of deviations of LTE in the com-
putations will put a severe limit on the number of
lines one can include and thus lessen the accuracy of
the results.
The complete set of computed spectra and the compila-
tion of spectral lines used in the present work are
available upon request.

Acknowledgements. We thank Dr. M A. J. Snijders for making his
program for the computation of speclral lines available to us and
Dr. W. van Rensbergen for the use of his program to compute oscil-
lator strengths. Dr. R. L Kurucz kindly provided a copy of his tape
containing the oscillator strengths computed by himself and E.
Peytremann. We also wish to thank Dr. E. Peytrenunn for his critical
reading of the manuscript and his useful remarks. One of us (M.B.)
acknowledges the support of an ESRO fellowship and of an Amelia
Earhart Fellowship Award. The last part of this work was done under
contract with the "Fonds de la Recherche Fundamentale Collective"
(Belgium).

References

Aller,M.F.,Everett,C.H.M. 1972, Aslrophys. J. 172,447
Beeckmans,F, Macau,D, Malaise.D. 1974, Aaron, A Aslrophys.

33,93
Bdl.G.D.. PaquettcD.R. Wiese,W.L. 1966, Aslrophys. J. 143, 559
Bless.R.C Fairchil&T, CodcA.D. 1972, in: The Scientific Results

from the Orbiting Astronomical Observatory. NASA SP-310. p.361
Bridges,J.M., Kornblith.R.L 1974. Aslrophys. J. 192. 793
Bridges. J. M., Wiese, W. L. 1970. Aslrophys. J. 1*1. L 71
Brown,K.T. 1969, Aslrophys. J. ISS. 829
Byron.F.W, McDcrmoll.M.N.. Novick.R, Perry,B.W., Saloman.

E. B. 1964, Phvs. Rev. 134,47
Chaffee, F. H. 1970, Aslron. A Aslrophys. 4.291
Corliss.C. H. 1965, J. Res. Noll. Bur. Slá. Í9 A. 87
CorlissX. H. 1970, J. Res. Nail. Bur. Std. 74A, 781
Corliss.CH.. Bozman.W.R. 1962, Nail. Bur. Sid. Monograph 53
Corliss.C- H., Tech, J. L. 1968, Nail. Bur. Std. Monograph 108
Cowley.A- Cowley.C JascheluM.. Jaschek,C. 1969. Astron. J.

74. 375
Deridder.C Rensbergen,W. van, 1976, Aslron. A Aslrophys. Suppl.

23. 147
Friedrich, H, Trefftz. E. 1969. J. Quant Spectroscop. Radiat. Trans-

fer 9, 333
Grolh.H.C. 1961, Z. Aslrophys. 51,206
HardorpJ.. Scholz.M. 1970, Aslrophys. J. Suppl. 19.193
Helden.R. van 1972, Aslron. A Aslrophys. 21. 209

Hillnet.W.A.. Garrison.Ri--. Schild.R.t. 1969. Aslraphv,. J 157.
313

Hofmann.W 1969. Z. Nalurfiirschuna 24A. 990
Jagcr.C. de. Hoekstra. R_ Hucht. K.A. van der. Kamperman.T. M..

Lamcrs.H.J, Hammerschlag, A. Werner.W, EmmmgJC 1974.
Aslrophys. Space Sei. 2*. 207

Klinglesmith.D A 1971a, NASA SP-3065
KIinglesmith.D.A. 1971b. private communication
Kodaira.K.. Scholz.M. 1970. Aslron. A Aslrophys. *. 93
Kurucz.R.L, Pcytremann.E., Avrett.E.H. 1971 Blanketed Model

Atmospheres for Early-Type Stars. Smiths. Inst, Cambridge. Mass.
Kurucz. R„ Pcytremann. E. 1975, SAO Special Report Nr. 362
Lamers. H. J. I97Z Aslron. A Aslrophys. 17. 34
Lamers,H.J.G.L.M. 1974a. Aslron. A Aslrophys.37. 237
Lamers.H.J. 1974b. S 59 Project Information Sheet. No. 7401
Lamcrs.1' J. HuchLK. A. van der. Hoekstra. R, Faragpana.R, Hack.

M. 1974. Space Research XIV. 529
Umcrs.HJ.. Hucht. K.A. van der. Snijders. M. A. J, Sakhibullin.N.

1973. /istran. <t Aslrophys. 25. 105
Leckrone. D.S. 1973. Aslrophys. J. IK. 577
Lesh, J. R. 1968. Aslrophys. J. Suppl. 17. 371
Mendlowilz.H. 1966. Aslrophys. J. 143.573
Mlhalas.D 1972. Aslrophys. J. 17*. 139
MiIes.B.M, Wiese.W.L 1964. Phys. Rev. 134.47
Peytremann. E. 1972, Aaron. A Aslrophys. 17,76
Pcytremann. E. 1975, Aslron. A Aslrophys. 3». 393
Rensbergen. W. van 1970. Solar Phys. 11.11
Robens.J.R-Andersen.T.Serensen.G. l913*.Astrophys.J. HI. 567
Roberls,J.R. Andersen. T,Sercnsen.G 1973b, Aslrophys. J. III. 587
Sahal-Brcchot.S. S e p t E R A 1971. Aslron. A Aslrophys. 13. 161
Schild. R.. Peterson. D. M. Oke.J B. 1971, Aslrophys. J. It*. 95
Smith. M- W_ Wiese, W. L 1971. Aslrophys. J. Suppl. 23.103
Snnders.M.AJ_ Lamers.H j G.L M 1975. Astron. A Aslrophys.

41. 245
SucklandDX Huchl.K.A.vandcr 1975. Aslron. A Aslrophys. 44,

139
Strom.SE., Kurucz, R L. 1966, J. Quant Speclroscop. Radiat. Trans-

fer t.591
Takens, R. J. 1970, private communication
Travmg.G_ Baschek. B, Holweger. H. 1966. Abhandl. Han*. Stern*..

Band VIII. Nr. I
UnderhilLA.B. 1972. in: The Scientific Results from the Orbiting

Astronomical Observatory. NASA SP-310, p. 367
Underbill,A.B., Fahey.R.F. 1973. Aslrophys. J. Suppl 25,463
Unsöld,A, Weidemann.V. 1955. Vistas, in Astron. 1. 249
Warner. B. 1967. Mem. Roy. Aslron. Soc. Ti. 165
Warner, B. 1968. Monthly Notices Roy. Aslron. Soc. 14», 53
Wiese. W. L, Clennon. B. M. 1972. Am. Inst. Phys. Hdb, 3d ed. Ch. 7
Wiese,W.L. Smith.MW, Glcnnon.B.M. 1966. Atomic Transition

Probabilities. NSRDS-NBS 4
WiescW.L, Smilh.M.W. Miles,BM. 1969. Atomic Transition

Probabilities. NSRDS-NBS 22
WithbrocG. L. 1971, Natl. Bur. Sid. Special PuW. 353, p. 127

M. Burger
Departement d'Astrophysique
Univcrsite de Mons
19 Avenue Maistriau
B-7000 Mons. Belgium

K. A. van der Hucht
Laboratorium voor Ruimteonderzoek
Beneluxlaan 21
Utrecht. The Netherlands

-37-





CHAPTER ni

ON THE CIRCUMSTELLAR ENVELOPES OF LATE TYPE
GIANTS AND SUPERGIANTS
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III. A. THE LOCATIONS OF a2 HERCULIS AND
a2 SCORPII ALONG THE LINE OF SIGHT

ABSTRACT

The theory of line formation along the line of sight to the visual compan-

ions of M stars undergoing spherically symmetric mass loss is developed. This

theory is then used to determine the position of the companions relative to the
2

primary. We find that a Her is 1470 AU further along the line of sight than
1 2 1

a Her for an adopted distance of 150 pc; a Sco is 420 AU closer than a Sco
for an adopted distance of 180 pc.

Subject headings: Circumstellar Envelope - Mass Loss - Stars: Individual -

Stellar Positions.

1. INTRODUCTION

The subject of mass loss from red giants is of fundamental importance for

the study of both individual stars and whole galaxies. However current esti-

mates for these rates vary by several orders of magnitude (see the discussion

by Bernat, 1977). Binary systems consisting of an M-type primary with a visual

early-type companion provide important calibration points f or studies of mass loss.

If circumstellar envelope lines are seen in the companion as well as in the

primary, the range of acceptable envelope model parameters is considerably re-

duced. Two systems which have been studied using this technique are a Herculis

(M5 II-III + GO II-III + A3 V?; visual separation 4Ï7 and Am = 2.1) and

a Scorpii (Ml.5 lab + B2.5 V; visual separation 2 Ï 9 and Am = 4.0).

Indeed it was through a study of a Her that Deutsch (1956) was first able

to show unambiguously that the M giants lose mass to the interstellar medium.

In his study. Deutsch made the simplest assumption: a Her lies at the same

distance along the line of sight as the M star. More recently, Bernat (1977)
2

used ionization calculations plus the observed column density to place a Her

1400 AU further along the line of sight, twice the separation in the plane of

This paper is accepted for publication by the journal Publications of the

Astronomical Society of the Pacific
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the sky. Little information was obtained about the location of a Sco along the

line of sight. After the present study was completed Reimers (1977) published a

study of the mass loss rate from o Her based on the absorption cores in a Her;

we discuss his result in Section 3.

Since the line of sight column densities to the companion provide the most

direct information on the matter at large distances from the M star, it is ap-

parent that accurate information on its location is important. The results of

the present study will be combined with new ultraviolet observations from the

SRL/NASA BUSS project (van der Bucht, Bernat and Kondo, 1978) to derive new enve-

lope models and mass loss rates. Section 2 discusses line formation along the
2 2

path to the companion. Section 3 applies this theory to a Her and a Sco and

Section 4 offers suggestions for future work.

2. LINE FORMATION

For our model of the envelope, we choose an expanding cloud spherically sym-

metric with respect to the M star; see Figure 1. The inner radius of the envelope

z<0

Figure 1. The CS envelope geometry.
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matter that gives rise to the absorption components is r., the separation of

the two stars in the plane of the sky is p and z is the distance along the

line of sight of the companion (z may be either positive or negative). All avail -

able evidence points to a constant expansion velocity V for these envelopes

(Weymann, 1962; Bernat, 1977). Coupling this with the equation of continuity

we find that the total matter density is given by n(r) = n.(r. /r ). If we

ignore possible dust and/or molecule formation, then the density of each atomic

element also follows this law. He adopt this law for dominant ionization stages,

which reflect the total abundance of the element; Bernat and Lambert (1976) and

Bernat et al. (1978) find that minor ionization stages are more accurately des-

cribed by n(r) = n ^ ^ / r ) .

Bernat (1976) finds pure scattering to be an accurate representation of

the line formation in these envelopes and we neglect photons which are scattered

or emitted into the beam. In addition to direct light from the companion, the

envelope scatters resonance line photons emitted by the primary with a Doppler

profile as first observed for Betelgeuse by Bernat and Lambert (1975). Such

scattered light may be ignored for the present work because this scattered light

is more than 5 magnitudes fainter than the photospheric light for Betelgeuse,

such scattered light is weaker in a Her and no scattered light is observed for

a Sco (Lambert, 1977, private communication), implying that any scattered light

will be negligible against the companion's direct radiation. Then the equation

of transfer for light from the companion is simply given by

exp[-T<A,z)] (1)

where I is the photospheric light of the companion and T is given by

z z
T(A,Z) = I dx(A,z) = ƒ a •(X.z) n(z) dz (2)

where a is the opacity at line center per absorber and <j>(A,z) is the Gaussian

line profile function with width AA for a Doppler velocity v

1

*(A,z) = — exp - [(A + -— V ̂  - A Q) / AAp]
/IT

2 2
If we set y = z/p, we have for n(r) = n.(r. /r ),

(3)
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T(x,y) = -2-2ÍL- ƒ exp [- (x + ty' / A + (y')V] / [1 + <y')2]dy' (4)
/Fp /F yo

and, for n. = n.(r./r).

x(x,y) = °- i i f exp[ - (x + ty' / A + (y')V] / / I + (y')2dy- (5)
tMT V

•*o

where t = V/v and x = (X - * ) / AX is measured in the static reference frame.

Sample line profiles are shown in Figure 2. The sensitivity of the line profile

I/I,

1.0

0.8

0.6

0.4

0.2

0

-

1

V

y°"l

77

0 -2

(y
-
-
-

-6 -4 -2

Figure 2. Sample line profiles. We compare line profiles computed from equation

(5) with t = 2.0 (solid lines) to the static case (dashed line) for

several choices of y . n. and a are chosen to give a line center

optical depth for a static velocity field of .5 for each case. Also

given are x's as calculated from equation (6).
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to z is due to the velocity gradient. For comparison with observations which

do not resolve the line profile, we may compute an effective central wavelength

from

f [1 - I/Io(x)]x dz

x(t.zo) = (6)

ƒ [1 - I/IQ(x)]dx
—00

which we will use for comparison to the observations in Section 3.

It is clearly important that the equivalent widths of the envelope lines

are not significantly affected by the introduction of a velocity field as long as

the lines are on the linear part of the curve of growth and that the velocity

field increases the range of equivalent width which falls on the linear part.

Both Deutsch (1956) and Bernat (1977) used the Strömgren (1948) interstellar

curve of growth to interpret equivalent widths of o Her; their resultant

column densities are not changed by the present work.

3. COMPARISON TO OBSERVATIONS AND DISCUSSION

For comparison of the present theory to observation, we collect the rele-

vant observations in Table 1. For neither star has the absorption line in the

companion been resolved. Thus we compute an observed effective central wave-

length from

OBS
(Velocity of Envelope Components in Companion)

(Doppler Velocity)

for comparison to the theoretical value given by equation (6). We discuss each

star in turn, taking values of a and n. from Bernat (1976, 1977).

a Her. — Since our results are based on Ca I and Fe I, both minor ion-

iza tion stages, we adopt n(r) = n.(r./r), leading to the use of equation (5)

'OBS
-0.57 implies y = -2.1 or z = + 1470 AU

o o
together with t = 11/7 = 1.6. An x

for a distance of 150 pc (Deutsch, 1956). Note that the Doppler velocity of

8 km/sec (Deutsch, 1956) was determined through measurement of the half-width

of the circumstellar absorption lines in the companion; the value of 6 km/sec

(Bernat, 1977) was determined through a study of the circumstellar components

seen in the M star primary. The good agreement between these two values implies

that the degree of small scale turbulence is approximately constant throughout

the envelope.
2

a Sco. — Since our results are based on Ti II, a dominant ionization
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Table I. Observed Circumstellar Envelope Velocities

Velocity of Envelope

Expansion

(km/s)

-15

-

-18

-17

-10

-13

-11

Velocity of Envelope

Components in Companion

(km/s)

a Sco

-151

-151

-

-

a Her

-A2

-

-

Doppler

Velocity

(km/s)

-

-

-

8

8

-

6

Reference

Deutsch

Swings

Sanner

Bernat

Deutsch

Saxiner

Bernat

(in Struve and zeberg« 1962)

(1973)

(1976)

(1977)

(1956)

(19761

(1977)

Notes: based on Ti II

based on Ca I and Fe I

2 2
stage, we adopt n(r) = n.(r. /r ), leading to the use of equation (4) together

With t = 17/8 = 2.1. An at = 1.9 implies V Q = 1.0 or Z Q = -5 4 0 AU for a dis-

tance of 180 pc (Keenan, 1960). The adopted Doppler velocity of 8 km/sec is

based on a study of circumstellar absorption components seen in the primary

and may not be applicable to the outer regions probed in the present work.

However, the lack of a dependence of V/v on line strength (Bernat, 1977) and

the good agreement between the Doppler widths found in the case of a Her argue

that the use of 8 km/sec is valid.

Further support for our assumption that v ß determined from the line-of-sight

to the M star is valid in the outer parts of the envelopes comes from observa-

tions of Betelgeuse by Bernat and Lambert (1976). They directly observed the cir-

cumstellar gas envelope out to 5" and found that the Doppler width determined

from the saturation curve of the envelope absorption lines was roughly consistent

with the widths of the emission lines.

These values of z actually refer to the leading edge of the companion's
° 2 2

Strömgren sphere for Ti II (a Sco) or Ca I and Fe I (<x Her) rather than to
its center of mass. For a Sco we may readily estimate the radius of this
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sphere. Since Ti II ionizes at nearly the same wavelength as hydrogen, in a

first approximation we may use the classical formula (Osterbrock, 1974) to
2

estimate a StrSmgren sphere radius of 120 AU for a Sco, based on a hydrogen

density of 6 x 10 cm at the projected separation of a and a Sco (Bernat,

1977). Thus our value of z should be decreased to 420 AU. A similar calculation
2 °

is more difficult for a Her because the ionization of neutral Ca and Fe is

sensitive to the ultraviolet fluxes from the two stars. Bernat (1977) found
2

y = -2.0 for a Her from ionization calculations which agrees well with our

present result, confirming that minor ionization stages are well represented by

a 1/radius dependence.

Reimers (1977) also studied a Her, but found it to lie virtually in the

same plane in the sky as a Her. He obtained this result due to his use of

-5.1 km/sec and V a * 2-4 km/sec, giving t:v * 8 km/sec and v
exp_ companion

and x * -1.7. The value of v was inferred from three Fe I lines in a curve

of growth. If the change in v from

2.7

7 km/sec, as observed along the line of

sight to the M star, to t 3 km/sec, as Reimers' spectra indicate, is confirmed

by further observations, this will aid significantly in our attempts to under-

stand the hydrodynamics of these envelopes and the mass loss process.

Note that Reimers (1977) erred in his formulation of the absorption co-

efficient (his equation for k.) by including the statistical weight. This means

that his results apply to a distinct sub-level (single j quantum number) rather

than to the entire ground state. Although this does not affect his determination

of v from the Fe I lines (since all arise from j = 4), it does cause his column

densities and mass loss rate to be too small by approximately a factor of four.

4. CONCLUSIONS
2 1

We find that a Her is 1470 AU further along the line of sight than a Her
2 1

for an adopted distance of 150 pc; o Sco is 420 AU closer than a Sco for an

adopted distance of 180 pc.

Further progress will require the measurement of line profiles with a reso-

lution of .05 8. Unfortunately, such observations are difficult for 6th magnitude

stars, particularly when one system requires observations in the far UV (the en-
2

velope components were seen in a Sco only in the Ti II lines) and the other re-

quires disentanglement from the underlying G star spectrum (a Her).
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III. B. CIRCUMSTELLAR ABSORPTION LINES IN
THE ULTRAVIOLET SPECTRUM OF a SCORPII

SUMMARY

We present the first ultraviolet high resolution spectroscopie measurements,
2

obtained with the BUSS payload, of circumstellar lines towards a Sco of Mg I,

Cr II, Fe II, Ni II and Zn II. These lines arise in gas flowing outward from

a Sco (Ml.5 lab). Ionization calculations result in a position of the B star

along the line of sight at a distance of 783 (+ 50) AU closer to us than the M

r - The inner ra-star and a mass loss rate ifl(a Sco) = 7.1 (+ 3.5) x 10

dius of the expanding circumstellar envelope appears to be "v. 8.5 R (a Sco) and

its total gas mass is *»/ 0.01 M(<x Sco). Mass loss may be important for the

evolution of this red supergiant.

Key words: Circumstellar Envelope - Mass Loss - Red Supergiant -

Spectroscopy: Ultraviolet - Stars: Individual.

1. INTRODUCTION

The visual binary a Scorpii, Antares, is one of a handful known M-type

supergiants with a hot companion serving as a convenient probe for the remote

parts of their circumstellar (CS) envelopes. Other examples are the spectroscopie

binaries W Cephei and AZ Cassiopeiae. They resemble the ç Aurigae-type stars

which have a K star as primary. All these stars are important for our under-

standing of the evolution of massive stars, because they belong to the group of

most luminous cool stars and may provide information about the structure and mass

loss of fairly envolved stars and the relation between these stars and the

interstellar medium.

The system of a Sco comprises a first magnitude supergiant M-type star and

a fifth magnitude dwarf B-type star with a separation of 2'.'9. This corresponds

to a projected separation of 522 AU if one adopts a distance of 180 pc to the

system. It has always been assumed that a Sco and a Sco are a physical pair,

since they have a common proper motion. Because of the large separation, it can

safely be assumed that the components evolved as single stars.
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Adams and MacCormack (1935) discovered that a Sco, along with other late

type supergiants, shows systematic asymmetry of lines, especially in the H, K,

and D lines. They suggested that the origin may be an envelope around the star

expanding with moderate velocity. The existence of these extended envelopes

around late type supergiants was noted long ago by Adams and Russell (1928) who

suggested that they were sustended by radiation pressure. The enormous extend

of the envelope around a Sco has recently been observed again by Swings and

Preston (1978) who measured envelope [Fe II] emission lines to a distance of

10Ï4 from the M star corresponding to 1870 AU. Circumstellar absorption lines

superposed on the optical spectrum of the M star show blue shifts of -17 to -IB

km.s" . (Swings, 1973; Sanner, 1976; Bernat, 1977; Kudritzki and Reimers, 1978).

At the distance of a Sco from the primary this observed expansion velocity ex-

ceeds the local escape velocity. Apparently the M star is loosing mass to the

interstellar medium via a low velocity wind. Bernat (1977) reviews published

mass loss rates of a Sco which range from 1.0 x 10 to 2.2 x 10 ffc,"yr . In

many cases these rates were based on CS absorption lines of elements in their

neutral stage. Deutsch (1960) noted that a Sco, along with W Cep, shows decid-

edly weaker CS absorption lines than single stars of comparable type and lumi-

nosity. This suggests that the radiation from the hot companion may appreciably

increase the ionization of the M star envelope. Bernat and Lambert (1975)

reached the same conclusion. Therefore one would prefer to observe lines of

ionized elements. Singly ionized metals however, have their strongest lines in

the ultraviolet.

It is the aim of this study to investigate the ionization in the CS enve-

lope and the mass loss of the M star with the help of new BUSS observations in

the for this binary hitherto unexplored ultraviolet wavelength region. These

BUSS observations of CS absorption lines of Mg I, Cr II, Fe II, Zn II and Ni II

allow the most accurate determination of the mass loss rate of a M supergiant

yet possible.

2. SPECTRAL TYPES, MAGNITUDES, DISTANCES AND DIMENSIONS

Table 1 lists the various basic parameters adopted from the following

sources or arguments.

The spectral type of the M star is from Morgan and Keenan (1973), that of

the B star is from Garrison (1967).

The M star is an intrinsically variable star. The parameters of the vari-

ability as given by different authors (summarized by Schneller, 1963) vary
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considerably, which suggests that the star may be a semi—regular or even an ir-

regular variable star with a long characteristic time for the variations. The

value published for the period of the brightness variation is 1733 d, while a

period of 7.25 yr is suggested for the v —variation. Published values for the
rad

visual magnitude are V = 0.9 - 1.8. The variability may be related to the occur-

rence of very large convection elements as suggested by Schwarzschild (1975) who

predicts convective time scales of 150 to 2000 d. Dr. Rakos (1977) observed the

system photomstrically at Mauna Kea. At the time of his observation, about half

a period earlier than ours, he found for the primary V = 1.20 (which we adopt

because it is close to the mean V magnitude) and for the B star V = 5.17. The

visual extinction has recently been determined from UV photometry with the ANS

satellite (Gilra and Wesselius, 1978) as to be A = 0.6, considerably larger

than the value of 0?25 given by Garrison (1967).

Table 1. Basic parameters of the Antares system

Spectral type

V

Av
M
v

Teff (K)

"bol
log L/Î j

R/R©

_2
log g (cm.s )
vesc (km.s"1)

v at 522 AU (km.s"1)
esc
distance

projected separation p (1957)

a Sco

Ml.5 lab

1.20(0.9-1.8)

0.6

-5.7

3500

-7.1

4.7

810(= 3.8 AU)

23

0

79

9

180 pc

2V9 = 522 AU

a Sco

B2.5 V

5.17

0.6

-1.71

18500

-3.61

3.34

4.6

8.5

4.04

839

Membership of the upper Scorpius-Centaurus association places o Sco at a

distance of about 180 pc (Stothers, 1972). From this distance and the deredden-

ed V magnitudes we derive M (a Sco) = -5.7 and M (a Sco) = -1.71.
v v
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The effective temperatures and bolometric corrections are from Flower

(1977), who agrees with Lee (1970), for the M star; and from Kudritzki and

Reimers (1978) for the B star, of which they analyzed the optical photospheric

spectrum.

The diameter of the M star was determined interferometrically by Gezari

et al. (1972) as to be d = 0ÏO42 ± O'.'0O2, which at the adopted distance of

180 pc corresponds to a radius R(a Sco) = 810 ± 40 Rø. A radius of 4.6 Rø for

the B star is calculated in the relation

log R = 8.472 - 2 log T - 0.2

which follows from the definition of T „ and the adopted values T (©) =

5770 K and Mj^t©) = 4- 7 5 (Allen, 1973).

The mass of the M star is computed in the mass-luminosity relation (Allen,

1973)

log M = 0.55 - 0.12

yielding a mass of 23 MQ, which agrees reasonably with the value of 25 Mg> given

by Cowley et al. (1976). However, due to mass loss during the main sequence

phase a star with M ^ j ^ -7-l may already have lost 10-20% of its mass before

it starts the red supergiant phase (De Loore et al., 1977), i.e. the mass may

be 20 - 18 MQ or less. A mass of 8.5 MQ for the B star is derived from the

mass-spectral type relation of Heintze (1976).

The projected angular separation of the two components changed between 1847

and 1957 from 3Ï3 to 2Ï9 (Jeffers et al., 1963). At the adopted distance of

180 pc, the latter angle corresponds to a projected linear separation p = 522

AU. In a recent paper by Bernat et al. (1978), the location of a Sco along the

line of sight was determined to be 420 AU closer than a Sco, which brings the

lower limit of actual separation of the two stars to 670 AU. Finsen and Worley

(1970) gave for the inclination of the system i = 86?3. Therefore the actual

separation of the two stars appears to be 670 AU.

Assuming that the M and the B star describe circular orbits around their

common center of gravity, it follows from the masses and the separation of the

two stars that the orbital period P = 3070 yr.

In this study we shall reconsider the actual position of the B star along

the line of sight, using the BUSS observations.
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3. OBSERVATIONS

Antares was observed during 45 minutes on May 20, 1976, with the new

Balloon-borne Ultraviolet Stellar Spectrometer (BUSS). The new BUSS payload was

developed in a collaborative program between the NASA Johnson Space Center (JSC)

at Houston and the Space Research Laboratory (SRL) at Utrecht, The Netherlands.

The observations were performed at a float altitude of 40 km over Palestine,

Texas, where the NCAR National Scientific Balloon Facility was responsible for

launch and recovery of BUSS.

The payload, its operation and the highlights of two successful JSC/SRL

BUSS flights in 1976 are described in two companion papers by Kondo, De Jager

et al. (1978) and De Jager, Kondo et al. (1978). Here only a brief description

is given. BUSS is a 40-cm telescope with an echelle spectrograph and a SEC-

vidicon detector (Hoekstra et al., 1978). The spectral range is 2000-3300 %

with a resolution of 0.1 8, and is recorded in an echellegram in 49 spectral

orders (66th through 114th). Each echellegram suffers from a reduction in signal

in the range 2400 to 2700 A, where residual ozone in the Earth's atmosphere

absorbs about 70% of the stellar flux (Kondo, De Jager et al., 1978). The use-

ful wavelength range for the observation of a Sco is 2000-2400 8 and 2700-3200 A,

where the data have a signal-to-noise ratio of about 15.

The intensity calibration comprises a photometric calibration of the

detector and a calibration of the optical properties of telescope, spectrograph

and dichroic mirror. The detector calibration involves a geometric correction

to compensate for earth-magnetic-caused distortions of the echellegram, removal

of fixed pattern noise, and the processing of the sensitivity curves of the

1024 x 1024 pixels obtained in pre- and postflight calibration with the contin-

uous spectrum of a deuterium lamp. The resulting intensity is linear at each

resolution element with an error of a few per cent. The spectrum is corrected

for straylight background as measured in between the spectral orders, i.e.

the interorder signal.

The wavelength calibration was determined preflight with a hollow-cathode

Fe-lamp. This scale was checked and refined for all BUSS observations by

identifying the spectral lines in the BUSS spectrum of the slowly rotating

F5 IV-V star Procyon (Stencel et al., 1978) which resulted in a wavelength scale

with an internal accuracy of 0.05 fi. The external wavelength accuracy is deter-

mined by the accuracy of the adopted radial velocity of a Sco of -3.1 ± 0.6

km.s (Abt and Biggs, 1972), which we used to convert the wavelength scale to

the rest system of a Sco.
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The aperture of the BUSS spectrograph is a 59" circular field. So, both

a Sco and a Sco, which are separated from each other by only 2Ï9, were in the

field of view, and the recorded spectrum is a superposition of the spectrum of

the M supergiant and the B-type companion. During the observation the tracking

system pointed on the M supergiant. Therefore the B star was not on the optical

axis and consequently its spectrum is shixted by +.004 A, taking into account

the position angle of 275 (Jeffers et al., 1963) of the system. This small

shift can be neglected.

The spectrum shows a continuum with both emission and absorption lines.

From the BUSS observation of a single Ml supergiant (a Ori) we learned that

with the exposure times used BUSS is not able to record the ultraviolet photo-

spheric spectrum of these M stars because of their small ultraviolet flux.

Therefore we concluded that the observed continuous spectrum of a Sco is

from the B star a Sco. Consequently all absorption lines present in the BUSS

spectrum of a Sco are either interstellar or circumstellar lines in the line
2 2

of sight to a Sco, or photospheric lines of a Sco. Emission lines of Mg II

UA2802.70, 2795.52) and many emission lines of Fe I and Fe II originate from

the M supergiant chromosphere or circumstellar envelope as comparison with

a Ori learns us. A compilation of emission lines identified in the BUSS spectra
1+2

of a Boo, a Tau, a Ori, and a Sco will be presented by van der Hucht et al.

(1978).

Returning to the absorption lines: comparison with BUSS spectra of B2 to

B4 stars and taking into account the high rotational velocity of the B star of

v * 250 km.s (Kudritzki and Reimers, 1978) we easily discriminated between

the broad shallow photospheric lines and a number of narrow (FWHM * 0.25 8)

non-photospheric absorption lines of Mg I, Mg II, Cr II, Fe II, Ni II and Zn II»

as listed with their equivalent widths in Table 2. The uncertainty of the equi-

valent widths is + 20 mS. The Mg II resonance absorption lines are superimposed

on the chromospheric Mg II resonance emission lines, so their equivalent width

is difficult to measure. Moreover, they are probably contaminated by selfrever-

sal of the chromospheric emission lines. Therefore we shall not make use of the

Mg II absorption lines. To determine the origin of the other narrow absorption

lines we compared our line list with the list of observed interstellar absorp-

tion lines in the ultraviolet Copernicus spectrum of ç Oph (O9.5 V, distance

200 pc) given by Morton (1975). The Cr II, Ni II and most of the Fe II lines

listed in our Table 2 have not been found by Morton towards the more reddened

ç Oph, so these can only be circumstellar in origin. Morton does observe inter-
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(8)

2851.96

2025.75

2902.50

2795.30

2065.36

2061.43

2055.38

2381.91

238B.49

2404.68

2327.30

2332.55:

2337.88

2343.36

2344.14

2358.86

2260.00

2253.01

2249.09

2315.89

2222.79

2216.35

216S.40

202S.35

2061.88

"if
2852.12

2025.82

2802.70

2795.70

2065.46

2061.54

20S5.59

2382.03

2388.63

2404.88

2327.39

2332.80

2338.01

2343.50

2344.28

2359.11

2260.08

2253.12

2249.18

2316.03

2222.95

2216.48

2165.SS

2025.Sl

2062.02

Table 2. Observed circumstellar

Ion

Mg

Cir

Fe

Ni

Zn

I

II

II

II

II

II

Identification

Mult.No.

<UV>

1

2

1

1

1

1

1

2

2

2

3

3

3

3

3

3

4

4

5

11

12

12

13

1

I

E.p.low

<ev>

0.0

0.0

0.0

0.0

0.0

0.0

0.0

0.0

0.05

0.08

0.08

0.05

0.11

0.0

0.12

0.11

0.0

0.05

0.0

1.04

1.04

1.04

1.04

0.0

0.0

1

0

0

0

0

0

0

0

0

0

0

0

0

0

0

0

0.

0.

0.

0.

0.

0

0.

0.

0.

f

.90

.161

.627

313

022

039

050

328

0810

246

0309

0662

0817

108

130

0429

0022

0030

0074

25

11

41

23

412

202

ref

f

H

H

H

M

T

T

T

M

M

M

M

M

H

H

H

M

K

K

K

K

K

K

K

M

H

lines

WX
<mX>

174

48

529

622

167

131

166

295

126:

202:

87

129

121

199

102

108

194

82

142

170

153

119

175

141

101

towards

(km.s )

-17

-10

-21

-24

-15

-16

-31

-18

-18

NH

-12

NM

-17

-18

-IB

-32

-11

-15

-12

-18

-22

-18

-21

-24

-20

a Sco

Remarks

{negligible

Jl.S. contribution

I partly chromospheric

/selfreversal, C.S., and I.S.

negligible I.S. contribution

negligible I.S. contribution

•negligible I.S.

contribution

1

NM : not measurable

M : Morton and salth (1973)

K : Kurucz and Peytrenann (1975)

T : Takens (1970)
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Stellar Mg I (UV1 and 2), Fe II <UV 2) A2382.03, Fe II (UV3) A2343.50, and Zn II

(UV1). Therefore we calculated possible interstellar contributions for these

lines towards a Sco from Ti II column densities towards three nearby stars at

about the same distance as a Sco, given by Stokes and Hobbs (1976) assuming

cosmic abundances. For Mg I A2852.12 we find VI. < 11 mS, for the two Fe II lines
A

W, < 10 m8 and for Zn II X2025.51 W, < 2 mS. Since these interstellar contri-
A A

butions are superimposed upon the strong circunstellar absorption lines, their

contribution to the observed equivalent width can be neglected.

Figure 1 shows the Mg I, Cr II, and Zn II lines, Figure 2 shows the Mi II

lines, and Figure 3 shows most of the Fe II lines. The zero level determined

from the interorder signal is indicated. Two Ni II lines show a slight hint of

emission, although this is marginal with the present noise level.

The average blue shift of the CS lines towards the B star listed in Table

2 corresponds to a projected radial velocity of the M star envelope of -18 + 6

km.s . The error corresponds with the internal wavelength uncertainty. Further-

more, high resolution optical observations of CS lines towards the M star point

almost unanimously to a similar value, viz. an expansion velocity of -17 km.s

measured with respect to the photospheric spectrum of the M star (see Section

1). We shall adopt this value in the further analysis of the CS data. Because

of the equality (within the limit of errors) of these two velocities, we conclude

that the line cores of the CS lines along the line of sight to the B star are

formed so far in front of the plane through the M star at right angles to the

line of sight, that the angle if (see Fig. 4) must be fairly small. Actually,

being given the uncertainty in the measured projected radial velocity of the CS

absorption lines we find that $ <. 45 . Hence these lines must be formed at dis-

tances at least approximately equal to the projected linear separation p of M

and B star, i.e. > 522 AU closer to us than the M star. We will return to this

matter in Section 5.B.
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Fig. 1. The observed CS absorption lines of Mg I, Cr II and Zn I I . The interorder signal is indicated.
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Fig. 2. The observed CS absorption lines of Ni II. The interorder signal is indicated.
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Fig. 4. Schematic configuration of the a Sco system.
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4. IONIZATION MODELLING

In this section we compute ionization models for the region surrounding

the B star within the extended envelope of the M star. We then compare calcu-

lated equivalent widths Wj of the various CS lines with our measured values,

and those of Kudritzki and Reimers (1978) for Ti II and Ca II, to determine the

physical parameters of the matter along the line of sight to the B star.

A. AtomicData

As in all similar studies, it is unfortunately not possible to obtain good

experimental values for the various atomic properties which we require. Thus we

use a mixture of experimental and theoretical results as discussed below.

i) Photoionization cross-sections a

Since photoionization from the ground states will dominate the ionization, we

require ground state cross-sections for the first and second ionization stages

of C, Mg, Ca, Ti, Cr, Fe, Ni and Zn. The values we have used are listed in

Table 3, where QDM stands for the quantum defect method of Burgess and Seaton

(1960) as modified by Peach (1967). For Fe II, the calculation is by MacAlpine

(1971); for Ti II and Zn II the cross-sections were calculated for the present

study. For Cr II and Ni II the QDM is not even approximately applicable and we

use the hydrogenic approximation. For Ti II, Kudritzki and Reimers (1978) quote

a scaled Thomas-Fermi model calculation by Hofsaess (1977) which is a factor of

four lower at the threshold than the QDM calculation used here (and a factor of

twenty lower than the hydrogenic value). As will be discussed below, this factor

translates directly to the calculated Ti II line strengths.

ii) Recombination coefficients a(T .)

The recombination coefficient to a level may be calculated directly from the

photoionization cross-section through the Milne relation (Osterbrock, 1974).

However, photoionization cross-sections are not known for the excited states of

most species, and it are these excited states which dominate the recombination

rate. However, these excited states may be taken as hydrogenic to a reasonable

approximation and we use the Seaton (1959) formula to calculate the recombina-

tion coefficients a to all bound levels. Note that scaling errors in our ground

state photoionization cross-section will not cancel with errors in the

recombination coefficients. For the low temperatures of interest in this study,

a is proportional to so the exact value of the electron temperature is not

critical. Tel
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Ion

C 1

Mg

Mg

Ca

Ca

Ti

Ti

Cr

Cr

Fe

Fe

Ni

Ni

Zn

Zn

I

II

I

II

I

II

I

II

I

II

I

II

I

II

Table 3. Abundances and ionization cross-sections

Cosmic abundance
relative to
hydrogen '

3.7x10-4

3.3x10-5

2.2x10-6

8.7x10
-8

4.0x10
-7

2.6x10
-5

1.5x10
-6

3.9x10
-8

Ground State Photoionization Cross-Section

Method

detailed quantum mechanical

experimental + QDM

detailed quantum mechanical

experimental

detailed quantum mechanical

Hartree-Fock-Slater
-19

QDM : a = 3.4x10

Hartree-Fock-Slater

hydrogenic

Hartree-Fock+correlations
IP

QDM : a = 2.8xl0"

Hartree-Fock-Slater

hydrogenic : a =3.0x10
o

-18

Hartree-Fock-Slater

QDM : a = 3.0 x 10
v
o

-18

Ref.

2,3

4

5,6

7

8

9

10

11

References;

1. Henry (1970 7. D. Norcross quoted in Mihalas (1973)

2. Ditchburn and Marr (1953) 8. Me Guire (1968)

3. Burgess and Seaton (1960) 9. this study

4. D. Norcross quoted in Mihalas (1972a) 10. Kelly and Ron (1971)

5. Newsom (1966) 11. Mac Alpine (1971)

6. Ditchburn and Hudson (I960) *) Cameron (1973)
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iii) Oscillator strengths

Where possible we have chosen well determined values from the list of Morton

and Smith (1973). Recently, Kurucz and Peytremann (1975) have presented an ex-

tensive list based on scaled Thomas-Fermi model calculations. The accuracy of

these results for line analysis is unproven. For example, the Zn II values

given by Kurucz and Peytremann are wdlA off the experimental results given by

Morton and Smith and the Fe II calculations for UVl, 2, and 3 are approximately

twice as large as the results given in Morton and Smith. For Fe II UV4 and 5

and Ni II UVll, 12 and 13 his results are the only ones available. For Cr II,

however, we choose to use the experimental values of Corliss and Bozman (1962)

as corrected by Takens (1970). Our adopted values are listed in Table 2.

B. _ Stellar and System Dimension Data

For the radiation field of the B star we interpolate in the Non-LTE model

atmosphere grid of Mihalas (1972b), toward a model with T = 18500 K and

log g = 4.0 as adopted for the B star (Kudriztki and Reimers, 1978).

The dimensions of the stars and their separations are listed in Table 1,

and were discussed above in Section 2.

C._ Line Types

We may conveniently divide the species for which we have observed lines

into two types: dominant ionization stages and minor stages. None of our species

dominates over the entire envelope: close to the B star second ionization of

all species is important. However, Cr II, Fe II, Ni II and Zn II do dominate

over most of the envelope and we will discuss their expected behaviour as a

group. None of these species will dominate the electron density n unless all

carbon is locked into CO, or when carbon would be depleted on grains or is opti-

cally thick in the C I ionization continuum and hydrogen is neutral. Direct

calculations show that carbon is always ionized in the CS envelope; silicate

rather than graphite grains are expected for this M star, responsible for the

11 ym emission (Sutton et al., 1977). A possible underabundance of carbon in

o Sco is reported by Geballe et al. (1977), who derived from a vibration-

rotation band of CO at 5 \im a ratio [C/H]/[C/H]ø ** 0.06. However, in the same

paper the authors admit that this result is very uncertain, because (i) it de-

pends on the unknown continuum temperature at 5 pm, and (ii) it is in disagree-

ment with the observed strength of the second overtone band of CO at 1.6 pm.
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Therefore, when we shall calculate the electron density (in section 4.D.Ü), we

will adopt a normal cosmic abundance for carbon, as Kudritzki and Reimers (1978)

did.

Minor ionization stages are represented by Mg I, Ca II and Ti II. Their ex-

pected behaviour contrasts with the dominant species mentioned above in the

following way. Let D represent the particle density of a dominant ionization

stage, M that of a minor stage (i.e. one stage lower then the dominant ioniza-

tion stage), n the electron density, n the hydrogen density, R the radius of

the H II region and we assume cosmic abundance ratios (Cameron, 1973). In the CS

envelope radiative ionization is the dominating ionization process. Then the

value of D increases linearly with n (except for saturation effects, the equi-
H

valent width follows the abundance). We also assume ionization equilibrium so
Dn /M = constant. If we are in an H II region, then M % n , since Dn

4/3e
cause R

2
n . Be-
H

n
H

, we find that for the column density MR nH
.So, the column

density of M will increase slightly more than the increase in n . However, in
H

our case, where we have a strong density gradient due to the 1/r decrease in

density (r measured to the M star) along the line of sight, it became clear in

our calculations that the densities of the minor ionization stages M are only

weakly dependent on n , in the H II region.
H n , but now the densities of the minor

H
In an H I region, we still have D

s are drastically reduced through

ference between hydrogen and any other electron contributors.

stages are drastically reduced through the drop in n due to the abundance dif-

D. Model Calculation

In this section we shall assume various densities n (r) in the CS envelope,
H

various positions of the B star and various Doppler velocities. Each set of these

three parameters, together with the adopted radiation field of the B star and

the adopted cosmic abundances, determines the degree of ionization at each point

along the line of sight to the B star, and hence the density of each ion at each

point, and hence the equivalent widths W^ of the occurring CS absorption lines.

Next, these calculated W,'s are compared with the observed equivalent widths.

By trial and error we shall find the model, i.e. the combination of parameters,

which gives the best agreement with the observed CS absorption lines in equiva-

lent width.
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i) Input

As input to our model we have the following variable parameters: n (p) is
H

the hydrogen volume density at p (the projected linear separation between the H

and the B star in the plane of the sky); v is the Doppler velocity in the enve-

lope; and z is the location of the B star along the line of sight (see Fig. 4).

In addition we use the following constant parameters as input to our model:

v = -17 km.s (see Section 3) is the expansion velocity of the gas envelope

and assumed to be constant, which is certainly valid at the large distance from

the M star where our CS lines originate; T is the electron temperature, which

enters in our model only weakly through the recombination coefficients, and for

which we take 500 K (see section 5 E); and element abundances relative to hy-

drogen (assumed cosmic, Cameron (1973), as given in Table 3).

The constancy of v plus the continuity equation and neglect of dust and

molecule formation implies

throughout the envelope where r is measured from the M star (see Figure 4). The

other parameters nH(p)» v , and z will be determined through the modelling.

ii) Method

For a certain choice of n (p) and z , we step along the line of sight from
H O

the B star and calculate the ionization equilibrium at each step. If hydrogen

is ionized, then n = n ; otherwise, n is set equal to the sum of the abundances

of carbon, silicon, magnesium and iron which are all predominantly singly ionized
-4

in the H I region, i.e. ne/n„ = 4.6 x 10 . Then the ionization of all other spe-

cies is calculated and volume densities are obtained. As discussed above, we cal-

culate ionization only from the ground state, but include recombinations to all

levels. We step to large z(z » p) and then analytically continue the calcula-

tions. With the physical structure thus determined, a curve of growth for each

species of interest is calculated, as discussed in Bernat et al. (1978), resulting

in a curve of W,/A vs. fA (f is the oscillator strength) for a range of v . We
A D

do not include the effects of our CS line opacities or the M star radiation

field on the radiative ionization; both contributions are negligible. These

curves of growth give a calculated equivalent width for each observed line,

which we then compare with the observed equivalent widths. If the result is not
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satisfactory, then we repeat the process with a different set of parameters,

until we have found the model that gives the best agreement with the observed

equivalent widths of our CS absorption lines.

As discussed in Bernat et al. (1978), we also calculate the effective wave-

length of a line, i.e., the wavelength that would be measured for the line center

if the line is not resolved. The location along the line of sight of formation of

the line profile at this wavelength also serves as the location of maximum con-

tribution to the equivalent width of the line.

5. RESULTS

A. Derived Parameters and the Mass Loss Rate

For values of z larger than p, the calculated effective line wavelengths

are not sensitive indicators of z . Using our method (see section 4.D) we can

then only find a lower limit for z . In order to place the Zn II, Cr II and Fe

II UV1, 2 and 3 (but see section 5.G) lines on the same curve of growth, after

correcting for abundance differences, a value v ** 8 km.s appears to be re-

quired, which is the value obtained by Bernat (1977) from a study of the CS

absorption lines seen toward the M star. The ionization species Mg I and Ca II

indicate a value of v ** 4 km.s as determined through the doublet ratios, but

with that value it appeared to be impossible to fit the observed equivalent

widths of the stronger lines. We adopt v = 8 km.s . As may be seen through in-

spection of Table 2 the measured equivalent widths of the Cr II lines do not

increase with increasing oscillator strength. We ascribe this to measurement

error or inaccurate oscillator strengths and give a lower weight to these three

lines. As will be discussed in section 5.G, there is a problem with Fe II and we

do not use the Fe II lines here. The Ni II lines are also discussed later (in

section 5.F). Fig. 5 shows curves of growth for the Zn II lines, and the observed

equivalent widths.

The model which gives the best agreement with the observed equivalent width

of the Mg I, Ca II, Cr II and Zn II lines uses n„(p) = 1.5 x 10 cm and
— H

_z = -1.5p = 783 AU = 1.2 x 10 cm.

Our derived value of n (p) appears to be approximately proportional to z ,
H O

so our results are not very sensitive to the exact location of the B star. A

comparison of measured and calculated equivalent widths for our adopted model is

given in Table 4. Table 4 shows that the best agreement between adopted model

and observations is reached for the Zn II lines. In the choice of the best model
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105
nH(p)(cm"3)

Fig. 5. Calculated curves of growth for the CS Zn II lines with v = 8 km.s"1 and the adopted radiation field

of the B star.

we have given highest weight to these lines, because Zn II is a dominant ioni-

zation stage and the used Zn II lines have well determined experimental f-

values. Our model also provides a good fit to the Ti II equivalent widths given

by Kudritzki and Reimers (1978) if our QDM Ti II photoionization cross-section

is reduced by roughly a factor of four, which then brings it into agreement

with Hofsaess's (1977) calculation. Our determination of n (p) and the conti-
H

nuity equation

= 4w v •r2-p(r) = 4w v -p2 n (p) (2.28 x lo"24) g.s 1
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with
6 -1

v = 1.7 x 10 CDi.s
o

and p = 7.8 x 10
1

15

results in a mass loss rate for a Sco of

= 4.5 x 10 2 0 g.s"1 7.1 x 10~6 % y r ~ J .

Table 4. Observed and model equivalent widths for single ground state species

Ion

Mg I

Call

Cr II

Zn II

XiS)

28r 12

2025.82

3933.66

3968.47

2065.46

2061.54

2055.59

2025.51

2062.02

fXicm.s"1)

5.42xlO"5

3.26x10"6

2.71xlO"5

1.34xlO"5

4.54xlO~7

8.04xl0~?

1.03xl0"6

8.34xlO~6

4.17xlO~6

observed

6.10xl0"5

2.37xl0~5

1.55xlO~5 (*)

1.29xlO~5 (*)

8.09xl0"5

6.36xl0"5

8.08xl0~5

6.96x10"5

4.90xl0~5

W. .

model

7.8xlO"5

1.5xlO"5

1.7xlO~5

l.Oxlo"5

5.4xlO"5

7.0xl0"5

7.5xlO~5

7.0xl0"5

5.1xl0"5

(*) from Kudritzki and Reimers (1978)

B. Location of Line Formation and Shape of the_H II region

From our adopted best fit model we may derive the distances from z = 0 on

the line of sight to the B star to the points where the line cores of the CS

lines are formed. We find that the line cores of the dominant ionization species

lines are formed near z = -3p (= 1566 AU) with a maximum of -3.5p (= 1827 AU)

for very saturated lines, while the minor species line cores are formed near

z = -2.3p. Figure 6 gives the density of the various ions as a function of the

distance from the B star along the line of sight.

From our adopted model (z = -1.5p, and n(r) = 1.5 x 10 £=-, see section
O n 2.

5.A) and the radiation field of the B star (see section 4.B) we may derive the
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Zo=-15p -20p -25p

Fig. 6. The density ratio n. /n versus the distance from the B star along the line of sight for H II,
ion dcmënn

Ti II, Cr II, Fe II and Zn II.

The curve labelled "element" shows the decrease in the qas density for all elements along the line of

sight to the B star.

shape of the H II region around the B star. Because the density is not constant,

but varies with 1/r (r measured to the M star), the H II region is not spheri-

cally symmetric. 'Je display in Figure 7 the calculated shape of the H II region.

The H II region boundary along the line of sight is at z = -2.4p, i.e. at a
4 2

distance of 0.9p = 2.2 x 10 R(a Sco) from the B star. The singly ionized me-

tals observed with BUSS have slightly higher ionization potentials than hydrogen;

their ionization zones are similarly-shaped as, and s1ightly smaller than the

H II region.

C^ 2t'ter Radius, Inner_Radius and_Mass of the Circulate ilar Envelope of ot Sco

The expanding gas envelope around a Sco cannot follow the n(r) *v> r law

till infinity. The interstellar medium presents an obstacle to the supersonic
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p-2 "9 .522 AU

"oulw,

Fig. 7. The location of the B star along the line o£ sight r and the shape of the H II region around the B star

for the adopted model. The outer radius is not on scale.

stellar wind. We shall consider the distance where the energy density in the

expending envelope, or dynamic pressure, is comparable with the interstellar

pressure Pxc,, i.e. •=• HL,.v .n (R ) = P , as the outer radius of the expan-

ding envelope (Brandt, 1970). For an average interstellar density of 1 hydrogen

atom per cm and a temperature of the neutral interstellar gas of T * 100 K the
-14
0 -214 -2 B

gas pressure nkT * 1.4 x 10 dynes.cm . The magnetic field pressure (-5—) is
-12 -2

4 x 10 dynes.cm for a field of ly. We shall assume a total interstellar
-12 -2

medium pressure of 4 x 10 dynes.cm . The dynamic pressure of the expanding
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envelope equals this assumed interstellar pressure at

R . * 2.4 x 1018 cm * 4.2 x 104 R (cc1 Sco)
outer

The inner radius Rinner

1.6 x 10 A Ü * 0.8 pc.

of the expanding envelope in which the observed CS

lines are formed, can be derived from the circumstellar column density toward

a Sco of hydrogen N
H

1.9 x 1022 cm 2 (Bernat, 1977) and the relation

R
outer

R.
inner

n ,(P)

2
r

2
P

dr = nH (P) P'
2 1

inner

1

outer

(Since R . » R .
outer inner

this derivation.)

This results in R.
inner

, the precise value of R
outer

is grossly unimportant in

4.8 x 1014 cm * 8.5 R(a' Sco). This value is of the
1

same order of magnitude as the inner radius value of 12 R(a Sco) which Sutton

et al. (1977) found for a dust shell around a Sco from heterodyne infrared

measurements at 11 urn. Our result is also of the same order of magnitude as the

inner radius value of 4.0 R(a Sco) found by Bernat and Lambert (1975) from the

CS Ca II infrared triplet lines using Weymann's (1962) method. We note that

Kudritzki and Reimers' (1978) value of n (p) implies R. "= R(a Sco) which
H ^ inner

disagrees with our result and that from the Ca II triplet lines.
From our calculated n (r) , R. and R we can calculate the mass of

H inner outer
the total amount of gas in the CS envelope via

outer outer
envelope

inner
4i r p(r)dr = ƒ

R
4TT r2 n (r)- (2.28x10 24)dr

inner

outer

R.
inner

4TT r n(p)a (2.28x10 )dr =

2.6 x 10 1 4 (R . - R. ) =
outer inner

6.2 x 1O32 g 0.31 ,«= 0.01 Mta1 Sco)

This value depends linearly on R .At the adopted mass loss rate it would
. outer

take ^4.4x 10 yr to form such an envelope, well within the expected lifetime

of 10 yr of the red supergiant phase. This mass of 0.31 for the CS envelope

of a Sco is a factor 68 larger than Dyck and Symon (1975) derived for the
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envelope of a Ori from IR dust measurements and an assumed dust/gas mass ratio

of 300. The reason for this large difference may lay in the fact that they used

an outer radius for the CS envelope of a Ori of 250 R(a Ori), a factor ^170

smaller than we adopted for the outer radius of the CS envelope of a Sco.

D. _ Major Versus Minor_Ionization_Stages

As previously discussed, we expect a difference in the sensitivities of

major and minor species with respect to the density scale, as specified by nt,(p).

Figure 8 displays our results for the adopted model with the minor species re-

presented by a weak line of Ti II and the major species by a weak line of Zn II.

VERSUS

X dominant species
• minor species

0.01 I I , • I

10« 10» 106

Fig. B. Predicted equivalent width behavior of a weak line of a dominant species, and of a weak line of a

minor species. Both curves are scaled to the W, calculated for n (p) > 5 x 10 (cm~ ).
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Values of fA were chosen to ensure that the calculated W./A's were on the linear

part of the curve growth. It is clear that at the densities implied by the pre-

sent study the minor ionization stages do not provide information on n (p). At

low densities, calculations based on them would still be subject to uncertainties

in the ionization modelling, although independent of v .

E. Value of the Electron Temperature T .

At the region on the line of sight to the B star where the minor species

like Ti II are formed, i.e. z =-2.3p, our model gives an electron density of
4

n * 2.2 x 10 . At such a large value of n , electron collisions dominate the fine

structure transitions (Bernat, 1976). Thus we may use the ratio of Ti II level

populations to calculate an electron temperature. Since the Ti II lines are not

saturated, we may directly use the measured equivalent widths given by Kudritzki

and Reimers (1978) to obtain T . ** 200 K. The Fe II lines present a similar re-

sult (see below). A further indication of T may be found from the densities

of the minor ionization stages. As previously discussed, these densities are

very insensitive to the total densities; they are, however, directly sensitive

to the ionization conditions. If we assume that the groundlevel photoionization

cross-sections are well determined (for Ca II and Mg I they are laboratory

values) and that the stellar flux is accurately given by the Non-LTE model at-

mosphere, then the minor stage densities are ̂  > ,. In order to match the Mg I and
"Tel

Ca II lines with our model, we require T * 500 K, a value which we have

adopted for our calculations.

FL T.he_Ni_ll Lines

We observe Ni II lines from UV11, 12 and 13. These lines arise from the

g level at 1.04 eV. Using the Kurucz and Peytremann (1975) oscillator

strengths given in Table 2 and our adopted envelope model, we find that the popu-
4

lation of Ni II in the a Fq/o level represents the bulk of nickel. In order to

determine the population of this level we looked at the two likely mechanisms,

which control the population: collisions from the ground-level and recombi-

nations from Ni III (in the H II region). The ratio of these two mechanisms is

4
a F
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n(a2D)'C(a2D •+ a4F)-n

n(Ni III) *a (III •* a F) *n

n(a D)-c(a D •* a4F) *n

n(a2D

n
e

C(a2D

i) -Ha D

a ( i i i ->

•* a 4 F )

' •+ i n :

- a D)

•a(III - » • a2D) •n
f

a4F>

2 T
r(a D -* III)«o(III •* a F)

where C is the collisional excitation rate, a is the recombination rate and r is

the ionization rate. We have assumed that (a F •* III) in the Ni III/Ni II ion-

ization balance gives similar results as (a D -»• III). The collision cross-

section a which determines C is unknown and we have adopted unity as typical

value (Allen, 1973). For a (III •+ a F) we use the hydrogenic value (Allen, 1973).
2 2

The ratio of a (III -> a D) to T (a D •> III) is given by the Milne relation

(Osterbrock, 1974) and integration over the stellar flux at the distance 2.4p

from the B star. We then have R « 1 for any reasonable temperature. Thus the

a F level is populated by recombinations and its population is not indicative

of T i- If we ask why other species do not show such effects, it may be a
4 2

combination of :i) the a F •* a D radiative transition probability is lower than

the probability for similar transitions in other species, and ii) in other spe-

cies the lowest excited term has lower multiplicity than the ground state resul-

ting in fewer recombinations to it.

Our observations, combined with the oscillator strengths discussed previous-

ly, present two groups of lines. The first group, from UV2 and 3, are transitions

of the type a D to z X . The second type represented by UV4 and 5 arises from

intercombination transitions a D to z x . Since the ground state of Fe II con-

sists of 5 levels, we expect the Fe-abundance derived from a single level to be

less than the cosmic abundance, but that the sum over all levels should yield

the cosmic abundance, if the degree of ionization is well known. Our results, for

the adopted model, are presented in Table 5. It is apparent that the first group
_2

of lines would imply an underabundance of iron of about a factor 10 relative

to the other elements studied here.
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Table 5. Observed and model equivalent widths and abundance deficiency factors

for Fe II lines

X Mult.

(8) No.

2382.03 2

2388.63

2404.88

2327.39 3

2332.80

2338.01

2343.50

2344.28

2359.11

2260.08 4

2253.12

2249.18 5

E.P.

(eV)

0.00

0.05

0.08

0.08

0.05

0.11

0.00

0.12

0.11

0.00

0.05

0.00

fX

(cm.s )

7.81xlO"6

1.93xl0~6

5.91xlO"6

7.19xl0"7

1.54xl0"6

1.91xlO~6

2.53xl0"6

3.05xl0~6

l.Olxlo"6

4.97xlO~8

6.76xlO"8

1.66xlO"7

W

observed

1.24xlO~4

5.27xl0~5

8.40xl0~5

3.74xlO~5

5.53xlO"5

5.18xl0"5

8.49xlO~5

4.35xl0~5

4.58xlO~5

8.58xlO"5

3.64xlO"5

6.31xl0~5

W

model

1.5xlO~4

1.4xlO~4

1.5xl0~4

1.3xl0"4

1.4xl0~4

1.4xlO~4

1.4xlO~4

1.5xlO~4

1.3xl0~4

9.6xlO~5

9.9xlO~5

l.lxlO"4

underabundance
relative to
expected total
Fe II

20

240

190

150

180

250

80

560

160

2

16

14

The second group of lines, from multiplets UV4 and 5, indicates an underabun-

dance of the order of 10 . The used oscillator strengths of these lines are

less accurate than those of multiplets UV2 and 3. Note, however, that the gf-

values require an increase of a factor 10 to bring the results in accord with

the results of multiplets UV2 and 3.

It is difficult to understand this underabundance. If the underabundance

were due to random measurement errors, we would expect some of the lines to be

too strong, but all are systematically weak. Placing the iron in Fe III would

require dramatic errors in the ionization calculations and would destroy the

good fits achieved for the other elements. An alternative is that iron is tied

up in grains, and not available for ionization.

Using Hagen's (1978) results for the column density of dust to Antares, cosmic

abundances for Fe, Si and Mg, plus the assumption that the grains are the sili-

cate: fayalite [(Fe Mg)2Si 0.], then 80% of the iron will be tied up in grains,
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while 60% of the magnesium will be tied up. Although we fit the Mg I lines with

no depletion, recall that such minor stage lines are insensitive to the actual

abundance. Two opposing arguments come to mind: (i) our observed underabundance

is much larger than 20%, but (ii) Lambert and Vanden Bout (1978) present results

that argue against the adoption of fayalite as the grain material.

Further observations are required to settle this discrepancy in the Fe-

abundance.

6. DISCUSSION

We have derived a mass loss rate for a Sco of 7.1 x 10 r

Assigning quantitative errors to this derived mass loss rate is a difficult task.

- The measured equivalent widths of the CS lines are accurate to + 20 mfi. For

the lines on which our results are based this causes un uncertainty of less

than 10% in the mass loss rate.

- The atomic data used in the ionization modelling as discussed in section 4.A.

are from different sources and may each have a different degree of reliability.

However, since we have used many lines from different ions, we expect that the

uncertainty introduced by the atomic data in our mass loss rate is less than

30%.

- The cosmic abundances we used are from Cameron (1973). Use of Allen's (1973)

value would have yielded a slightly smaller mass loss rate e.g. from the Cr II

lines, a considerably higher mass loss rate from the Zn II lines (by a factor

2.5), but for all the useful lines considered in this paper together, the re-

sulting mass loss rate would only be about 7% higher than our adopted result.

- As pointed out in sections 4.D.i. and 5.E., the value of the electron tempera-

ture T e l =* 500 K is derived from the line strengths of the minor ionization

species Mg I and Ca II for which we have reliable experimental photoionization

cross-sections. At low temperatures of this order the result is insensitive to

the exact value of the electron temperature.

- The assumption of spherical symmetry of the mass flow at the distance from the

M star where we observe the CS lines is discussed by Kudritzki and Reimers

(1978). They reach the conclusions that for the Ti II lines this may cause an

additional uncertainty of 20% in the mass loss rate. Since the lines on which our

results are mainly based are formed at larger distances frei" the B star than the

Ti II lines, we expect a smaller uncertainty than 20% in this respect for our

results.

In view of these arguments we expect an uncertainty in our derived mass loss

rate of 50%.
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A straightforward classical approach to the CS lines observed by BUSS

through column densities by use of a Strõmgren (1948) curve of growth, the po-

sition of the B star as derived by Bernat et al- (1978) , and ignoring other than

first ionization stages would have yielded a mass loss rate of

5.1(+ 2.4) x 10 ftWyr which is within the error limits of our adopted result

of ÍUct1 Sco) = 7-K+ 3.5) x 10"6 Uføyr"1.

When we compare published mass loss rates for a Sco:

1.0 x 10

2.2 x 10

9.9 x 10

~7

~6

" 7

by Sanner (1976)

by Bernat (1977)

by Hagen (1978)

1.4 x 10~7 %-yr"1 by Kudritzki and Reimers (1978)

7.K+ 3.5) x 10~6 %-yr"1 this study,

then our result represents the highest rate found up to now. Sanner's optical

result has a large uncertainty because he did not calculate the ionization of

Sr II, which was critical for his result. Bernat (1977) comes close to our re-

sult. He used mainly lines from minor optical species which required a large

correction for the ionization fraction. Hagen 's result comes from optical gas

and infrared dust observations and shares the disadvantage with other optical

observers of lack of dominant species visible in the optical wavelength region.

The result of Kudritzki and Reimers is based on Ti II (1, 2) and Ca II (1) CS
2

absorption lines measured towards a Sco. As pointed out in section 5.D. and

Figure 8, these minor species alone give little information on the position of

the B star and the density in the envelope and thus on the mass loss rate.
2

Moreover, as pointed out earlier by Bernat et al. (1978) in the case of a Her,

Kudritzki and Reimers erred in the formulation of the absorption coefficient

for the Ti II lines, which makes their column densities and mass loss rate to

be too small by a factor of 5. Correction for this would bring their result to

7 x 10 i£)*yr » still a factor 10 smaller than our result.

The consequences of mass loss of late type supergiants for their evolution

and for mass return to the interstellar medium have been discussed by various

authors (e.g. Bernat, 1977; Sanner, 1976; Reimers, 1975a, b). We may compare
2

the energy loss through mass loss of a Sco with its energy loss through radi-

ation.
mass loss l í i d

while
O O

L = 2.1 x 10 erg .s

wind

-1

•L> •

1.4 x IO4 È
'mass loss*
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So the energy the star looses by mass loss is still small compared with the ra-

diation loss.

If this mass loss rate remains constant over the post-main-sequence life-

time of the star (about 10 year) then the total mass to be lost in the red

supergiant phase of a SCO is about 7 A^. The mass adopted for a Sco in Table

1 is 23 AC,. Cowley et al. (1977) find no evidence for cool stars with masses

larger than about 25 Mg. However, evolution track calculations which take into

account mass loss during the main sequence phase (De Loore et al., 1977) show

that the mass of an evolved star with It = -7.1 (Table 1) is about 10% to 20%

smaller than a mass estimate from conventional evolution tracks. This implies

that the mass of a Sco may be 20-18 AL,. A recent spherically symmetric model

atmosphere study of the spectrum of a similar M supergiant, a Ori (Ml-2 Ia-b),

by Wanatobe and Kodaira (1978), yields log g < -0.5. Since a Sco has a similar

spectral type, we may assume that it has a similar log g value. With the adopted

radius of a Sco of 810 R this surface gravity implies that maybe M(o Sco)

With a mass of this order of magnitude in mind and considering the large

uncertainty of the lifetime of the red supergiant phase, it is clear that, if

the mass loss of a Sco remains constant over its red supergiant phase, the

total mass lost during this phase may be of the same order of magnitude as its

present mass. Hence, mass loss may be a very important parameter in the evolu-

tion of a sco. Whether a Sco will ultimately evolve into a white dwarf or into

a supernova will depend on its ability to shed mass in excess of the Chandra-

sekhar limit prior to the exhaustion of its nuclear energy sources.

It has been proposed on theoretical arguments that mass loss of red giants

and supergiants is driven by radiation pressure on dust grains and strong dust-

gas coupling through collisions (Gehrz and Woolf, 1971; Gilman, 1972). Such a

scheme may work for a single red supergiant and even in the presence of a cool

companion. But in the case of a Sco the B-type companion probably for a consi-

derable part inhibits the existence of dust in the CS envelope, which does not

only show very weak atomic CS lines, but also a weakened 10 pm excess (Gehrz et

al., 1970; Sutton et al., 1977). However, as discussed in section 5.G, dust in

the form of fayalite may be present in the CS envelope. But different Fe II

multiplets of CS lines yield different underabundance factors of Fe. Therefore

the presence of fayalite is not clearly established. Hagen (1978) also concludes

that the gas is not dust-radiation driven, which leaves us with the coronal
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stellar wind mechanism: acoustic waves from the convection zone, providing the

necessary energy for the escaping material via the formation of a corona where

v,, ,
thermal vescape
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HI. C. A COMPARISON OF EMISSION LINES IN THE ULTRAVIOLET SPECTRA OF

a BOOTIS (K2 III p), a TAURI (K5 III), a ORIONIS (M1-2 Ia-b) AND

o SCORPII (MI -5 la-b + B 2-5 V)

SUMMARY

Observations and identifications are presented of 45 emission lines in the

near-ultraviolet spectra of a Boo (K2 IIIp), a Tau (K5 III), a Ori (Mi-2 Ia-b)

and a 1 + Sco (Ml.5 lab + B2.5 V). The useful wavelength ranges 2750-3200 £ for

a Boo, 2800-3000 8 for a Tau, 2750-3200 8 for a Ori and 2000-2400 % 2700-3200 2.

for a Sco are covered with a resolution of 0.1 A. We have identified emission

lines of Mg I, Fe I, Fe II, Fe III and a possible Si I emission line, in addition

to the strong chromospheric Mg II h and k resonance emission lines. Several Fe I

and Fe II fluorescence emission lines are identified, which may originate through

pumping by the Mg II X2795 k line. Because of the lack of an intensity calibra-

tion only a qualitative description of the data is possible. Where possible we

have established radial velocities for the various regions in the chromospheres

and circumstellar envelopes of the stars. The emission lines of g Ori show an

outflow of material from both the chromospheric and circumstellar regions, in

contrast to a previously determined inflow as measured by Boesgaard and Magnan

(1975). We conclude that we are seeing a different phase of an apparently vari-

able mass motion phenomenon. We suggest an interpretation in terms of very large

convective elements as hypothesized by Schwarzschild (1575) . '."he other three

stars show a blue shifted absorption component in the Mg II lines on top of the

overall redshifted emission.

The Fe III emission lines in the spectrum of a Sco are due to the pre-

sence of the B star within the circumstellar envelope of the M star.

Key words: Chromosphere - Circumstellar Envelope -

Stars: Individual - Spectra: Ultraviolet.

1. INTRODUCTION

Chromospheres and extended envelopes of late type giants and supergiants

manifest themselves through emission lines due to resonance transitions of H,

Ca II and Mg II and by circumstellar (CS) absorption lines respectively. In
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addition, emission lines of Fe I and Fe II are seen in the spectra of these

stars. However, it is not a priori clear whether these originate in the chromo-

spheres or in the circumstellar envelopes, or in the region in between.

In the optical wavelength region, Fe II emission lines have been observed

since almost 40 years (Bidelman and Pyper, 1963 and references therein; Weymann,

1962; Boesgaard, 1973; Boesgaard and Magnan, 1975; Boesgaard and Boesgaard, 1976).

In most cases the Fe II emission lines show a redward velocity shift with re-

spect to the photospheric lines and the stronger lines show self-reversed absorp-

tion cores. Boesgaard and Magnan (1975) conclude for a Ori that the Fe II

emission lines originate in a layer of infalling material with a radius of ^ 2.5

R . The CS envelope around a Ori is considerably larger (Weymann, 1962; Bernat

and Lambert, 1976b; Bernat et al., 1978).

In this paper we report on Mg I, Mg II, Fe I, Fe II, Fe III, Si I and V II

emission lines in the near-ultraviolet wavelength region (2000-3400 8) of the two

late type giants a Boo (K2 IIIp) and a Tau (K5 III), and the two late type super-

giants a Ori (Ml-2 Ia-b) and a Sco (Ml.5 lab + B2.5 V). Fe I emission lines have

not been reported earlier in the spectra of K-type giants and supergiants.

We shall note the presence of a few Fe I (UV44) emission lines caused by

pumping due to the Mg II k A2795 emission line radiation. The profiles of the

Mg II resonance emission lines will be discussed, as well as the observed radial

velocities of the emission lines. We note the presence of Fe III (UV48) emission
1+2

lines in the spectrum of a Sco.

2• OBSERVATIONS

Near-ultraviolet spectra of a Boo, a Tau, a Ori and a Sco were obtained in

1976 with the JSC/SRL Balloon-borne Ultraviolet Stellar Spectrograph (BUSS) in

the 2000-3400 8 region, at 0.1 8 resolution.

The instrument, its operations, and the highlights of two successful obser-

ving runs in 1976 are described in two companion papers by Kondo, De Jager et al.

(1978) and De Jager, Kondo et al. (1978). The optical system of this observatory,

which was operated from Palestine, Texas at a float-altitude of about 40 km,

consists of a 40 cm telescope with 2 arcsec pointing capability, an echelle-

spectrograph and an integrating SEC-vidicon detector (Hoekstra et al., 1978).

Table 1 summarizes the observational data relevant to this paper. The expo-

sure times were set to obtain a good S/N ratio for the Mg II emission lines near
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Table 1. K- and M-type stars observed by BUSS at 0.1 Ä resolution

a

a

a

a

Star

Boo

Tau

Or i

SCO

Sp. Type

K2 IIIp

K5 III

Ml-2 Ia-b

Ml.5 lab

+ B2.5 V**

Date of

observations

19

16

16

19

May

Sept

Sept

May

1976

1976

1976

1976

Integration

time (min)

35

15

15

45

Useful

range (Ä)

2750-32001)

2800-30002)

2750-32002)

(2000-2400 ")

|2700-32003)j

Number of

emission lines

8

4

34

35

Morgan and Keenan (1973)

** Garrison (1967)

1) Photospheric absorption spectrum; emission lines.

2) Emission lines only.

3) Photospheric absorption spectrum of B star; emission lines; CS absorption

lines.

2800 A. In the case of a Boo, the earliest of the late type stars under discus-

sion, this exposure time was also sufficient to observe its photospheric spectrum

from 2740 to 3300 8 with a signal-to-noise ratio S/N > 20. Line identifications

of the absorption lines in this part of the spectrum of a Boo are given by

Stencel and Van der Hucht (1978). The six narrow (FWHM ^ 0.3 8) emission lines

found, are presented in this paper. For a Tau, a Ori and a Sco the exposure

times were not long enough to record their photospheric absorption spectrum, bur

long enough to record numerous narrow emission lines presented in this paper.

The a Sco system presents a special case. The star a Sco has a 5 mag B2.5 V
2

companion, a Sco, at a projected angular separation of 2'.'9. Both stars were lo-

cated in the circular one-arcminute aperture of the BUSS spectrograph. The expo-

sure time used for a Sco was sufficient to record, as a composite spectrum with

S/N > 10, the photospheric spectrum of the B star and the emission lines from

the surroundings of the M star. The wavelength region 2400-2700 8 could not be

studied as the ozone in the Earth's atmosphere causes a decrease of signal of the

order of 3 magnitudes. Absorption lines of circumstellar origin found in the
2

spectrum of a Sco are discussed by Van der Hucht et al. (1978).
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Fig. 1. Emission lines in the BUSS spectrum of a Boo (K2 IIIp). The indicated wavelength is the observed

central wavelength of the emission feature. The flux scale is arbitrary for each emission line. The

lower line represents the straylight background interorder signal.

Figures 1 through 4 show the emission lines present in our data for the four

stars discussed in this paper.

The data are photometrically calibrated and rectified to a wavelength scale

determined prior to the flights with a hollow-cathode iron-emission lamp

(Hoekstra et al., 1978). The wavelengths reported in this paper have an internal

uncertainty of 0.05 A. The external uncertainty is mainly determined by the un-

certainty in the published radial velocities of the stars. We used the values

-5 km.s for a Boo, +S4 km.s for a Tau, +21 km.s for a Ori and -3 km.s for

a Sco (Hoffleit, 1964). The wavelengths given in this paper are in the reference

-83-



ALDEBARAN
(aTau)

1Å

JW.

2843.99 2868.87 2795.59 2802.75

Flg. 2. Emission lines in the BUSS spectrum of a Tau <K5 III). Format as for fig. 1.

system of the stars. Detector calibrations include the processing of the sensi-

tivity curves of each of the 1024 x 1024 pixels obtained during pre- and post-

flight calibrations with the continuous spectrum of a deuterium lamp. The

resulting intensity is linear at each resolution element with an uncertainty

of a few percent. Due to the lack of an absolute intensity calibration, the

strength of the emission lines of the four stars cannot be compared. Consequent^,

only a qualitative description of the observed emission lines is possible. The

scattered light background of the spectra is measured between the echellegram

orders and is assumed to r- resent the zero level. For all the emission line pro-

files shown in figures 1 through 4, also this zero level interorder signal is
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BETELGEUSE
( aOri )

Flg. 3a. Emission lines in the BUSS spectrum of a Or i (Ml-2 Ia-b). Fornt as for fig. 1.

shown, except for a few lines of a Sco where the continuum flux of the B star is

very strong and far above the interorder signal.

In spite of the lack of an intensity calibration, resulting in the impossi-

bility to make a quantitative analysis of these observations, we want to discuss

them here, because they present the first observations of these emission lines

apart from the Mg II h and k emission lines.

-85-



BETELGEUSE { cont. )

291700

2926 40 286115 317017

Fig. 3b. See fig. 3a.
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s\pf\i*h^

2964.53 2936.46

ANTARES ( aSco )

2880 73 2987 68

2748.00

2844 00

292700

Fig. 4a. Emission lines in the BUSS spectrum of a Sco (Ml.5 lab + B2.S V). Format as for fig- 1.
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I
2947 65

Fig. 4b. See fig. 4a.
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3. LINE IDENTIFICATIONS

The identifications of the emission lines were performed independently by

three of us, using the ultraviolet Multiplet Tables of Moore (1950, 1952, 1962);

the visible Multiplet Table of Moore (1945); the updates by Moore (1965, 1967,

1970, 1971); the Solar Spectrum by Moore et al. (1966); and the Tables of Spec-

tral Line Intensities by Meggers et al. (1975). We also used unpublished wave-

length tables constituting an extension to 3500 A of the Atomic and Ionic

Emission Line Tables (Kelly and Palumbo, 1973), generously provided by Kelly

(1977) in advance of publication.

In Tables 2 through 5 we list the observed emission lines as follows:

Column 1: measured wavelength (air) in R, in the reference system of the star;

Column 2: line identification in the format: ion (multiplet no.) laboratory wave-

length ;

Column 3: wavelength shift in A, from rest wavelength;

Column 4: comments.

Table 2. Emission lines in the BUSS spectrum of a Boo

A
meas

2715

2775

f 2795

1.2795.

J2802.

12802.

2823.

2844.

2852.

2868.

(8)

10

50

64

27

88

53

28

03

40

90

Identification

Fe 11(32) 75.34

Mg IKllk 95.52

Mg IIU)h 02.70

Fe I (44) 23.28

Fe I (44) 43.98

Mg I (1) 52.12

Fe 11(61) 68.87

â*(8)

+ .16

+ .12

-.25

+ .18

-.17

.00

+ .05

+ .28

+ .03

Comments

centroid of emission, width

absorption component

centroid of emission, width

absorption component

y G, upper state pumped via

(a F.-y G ) transition

y G. upper state pumped via

(a F - y G-) transition

->. 2.12 8

i. 2.29 8

H2795.54

A2795.54

*me a S.
 <8)

f2795.59

12795.31

r 2802.75

12802.51

2843.99

2868.87

Table 3. Emission

Identification

Mg I K D k

Mg II(l)h

Fe I (44)

Fe 11(61)

95.52

02.70

43.98

68.87

lines in the BUSS

AX (8)

+.07

-.21

+ .05

-.19

+ .01

.00

spectrum of a Tau

Comments

centroid of emission, width

absorption component

centroid of emission, width

absorption component

y G, upper state pumped via

(a F.-y G,) transition

•*. 2.02 8

> 1.5 8

A2795.54
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A (R)
meas.

2759.06

2769.35

2772.60

2775.03

Í2795.62

1.2795.45

[2806.66

12802.61

2823.06

2837.97

2839.39

2843.51

2843.85

2845.34

2848.01

2851.86

2861.15

2868.73

2880.25

2892.74

2907.80

2916.04

2917.36

2926.40

2945.17

2953.41

2964.55

2970.45

2970.36

2971.42

2984.71

2987.51

3002.26

3163.12

3166.56

3170.17

Table 4. Emission lines in

Identification

Fe 11(32) 59.34

blend of Fe I, Fe II

Fe 11(63) 72.72

wide blend

Mg II(l)k 95.52

Mg IIIDh 02.70

Fe I (44) 23.28

Fe I (44) 38.12

blend

blend of Fe I, Fe II

Fe I (44) 43.98

blend

blend of Fe I, Fe II, Mg I

Mg I (1) 52.12

Fe 11(61) 61.19

Fe 11(61) 68.87

blend

Fe 11(61) 92.82

Fe 11(60) 07.85

Fe 11(60) 16.15

Fe 11(61) 17.47

Fe 1I860) 26.58

Fe 11(60) 45.26

Fe 11(60) 53.77

blond of Fe 11(78)

Fe 11(60) 70.52

Mg 11(6) 71.70

blend of Fe 11(78)

?

?

Fe II<V7) 63.09

Fe II(V6) 66.67

Fe II(V6) 70.34

the BUSS

/U(8)

-.28

-.12

+ .10

-.07

-. 04

-.09

-.22

-.15

-.13

-.26

-.04

-.14

-.08

-.05

-.11

-.11

-.!8

-.09

-.36

(-.29)

-.07

-.16

-.28

(-.48)

+ .03

-.11

-.17

spectrum of a Ori

Comments

6 0
z D7/-, upper state possibly pumped via

J2797.04(a4F -Z6D° ) transition, AJ=1

may be strongest contribution from

possibly pumped Fe I (44) 2769.67, AJ=1

possibly Fe 11(32) pumped contribution

centroid of emission, width ^ 3.90 A

absorption component

absorption component

y G upper state pumped via A2795.54

la F -y G ) transition
5 0

y G- upper state possibly pumped via

A2795.54(a5F4-y
JG°) transition, AJ=1

y G- upper state pumped via A2795.54

(a F.-v G-) transition
4 * 3

possible Fe I {43) 80.58 and Fe II{61) 80.75

strong central absorption feature

Fe IIÍ7S) 65.04; 64.63; ^ 64.84

centroid of emission

absorption component

Fe II{78) 85. S4; 84.83; 'v. 85.19

possibly Fe 11(78) 02.65

see Boesgaard and Magnan {1975)

see Boesgaard and Magnan (1975)

see Boesgaaid and Magnan (1975)
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Unprefixed multiplets numbers are UV ones, V denotes visible multiplet numbers.

Laboratory wavelengths are given without redundant figures (e.g. 2775.34 reads

75.34). Table 2 through 5 are ordered by wavelength for each star.

Table 5. Emission lines in the BUSS spectrum of a Sco

Vas.*

2041.92

2068.22

2078.96

2123.09

2167.73

2177.91

2210.40

2216.55

2739.60

2746.54

2749.31

2755.71

2775.26

2785.16

ƒ2795.66

12795.34

f2302.77

12802.54

2823.21

2839.62

2843.53

2843.99

2845.37

2848.12

2880.73

2916.23

2926.54

2928.57

2936.46

2947.65

2953.76

2964.53

2970.52

2987.68

3002.76

3076.05

3159.93

Identification

blend

Fe 111(48} 68.24

Fe 111(48) 78.99

?

blend

Fe I (21.22) 78.07

•3

? v r
Fe 11(63) 39.55

Fe 11(62) 46.49

blend Fe 11(62,63)

Fe 11(62) 5S.73

Fe 11(32) 75.34

Fe 11(373)85.21

Mg I (l)k 95.52

Hg IKDtl 02.70

Fe I (44) 23.27

blend

blend of Fe I, Fe II

Fe I (44) 43.98

blend

blend of Fe I, Fe II, «g I

Fe 11(61) 80.75

Fe 11(60) 60.15

Fe 11(60) 26.58

Mg 11(2) 28.63

Mg 11(2) 36.50

Fe 11(78) 47.66

Fe 11(60) 53.77

Fe 11(78) 64.63

Fe 11(60) 70.52

blend

Fe 11(78) 02.65

?

p

ax(8)

-.02

-.03

-.16

+.05

+ .05

-.02

-.02

-.08

-.05

+.14

-.18

+ .07

-.16

-.06

+ .01

-.02

+ .08

-.04

-0.5

-.04

+.01

-.01

-.10

.00

+.11

Comments

possible contribution from Si 1 (49) 22.99

Si II, Cr II, Fe II ?

possibly Ni II, Cr I

P Cygni wing?

average of blend components i 49.33

centroid of emission, width i 3.65 A

absorption component

centroid of emission, width % 3.15 X

absorption component

y G upper state pumped via X2795.54
5 5 0

(a F.-y G ) transition

y G upper state pumped via X2795.54

(a F.-y Gj) transition
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In Table 6 we summarize the identifications for the four stars by an ar-

rangement by multiplet, allowing a comparison between the stars. In this table

we converted the wavelength shifts to Doppler shifts in Jan. s

2)78.07

2843.98
2769.67

2B3B.12

2759.34

2775.34

2907.BS

2916.15

2926.59

2945.26

2970.Sl

2861.19

2868.87

2880.75

2892.82

2917.47

2746.49

2749.32

2755.73

2749.18
2749.48

2739.55

2772.72

2984.83
29*5-04

2964.63

3002.65

2965.55

3166.67

3170.34

3163.09

2068.24

2078.99

2852.13
2795.52

2802.70

2928.63

2936.Sl

2971.70

2122.99

Tl*..."1

of Fe
«•lesion

lines

Identifica*

Ion

I F . I

Fe I

Fe I

Fe I

Fe II

Fc II

Fe II

Fe II

Fe II

Fe II

Fc II

Fc II

Fc IX

re IX
Fc IX

Fc IX

Fa IX

Fc II

Fc II

Fc II
FC IX

Fc IX

Fc XX

Fc II
Fc 11

Fe II

Fc II

FC II

re II
FC II

Fe II

Fe III

Fe x i l

Hg I

Hg XI

Ng II

Hg II

Mg II

Hg II

i i

(UV>

21

22

44

44

44

32

32

60

6 0

6 0

6 0

6 0

61

6 1

61

61

61

62

6 2

6 2

6 3

6 3

6 3

6 3

78

78

70

78

78

V 6

V 6

V 7

4 8

48

1

1

1

2

2

6

49

ion

low

O.OS

0.09

0.99

0.86

0.99

0.30

0.35

0.9B

0.98

0.98

1.04

1.07

1.07

1.04

0.98
1.07

1.04

1.07

1.04

0,98

1.07
1.09

0.98

I . W

1.66
1.69

1.72

1.69
1.72

1.66

1.69

1.66

5.06

S.06

0.00

0.00

0.00

4.42

4.43

9.96

0.78

M a

5 , 7

5 , 3

5 . 3

5 . 3

4 , 7

4,80

5.2

5 . 2

5.20

5.23

5.23

5.39

5,34

5,27

5,34

S.27

S.57

5.52

5.46

5.S6
5.58

5.49

5.49

5.00
5.85

5.88

5.80

5.85

5.56

5.58

S.S7

1.03

1.00

4.34

4.43

4.42

8.65

8.65

4.11

6.59

Table 6. Balsslon lines

2843.99

2775.26

2916.23

7926.54

2970.52

2880.73

2746.54

(2749.31)

2755.71

(2749.31)

(2749.31)

2739.60

2964.53

3002.76

2068,22

2078.96

2795.66

2795.34

2802.77

2802.54
2928.57

2936.46

2123.09)

• SCO

-32

• 1

- 9

+ 8

- 4

0

- 2

• 5

- 2

• S

- 1 0

+11

- 5

- 3
- 4

+15

- 1 9

+ 7

- 1 7

- S

- 4

-2*7

2B43.85

(2769. 35
2837.97

2759.05

12775.03

2907.80

2916.04

2926.40
2945.17

J2970.45

[2970.36

2B61.15

2B6B.7J

(2880.25)

2B92.74

2917.36

2772.60

(2984.71)

(2964.551

(2964.55)

3002.26)
(2984.71)

3166 .«
3170.17

3163.12

2851.86

2795.62

2795.45

2802.66

2802.01

2971.42

arranged by multiple
i On

- 1 4

- 1 6

- 3 1

- 5

- I t

- 1 8

- 9

- 7

- 1 6

- 4

- 1 5

- B

- 1 1

- 1 3

- 1 0

- 1 6

* 3

- 2 7

+11

- 7

- 4

-to

-28

-I4(f9)

• Tau

was.

2841.99

2B6B.87

2795.59

2795.31

2802.75

2802.SI

• 1

0

• 7

-23

• 5

- 2 0

•0.5(t0.7

i Boo

2844.0

2775.S

2B6B.90

2852.40

2795.64.

2795,27

2802.88

2802.53

• b

• 1 7

•* 3

+29

+12

- 2 7

• 19

- 1 8

+61S7)

blend

ptMped

part of blend

possibly piMped

part of blend

ealsslon

absorption

o Or i : part of blend

part of blend

pars of blend
par« of blend

part of blend
part of blend

a Orl: pa^t of blend

part oc blend

Mission

absorption
Mission

absorption

part of blend
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During the sorting and sifting process producing the final line lists, it

became apparent that certain multiplets of Fe I, II and III unmistakably dominate

the emission line spectrum, apart from the Mg II resonance lines. A conscious

effort was thus made to find other and fainter members of these multiplets, that

may not have been detected during the first unbiased search. Due to this clear

dominance of Fe emission lines, preference was given to identification of emis-

sion lines as Fe lines if possible. Identification of single lines of other spe-»

cies was complicated by the spurious detector blemishes. The result is thus a

consensus opinion weighted in favor of those lines having corroborative evidence

in the form of other multiplet lines. Giotian diagrams showing the relevant

levels and transitions of Fe I, Fe II and Fe III lines are presented in Fig. 5.

10

ev

8 - ' / / / / / / / / / / / / / / / / / / •

Fel ( I. P =7.86 eV )

. I -i- I I i
5po 5 D 5 F Sf' r

FeU ( I. R; 16.16 eV) Fem ( I P=3048*V)

5Do SpO
I

1
• « •

n
o
0
Oi
iC

a
en
2

s1 ^ .

<v
i <

t j

f

Fig. S. Grotian diagrams for Fe I, Fe II and Fe III showing the observed emission lines. The solid lines

(with downward arrows) indicate the observed transitions. The dashed lines (with upward arrows) indi-

cate the transition? which correspond in photon energy with the Mg II resonance lines, if a dashed

line has also a downward arrow than this transition is also observed in emission. The energy of the

Mg II h and k emission lines is indicated.
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4. DESCRIPTION AND DISCUSSION

A^ a Boo and a_Tau

i) The Mg II h and k emission lines

The strong, asymmetric selfreversed Mg II resonance emission lines (shown in

Fig. 1 and 2), suggest a hot chroraospheric layer with a mass outflow of about

-20 km.s , as measured from the wavelength of the central absorption. However,

both stars also show the Mg II emission lines to be redshifted overall with in-

flow velocities of +5 to +20 km.s , as/measured from the centroid of the emission

feature. The ratio of k_ , the red emission peak, to k_ , the blue emission peak,

is larger in a Boo than in a Tau (both > 1). Both resemble the 4 May 1975 Ca II K

line profile of a Boo obtained by Chiu et al. (1977). This observation differs

from the five other profiles that Chiu et al. show, which are nearly symmetric or

have K_ slightly larger than K_ . The observation of 4 May 1975 shows a blue

shifted absorption component, and there is a slight indication that the whole

emission feature may be redshifted, similar to the Mg II profiles presented here.

The earlier observed Mg II h and k profiles of Moos et al. (1976) for o Boo, are

and those of McClintock et al. (1975), and of Kondo et al. (1976) for a Tau, are

qualitatively the same as those presented in this study. But none of these obser-

vations had the spectral resolution or the wavelength calibration accuracy to

establish a net redshift of the overall emission as we found in the BUSS obser-

vations. Kelch et al. (1978) give for a Tau a typical temperature for the

mid-chromosphere of T
-4 —2

10 000 K and a pressure P * 7 x 10 dyn.cm

ii) The Fe emission lines

The emission in two Fe I lines seen by us in the spectrum of a Boo and in

one Fe I line in the spectrum of a Tau is probably caused by pumping due to the

strong Mg II k A2795.54 radiation (see Fig. 5), as suggested by Gahm (1974). The

Fe I (UV44) lines at X 2823.27 and A 2843.98 share a common y G upper

state with Fe I (UV44) X l a b 2795.54. Photo-excitation of the y G level by ab-

sorption of the Mg II k A2795.54 radiation will cause the Fe II AA2823.27,

2843.98 lines to fluoresce. The A-values of the three transitions are

8.44 x 106 s"1 (A2795.54), 7.20 x 107 s"1 U2823.27) and 1.23 x 108 s"1 (A2843.98)

(Corliss and Tech, 1968). From the ratio of the first one to the latter two, it

is clear that over 95 percent of the photons absorbed out of the Mg II flux will

reappear as one of the two Fe I emission lines of mult. ÜV44. The ratio of

X2844/X2823 is expected to be •*> 1.7, the ratio of the A-values. Since the lines

appear within one spectral order we can roughly estimate their observed ratio.
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this being t> 1.5, which is in reasonable agreement with our expectation. Since

the strength of these lines is controlled by the Hg II flux it is not a priori

clear in what region of the stellar atmosphere or envelope they are formed. They

could be either circ.umstellar envelope lines pumped by chromospheric radiation

from below, or photospheric in origin pumped by chromospheric radiation from

above. The observed small Doppler shifts of the Fe I emission lines (Table 6)

tend to be in favor of the latter interpretation, since the Mg II resonance ab-

sorption lines for the two stars, presumed to originate in the upper-chromosphere

or higher, show large Doppler shifts P* -20 km.s" ). It seems unlikely that the

Fe I lines are formed in the chromosphere itself, because of the low ionization

potential of neutral iron and the absence of an appreciable radial velocity.

The two Fe II emission lines in the spectrum of a Boo and the Fe II line in

the spectrum of a Tau originate perhaps in the chromosphere, as one of them has

a substantial redshift (a Boo, Fe II (UV32)). The fact that only these few lines

are seen, in contrast to the rich Fe II emission line spectrum of the 'M-type

super7iants a Ori and a Sco, may be due to the fact that for a Tau the exposure

time was relatively short, and that for a Boo the photospheric absorption spec-

trum, with such a high line density that the continuum is not seen, contaminates

the emission line spectrum.

The Mg I resonance line, in emission in the spectrum of a Boo, indicates a

large outflow velocity, but this must be viewed with some caution, as the line

profile is narrower than the spectral resolution of 0.1 A* and its identification

may be suspect.

We may conclude that the two K-type giantis possess chromospheres. The time

variability of the Ca II K line (Chiu et al., 1977), the CO spectrum observed and

modelled by Heasly et al. (1978), and the evidence presented here for both inflow

and outflow of chromospheric material, ask for a dynamic model to explain these

phenomena, which is not available.

For the M supergiant a Ori our most important result is the blue shift of

all emission lines (shown in Fig. 3) with respect to an adopted photospheric ra-

dial velocity of +21 (+ 4) km.s (Adams, 1956). This is in sharp contrast to the

overall redshift of 'v +5 km.s found by Boesgaard and Magnan (1975) for 17 Fe II

emission lines in the visual wavelength region. As discussed therein, all the
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Visual Fe II emission lines are asymmetric and mutilated by circumstellar ab-

sorption. As a result it is not possible to ascertain unambiguously a wavelength

for the emission centroid, given the small signal-to-noise ratio of the emission

lines (S/N * 5-2) in the BUSS spectrum of a Ori. However, the general blue shift

of the UV emission lines relative to the photosphere leads to the conclusion

that the average outflow of -14 (+ 9) km.s derived from all the Fe emission

lines is real.

i) The Fe emission lines and other metal lines

The Fe I (UV44) pumped lines discussed above for a Boo and a Tau are also

present and show the same radial velocity as the Fe II lines. Another Fe i (UV44)

line at X 2838.12 and a blended line at A 2769.67 may be due to pumping by

the same mechanism, since the upper levels of these two transitions are members

of the same term as the pumped transition, with an energy difference of only

0.08 ev.

The Fe II (OV32) line at X2759.34 with upper level z D ? / 2 may be due to

pumping by the broad Mg II k emission line at A 2795.62, via the transition
A £L f\ ODS

Fe II (a F, ., - z Dc/_) X . 2797.04, since the upper levels differ only by 0.03

eV. The Fe II (UV32) line at \^ . 2775.34, possibly contributing to a blend at

2775.03 A, may also be pumped by this same transition. Neither of these two

pumped Fe II lines appear in a Boo and a Tau, since their narrower Mg II k pro-

files do not extend to 2797 A, and thus provide no radiative pumping.

Using the very useful tabulation of fluorescence lines published by Gahm

(1974), the following emission lines may also be identified in our spectrum of

a Ori:

- Fe II (UV294) X2843.49, pumped by Mg II X2795.54

- V II (UV160) X2845.24, pumped by HE X3970.07

- V II (UV82) X2879.97, pumped by Mg II X2802.70

- Si I (UV42) X2987.65, pumped by HS X4101.74.

The other Fe II emission lines in Table 4 can not directly be explained by

pumping by H, Mg II and Ca II emission, on which the list of Gahm is based. It

is unlikely that these Fe emission lines are due to recombination: If recombi-

nation from Fe to Fe would occur, we would also expect to observe e.g. Mg II

(UV2) XX2936.51, 2928.63 in emission as well, since Mg and Fe have approximately

the same cosmic abundance, Mg and Fe have approximately the same ionization

potential, and the recombination coefficients (House, 1964) are equal within a

factor two. Since we do not observe Mg II emission lines other than the resonance
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doublet in our spectrum of a Ori, we may rule out recombination to explain the

presence of Fe II emission lines. The suggestion presents itself that these Fe II

emission lines also may be due to fluorescence processes by possibJe emission in

the many resonance lines in the far ultraviolet.

ii) The Mg II h and k emission lines

A striking feature of the a Ori spectrum is the difference between the Mg II

h and k lines. In the spectra of the other three stars discussed in this paper,

the two lines have qualitatively similar characteristics, but in the case of

a ori, the asymmetry of the k line contrasts sharply with the symmetric h line.

The mechanisms by which one or the other of the lines may be modified by ab-

sorption or emission due to other species present in the chromospheric region

or circumstellar envelope, have been discussed by Modisette et al. (1973) and by

Bernat and Lambert (1976a). The latter present evidence that the Mg II k line is

subject to a large amount of absorption due to the two resonance lines Fe I (UV3)

,\, , 2795.01 and Mn I (UVl) X, . 2794.82. The photons absorbed out of the blue
lab lab

emission lobe of the k line are converted to visible photons by fluorescence and

thus escape. One such fluorescence line, Fe I X . 4307.91, is observed by Bernat

and Lambert (1976a) and was used to estimate the k absorption. Our observation

suggests an absorption feature centered on X2794.69. If this is the Fe I (UV3)

À2795.01 line, its blue shift is -0.31 8, which seems rather high. If, however,

this is the Mn I line, its blue shift of -0.13 A is consistent with the average

blue shift of the emission line spectrum. Based upon this evidence, we are in-

clined to take the h line as representative of the intrinsic chromospheric emis-

sion profile. The blue shifted absorption of the k line (-0.07 X), consistent with

that of the h line (-0.09 A), is probably not affected ouch by any overlying ab-

sorption, but the location of the k emission centroid at +.10 X is probably due

to absorption of the true chromospheric radiation by the CS Mn I (UVl) absorp-

tion line.

iii) The velocities

The overall picture which emerges for a Ori (Table 7) shows a positive ve-

locity gradient. The centroid of the Mg II h line is taken to be indicative of

the outflow velocity in the low- and mid-chromospheric layers ("v 5 km s )- 5 km. s ), the

-5 to -10

-14

km.s ) may be formed above the chromosphere, in the very extended circumstellar

envelope. The enormous extent of the circumstellar envelope is discussed at

length by Bernat (1977) and Bernat et al. (1978). This picture of an accelerating

absorption in h and k showing a higher upper-chromosphere velocity

km.s ). The Fe I and Fe II emission lines, showing the highest velocity

s )
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Table 7. Suggested velocity field for the outer layers of a Ori

Region

Lower and mid chromosphere

Upper chromosphere

Circumstellar envelope

Velocity

(km.s"1)

T, -5

"v -5 to -10

-*, -14

Spectral lines

Hg II h & k emission

Mg II h & k absorption

Fe I, Fe II emission

outflow in the region immediately above the photosphere is diametrically opposed

to the observations and model of Boesgaard and Magnan (1975) and thus possibly

shows a different phase for a Ori. Apparently, locally matter alternately streams

out and subsequently falls back to the star, with a superimposed stellar wind as

shown by the stationary outflowing circumstellar absorption lines (Reimers, 1975;

Bernat, 1977). The variable character of a Ori was noted by Jennings and Dyck

(1972) when they found this star to be the only exception to their grouping of

late type stars into those having large intrinsic polarization and little Ca II

K emission and vica versa. The hypothesis, investigated by Jennings (1973), that

this grouping implies that dust grains quench any chromospheric temperature rise,

together with the exception of o Ori to the grouping, suggests that perhaps an

unstable situation exists for a Ori, which may explain alternate inflow and out-

flow of matter. It would be of great value to look for any other irregular vari-

ability of a Ori, especially in the IR dust emission or in the polarisation.

The observed alternate inflow and outflow of matter may be explained by the

giant convection cells hypothesis of Schwarzschild (1975). He assumed that the

vertical size of convection elements in the photosphere of late type stars would

be essentially equal to the thickness Az of the region where the logarithmic

temperature-pressure gradient of the convective elements exceeds considerably

that of the surroundings. Guided by the solar case, where Az * 200 km, while the

convective elements have a horizontal scale of about three times this value, he

assumed further that the horizontal extend, d, of the convective elements in

M-supergiants should be d = 3 x Az. Thus, one calculates for a Ori and a Sco

(Teff * 3500 K, log g * 0) convective elements with a vertical size of 1.8 x 10

cm, which is approximately 0.3 R . Independently, Tinbergen and De Jager (1978)

found from polarization measurements of a Ori indications for the existence of

individual elements with a characteristic lifetime T * 1 yr. Ät any time only

a few convection elements would be visible on the stellar surface, and the

,13
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observer would record a net radial velocity shift for the broad spectral lines.

We may assume that the photospheric motions of giant convection cells will cause

similar motions in the chromospheres of the M-supergiants. The observed vari-

ations in the radial velocities of the chromospheric Mg II resonance lines are

of the order of the expected velocities of the convection cells.

C._ a_Sco

The observed spectrum of a Sco is a composite spectrum of the emission line

spectrum of the Ml.5 lab supergiant, and the photospheric spectrum of the B2.5

main sequence secondary (section 2). Because of its high rotational velocity of

^ 250 km.s (Kudritzki and Reimers, 1978), the B star spectrum is rather flat

and featureless except for a few CS absorption lines (Van der Hucht et al., 1978),

and thus provides a nice zero level reference flux for the emission line spec-

trum (see Fig. 4). The physical situation in the extended envelope of the M star

is, at least locally, altered by the presence of the B star. This is indicated by

the presence of two strong Fe III (UV48) emission lines not seen in the spectrum

of the other three stars. This higher stage of ionization is undoubtedly caused

by the B star, and the Fe III emission is either due to recombination following

photoionization by the large UV flux, or due to deexcitation following enhanced

collisional excitation and ionization in a shock region where material in the

mass loss of the M star collides with the wind of the B star (Kudritzki and

Reimers, 1978).

i) The Fe emission lines and other metal emission lines

The emission line spectrum of a Sco is qualitatively similar in Fe I and

Fe II compared with the spectrum of a Ori. The pumped Fe I (UV44) lines at
Alab 2 8 2 3- 2 8 a n d ^lab 2843.98 are present, along with the multiplets of Fe II,

which are found also in cc Ori. Using the tabulation of pumped lines published by

Gahm (1974), the following emission lines may also be identified in our spectrum

of a Sco:

- Fe II (UV294) A2843.49, pumped by Mg II X2795.54

- V II (UV160) A2845.24, pumped by He A3970.07

- Si I (UV42) A2987.65, pumped by Hõ A4101.74.

The presence of the Mg II (UV2) A 2928.57 and A 2936.46 emission

lines in the spectrum of a Sco (which we did not observe in the spectrum of

a ori) is consistent with the higher degree of excitation and ionization condi-

tions inferred from the presence of the Fe III emission lines. The formation of
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these Mg II (UV2) lines can be attributed either to recombination, or to enhanced

collisional excitation in a shock region, but is in either case due to the pre-

sence of the B star.

ii) The Hg II h and k emission lines.

The Hg II h and k emission lines in the spectrum of a Sco show a redshift

pointing to an inward flow of +7 to +15 km.s . On top of the h and k emission

lines is a blue shifted absorption component with a velocity of 'v -18 km.s

The absorption components are probably formed throughout the envelope, as the

Mg II absorption components toward the M star and toward the B star blend

smoothly with each other in our composite spectrum. (The intrinsic photospheric

Mg II h and k absorption lines of the B star are smeared out by the large rota-

tional velocity of the B star of the order of 250 km.s ) .

iii) The velocities

CS absorption lines of Mg I, Cr II, Fe II, Ni II and Zn II are observed in

the line of sight to the B star with a projected radial velocity of - 1 8 + 6

km.s" at a distance from the M star of r * 1350 AU (Van der Bucht et al., 1978).

This, together with the velocity of the Mg II h and k absorption component,

shows a fairly constant velocity throughout the circumstellar envelope around

the M supergiant. The Fe I and Fe II emission lines show an average velocity of

- 2 + 7 km.s . As argued before for a Boo and a Tau the velocity of the fluores-

cent Fe I lines suggest that they are formed above or below the chromosphere.

Table 8 summarizes the suggested velocity field.

Table 8. Suggested velocity field for the outer layers of a Sco

Region

Above or below the chromosphere

Lower and mid chromosphere

Upper chromosphere

Circumstellar envelope

Velocity

(km.s"1)

-v -2

* +11

•v- -18

i. -18

Spectral lines

Fe I, Fe II emission

Mg II h & k emission

Mg II h & k absorption

Mg I, Mg II, Cr II, Fe II,

Zn II, Ni II absorption
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5. CONCLUDING REMARKS

For the four stars reported here, we compare in Table 9 our Hg II line

widths with those of Kondo et al. (1976), and compare them to their linear fit

M versus the logarithm of the bottom widths W in km.s , i.e. the Mg II

Wilson-Bappu relation, for 13 stars considered by Kondo et al. Although the

general trend of the relationship is correct, the particular fit for the four

stars reported here is not good: it shows a systematic difference between our K

giants and H supergiants. A more complete set of BUSS observations of the Hg II

emission lines of late type stars is currently in progress (Haisch et al-, 1978).

Table 9. The Mg II Wilson-Bappu relation

Star

a Boo

a Tau

a Ori

a Sco

M 1 }

V

-0.2

-0.7

-6.0

-5.72)

This study

W(8) log W {km.s"1)

2.2 2.37

2.0 2.33

3.7 2.60

3.4 2.57

Kondo et al. (1976)

Observed Predicted

W(8) log W (km.s~l

2.2 2.33

2.75 2.37

3.75 2.80

2.77

Notes: Allen (1973), p. 235 e.v.

' Van der Hucht et al. (1978)
3 ) M = -12.45 (log W (km.s"1)) + 28.78

In our search for emission lines in the spectra of the four stars a Boo,

a Tau, a Ori and a Sco we note the absence of any O III fluorescence lines, which

were predicted by Bowen (1935) and Haisch et al. (1977). Due to a wavelength

coincidence between the He II Ly-a line at 303.780 A and an O III resonance

transition at 303.799 R, it is possible that numerous O III lines between 3024 Å

and 3444 A may appear in emission due to cascading. Since we did not observe

these lines with BUSS, they are probably below its limit of detectability. A

second wavelength coincidence in the cascade chain between O III A374.436 and

N III A374.441 could give rise to secondary fluorescence in the visible spectrum

by N III. Some of these lines are seen in gaseous nebulae (Osterbrock, 1974). As

indicated by the pumped Fe I and Fe II lines in this paper and the O I pumping

by Ly-ß discussed by Haisch et al. (1977), the link between the spectra of
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photospheres, chromospheres and circumstellar envelopes of late type giants and

supergiants, produced by fluorescence mechanisms is worthy of further investi-

gation. The list of Gahm (1974) is restricted to lines pumped by emission in the

Lyman and Balmer lines of hydrogen and in the resonance doublets of Mg II and

Ca II. Extension of this list to lines pumped by emission in the many other re-

sonance lines in the far-ultraviolet would be useful. It might very well be

possible that all emission lines of Fe and other metals, apart from the Mg II and

Felll emission lines, which we observed in the ultraviolet wavelength region and

others in the optical wavelength region (references, see section 1) are

fluorescing lines.
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CHAPTER IV

ANS ULTRAVIOLET OBSERVATIONS OF WOLF-RAYET STARS

SUMMARY

Observations are presented of 36 Wolf-Rayet stars in the 1550-3300 8 spec-

tral region, obtained with the ultraviolet spectrophotoraeter on board the ANS

satellite. For the 20 supposedly single WR stars the data are reduced, elimina-

ting the contributions of emission lines and interstellar reddening, and thus

provide continuous energy distributions.

For a few WR stars for which distances are available, absolute visual magni-

tudes are derived. For three WN7 stars we find M = -6.9 +0.2, confirming that

WN7 stars have the brightest absolute visual magnitudes among the WR stars.

Helium-rich Cassinelli-Hartmann and Hartmann-Cassinelli type model

atmospheres are computed and energy distributions are tabulated. The latter model

is proposed to be the best representation of a very extended WR star atmosphere.

The difference in energy distribution between hydrogen-rich and helium-rich

models is found to be marginal.

Comparison with the observations shows that most WN stars generally agree

well with the model of Hartmann-Cassinelli, while WC stars are generally seen to

be less extended. The stars HD 50896 (WN5) and HD 191765 (WN6) show much larger

UV deficiencies and IR excesses than predicted by this model. This suggests that

the atmospheres of these two stars could-be even more extended and/or could be

surrounded by dust shells, causing transfer of UV to IR radiation via flux re-

distribution. The two stars are each known to be the central stars of ring

nebulae, which may be the location of the dust. The star HD 115473 (WC5) also

shows s large UV deficiency compared with the used model, but no IR data are

available as yet.

Keywords: Atmospheres: Stellar - Stars: individual -

- Stars: Wolf-Rayet - Ultraviolet: photometry.
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1. INTRODUCTION

This paper reports on medium bandwidth ultraviolet photometric observations

of 36 Wolf-Rayet stars which have been obtained with the ANS satellite. This re-

presents the largest set of ultraviolet observations of WR stars available to

date, and, provided that the influence of emission lines can be eliminated,

allows one to determine continuous colour excesses and relative continuous

energy distributions of WR stars. Because of the unknown contribution to the

continuum from binary companions, we shall consider only WR stars which are

single according to Smith (1968a). The interstellar extinction can be determined

most accurately from the amount of interstellar extinction at 2200 A, where the

interstellar extinction curve has a local maximum. The ANS observations allow us

to measure the interstellar extinction fairly accurately, and to derive the in-

trinsic energy distributions. For seven WR stars with known distances, the abso-

lute visual magnitudes can be derived.

The continuous energy distribution of WR stars has been the subject of many

studies (e.g. Kuhi, 1966, 1968; Holm and Cassinelli, 1977; Willis and Wilson,

1978). In the ultraviolet wavelength region WR stars show rather flat energy

distributions, related to the extension of their atmospheres and the strong

stellar winds. Lately the emphasis has been mainly on the infrared wavelength

region (e.g. Allen et al., 1972; Hackwell et al., 1974; Cohen et al., 1975),

where most of the WR stars display excess radiation, compared with normal early

type main sequence stars, notably longward of 10 um. The infrared radiation ex-

cess is for most WR stars attributed to free-free emission from a hot

(T ^ * 30 000 K) circumstellar gas envelope, which becomes optically thick at

long wavelengths. The infrared radiation excess of WC8 and WC9 stars is ascribed

to black body emission from a cool (T * 1000 K) circumstellar dust shell, which

contains graphite (Gehrz and Hackwell, 1974).

A theoretical model atmosphere for WR stars has been constructed by

Cassinolli and Hartmann (1975), predicting both a flat energy distribution in the

ultraviolet and a moderate infrared excess. In this model the size of the infra-

red excess is determined by the density gradient in the outer layers of the

atmosphere. Hartmann and Cassinelli (1977) and Hartmann (1978) compute on empi-

rical arguments the flux distribution necessary to explain the observed infrared

excesses. The density distribution of a nearby isothermal wind can be determined

from observation at wavelengths where the free-free opacity k, is the dominant

source. Since k, "v- X
A

the effective radius of a star increases with wavelength,

which is thus a factor contributing to emission excess.
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Since WR stars are likely to have lost most of the hydrogen from their

atmospheres (Smith, 1972), we shall consider in this study helium-rich

Cassinelli-Hartmann and Hartmann-Cassinelli type models and compare their enery

distributions in the ultraviolet with the ANS observations of single WR stars.

We shall show that the continuum energy distribution is not a good indi-

cator oi the helium abundance, nor of the effective temperature, but only of the

extension of the WR atmosphere.

2. OBSERVATIONS

36 Wolf-Rayet stars were observed with the ultraviolet photometer of the

Space Research Department of the university of Groningen on board the Astronomi-

cal Netherlands Satellite (ANS), which was in operation from 30 August 1974 to

25 April 1976. Table 1 lists the observed stars by their running number in the

catalogue of Roberts (1962), by HD number, and by name.

A description of the instrument has been given by Aalders et al. (1975) and
2

Van Duinen et al. (1975). The instrument is essentially a 260 cm Cassegrain

telescope with a five-channel grating spectrometer with a 2!5 by 2!5 field of

view. The pointing accuracy is 20". The central wavelengths and bandpass widths

(between parentheses) are 1549(149), 1799(149), 2200(200), 2493(150), 3294(101),

all expressed in A. The instrument response function for each bandpass is al-

most rectangular. The 1550 A* channel has the additional capability that it can

be narrowed to a width of 50 8, centered at 1545 X, thus containing the

C IV A1550 doublet. We shall refer to the wide and narrow 1550 8 channel as 1550 W

and 1550Nrespectively. The pulse counting photomultipliers provided sufficient

sensitivity for the instrument to give good statistics for an unreddened B0 V

star of magnitude m =11.

A detailed account of the observation and data reduction procedures of ANS

is given by Wesselius et al. (1978). The absolute calibration of the instrument

is discussed by Wesselius and Koester (1978). We have used the ANS - S2/68 cali-

bration (Wesselius, 1977), which matches the observations of these two satellite

spectrophotometers for a number of standard stars. The differences between the

ANS laboratory and the ANS-S2/68 calibrations are respectively -9, -1, +3 and

+2 percent in the 1550, 1800, 2200 and 2500 A* channels. For the 3300 A* channel

the calibration is based upon a comparison of ANS observations of standard B3 V

stars with model flux predictions of Kurucz et al. (1975).

The fluxes calibrated in this way are expressed in magnitudes m., using
•9 «In 1

m^ = -2.5 log F^ (erg.cm s~ A ) -21.10 (Oke and Schild, 1970). They are pre-

sented together with la errors in Table 2. The errors only refer to the
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Table 1. Wolf-Rayet stars observed by ANS

HR

1

e
t

19

25

26

34

36

40

42

43

46

47

49

SO

56

58

64

68

69

84

85

94

95

99

100

101

102

103

104

106

107

108

116

118

120

HD

400

5089

6291

8616

9274

9313

9654

971S

10499

E31188

113904

115473

117297

117688

119078

136488

143414

151932

156327

156385

165763

168206

186943

187282

190918

191765

192103

192163

192641

193077

193576

193793

193928

211853

214419

219460

Nane

EZ CHa

6 Mus

CV Ser

V1042 Cyg

V444 cyg

GP Cep

CB Cep

Sp. Typea

HN5

WN5

MN6-C7

WN8

WN7

WN7

HN8

WC7+B0 V

WH3

HN6

WC6+O9.S I

HC5

WC7

NN6-C

WC7

HC9

HN6

HN7

WC7+B0 V

MC7

WC5

WC8+B0

WN4+B

WN4

HN4.5+O9.5 Ia

HN6

WC8I+OB)

WN6

WC7+Be

WN5(+OB>

WN5+O6

HC7P+O5

WN6+OB

WN6+B0 I

WN7+O7

WN4.5+B0

a)
V

10.54

6.94

10.56

8.43

6.44

6.49

7.85

8.25

10.96

11.09

5.69

9.98

11.06

10.87

10.11

9.43

10.22

6.61

9.73

7.45

8.25

9.43

10.36

10.56

7.48

8.31

8.51

7.73

8.18

8.21

8.27

7.19

10.15

9.20

8.94

10.03

Other UV observations

1,2, 5, 7,8,9,10,11,12

3,4, 11

4

12

4, 6, 10, 12

4

4, 10, 12

4, 10

12

4, 12

4,5, 10

2, 4, 10

4.5, 10

12

10, 12

12

Remarks

WN5-BC>; ring nebula S3082i

WNB-AC)

HN7-ACl: «O-B1 I*'

HU6-AC); «J-Bl I*'

WNB-ABC>; ring nebula RCB58b)

WN7-AC'j +O-B1 I4'

WN4-(A)B*O9.7 Iat>C'

WN6-BC'; ring nebulad>

HN6-BC>; ring nebula NGC6B882'

NN5-AB+OB n?cl

MN4-AB+O6-8IIIC)

WN6-AB+O6-B0 III i in nebulac)

WN6-A(B)C'

WN5-A(B)+OBC); ring nebula S157

References

1. Smith (1972, 1973)

2. Johnson (1973)

3. Davii et al. (1973)

4. Henize et al. (1975)

5. Cucchiaro et al. (1975a, 1975b)

6. Hutchings (1976)

7. code and Heade (1976)

8. Janar et al. (1976)

9. Köln and Cassinelli (1977)

10. willis and Wilson (1978)

11. Johnson (1978)

:2. Burton et al. (1978)

Saith (1968), b ) Horton (1970, 1973), cl Walborn (1974), Craapton (1971)
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Table 2a. The ANS observations of single WR stars

single NN star*

1550 H 1550 H 1800 2200 2500 3300

10499«

1S7282

4004

50696

E3I1884

143414

19176S

192163

92740

93131

151932

86161

96548

IMS

W 5

W 6

HH6

me
NN6

HT7

mi

OKI

10.96

10.56

10.54

6.94

11.09

10.22

S.31

7.73

6.44

6.49

6.61

8.43

7.85

7.89 (2.05)

7.644(2.0141

9.65 (2.12)

3.249(2.004)

5.964C2.0OB)

S.720(2.0U)

3.865(2.008)

3.438(2.004)

4.933(2.008)

7.160(2.043)

5.90 12.01)

7.82 (2.031

7.563(2.006)

9.57 12.03)

3.132(2.005)

12.3 (2.6)

8.036(2.008)

5.898(2.015)

5.605(2.005)

3.809(2.004)

3.377(2.002)

4.858(2.005)

7.006(2.004)

5.69 (2.01)

8.47 (2.03)

8.05512.013)

10.35 12.04)

3.959(2.001)

12.2 (2.3)

8.287(2.006)

6.404(2.012)

6.321(2.021)

4.163(2.003)

3.746(2.006)

5.175(2.0041

7.072(2.004)

5.79 (2.01)

1.09 (2.05)

.308(2.006)

.76 (2.09)

.528(2.002)

.4 (2.5)

.316(2.008)

.35212.009)

.125(2.005)

.447(2.003)

776(2.005)

.890(2.005)

172(2.004)

58 (2.01)

9.71 (t.04)

9.012(2.007)

•1.20 (2.07)

4.925(2.002)

12.8 (2.4)

8.947(2.012)

7.054(2.010)

7.273'2.004)

5.039(2.044]

4.668(2.001)

6.O5242.OO4)

8.096(2.004)

6.98 (2.01)

10.12 (2.09)

9.245(2.013)

10.94 (!.OB>

5.574(2.005)

11.1 (2.1)

9.089(2.011)

6.95612.009)

6.934(2.004)

5.265(2.004)

5.065(2.003)

5.781(2.004)

7.677(2.005)

6.88 (2.01)

HR

46

84

47

50

69

56

Single MC stars

HO

115473

165763

117297

119078

156385

136488

Sp. Type

MC5

WC5

HC7

WC7

HC7

HC9

«V

9.98

8.25

11.06

10.11

7.45

9.43

• . (aeasured)

1550 N

7.41 (2.02)

3.773(2.005)

10.7 (2.4)

6.995(2.013)

4.029(2.014)

8.861(2.034)

1550 »

7.91 (2.02)

4.165(2.002)

9.9 (2.4)

6.93BU.O03)

4.180(2.006)

8.550(2.009)

1800

8.8S (2.01)

5.455(2.003)

10.2 (2.3)

7.406(2.003)

5.031(2.005)

8.417(2.008)

2200

9.43 (2.03)

6.S47(2.0O4)

11.4 (2 )

6.796(2.010)

6.588(2.007)

10.026(2.011)

2500

8.85 (2.01)

6.198(2.004)

10.7 (2.4)

8.363(2.003)

5.942(2.002)

9.139)2.009)

3300

9.00 (2.03)

6.884(2.012)

10.3 (2.3)

8.814(2.005)

6.335(2.003)

8.819(2.008)

Table 2b. The ANS observations of WR binaries

UN binaries

MR

9 4

9 9

120

106

104

9

4 9

108

116

118

105

BO

186943

190918

219460

193576

193077

62910

117688

193928

211853

214419

228766

Sp. Type

NN4+B

WH.5«9.5 la

•M4.S«»0

WS4O6

HH5(-H)i)

KN6-C7

M46-C

KW64O*

W6fM I

l*7«7

mato

* .

10.36

7.48

10.03

8.27

8.21

10.56

10.87

10.15

9.20

8.94

9.33

1550 H

8.95

5.09

8.22

7.20

9.57

7.76

8.40

8.47

(2.04)

(2.041

(2.04)

(2.02)

(2.06)

(2.02)

(2.03)

(2.06)

S.286(2.005)

1550 II

8.88

5.96

10.23

8.28

7.18

9.62

7.64

13.1

8.30

8.62

(2.02)

(2.39)

(2.07)

(2.12)

(2.01)

(2.02)

(2.05)

(2.6)

(2.03)

(2.09)

5.267(2.005)

">

9.16

4.97

10.07

8.67

7.62

10.17

7.74

12.2

8.55

8.64

(•easured)

8 0 0

(2.01)

(2.01)

(2.04)

(2.08)

(2.01)

(2.03)

(2.02)

(2.3)

(2.01)

(2.10)

5.375(2.003)

10.69

S.90

11.7!

2200

(2.01)

(2.01)

(2.06)

11.17 (2.09)

9.58

12.48

9.14

14.0

10.59

10.45

(2.01)

(2.04)

(2.03)

(2.4)

(2.02)

(2.10)

5.840(2.004)

9.78

S.33

10.16

9.28

8.23

10.94

8.35

12.4

9.18

9.05

?500

(2.01)

(2.011

(2.04)

(2.09)

(2.01)

(2.02)

(2.02)

(2.3)

(2.02)

(2.08)

6.295(2.005)

9.47

5.30

9.12

8.04

7.63

10.07

8.18

10.%

8.60

3.35

3300

(2.01)

12.03) 1

(2.03) :

(2.08)

(2.01)

12.02:

(2.04)

(2.1)

(2.02)

(2.07)

6.319(2.003)

we blnarias

m

43

107

36

68

103

101

85

RD

113904

193793

97152

156327

192641

192103

168206

Sp. Type

«C64O9.5 I

«C7«5

WC7»K) V

NC7«M V

KC7+le

WCB-tOB

«8*10

" .

5.69

7.19

8.25

9.73

8.18

8.51

9.43

1550 N

2.607(2.004)

6.219(2.012)

5.391(2.011)

9.88 (2.050)

7.153(2.020)

6.229(2.006)

-

1550 H

2.625(2.004)

6.27 (2.008)

5.44912.007)

9.84 (2.03)

7.139(2.005)

6.190(2.009)

9.75 (2.05)

• x (Measured)

1800

2.962(2.005)

6.69 (2.004)

5.946(2.005)

10.28 (2.02)

7.492(2.004)

6.541(2.006)

9.81 (2.03)

2200

3.886(2.006)

9.033(2.005)

7.261(2.006)

12.95 (2.05)

9.384(2.007)

7.698(2.003)

12.82 (2.16)

2500

3.737(2 003)

7.346(2.003)

4.801(2.006)

10.86 (2.02)

8.031(2.009)

7.211(2.003)

10.60 (2.06)

3300

4.140(2.003)

6.686(2.004)

7.041(2.010)

9.77 (2.01)

7.489(2.003)

7.469(2.004)

9.11 (*.031
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internal probable error of the measurements which is smaller than one percent

for the stronger sources. A more important error is present in the absolute

calibration of the S2/68 experiment (as for all existing UV photometers up to

now), for which the uncertainty may be about 20 percent (Humphries et al., 1976),

decreasing with increasing wavelength. However, the good agreement between the

ANS-laboratory and the ANS-S2/68 calibrations suggests that the uncertainty in

the absolute UV fluxes may be less than 10 percent.

Variability of some of the WR stars observed by ANS has been reported by

Burton et al. (1978); their results are summarized in Table 3.

In this paper we shall present i:he flux distributions of 36 WR stars ob-

served by ANS. The study concentrates on the 13 single UN stars and the 7 single

WC stars.

Star

HO

50896

96548

113904

151932

15638S

168206

190918

192641

193793

214419

Type

HN5

NN8

HC6+O9.5 I

HN7

WC7

WC8+B0

WN4.5+O9.S la

WC7+Be

WC7p+O5

WN7+O7

Table 3.

< l\

5-10%

2%

3t

3%

Variability (Burton et al.

Variability and tine-

scale in ANS data

, one day, one year

, one day

, P * 1.5 days and a few s

, P * 2 days

randoa

poor quality data

10%

2%

< 1%

few %

random

, 1978)

P =

P =

P >

P »

From the optical

wavelength range

1.01 days. Ring nebula

85 days

1 year

1.64 days

3. CORRECTION FOR EMISSION LINES

In order to determine the position of the continuum, we have to evaluate

the contribution of emission lines to the flux in each channel for each WR sub-

class. Line identifications are provided by Smith (1972), Henize et al. (1975) ,

and Willis and Wilson (1978). The latter paper gives spectrophotometric data

(with a resolution of •»« 35 A) for three of our single WN stars and three of our

single WC stars. Smith gives spectrophotometric data (with a resolution of * 20

A) for one star, HD 50896 (WN5), published in a suitable form by Code and Heade

(1976). Table 4 gives the emission lines present in the ANS channels for the

various WN and WC subclasses, according to the above mentioned papers.
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ANS

1550

Channel

(I474-I6248)

1800

channel

(1725-18748)

2200

Channel

(2IOO-23OO8)

2500

channel

(2418-25688)

3300

channel

(3243-33448)

N

N

N

N

N

Table 4.

WN

V

III

V

III

III

stars

1618

1805

1860

2148

2248

Emission

8

8
8

8
8

N

C

N

Si

He

no

lines in ANS channels

IV

IV

IV

IV

II

both

1488 8

1548, 1551 8

1718 8 l.w.

1722, 1727 8

2511 8

emission lines

n
o

n

c

wc

III

III

III

IV

stars

?

2092

2163

2297

2530

8
8
8

8

Note: l.w.: long wavelength wing within the ANS channel.

For the six single WR stars which this paper has in common with Willis and

Wilson (1978), we have measured in the S2/68 spectra the contributions of the

emission lines (hereafter called ELC) to the flux in the ANS channels by numeri-

cal integration. For the other single WR stars we have estimated the ELC values,

interpolating or extrapolating the measured ELC values and assuming the same ELC

value per subtype. In this process we took into account the classification

criteria for WN and WC stars (Smith, 1968a), which gives us information on in-

crease or decrease of ions with spectral subtype. This leads to the following

considerations:

WN_stars:

1550 A channel - N IV dominates. ELC values becoming smaller with later spectral

subclass.
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1800 X channel - N V, N IV, N III lines. ELC values becoming larger with later

spectral subclass.

2200 & channel - N III dominates. ELC values becoming larger with later spectral

subclass.

2500 A channel - He II dominates. ELC values vary little, becoming larger with

later spectral subclass.

3300 8 channel - No lines.

WC_stars:

1550 8 channel - C IV dominates. ELC values becoming smaller with later spectral

subclass.

1800 8 channel - N IV, N III, Si IV lines. ELC values vary little with spectral

subclass.

2200 8 channel - C III lines dominate. ELC values becoming larger with later

spectral subclass.

2500 8 channel - C IV line dominates. ELC values becoming smaller with later

spectral subclass.

3300 8 channel - No lines.

In the determination of the ELC values, comparison of 1550 N (the narrow

channel)and 1550 W (the wide channel) fluxes does not provide quantitative infor-

mation for our purpose, since the C IV resonance doublet contained in the 1550 N

channel competes in strength with the N IV A1488 line within the 1550 W channel.

As we note from the S2/68 data, in single WN stars the N IV line is always

stronger than the C IV doublet, while in single WC stars the C IV doublet is the

stronger one, except for WC 8 and WC 9 stars. So comparison of the 1550 N and

1550 W fluxes gives only a ratio of the C IV and N IV contribution to the mea-

sured fluxes, but no quantitative ELC values.

Table 5 gives the ELC values as fractions of the total flux in each channel

per subclass. Measured ELC values are underlined, estimated ELC values are not.

For the WN stars the uncertainty of the measured ELC values is less than 20%;

that of the estimated ELC values is of the order of 30-50%. For the WC stars,

which have ELC values about twice as large as WN stars, the uncertainty of the

measured ELC values is less than 10%; that of the estimated ELC values is of the

order of 15%.

Fluxes corrected for the ELC values will be denoted F. , magnitudes corrected

for the ELC values will be denoted m..
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Table 5. Contributions of emission lines (ELC) to the signals measured in

the ANS channels in fractions of the total signals

Type

WN3

WN4

WN5

WN6

WN7

WN8

WC5

WC6

WC7

WC8

WC9

ELC values

1550 channel

0.23

0.20

0.17

0.14

0.11

0.09

0.43

0.33

0.20

0.07

1800 channel

0.04

0.06

0.08

0.18

0.22

0.26

0.27

0.11

0.18

0.25

2200 channel

0.00

0.05

0.09

0.21

0.23

0.25

0.41

0.45

0.46

0.47

2500 channel

0.16

0.18

0.20

0.22

0.24

0.26

0.47

0.44

0.30

0.16

Note: : measured in the S2/68 data (Willis and Wilson, 1978)

other values estimated

4. CORRECTION FOR INTERSTELLAR EXTINCTION

One of the ANS channels is centered at 2200 A where it is known that a peak

exists in the interstellar extinction curve. We make use of this strong extinc-

tion at 2200 8 to determine the extinction for each WR star. This method of

nulling the 2200 8 extinction bump (described by Pottasch et al., 1976) assumes

that a common normalized extinction curve exists in all directions and that the

shape of this extinction curve is known. It further assumes that the intrinsic

spectrum of a star is roughly continuous. The latter assumption is certainly

not valid for WR stars. Therefore the method can only be usefully applied after

having subtracted the contribution of the emission lines as discussed in section

3. The former assumption is, at least in the solar neighbourhood, a reasonable

hypothesis (c.f. the discussion by Pottasch et al., 1977).

The interstellar extinction curve used in this work is an average of the

extinction curves determined in the ANS and OAO-II photometric systems (Pottasch

et al., 1977). Expressed as the extinction A, at wavelength A over the colour
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excess E this curve has the following shape:

ANS bandpass

1550

1800

2200

2500

3300

8
8
8
8
8

This curve is very similar to those determined by other authors (Savage, 1975;

Nandy et al., 1975). The nulling method provides us with an A0200 v a^ u e ^ o r e a c h

observed WR star. This, together with the adopted extinction law, gives E or

A (= 3.33 E ) values as given in Table 6, columns 5 and 6. The probable uncer-

tainty of the derived E v values is mainly caused by the uncertainty in the

measurement of the ELC values (discussed in the previous section) and is of the

order of + 0.06 mag (and consequently the uncertainty of the A values is + 0.2

mag). The same uncertainty applies to the WN3 and WN4 stars, which have a very

low estimated ELC value which hardly effects the flux. For the WN7, WN8 and WC9

stars, which also have estimated ELC values, the uncertainty of the derived

E values is of the order of + 0.1 mag (and consequently the uncertainty of

the A values for these subtypes is + 0.3 mag).

In columns 7 through 10 of Table 6 we present for comparison the differences

between our A values and A results derived: (1) from Smith (1968b)j (2) by

Crampton (1971); (3) by Cohen et al. (1975); and (4) by Willis and Wilson (1978).

We note that the colour excesses derived by us tend to be generally larger than

those of other authors (with the exception of Crampton), the differences between

the various values becoming smaller in later studies. We consider colour excesses

derived from ultraviolet measurements to be superior to those from optical mea-

surements, because of the strong and therefore more accurately measurable extinc-

tion in the ultraviolet. We consider our results more reliable than those

presented by Willis and Wilson (1978), because in their determination of the co-

lour excesses they depended: (a) on the v magnitudes of Smith; (b) on the

assumption that WR stars have the same intrinsic colours as 09 I stars; and (c)

on the zero-reddening-point of O9 I stars in their colour-colour diagrams. We

prefer our method of determining the colour excesses through the nulling of the
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Table

Single WN stars

MR

40

95

1

6

42

58

100

102

25

28

64

19

34

HD

104994

187282

4004

50896

E311884

143414

191765

192163*

92740

93131

151932

86161

96548

Sp. Type

WN3

WN4

WN5

WN5

WN6

WN6

WN6

WN6

WN7

WN7

WN7

WN8

WN8

V

10.83

10.43

10.41

6.81

10.96

10.09

8.18

7.60

6.31

6.36

6.48

8.30

7.72

6. Colour excesses

This study

EB-V

0.37

0.29

0.85

0.00

0.90

0.31

0.25

0.62

0.35

0.23

0.57

0.71

0.51

0.51

A
V

1.22

0.95

2.84

0.00

2.99

1.03

0.83

2.06

1.17

0.78

1.90

2.36

1.71

A.A
1 V

+0.50

+0.23

+0.08

-0.28

-0.57

+0.11

-0.81

+0.42

+0.25

+0.22

+0.26

+0.76

+0.67

Vv

-1.11

+0.06

-0.93

+0.40

Vv

+0.08

-0.19

-0.00

-0.66

+0.38

A.A
4 v

-0.40

-0.67

+0.23

Single WC stars

MR

46

84

47

50

69

101

56

HD

115473

165763

117297

119078

156385

192103

136488

Sp. Type

WC5

WC5

WC7

WC7

WC7

WC8

WC9

V

9.85

8.12

10.93

9.98

7.32

8.38

9.30

This study

EB-V

0.27

0.33

0.51

0.51

0.60*

0.54

0.76

A
V

0.91

1.09

1.71

1.69

2.00

1.79

2.58

A.A
1 V

-0.53

+0.53

+0.24

+1.57

+1.64

+0.79

+0.74

Vv

-0.02

+0.38

-0.15

A,A
3 v

+0.37

+0.78

A.A
4 v

+0.39

+1.17

+0.52

Notes-. = A v ( Ä N S ) - Av (Smith, 1968b)

V v = \(ANS>

V v - Av(ANS) 1 - ' 1 9 7 5 )

via A = 4 E
via A = 1.11 A

V V

v i a A = 1.11 A,,
v v

V v = Av(ANS) " Av < W i l l i s a n d Wilson, 1978) via = 3.33
ß _ v
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interstellar extinction bump at 2200 A, because, except for the ELC correction,

it depends on the ANS ultraviolet data only. Moreover, the ANS data are of higher

photometric accuracy than the S2/68 data. Later in this section we shall show how

our method compares with a determination of the colour excess from colour-colour

diagrams.

Continuum fluxes and magnitudes, dereddened with our A (the extinction at
A

wavelength X) values will be denoted F, and m. .
A A

In order to compare the continuum energy distributions of different WR

stars with each other and with model predictions (see section 7 ) , we have to

scale the derived fluxes F^ to the flux at an arbitrarily chosen wavelength. We

chose the effective wavelength of the v magnitude of Smith (1968a). This is a

narrow band magnitude (in frequency units, FWHM * 130 A, X = 5160 A) of the

photometric system of Smith (1968b). This system avoids emission lines in the

spectra of WN stars and thus refers to the continuum. For WC stars, the effect

of emission lines on v (likely candidates are C II X5145, 0 V X5114 and

O VI X5112 which are comparatively weak in all classes (Smith, 1968b)) is pro-

bably not greater than 0.1 or 0.2 mag, but it has never been determined (Smith,

1973). We have transformed the v magnitudes (frequency units) to v magnitudes

(wavelength units) via v = v -0.13 (Willis, 1978, private communication).

Interstellar reddening and intrinsic colours can be visualized in colour-

colour diagrams. The interstellar extinction is strongest at 2200 A. The 3300 A

channel is free of emission lines, so the "I 3 3QQ values have the smallest uncer-

tainties. Therefore we present in Fig. la a colour-colour diagram with
C £ c Sfc

(m„_00 - v ) versus (m.,.. - v ) . The crowded line of small crosses gives the

positions of unreddened main sequence stars of types O9 (upper end) to B9 (lower

end). Unreddened giants and supergiants would fall on the same line but shifted

somewhat to below along side the zero-reddening line (Wesselius et al., 1978).

From the lower and upper ends of the zero-reddening line the reddening paths are

drawn (solid lines). This diagram shows the reliability of the ELC values for

the 2200 A channel, because most of the WR stars are seen to lie on a well deter-

mined line, following more or less the 09 V reddening path. It should be

mentioned here that main sequence stars hotter than 09 V stars would appear on

the same reddening path as O9 V stars since the intrinsic colours of all earlier

O V stars are the same as those of 09 V stars. The least squares fit through the

WR stars in Fig. la has a slope of 0.26, in reasonable agreement with the expec-

ted slope (A3300 -
 A

v'/(
A2200 ~ Av' = 0.28, derived from the adopted extinction
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•
A
•

X
V

WN3
WN4
WNS
WN6
WN7
WN8

<$ WC5

® WC7
® WC8
<Z) WC9

-3.0 3.0

^2200 "

Fig. !a. Colour-colour diagram fao^oo ~ v ' versus i]D33Qn ~ v * f o r ** single WN stars and 7 single WC stars

observed by ANS. The symbols for the WR subclasses are indicated. The small n's represent zero-

reddened 09 V to B9 V stars. The arrow points to HO 50896 ÍWJ5).

law. Two stars do not obey the mean relation: HD 50896 (WN5, symbol A, see arrow)

and HD 104994 (WN3, symbol • ) . HD 50896 appears unreddened (as also determined

from our 2200 £ nulling method, see Table 6) at the position of B2 V stars.

HD 104994 appears below the mean relation, as it does also in all the other

- v ) versus - v ) diagrams. Therefore we are not inclined to blame

the used ELC 2 2 Q O value for this behavior. Moreover it would take an ELC_200 value

of 0.79 instead of the applied ELC,™ value of 0.00 to bring HD 104994

to the mean relation shown by the other stars, which is unlikely (see Table 5).

Moving HD 104994 up would require a large negative ELC,.-- value.
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i.e. strong absorption lines in the 3300 A* channel, for which we do not have

likely candidates.

From Fig. la we may derive the colour excess »3200 f o r e a c n ^ s t a r b y

measuring the distance it would take to shift a WR star to the zero-reddening

line along a reddening path, projected on the m^nn " V± a x i s' v i a t h e aaoPte|ä

interstellar extinction law we can convert this ftt-.«« value to A + for each star.
2200 v

We have plotted those against the A values (from Table 6) derived with the

2200 A nulling method in Pig. lb, which shows that the two methods for a few

stars lead to differences up to 0.5 mag. We consider the A values derived with

the 2200 8 nulling method as to be more reliable.
Fig. lc shows the - v*) versus tøj800 - v*) diagram, in which two

1 2 3 4

• Av from the 22OOÂ-nulling method

Fig. Ib. Av values derived from nulling the 2200 X extinction bump, against A* values derived fro» Fig. la.

Symbols as in Fig. la.
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1.5 -

#

•
A
•

X
Y

WN3
WN4
WN5
WN6
WN7
WN8

<S> WC5

® WC7
® wee
© WC9

-3.0 -1.5

Fig. Ic. Colour-colour dilgna " "*'

ANS magnitudes to which ELC corrections are applied, are compared. The least

squares fit through the WR stars in Fig. lc has a slope of 0.71, in reasonable

agreement with the expected slope (A.ann - A )/(A_o__ - A ) = 0.73. HD 50896
laUU V «^UU V

(WN5) appears with zero reddening as it does in Fig. la. HD 104994 (WN3) is now

in line with the other WR stars, reenforcing our assumption that its position in

Fig. la is caused by an unknown phenomenon in the 3300 8 measurement for this

star.
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5. ABSOLUTE VISUAL MAGNITUDES OF WR STARS

Two major attempts have been rade to determine absolute magnitudes of Wolf-

Rayet stars from visual data, by Smith (1968b) and Crampton (1971). Since the

determinations of absolute magnitudes of stars in the Galaxy are severely

hampered by lack of knowledge of distances and interstellar extinction to many

stars. Smith made photometric observations of WR stars in the Large Magellanic

Cloud. She determined with good accuracy absolute magnitudes and intrinsic co-

lours in the LMC. The distance is effectively the same for all LMC objects, the

distance modulus is known to within +0.2 mag, and the uncertainties resulting

from interstellar absorption are small. The LMC, however, is void of WC6 - W09

stars, and WN6 stars are rare. To determine the absolute magnitudes of WR stars

in our Galaxy, Crampton has considered all WR stars which appear to be associated

with H II regions. He derived the distances of these nebulae from spectroscopie

parallaxes of O and B stars contained in them, and from kinematic methods. On

the basis of Crampton's results and other considerations Smith (1973) has revised

her absolute magnitude scale for WR stars.

With the distance moduli of Crampton, and the apparent v magnitudes of

Smith (1968a), one needs only reliable A values to determine the absolute magni-

tudes M . The determined A values based on the 2200 A extinction as measured with

ANS are listed in Table 6, column 6, as discussed in the previous section. Table 7 lists

Table 7. Absol ite visual magnitude of some galactic WR stars

(distance moduli by Crampton, 1971)

MR

100

25

28

64

84

47

101

HD

191765

92740

93131

151932

165763

117297

192103

Sp. Type

WN6

WN7

WN7

WN7

WC5

WC7

WC8

A
V

(ANS)

0.83

1.17

0.78

1.90

1.09

1.71

1.79

vo

7.48

5.27

5.71

4.71

7.16

9.22

6.72

V -M,
o V

Crampton

(1971)

11.4

12.4

12.6

11.5

10.9

12.1:

11.4

M
V

-3.9

-7.1

-6.9

-6.8

-3.7

-2.9:

-4.7

M (t)
V

Crampton

(1971)

-4.8

1-6.5

J
-3.6

-4.4

-5.4

M (t)
V

Smith

(1971)

-4.8

-6.8*

-4.4*

-4.4

-4.8

Average per subtype

These M^ values are based on LMC WR star observations
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the WR stars which we have in common with Crampton, together with: A from Table

6; the resulting dereddened v magnitudes; the distance moduli by Crampton; and

the resulting absolute magnitudes M . in the last two columns we have given for

comparison the absolute magnitude scales of Crampton (1971) and Smith (1973)

based on averages per subtype.

We shall discuss first the absolute magnitudes of the WC types, then those

of the WN types.

For the WC5 star HD 165763 our result is in good agreement with Crampton,

who also finds a less bright M than Smith in the LMC. But since his value is

based on three WC5 stars only, one should reserve judgement as to differences

between LMC and Galactic WR stars. For the WC? star HD 117297 the Mv we find is

rather faint compared with Crampton's average result for WC7 stars. But this may

be caused by the uncertain distance modulus given by Crampton for this particular

star. For the WC8 star HD 192103 our result is in good agreement with the (galac-

tic) value of Smith based on the result by Conti and Smith (1972), that M =
2 v

-4.8 + 0.3 for the WC8 star in the y Velorum binary system.

Turning to the WN stars, a large discrepancy occurs between the derived H

for the WN6 star HD 191765 and the scales of Crampton and Smith. But our resultof M = -3.9 is close to the average value for WN3-5 stars. M = -3.7, given by

Crampton. Our results for the three WN7 stars HD 92740, HD93131 and HD151932,

with an average of M = -6.9 (+0.2) confirm the findings of Smith (for the LMC)

and Crampton (for the Galaxy) that WN7 stars have the brightest absolute magni-

tudes of the WR types.

The consequences of the uniqueness of WN7 stars have been discussed by Conti

(1976, 1978). He suggests that WN7 stars are the direct descendants of O f stars
v r (Castor and Van Blerkom,

-5 -4
through mass loss in the range of 10 to 10

1970; Hackwell et al., 1974; Cohen et al., 1975) and names them "transition" WR

stars. From the theoretical point of view. De Loore et al. (1977, 1978) and

Chiosi et al. (1978) indicate possibilities to place these "transition" WR stars

in an evolutionary sequence descendant from massive O f stars with sufficiently

high mass loss rates. Conti's scenario is observationally based on the high ab-

solute magnitude, confirmed in this study, and the presence of hydrogen absorp-

tion lines in the optical spectra of these WN7 stars, contrary to other WR types.

Henize et al. (1975) observed the WN7 stars in the ultraviolet from Skylab with

an objective-prism telescope. They found absorption lines (of He II, C IV, Ni IV

and Si IV) and a comparatively high ultraviolet flux, which they ascribed to the
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presence of OB-type binary companions. Since the phenomena observed in the

ultraviolet by Henize et al. are similar to what one sees in the optical wave-

length range, we conclude that Henize et al. and Conti interpret similar pheno-

mena in different ways. Recently Conti (1978) stressed the point that the

presence of absorption lines in a WR star spectrum is no guarantee that the star

is member of a binary.

6. THE CONTINUOUS ENERGY DISTRIBUTION OF EXTENDED AMD EXPANDING MODEL

ATMOSPHERES FOR WOLF-RAYET STARS

The observed continuous energy distributions of Wolf-Rayet stars tend to be

flatter than those of other early type stars (see e.g. Holm and Cassinelli, 1977),

and to have large infrared excesses (Hackwell et al., 1974; Cohen et al., 1975).

Such a distribution can be fitted moderately well with the theoretical continua

of models having very extended atmospheres (Cassinelli, 1971; Van Blerkom, 1973).

The density distribution is therefore thought to have a large scale height in the

region where the observed optical and ultraviolet continuum is formed. The WR

atmospheres are also expanding, as is evidenced by the broad P Cygni line profiles

that are characteristic of WR spectra.

i) Theoretical models

Thus far, the only attempt to theoretically calculate expanding model at-

mospheres for WR stars is that of Cassinelli and Hartmann (1975). They assumed

that the optical continuum of WR stars is formed deep in the atmosphere, where

the velocity is low, and they therefore calculated the structure of the subsonic

portions of the wind. The subsonic region was forced to be geometrically extended

by adjusting the luminosity to mass ratio of the star and by assuming an ad hoc

expression (eq. 31 in Cassinelli and Hartmann, 1975) for a "radiation force

multiplier", that accounts for the expected increase in the line radiation

pressure due to the Doppler shift, as the flow accelerates to the sonic speed.

Parameters of the model, hereafter called Model 1, are given in Table 8. The mass
—8 • —1

loss rate as input parameter of the model was only 4.7 x 10 Mçfyr , a rather

low value, chosen (a) because of the large uncertainties in the altitudes where

the different kinds of radiation in the WR atmospheres originate, so a lower

estimate was preferred, and (b) because, for larger mass loss rates, the assumed

radiative equilibrium approximation would no longer be valid.
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Model

Model

Model

1

2

3

(1)

H/UQ

10

10

10

Table 8. Parameters of Models

(2)

(K)

43130

43810

53720

6

7

2

(3)

(cm)

13xlOU

63xlOU

70xl0 n

r

1,

1

1

3

2 and 3

(4)

D/r(f)

. 3 0

.21

. 2 9

(5)

[H]

0.8485

0.00976

0.00976

(6)

[He]

0.150

0.976

0.976

Notes to Table 8: Column (2): temperature at T,

Column (3): radius at T

Column (5) and (6): respectively N

Ross

"Ross 3

'N
and N

nuclei nuclei

With Model 1 a very extended continuum formation region was derived. The

region with electron scattering optical depth t =0.02 occurred at a radius 3.3

times as large as the radius at which T =1.0. The calculated flux distribution

was found to match moderately well the continua of WR stars in the visible and

ultraviolet wavelength regions, but did not predict sufficient infrared radiation

to match the large IR excesses observed in WR stars. In the infrared region,

free-free absorption starts to become the dominant opacity and this varies with

wavelength as * . The infrared continua originate in the higher parts of the at-

mosphere. Therefore as one observed at longer wavelengths, one sees an increasing-

ly larger star.

In Model 1 the adopted abundances of hydrogen and helium by number were

A.T = 0.8485 and A = 0.15. In order to study the influence of a large helium
•« He

abundance we recalculated Model 1 with A„ 0.00976 and = 0.976. This helium-A„ = 0.00976 and A„
n He

rich subsonic model will be called Model 2. We chose to calculate a helium-rich

model in order to represent the abundances of HD 50896 (WN5) derived by Smith

(1972) from 0A0-2 observations of He II and H lines in the UV spectrum of that

star. Smith found negligible enhancement of the alternate He II Pickering lines,

which should have had a contribution from H I , and therefore, she concluded that

hydrogen is severely depleted in this star.

A comparison of the relative continuous energy distributions of the theore-

tical hydrogen-rich model (Model 1) and the theoretical helium-rich model (Model

-123-



2), together with two plane-parallel models, is shown in Fig. 2. The differences

between the continuous energy distributions of Model 1 and Model 2 are very small.

1 -

ü?

O)

5 O

en
o

-1 -

- 2 -

- 3 -

I

• / "V- ' 50000. 4 0)

(3 3000.30) X \

\

1

1

|

Model
Mnripl

Model

Planck
KPA N

\

1

1 H -

2 He -

3. He-

curve

\

(30000
(50000

|

-rich

* rich

-rich

.T=43500
NLTE

\

30) — ^

4.0) —

-

>

3.5 4.0 4.5 5.0

log

Pig. 2. * comparison of the relative flux distributions of Model I (hydrogen-rich). Model 2 (heliua-rich)

and Model 3 (helium-rich) normalized at 5160 X. Also given are a Planck distribution for T * 43500 K

and the lower and upper ends of plane-parallel KPA or Mihalas nodels with parameters (50000,4.0) and

(30000,3.0).
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The Lyman emission jump at 912 A (not in Fig. 2) and the infrared excess are

slightly smaller for the helium-rich model than for the hydrogen-rich model.

The sole reason for us presenting Model 1 and Model 2 here is, that their

comparison shows the influence of a large helium abundance instead of a large

hydrogen abundance on the continuous energy distribution. This influence appears

to be negligible. This result will similarly hold for other model atmospheres.

ii) Empirical model

Recently Hartmann and Cassinelli (1977) derived an empirical model for the

WR star HD 50896 (WN5). The density distribution with distance was assumed to be

represented by a power law p *>< r . The parameter n was determined empirically

by matching the observed flux distribution in the infrared wavelength region

with the predicted IR flux distribution. They derived a good fit for a density

distribution with three power laws: n = 10 at t > 1, n 2 at 1 < T < 0.02 and

n = 10 at t <0.02. The temperature distribution was calculated for a gray

Rosseland model because the IR flux is relative insensitive to the temperature

structure. This model is helium-rich. It has the same hydrogen and helium abun-

dances as Model 2. The density and temperature distributions of this model,

hereafter called Model 3, are shown in Fig. 3. The resulting flux distribution

of Model 3 is shown in Fig. 2, together with results for the earlier discussed

theoretical hydrogen-rich Model 1 and helium-rich Model 2, and for two plane-

parallel models. The flux distributions of Models 1,2 and 3 are also given in

Table 9 from 504 8 to 300 vm. The interstellar extinction toward HP 50896, and

consequently its flux distribution, is subject to controversy (see section 7).

Therefore Hartmann (1978) compared the flux distribution predicted by Model 3

with infrared observations of the eclipsing WR binary V444 Cyg (WN5 + O 6). He

found good agreement between the predicted and observed light curves at various

wavelengths. Therefore, in the next chapter we shall compare our observations

with the predicted flux distribution of Model 3.

As mentioned before, we present in Fig. 2 also the flux distributions of

two plane-parallel models, that is, two Non-LTE models of Mihalas (1972) for

T = 50 000 K, log g * 4 and T = 30 000 K, log g » 3 respectively, which

are only a little flatter than the LTE (lowest gravity) models of Kurucz et al.

(1975), hereafter called KPA). A Planck curve of T - 43 500 K (also shown in

Fig. 2) almost coincides in the ultraviolet with the flux distribution of the
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Fig. 3. Th* density and teaperature structure of Model 3. The density structure of this »odel is a sequence

of power laws p i rn. The value of n for three pieces shown are indicated. Also shown are positions

at which the electron scattering optical depth is 0.1 and 1.0.

(50000,4) model of Mihalas. We note that the plane-parallel (50000,4) model

flux distribution is steeper in the ultraviolet than the flux distributions of

the WR models 1, 2 and 3 at all wavelengths, although it is cooler than the

empirical Model 3. In the ultraviolet wavelength region, the empirical Model 3

coincides with the (30000,3.5-4) models of KPA and Mihalas. We shall refer to the

lowest gravity KPA or Mihalas models as the PP models, and to their temperatures

as the T temperatures.

We conclude that:

a) the theoretical continuous energy distribution of a WR star is very insensi-

tive to the H/He abundance ratio.
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Table 9. Continuous energy distributions of WR model atmospheres

300.

100.

37.5

20.0

10.0

7.50

5.00

3.00

2.25

1.80

1.50

1.00

.8210

.5053

.3649

.3649

.2648

.2053

.2053

.1261

.0912

.0912

.0649

.0504

.0504

v (Hz)

1.000+12

3.000+12

8.000+12

1.500+13

3.000+13

4.000+13

6.000+13

1.000+13

1.333+14

1.666+14

2.000+14

3.000+14

3.654+14

5.937+14

8.220+14

8.210+14

1.142+15

1.461+15

1.462+15

2.374+15

3.288+15

3.289+15

4.617+15

5.917+15

5.944+15

_1
log(XLj) (erg.s )

Model 1

30.129

31.476

32.562

33.235

33.986

34.309

34.770

35.355

35.685

35.938

36.143

36.594

36.815

37.321

37.638

37.671

37.967

38.171

38.195

38.536

38.716

38.835

38.922

38.958

38.958

Model 2

30.306

31.641

32.679

33.351

34.126

34.456

34.927

35.526

35.863

36.123

36.334

36.796

37.020

37.544

37.867

37.888

38.189

38.395

38.443

38.780

38.949

39.035

39.119

39.152

39.152

Model 3

30.261

31.581

32.712

33.431

34+126

34.390

34.750

35.183

35.416

35.592

35.735

36.051

36+224

36.644

36.920

36.960

37.234

37.444

37.506

37.885

38.127

38.259

38.443

38.572

38.560

b) the theoretical continuous energy distribution of a WR star is rather insen-

sitive to the effective temperature,

c) the theoretical infrared flux is very sensitive to the density distribution

P(r).

So we cannot expect to derive accurate values of T and the abundances of

H and He from observed flux distributions of WR stars.
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7. COMPARISON OF OBSERVED AND CALCULATED CONTINUOUS ENERGY DISTRIBUTIONS OF

WOLF-RAYET STARS

Figures 5 through 10 show the ANS observations, corrected for ELC values

and reddening, together with the flux distribution of the empirical WR model

(Model 3). The typical uncertainty of the UV data is + 0.2 in log AF^° at

1800 A*, caused mainly by the uncertainty of the applied ELC values (section 3).

For some of the stars narrow band emission-line-free photometry is

available which we also plotted in the figures. The optical photometry is by

Kuhi (1966, revised in Cohen et al., 1975) and we adopted the optical interstel-

lar reddening curve by Code et al. (Ia76). The infrared photometry is from Allen

et al. (1972, hereafter called ASH), Hackwell et al. (1974, hereafter called

HGS) and Cohen et al. (1975, hereafter called CBK) and has been dereddened with

the infrared interstellar extinction curve of Whitford (1958). The infrared

photometry of HGS and CBK is very similar and for the stars observed by both

groups we chose the paper giving the largest number of information points for

that particular star. Kuhi's data were scaled to his dereddened v magnitude, the

ASH and CBK data to Smith's (1968a) dereddened v magnitude, and the BGS data to

their own dereddened v magnitude.

In general, agreement between Model 3 and an observed energy distribution

does not provide an effective temperature, since a hotter star with a more ex-

tended atmosphere would have the same relative energy distribution (Cassinelli,

1971). Nonetheless, we shall'compare for each star the relative energy distri-

bution with Model 3 in the discussion of the individual stars here below, and,

where possible, give a colour temperature T from the slope between the UV

fluxes and the v flux, or a plane-parallel model temperature T from compari-

son with KPA or Hihalas models.

i) Individual subtypes

- WN3. HD 104994 (Fig. 4a). The UV fluxes are steeper than Model 3 and would

correspond with a (50000,4.0) model or T = 50000 K.
pp c

- WN4. HD 187282 (Fig. 5). The UV fluxes show good agreement with Model 3.

The optical fluxes of Kuhi and the IR fluxes of ASH show a smaller IR excess

than predicted by Model 3, indicating a density distribution of the extended

atmosphere in between that of Model 2 and Model 3.
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5.0

Pig. 5. Unredduivd flux distribution of the HN4 star HD 187282 with the predicted flux of Model 3. Optical

neuureaents •••• from CKB; IR Beaiureaents O D D fro« ASH.

- WN5. HD 4004, HD 50896 (EZ CMa) (Fig. 6). The curved shape of the UV

energy distributions may be due to errors in the applied ELC values, although

they were derived from the best spectrophotometry available of HD 50896, the

apparently brightest single WR star in the sky. HD 4004 shows on the average a

slightly steeper UV flux than Model 3 corresponding to a (50000,4.0) model
PP

or T c * 50 000 K. Its IR fluxes follow Model 3, except at 8.7 and 10 ym.

HD 50896 shows, with respect to Model 3, an UV deficiency corresponding to a

T * 20 000 K and an IR excess becoming larger at longer wavelengths. This could

point to a much more extended atmosphere than described by Model 3, since as
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discussed in the previous section, a larger extension gives a flatter flux dis-

tribution- Ä different explanation of the combination of UV deficiency and IR

excess is flux redistribution, which is typical for a circumstellar envelope con-

taining dust (see e.g. Haisch, 1978). HD 50896 is known to be the central star

of the ring nebula S308 (Johnson, 1973), which may contain dust. HD 4004 is not

known to have a ring nebula. The zero colour excess for HD 50896 determined first

by Smith and Kuhi (1970) and confirmed by us (section 4) has puzzled other

authors in the past. Holm and Cassinelli (1977) suggested E(B-V) = 0.12. Applying

this value would bring the UV data at 1800 8 and 2500 8, 0.06 in log AF^° below

Model 3, but would cause un unnatural upward bump at 2200 A of 0.04 in log AF,

above Model 3. Although the interstellar extinction hardly affects the IR data,

due to the scaling to v, E(B-V) = 0.12 would cause a drop of 0.18 in log AFf° at

5 [im, still leaving an IR excess compared with Model 3. Since our data suggest

E(B-V) = 0 we prefer to stay with our results as plotted in Fig. 6. The variabi-

lity of HD 50896 in the UV is less than 1 percent (Burton et al., 1978), too

small to influence our results.

- WN6. HD 143414, HD 191765, HD 192163 (Fig. 7). The UV fluxes of HD 143414

show an UV deficiency compared with Model 3. No optical or IR photometry is

available. T « 2 2 000 K.
PP

HD 191765 has a larger UV deficiency than HD 143414, and a large IR excess com-

pared with model 3. T * 20 000 K. This star resembles the case of HD 50896.
PP

Like this star, it has a ring nebula (Crampton, 1971), which might be responsible

for the apparent flux redistribution.

HD 192163 shows a steeper UV energy distribution than predicted by Model 3, and

would correspond to T > 50 000 K. The IR data show a deficiency between 0.5

and 2 ym, compared with Model 3. HD 192163 is also the central star of a ring

nebula: NGC 6888 (Johnson, 1973; Wendker et al., 1975). This nebula apparently

does not influence the energy distributions suggesting that it does not contain

enough dust to significantly absorb the UV radiation and reradiate this energy

in the IR. Willis and Wilson (1975) thought they found an anomalously large

2200 8 extinction for HD 192163, which they ascribed to particles in the ring

nebula. Our data, however, do not single out HD 192163 as a special case, and

any alleged particles in the ring could cause a different UV versus IR behavior,

as suggested by the IR and our UV observations of HD 191765. Moreover the mecha-

nism of Willis and Wilson does not work for the ring nebula of HD 50896 which,

as we saw, shows no extinction at all.

Our data of HDE 311884 are of poor quality and therefore not used in this

discussion.
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- WN7. HD 92740, HD 93131, HD 151932 (Fig. 4b). The UV fluxes follow very

nicely the prediction of Model 3, with the exception of the flux at 3300 8. No

other photometry is available.
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- WN8. HD 86161, HD 96548 (Fig. 4c). Both stars show an UV excess compared

with Model 3. This may indicate that the atmospheres of these WN stars are less

extended than Model 3. The UV fluxes of HD 86161 would correspond to T «=50 000
PP

K, the UV fluxes of HD 96548 would correspond toT « 4 0 000 K. The latter is
PP

known to be the central star of ring nebula KCW58 (Morton, 1973), which does not

seem very much to affect to UV energy distribution. Burton et al. (1978) found

a 10 percent variation in the 2200 S channel flux of HD 96548. Our result is an

average of the observations.

- WC5. HD 115473, HD 165763 (Fig. 8). The UV fluxes of HD 115473 reveal a

very large UV deficiency, compared with Model 3, the largest found in all our

UV observations: -0.64 in log AF^° at 1800 8. The flux rise at 1550 8 for both

stars is puzzling. The UV fluxes would correspond to a T * 16 000 K, but since

our observations of other WC stars do not show such an energy distribution, it

is very unlikely that the flat UV flux has something to do with a low effective

temperature. We suggest that the observation points to a very extended atmosphere

and/or a dust shell. If the explanation of flux redistribution in dust shells

around WR stars is correct, we would expect a very large IR excess. No optical

or IR photometry of this star is available at this time. HD 115473 is not known

to have a ring nebula, which weakens the ring nebula-dust relation. The UV flux

of HD 165763 is steeper than the prediction of Model 3, and would correspond to

a T * 40 000 K, if we ignore the flux at 1550 Ä. The optical and IR fluxes

are well predicted by Model 3, but there are some discrepancies at 1.6 and 2.2

pm between the fluxes given by HGS and CKB.

A ~ £fSZ- H D 1 1 9 0 7 8' H D 156385 (Fig. 9a). The very steep UV flux for both

stars defy a comparison with models and would correspond to a colour temperature

T > <• K. For some central stars of planetary nebulae Pottasch et al. (1977)

also find T > » K. If we want to explain our result as due to an error in the

analysis, then we cannot put underestimates of the ELC values responsible for

this behavior. Therefore we may conclude that the extinction corrections applied

for these two stars are too large. Willis and Wilson (1977) found an anomalously

large colour excess at 2200 A for HD 156385, which seems the case for both our

WC7 stars. The cause of this anomaly is not known. Other photometry of these

stars is not available. The observed UV fluxes of HD 117297 (WC7) are of poor

quality and therefore not used in this discussion.

- WC8. HD 192103 (V 1042 Cyg) (Fig. 9b). The UV and optical fluxes are

steeper than predicted by Model 3 and would correspond to a T «=50 000 K,
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although the curved shape of the UV fluxes would point to a T 30 000 K.

- WÇ9. HD 136488 (Fig. 9c). The UV fluxes are steeper than predicted by

Model 3 and would correspond to a T
PP

50 000 K although the curved shape of
PP

the UV flux would point to a T < 30 000 K.
PP

It should be stressed again that all temperatures T or T are "equivalent"

temperatures, and only indicate which black body function or plane-parallel

classical model mimics the observed UV fluxes. So, they do not give real tempe-

ratures.

ii) The influence of possible binary companions

Although all WR stars discussed in this section are classified as single

WR stars (Smith, 1968a) one might want to consider the influence of possible bi-

nary companions.

First we consider the stars with estimated ELC values (see section 3). In

the case of the presence of a binary companion of type Oor B, the applied ELC

value leads to an overcorrection for the contribution of emission lines on the

observed flux, and consequently leads to an underestimate of the observed flux.

(It appears that smaller ELC values do not influence the interstellar extinction

correction.) For such a case thus, we would derive an UV deficiency. The only

star with an estimated ELC value and an UV deficiency is HD 143414 (WN6). So

this star may have a binary companion. But as said before, there is no evidence

yet from spectroscopie measurements that this is the case.

Next we consider stars with measured ELC values. For those stars, even if

they were binaries, application of the ELC values leads to the correct continuum

flux distribution of the assumed binaries. An observed continuum flux distribu-

tion which is steeper than Model 3 could point to a companion with T > 40 000

K, an observed continuum flux distribution which is flatter than Model 3 could

point to a companion with T < 40 000 K.

Our extreme cases of large UV deficiencies: HD 50896 (WN5), HD 192163 (WN6)

and HD 165763 (WC5) in this respect could point to companions with respectively

T ««20 000 K, 20 000 K and 15 000 K. However, these three stars are relatively
PP
nearby WR stars and very well investigated in the visible wavelength region.

Spectroscopie binary companions of the mentioned temperatures should have been

detected already long ago, if they were present.

Hackwell et al. (1974) have investigated the possibilities of cool compa-

nions of WR stars with infrared excesses. They reach the conclusion that it
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seems improbable that late type companions are responsible for the infrared

excesses of WR stars.

We conclude that our study provides very little information with respect

to possible binary companions of alleged single WR stars.

8. SUMMARY AND CONCLUSIONS

Ultraviolet photometric data of 20 single WR stars obtained with the ANS

satellite are reduced to yield interstellar reddening corrections and continuous

energy distributions. For a few WR stars for which distances are available,

absolute visual magnitudes are derived. For three WN7 stars we find

M =-6.9+0.2, confirming that WN7 stars have the brightest absolute visual

magnitudes among the WR stars.

Heliuin-rich theoretical and empirical WR model atmospheres are discussed

and energy distributions are tabulated. The helium-rich empirical model is

thought to be the best representation of the very extended WR star atmosphere.

It is found that the difference between the energy distribution of H-rich and

He-rich model atmospheres is very small.

The main parameter which determines the continuous energy distribution is

the density distribution, which causes the very extended WR atmosphere to emit

a flat energy distribution. The temperature and H/He abundance has only very

little influence on the energy distributions and thus can not be determined

from flux observations. The suggestion of Willis and Wilson (1978) that the co-

lour temperatures or PP-model flux temperatures might well be close to the true

effective temperatures of the WR stars, ignores the fact that it is the density

distribution which is the dominating parameter for the flux distribution. There-

fore, their conclusion that the WR flux distribution indicates T 30 000 K

for all WR stars, is not justified. Moreover, the empirical model used in our
2

study which fits most of the observed UV fluxes rather well has T(T = -z) -

53720 K.

Comparison of the observed fluxes in the UV with the empirical model shows

that most WN stars generally agree with the empirical model. WC stars seem to

be less extended as they have steeper UV flux distributions than predicted by

the empirical WR model. The stars HD 50896 (WN5) and HD 191765 (WN6) show much

larger UV deficiencies and IR excesses than predicted by the empirical model,

suggesting that the atmospheres of these two stars are even more extended and/or

are surrounded by dust shells causing redistribution of UV to IR radiation. The two
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stars are both known to be the central star of a ring nebula, where also the

dust may be located. The star HD 115473 (WC5) similarly shows a large UV defi-

ciency, but flux redistribution can not be confirmed since no IR data are yet

available.
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SAMENVATTING

Sterren stralen licht uit van alle mogelijke golflengten. Vanaf de grond

kunnen we, afgezien van het radiogebied, slechts een klein deel van het elektro-

magnetische spektrum dat hemellichamen uitstralen waarnemen, te weten, licht van

zichtbare en nabij-infrarode golflengten. Boven de aardse dampkring kan vrijwel

het gehele scala van elektromagnetische straling worden geobserveerd. Evenwel

kan niet alle straling met één en dezelfde techniek worden waargenomen. Een golf-

lengtegebied dat qua waarnemingstechniek én interpretatiemethoden het meest aan-

sluit bij de optische sterrenkunde is het ultraviolette golflengtegebied. Gedu-

rende de afgelopen tien jaar heeft de ultraviolet astronomie zich ontwikkeld tot

een volwassen tak van de sterrenkunde. De rol van Nederland hierin is niet gering.

Van het tiental satellietexperimenten voor ultraviolet astronomie dat na 1967

gelanceerd werd, waren er twee van Nederlandse makelij. Dit proefschrift handelt

over een deel van de waarnemingen van deze twee satellietinstrumenten: de

Utrechtse UV-spektrometer S59 aan boord van de ESA TD-1A satelliet, die werkzaam

was van maart 1972 tot april 1974, en de Groningse UV-spektrofotometer aan boord

van de Astronomische Nederlandse Satelliet (ANS), die werkzaam was van augustus

1974 tot april 1976, én over waarnemingen verkregen in 1976 met de Utrechtse

ballon-UV-spektrograaf BUSS.

In hoofdstuk II worden theoretische ultraviolette sterspektra vergeleken

met door S59 gemeten spektra van A- en B-type sterren, dat wil zeggen sterren met

een oppervlaktetemperatuur in het gebied van 8000 tot 30000 graden Keivin. Om een

theoretisch spektrum te berekenen dat goed overeenkomt met een waargenomen spek-

trum, is het nodig een juiste kombinatie te vinden van de waarden van natuurkun-

dige grootheden zoals temperatuur, druk, dichtheid en turbulente snelheden als

funktie van de diepte in de steratmosfeer. Zulk een beschrijving van een ster-

atmosfeer, samen met de natuurkundige processen die er in plaats vinden, noemt

men een modelatmosfeer. Bovendien moet ook de juiste hoeveelheid van de absorbe-

rende elementen gekozen worden, én de juiste lijnverbredingsparameters, zoals

enerzijds Doppler-verbredingen die ontstaan door rotatie, turbulentie en grote

schaalbewegingen, en anderzijds drukafhankelijke effekten, zoals botsingen met

elektronen en ionen. De aldus verkregen theoretische spektra worden tenslotte

versmeerd met het apparaat profiel van SS9, die een scheidend vermogen van 1.8 A

had. Het resultaat van de onderzoekingen in dit hoofdstuk is, dat bij dit
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scheidend vermogen goede overeenkomst tussen waargenomen en theoretische spektra

vooral afhangt van de uit laboratoriumonderzoekingen bekende hoeveelheid spektrale

lijnen en de gekozen waarde van de mikroturbulentie in de steratmosfeer. Nieuwe

bepalingen van de mikroturbulente snelheid blijken mogelijk. Daar de laboratorium-

metingen vroeger voornamelijk gedaan zijn voor de lagere ionisatiegraden van de

elementen, kunnen met de in dit hoofdstuk gebruikte spektrum-synthese methode

koele sterren beter onderzocht worden dan hete.

In hoofdstuk III wordt ingegaan op ultraviolette spektra verkregen met BUSS.

Dit instrument, ontwikkeld en gebruikt in samenwerking met het NASA Johnson Space

Center te Houston heeft niet alleen een 18 maal beter spektraal scheidend ver-

mogen en een 4 maal groter golflengtebereik dan S59, maar is ook nog 1200 maal

gevoeliger dan S59. Daardoor bracht BUSS ook de relatief weinig ultraviolette

straling uitzendende koele K- en M-type reuzen en superreuzen binnen bereik. Deze

sterren, die honderden malen groter zijn dan de zon, worden omhuld door zeer uit-

gebreide en uitdijende gasschillen. Eén van de waargenomen M-type superreuzen,

Antares (a Scorpii), heeft bovendien een hete (B-type) begeleider, die zich

binnen het expanderende circumstellaire omhulsel van de M-superreus bevindt. Het

licht dat ons van de B-ster bereikt is dan ook "verontreinigd" door absorptie-

lijnen ontstaan in dit uitdijende gasomhulsel. uit deze waargenomen circumstel-
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laire spektrale lijnen is afgeleid dat het omhulsel 6.2 x 10 gram gas bevat,

dat het omhulsel met 18 kilometer per sekonde expandeert en dat Antares op deze

wijze 4.5 x 10 gram per sekonde aan materie verliest. Dat is 7.1 x 10 zons-

massa per jaar, ofwel ruim twee aardmassa's per jaar. De geschatte massa van

Antares is 10 ã 20 zonsmassa's en men verwacht dat het rode superreuzenstadium

ongeveer een miljoen jaar duurt. Als het afgeleide massaverlies van Antares ge-

durende het hele rode superreuzenstadium aanhoudt, dan zal de ster gedurende die

tijd ongeveer de helft of meer van zijn massa verliezen. Dit grote massaverlies

zal dan van aanzienlijke invloed zijn op de evolutie van Antares. Tot vóór de

BUSS waarnemingen had men op grond van de beperkte waarnemingen in het zichtbare

golflengtegebied een tien maal kleiner massaverlies afgeleid voor Antares. De

BUSS waarnemingen in het ultraviolet vertonen niet alleen veel meer, maar ook

sterkere circumstellaire lijnen, zodat hieruit betrouwbaarder resultaten konden

worden afgeleid dan uit de waarnemingen in het zichtbare golflengtegebied.

In de BUSS spektra van K- en M-superreuzen bevinden zich ook emissielijnen

van magnesium en ijzer, met verschillende Doppler-verschuivingen. Dit wijst op

verschillende snelheden van de gaslagen om deze sterren. Voor Betelgeuze

(cc Orionis) vinden we een naar buiten toe toenemend snelheidsveld: van 5 km.s-1
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voor het gas vlak boven de fotosfeer, 5 tot 10 km.s voor de chromosfeer en on-

geveer 15 km.s voor het gasomhulsel buiten de chromosfeer. Deze waarneming

toont Betelgeuze voor het eerst met een uitdijende chromosfeer. Tot voorheen

wezen de waarnemingen van Betelgeuze in het zichtbare golflengtegebied op een

inkrimpende chromosfeer, zoals ook gevonden in de BUSS waarnemingen van Arcturus

(a Bootis), Aldebaran (a Tauri) en Antares (a Scorpii), met daarbuiten een uit-

dijend circumstellair omhulsel. In het geval van Betelgeuze is de op- en neer-

gaande beweging van de chromosfeer in verband gebracht met het mogelijke bestaan

van gigantische konvektiecellen in de fotosfeer. Er zijn aanwijzingen dat deze

konvektiecellen afmetingen hebben van de orde van grootte van de straal van de

ster, zodat zich op een gegeven tijdstip slechts een paar van deze cellen aan

de voor ons waarneembare zijde van de ster bevinden.

In hoofdstuk IV worden de met de UV-spektrofotometer van de ANS verkregen

waarnemingen van Wolf-Rayet sterren beschreven. Dit type sterren werd ruim

honderd jaar geleden ontdekt door de twee Franse astronomen Wolf en Rayet. WR

sterren onderscheiden zich van "normale" sterren door de aanwezigheid in hun

spektra van zeer brede emissielijnen. Deze brede emissielijnen wijzen op een

hoge uitstroomsnelheid van de steratmosfeer (van de orde van 1000 tot 2000

km.s ) en een groot massaverlies (van de orde van 10 zonsmassa's per jaar).

Hierdoor hebben zij waarschijnlijk al zeer veel van hun waterstofmantel verloren.

In ons melkwegstelsel zijn ongeveer 130 WR sterren bekend. Hiervan heeft ANS er

36 waargenomen: 16 dubbelsterren (WR sterren met een O- of B-ster als begeleider)

en 20 enkelvoudige WR sterren. Van deze laatste groep is in dit hoofdstuk de

kontinue energieverdeling in het ultraviolet onderzocht, en, voorzover mogelijk,

vergeleken met door anderen verrichtte waarnemingen in het optische en infrarode

golflengtegebied. De energieverdeling over het gehele golflengtegebied blijkt te

worden bepaald door de uitgebreidheid van de WR atmosfeer, dat wil zeggen de

hoogte-afhankelijkheid van de druk, en, zo blijkt, nauwelijks door de temperatuur

of de samenstelling van de WR atmosfeer. Het belang van deze ontdekking is dat

een temperatuurbepaling van WR sterren uit hun kontinue energieverdeling, zoals

velen vroeger getracht hebben, dus niet mogelijk is.

Van drie WR sterren is met behulp van de ANS waarnemingen gekonstateerd dat

zij relatief weinig ultraviolette straling uitzenden. Twee van deze drie zenden

relatief veel infrarode straling uit (van de derde zijn nog geen infrarode waar-

nemingen gepubliceerd). Dit kan verklaard worden door aan te nemen dat zich om

deze WR sterren een stofschil bevindt die een gedeelte van de ultraviolette stra-

ling absorbeert en deze energie opnieuw uitzendt als infrarode straling.
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